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Metal-free Population III (or Pop III) stars are instrumental in shaping the early universe,

influencing the formation of the first galaxies. The formation of Pop III stars depends on the frac-

tion of molecular hydrogen (H2), which is regulated by X-ray and Lyman-Werner (LW) radiation

backgrounds. Therefore, gaining insight into the impact of these radiation backgrounds is essen-

tial for unraveling the mysteries surrounding Pop III star formation and their impacts on the first

galaxies. In this dissertation, I investigate the interaction between X-ray/LW backgrounds and the

formation of Pop III stars.

To conduct this investigation, I employed the radiative hydrodynamics code RAMSES-RT.

I implemented various physical processes governing Pop III star formation, such as primordial

chemistry, radiation background, secondary ionization/heating, and self-shielding. Performing

a grid of simulations covering a large parameter space of X-ray/LW intensity, I systematically

explored the effects of radiation backgrounds on Pop III stars. I found that a moderate X-ray



background boosts the H2 fraction in dark matter halos, facilitating Pop III star formation in

low-mass halos. In contrast, a LW background dissociates H2 and prevents star formation in low-

mass halos. This result suggests that the number of Pop III supernovae detected by the JWST is

enhanced by an X-ray background. Furthermore, I discovered that an X-ray background reduces

the characteristic mass and multiplicity of Pop III stars. This leads to a top-heavier initial mass

function and may have a potential impact on galaxy formation.

Moreover, I made further improvements to the simulations by incorporating radiative feed-

back from Pop III protostars. This study confirmed previous works that radiation from protostars

suppresses their growth, thereby playing a significant role in determining the mass of Pop III

stars theoretically. I also found that hierarchical binaries (binaries of binaries), eccentric orbits,

and outward migration are common occurrences in Pop III star formation. Eccentric orbits in-

duce variability of Pop III protostars and this is observable by the JWST when light is magnified

through gravitational lensing. In a follow-up study, I investigated the origin of outward migration

and found that the gas disks around the protostars accrete gas with high angular momentum and

transfer the angular momentum to the binary stars through torques. This finding paves the way

for studies of migration behaviors across different stellar populations.

Finally, I explored the X-ray effects on the number of Pop III stars using cosmological

simulations. Developing methods to calculate the intensity of the radiation background on the fly

and realistically accounting for the X-ray feedback loop, I found that a weak X-ray background

develops and this background ionizes the intergalactic medium, thereby moderately increasing

the number density of Pop III stars (by a factor of ∼ 2). This rise in the number of Pop III stars

due to X-ray radiation lowers the star formation rate of metal-enriched Pop II stars, highlighting

the significance of the X-ray background in galaxy formation.



This thesis covers various aspects of Pop III star formation and the effect of X-ray radia-

tion backgrounds which has been overlooked by previous studies. It lays a foundation for future

research aimed at connecting the theoretical understanding of Pop III star formation and obser-

vations targeting Pop III stars and the first galaxies.
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Preface

This thesis comprises five papers in a series of X-ray effects on Pop III star formation.

Chapters 2 through 5 contain the published papers, while Chapter 6 presents the preliminary

results intended for publication. The published works are as follows.

• Park, J., Ricotti, M., & Sugimura, K., 2021, Population III star formation in an X-ray

background: I. Critical halo mass of formation and total mass in stars, MNRAS, 508,

6176

• Park, J., Ricotti, M., & Sugimura, K., 2021, Population III star formation in an X-ray

background: II. Protostellar discs, multiplicity and mass function of the stars, MNRAS,

508, 6193

• Park, J., Ricotti, M., & Sugimura, K., 2023, Population III star formation in an X-ray

background: III. Periodic radiative feedback and luminosity induced by elliptical orbits,

MNRAS, 521, 5334

• Park, J., Ricotti, M., & Sugimura, K., 2024, The origin of outward migration of Population

III star, MNRAS, 528, 6895

Chapter 1 of this thesis is an introduction to metal-free Pop III stars and relevant physics,

including molecular hydrogen and radiation background. Chapter 2 presents the findings of Park

et al. (2021a) concerning the mass of minihalos for star formation and the total mass of Pop III

ii



stars affected by X-ray and Lyman-Werner radiation background. Chapter 3 discusses the results

of Park et al. (2021b) regarding the X-ray effect on disk fragmentation and the multiplicity of

Pop III stars. Chapter 4 is derived from Park et al. (2023), focusing on the radiative feedback effect

and periodic modulation of the luminosity of Pop III protostar binaries. Chapter 5 is a published

work on the origin of outward migration (Park et al., 2024). Chapter 6 is based on ongoing

work, focusing on the X-ray effect and Pop III star formation in cosmological simulations, with

expected substantial changes upon submission to peer-reviewed journals. Finally, in Chapter 7,

the results are summarized, and future works are introduced.
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Chapter 1: Introduction

1.1 Population III Stars

The advancement of observational technologies has brought increasing attention to the

study of the first galaxies, black holes, and stars in the early universe. With the remarkable ca-

pability of the JWST, we are able to explore the distant and early universe, uncovering the first

galaxies (Finkelstein et al., 2022, 2023; Curtis-Lake et al., 2023). Furthermore, the VIRGO/LIGO

gravitational wave (GW) observatories have detected GW signals from the mergers of binary

black holes (BBHs) (Abbott et al., 2016, 2017), potentially originating from the first stars (Hartwig

et al., 2016). There is also anticipation that the explosions of these first stars could be detected

using the JWST and the next-generation telescope Nancy Grace Roman Space Telescope (NRST)

(Whalen et al., 2014). Understanding these observations necessitates the study of metal-free Pop-

ulation/Pop III stars (or the first stars).

Studying Pop III stars is crucial for several reasons, particularly in light of recent obser-

vations. Firstly, Pop III stars play a pivotal role in the formation of the second-generation stars,

which serve as the building blocks of the first galaxies. Their strong UV radiation heats and

ionizes the surrounding medium, regulating the process of star formation. Additionally, Pop III

supernovae (SNe) events evacuate gases from the host dark matter (DM) halos (Wise and Abel,

2008), thereby delaying the formation of the second-generation stars (Jeon et al., 2014b). More-
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over, Pop III stars are responsible for producing the first heavy elements (metals) through nuclear

fusion reactions. When these stars explode, they disperse these heavy elements into space, en-

riching the pristine gas composed primarily of hydrogen and helium (Ricotti et al., 2002b; Greif

et al., 2010; Wise et al., 2012; Safranek-Shrader et al., 2014; Chiaki et al., 2018; Abe et al.,

2021). Secondly, due to their large masses (M ∼ 100 M⊙), Pop III stars have the potential

to form intermediate-mass black holes (IMBHs) (∼ a few 10 M⊙, Heger and Woosley, 2002)1

which are typically more massive than stellar-mass black holes (BHs) observed in the present

universe. This connection is particularly relevant given recent observations of binary black holes

detected by VIRGO/LIGO. The total masses of these black holes are ∼ 60 M⊙ (Abbott et al.,

2016, 2017) and thus they could have formed from Pop III stars (Hartwig et al., 2016). Further-

more, massive Pop III stars explode as hypernovae (HNe) or pair-instability supernovae (PISNe),

which are significantly brighter (∼ 10−100 times) than normal supernovae (Heger and Woosley,

2002). These events can be detected even in the distant universe, providing valuable insights into

the properties of the first stars (Whalen et al., 2014). Therefore, studying Pop III stars is not only

timely but also crucial for understanding these observations. Despite their significance, however,

the formation of the first stars remains poorly understood and requires further research to fully

grasp their implications for the early universe and subsequent galaxy formation.

One of the main challenges in studying Pop III stars stems from the lack of direct observa-

tions. Observing these stars in the present or local universe is exceptionally difficult due to their

short lifetimes (Schaerer, 2002). Consequently, researchers must look to the early and distant

universe to find Pop III stars. However, current telescope capabilities are insufficient to observe

individual distant stars unless they are magnified by a foreground galaxy cluster (Diego, 2019;

1In this thesis they refer to BHs with 10 M⊙ ≲ M ≲ 100 M⊙.
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Welch et al., 2022a,b). As a result, Pop III stars remain hypothetical objects, with their existence

inferred from other populations of stars found in the local universe.

In the Milky Way, Population I (Pop I) stars, located in the galactic disk, are characterized

by their richness in metals (Z ∼ Z⊙)2. Pop II stars, found in the galactic bulge and stellar halo,

exhibit lower metallicity levels (Z ∼ 0.01−0.1Z⊙). The term “Population III” refers to stars with

zero metallicity, although extremely low metallicity stars (Z ≲ 10−4 Z⊙) are also often classified

as Pop III stars in the literature (Ricotti et al., 2016; Kimm et al., 2017; Katz et al., 2017; Jeon

and Bromm, 2019; Katz et al., 2023). This classification is due to the suppression of gas cloud

fragmentation, resulting in the formation of massive stars at low metallicities (Z ∼ 10−4 Z⊙

Bromm et al., 2002). In this thesis, the focus is specifically on the formation of metal-free (Z = 0)

Pop III stars, aiming to contribute to our understanding of the earliest stages of stellar evolution

in the universe.

In astronomy, elements heavier than hydrogen and helium are collectively referred to as

“metals.” Their mass fraction, denoted as metallicity Z, is relatively small compared to hydrogen

and helium. For instance, in the case of the Sun, the mass fractions of hydrogen, helium, and

metals are X = 0.74, Y = 0.24, and Z = Z⊙ = 0.014, respectively (Asplund et al., 2009).

Despite metals making up only about ∼ 1 − 2 % in the local universe, they play a crucial role

in cooling gas clouds efficiently, which is essential for the formation of stars. In the absence of

metals, gas cooling relies on a less efficient coolant, molecular hydrogen (H2) (Tegmark et al.,

1997; Bromm et al., 2002). Therefore, understanding the formation of H2 and other factors that

regulate its formation is critical for understanding the formation of Pop III stars. Investigating

these processes is key to unraveling the mechanisms underlying the formation of the earliest stars

2Z denotes the metallicity and z denotes the redshift.
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in the universe.

1.2 Molecular Hydrogen

1.2.1 Cooling

In the process of star formation, a gas cloud with a significant extent (R ∼ 100 pc) must

undergo contraction to scales of sub-AU size under the influence of its self-gravity. However, this

contraction is resisted by the internal pressure of the cloud, creating a balance with the inward

force of gravity. For star formation to occur, this balance must be disrupted, allowing gravity to

overcome the outward pressure gradient unless additional mass is introduced into the system.

The disruption of this balance is achieved through the loss of energy from the system, enabling

gravity to prevail over the pressure forces. Radiative cooling is the fundamental process by which

this energy loss occurs in star formation. Through radiative cooling, the gas cloud sheds ther-

mal energy, facilitating its collapse under the influence of gravity and eventually leading to the

formation of stars.

The energy of a gas cloud is extracted through radiative cooling. In a gas cloud, particles

move with speeds corresponding to the temperature of the cloud, characterized by the kinetic en-

ergy ((3/2)kBT ∼ (1/2)m⟨v2⟩). As these particles collide with each other, some collisions result

in the excitation of particles from lower energy quantum states to higher ones. This excitation can

lead to an increase in electron energy and rotational/vibrational energy in the case of a molecule.

Over time, the excited particles return to their lower energy states and emit photons with energy

corresponding to the energy difference between the two states. During this process, the kinetic

energy of the particles is converted into electromagnetic energy. As this radiative emission occurs
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throughout the gas cloud, the system gradually loses its thermal energy in the form of radiation,

thereby reducing the temperature and pressure of the cloud.

In the early universe, where heavy elements are scarce, hydrogen is the primary coolant

in gas clouds. Atomic hydrogen cooling occurs through the transitions between the ground state

of the electron energy level and the excited states. This cooling process is most effective at T ∼

104 K. However, only gas within massive halos can achieve a temperature high enough for atomic

cooling. The gas temperature of a virialized halo is,

Tvir ≈ 103
(

Mh

106 M⊙

)2/3(
1 + z

10

)
K, (1.1)

where Mh is the mass of the halo and z is the redshift. For instance, at 10 ≲ z ≲ 30, the virial

temperature of a DM halo with M ∼ 107 M⊙ is ∼ 104 K. However, since massive halos are

relatively rare, atomic hydrogen cooling is not the primary cooling mechanism for most regions.

Furthermore, atomic hydrogen cooling leads to rapid gas accretion and the formation of direct-

collapse black holes (DCBHs, Begelman et al., 2006) instead of Pop III stars. Therefore, atomic

hydrogen cooling plays a lesser role in the formation of Pop III stars. As a side note, atomic

helium cooling is also insignificant because it occurs at an even higher temperature. On the other

hand, what significantly influences the formation of Pop III stars is H2 cooling, which occurs at

lower temperatures. At temperatures between ∼ 200 and 104 K, rotationally and vibrationally

excited H2 molecules extract the energy from the gas cloud, facilitating the collapse and eventual

formation of Pop III stars.
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1.2.2 Difference from Metal Cooling

H2 plays an important role as the main coolant in metal-free primordial gas, driving the

formation of Pop III stars. The unique properties of H2 contribute to the distinct characteristics of

Pop III stars compared to other stellar populations. Firstly, the rotation energies of H2 molecules

are spaced more widely compared to other diatomic molecules. Classically, the rotational energy

of a H2 molecule is

Erot =
J(J + 1)ℏ2

2µr20
, (1.2)

where J is the rotation quantum number3, µ is the reduced mass, ℏ = hP/2π is the reduced

Planck constant, and r0 is the interparticle separation. The small moment of inertia (µr20) results

in large energy differences between rotational states. As a result, high kinetic energies of the par-

ticles are required for excitation. Secondly, H2 lacks a permanent dipole moment, which means

that the rotational transition with ∆J = ±1 is not allowed by the selection rule. Instead, these

transitions can occur through quadrupole transition (∆J = ±2). However, quadrupole transi-

tions have low Einstein A coefficients and are slow processes (Hollenbach and McKee, 1979),

reducing the efficiency of H2 cooling. Additionally, H2 cooling is inefficient at lower tempera-

tures and can only effectively extract energy from gas clouds with temperatures ranging from

∼ 100 K to ∼ 104 K. Below this temperature range, H2 cooling becomes ineffective. In contrast,

heteronuclear diatomic molecules like CO have permanent dipole moments. This property allows

metal-enriched molecules containing CO to cool at lower temperatures (T ∼ 10 K).

The complex atomic structures of metals allow more efficient radiative cooling through

3From Chapter 2 to 4, J indicates the intensity of a radiation background. In Chapter 5, J refers to the angular
momentum vector.
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a number of fine structure transitions. These transitions, characterized by narrowly spaced en-

ergy levels, facilitate cooling below T ∼ 104 K. The rate of radiative cooling due to metals is

proportional to the metallicity of the cloud (Smith et al., 2008). This implies that there exists a

critical metallicity below which H2 cooling predominates over metallic line cooling, significantly

altering the properties of star formation. Numerical studies conducted by Bromm et al. (2002)

demonstrated that gas clouds with two different metallicities (Z = 10−3 Z⊙ and Z = 10−4 Z⊙)

evolve differently. In their study, the cloud with higher metallicity fragments, while fragmenta-

tion is suppressed in the cloud with lower metallicity. The effect of metals on star formation is

depicted in Fig. 1.1. At low metallicity (left panel), gas fragmentation is inhibited, resulting in the

formation of a few massive stars. However, as metallicity increases (moving from left to right in

the figure), turbulence within the gas cloud develops, leading to fragmentation and the formation

of multiple stars.

1.2.3 Formation of Molecular Hydrogen

The formation of molecular hydrogen (H2) is a crucial process in primordial gas cooling

and the formation of Pop III stars. In a metal-enriched environment, H2 forms on the surface of

dust grains, and the rate of formation is influenced by the metallicity of the cloud. This relation-

ship is evident in the bottom panels of Fig. 1.1, where the H2 fraction increases as the metallicity

of the cloud increases from left to right. However, in the early universe where metallicity is es-

sentially zero, dust grains did not exist. Therefore, H2 cannot form on dust grains but primarily
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Figure 1.1: Hydrogen density (top), temperature (middle), and H2 fraction (bottom) of a star-
forming gas cloud with varying metallicities, arranged from left to right. The white circles within
each box represent stars. To establish the initial conditions for the simulations, I utilized the
outcomes of a cosmological zoom-in simulation of Garcia et al. (2023). As the metallicity of
the gas cloud increases (from left to right), the cloud becomes more turbulent and fragmentation
becomes more active.

forms in the gas phase via the H− channel,

H+ e− −−→ H− + γ

H+H− −−→ H2 + e−.

(1.3)

In this process, H− serves as a catalyst. The rate of H2 formation depends on the fraction of free

electrons (e−). This reaction is particularly dominant at low densities. At high density (nH ≳
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108 H cm−3) three-body interaction becomes the dominant channel for H2 formation,

3H −−→ H2 +H, (1.4)

and,

2H + H2 −−→ 2H2. (1.5)

1.2.4 HD

Another crucial factor in Pop III star formation is the presence of deuterium hydride (HD).

Unlike symmetric H2, HD has a small dipole moment, allowing for dipole transitions that occur

at lower temperatures (T ≲ 100 K). However, HD alone is insufficient to trigger the collapse

of primordial gas within a virialized halo where temperatures are T ∼ 103 K. Additionally, the

abundance of HD is much lower compared to H2 (Yoshida et al., 2007).

Although HD is not the primary coolant of primordial gas due to its lower abundance,

there are situations where HD cooling becomes significant and plays a critical role in Pop III

star formation. When the gas temperature reaches T ∼ 150 K, HD cooling becomes effective

in further cooling the gas, altering the properties of Pop III stars. This scenario can occur, for

instance, when a gas ionized by neighboring Pop III stars recombines. With a high ionization

fraction, the H2 fraction remains high, leading to an increase in the HD fraction. Ultimately, this

process results in a reduction in the mass of Pop III stars. In Chapter 4, the focus will be on

investigating the effect of X-rays on the global ionization and subsequent formation of Pop III

stars. X-rays can significantly impact the ionization state of the gas, influencing the formation

and abundance of HD and, consequently, the properties of Pop III stars.
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1.3 Radiation Background

Pop III star formation is primarily driven by H2 cooling, and the rate of cooling depends on

the H2 fraction of the gas cloud. Consequently, radiation backgrounds that regulate the formation

of H2 play a crucial role in shaping Pop III star formation. For instance, H2 formation via the H−

channel (equation (1.3)) is contingent upon the electron fraction, which can be influenced by an

ionizing radiation background. Intense ionizing radiation can enhance the formation of H2, po-

tentially altering the properties of Pop III stars. Furthermore, UV radiation in the Lyman-Werner

(LW) band can have a significant impact on H2 by dissociating it. Many authors have highlighted

the role of LW radiation in influencing Pop III star formation (Haiman et al., 2000; Omukai,

2001; Regan et al., 2020). Therefore, when studying Pop III star formation, it is imperative to

consider the effects of radiation backgrounds, as they can significantly influence the formation

and abundance of H2, subsequently shaping the properties of Pop III stars.

Several authors have emphasized the significance of X-ray radiation in ionizing the gas

and enhancing the gas-phase H2 formation (Haiman et al., 2000; Oh et al., 2001; Venkatesan

et al., 2001; Ricotti, 2016). This perspective is supported by two key aspects of X-rays. First,

X-ray photons possess the capability to traverse considerable distances in the early universe. The

intergalactic medium (IGM) in the early universe (z ≳ 10) is nearly neutral before being ionized

at z ∼ 6 − 10 (Fan et al., 2006). Therefore, the IGM is opaque to ionizing radiation especially

UV emitted by main-sequence Pop III stars. Unlike UV photons, which are readily absorbed

due to their large ionization cross-sections, X-ray photons exhibit smaller cross-sections and can

travel greater distances without being absorbed by the neutral medium. This is illustrated in the

left panel of Fig. 1.2, which displays the ionization cross-sections of H I, He I, and He II as a
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Figure 1.2: Left: Ionization cross-sections of H I (black), He I (red), and He II (blue). Right:
Particle horizon (red, c×tage), X-ray mean free path (purple, 500 eV), LW mean free path (green),
and UV mean free path (cyan, 54.4 eV). The average LW mean free path is 150th of the particle
horizon (Ricotti et al., 2001; Ricotti, 2016).

function of photon energy. X-ray photons (E ≳ 200 eV) are less absorbed by the local medium

compared to ionizing UV photons, allowing them to penetrate deeper into the IGM as depicted by

the purple and cyan lines in the right panel of the figure. Second, X-rays are efficient at ionizing

the IGM. When a high-energy X-ray photon (Eph ≳ 0.2 keV) ionizes a hydrogen atom, the

resulting photoelectron possesses significant kinetic energy (Eel = Eph−IH, IH = 13.6 eV is the

ionization potential of a hydrogen atom). In a neutral medium, the electron collides with other

hydrogen atoms, leading to a secondary ionization effect (Shull, 1979; Shull and van Steenberg,

1985). For instance, one soft X-ray photon (Eph ∼ 0.2 keV) can ionize ∼ 30 neutral hydrogen

atoms in the medium (Park et al., 2021a). Consequently, a moderate X-ray background can ionize

the IGM, thereby promoting the formation of H2 and facilitating the formation of Pop III stars

(Ricotti, 2016; Park et al., 2021a). However, it is essential to acknowledge that X-rays also have

negative feedback by inducing heating Jeon et al. (2014a). Therefore, when studying Pop III stars,

it is important to consider both positive and negative feedback mechanisms associated with X-ray

radiation.
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High-energy X-ray photons play a significant role, yet their sources differ from main-

sequence Pop III stars. While Pop III stars are indeed hot, their contribution to X-ray emissions is

limited. For instance, the surface temperature of a massive Pop III star typically reaches ∼ 105 K,

corresponding to a peak wavelength of ∼ 300 nm and a photon energy of ∼ 40 eV. Consequently,

while massive Pop III stars are bright in UV, they emit relatively faint X-rays. However, the rem-

nants and phenomena associated with Pop III stars are potent sources of X-ray photons. First,

supernova remnants (SNRs) are robust X-ray emitters due to the shock-heating of gas during the

explosive event, resulting in high temperatures (T ≳ 107 K, Lopez et al., 2011). This hot plasma

emits high-energy photons through thermal bremsstrahlung radiation. Moreover, if Pop III stars

end their lives as PISNe or HNe, which are significantly more energetic (10−100 times) than typ-

ical SNe (Heger and Woosley, 2002), they can emit copious amounts of X-ray photons. Second,

Pop III BHs are potential sources of X-ray emissions. Pop III stars within a specific mass range

may collapse into BHs (Heger and Woosley, 2002). These Pop III BHs, owing to their massive

progenitors, are larger than stellar-mass BHs in the present universe and can thus emit substantial

X-ray radiation. If a Pop III binary evolves into a high-mass X-ray binary (HMXB), it becomes a

source of hard X-ray photons (E ≳ 2 keV), influencing the surrounding medium through heating

(Jeon et al., 2014a). Additionally, wandering IMBHs accreting material in the first galaxies may

emit strong X-ray radiation, as suggested by theoretical studies (Park and Ricotti, 2011; Sugimura

and Ricotti, 2020). Finally, active galactic nuclei (AGNs) are expected to contribute significantly

to the buildup of an X-ray background in the early universe. Recent observations predicted high

fractions of AGNs at z ∼ 10 (Juodžbalis et al., 2023; Fujimoto et al., 2023), underscoring the

importance of studying their effects in the early universe. In summary, given the presence of var-

ious X-ray sources in the early universe, it is essential to consider the effects of X-ray radiation
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in studies of Pop III star formation.

X-rays play a role in ionizing the IGM and increasing the fraction of H2, while LW radiation

directly dissociates H2, thereby decreasing its fraction. In the LW band, when an H2 absorbs a

photon, it undergoes an excitation of an electron energy state. Subsequently, when the excited

molecule emits a photon, some of the energy is converted into vibrational energy. With ≈ 15 % of

the time, this vibrational energy is sufficient to break molecular bonds and dissociate H2 (Draine,

2011). Unlike the ionization of an atom, this dissociation process is a line process and therefore

only photons with certain energies are absorbed. Examples of these lines are presented in Haiman

et al. (2000) and Ricotti et al. (2001). However, factors such as the expansion of the universe,

hydrodynamics, and peculiar motions of DM halos alter the frequencies of photons, complicating

the modeling H2 dissociation by LW photons. On average LW photons have significantly larger

mean free paths compared to ionizing UV photons in the early universe. For instance, the effective

mean free path of LW photons is ∼ 150 times smaller than the horizon (Ricotti et al., 2001;

Ricotti, 2016). This is depicted in the right panel of Fig. 1.2, where the comparison with the mean

free path with ionizing UV and X-ray photons is illustrated. Consequently, LW radiation emerges

as a crucial radiation background in the opaque early universe. An intense LW background can

potentially delay the formation of Pop III stars. When DM halos are irradiated by LW radiation,

they grow in mass without forming Pop III stars. If the virial temperature of the gas within the

halos exceeds ∼ 104 K, atomic hydrogen cooling becomes prominent. In such cases, massive BH

seeds (M ∼ 105 M⊙) appear, making these halos potential sites for the formation of supermassive

black holes (SMBH) (Regan et al., 2020).
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1.4 Properties of Population III Stars

1.4.1 Critical Mass of Halo

The formation of Pop III stars initiates with the cooling of virialized gas within a DM halo.

This cooling process occurs when the gas undergoes ionization through particle collisions, lead-

ing to the formation of a sufficient quantity of H2 via the H− channel (equation 1.3). If the gas

collapses rapidly with a significant presence of H2, Pop III stars can form. Tegmark et al. (1997)

demonstrated that the first Pop III stars emerge at z ∼ 30 within minihalos of mass ∼ 106 M⊙.

However, if a halo possesses a mass lower than this threshold, the gas within it is not sufficiently

ionized by collisional processes, resulting in an insufficient electron fraction to generate the re-

quired amount of H2. This critical mass of the halo, above which Pop III stars can form, stands as

a pivotal aspect of Pop III star formation and carries significant implications. Firstly, the critical

mass is intricately linked to the detection of PISNe by instruments such as JWST and NRST

(e.g., Whalen et al., 2014). A lower critical mass implies that even relatively small DM halos

have the potential to host Pop III stars, consequently increasing the number of Pop III stars per

unit volume. By analyzing observations to estimate the number of Pop III stars, insight into the

factors influencing the critical mass can be gleaned. Secondly, the number of Pop III stars may

hold significance in the context of the formation of the first galaxies. Pop III stars generate heavy

elements and contaminate the primordial gas. Subsequent generations of stars form within this

contaminated gas, serving as the foundational components of the first galaxies. Therefore, com-

prehending the critical mass is necessary for advancing our understanding of galaxy formation

processes.
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While Tegmark et al. (1997) initially proposed a critical mass of ∼ 106 M⊙, Ricotti (2016)

demonstrated that an X-ray background could potentially reduce the critical mass. This reduction

is feasible because a virialized gas undergoes ionization by a moderate X-ray background as

well as collisional ionization. This enhances the formation of H2 via H− channel (equation 1.3),

consequently lowering the critical mass and allowing smaller halos to foster the formation of

Pop III stars. For example, Ricotti (2016) predicted that in a weak X-ray background, the number

density of Pop III stars would be ∼ 10 per (1 Mpc/h)3 volume. However, the presence of a

moderate X-ray background could elevate this number by a factor of ∼ 10.

1.4.2 Mass

In star formation theory, the Jeans mass is a fundamental concept used to assess whether

a gas cloud can contract and potentially form stars. It also helps estimate the masses of the stars

that form in the cloud. The Jeans length is a critical parameter in this context, and it is defined as,

λJ = tffcs

=
cs√
Gρ

,

(1.6)

where tff = 1/
√
Gρ is the free-fall time, G is the gravitational constant, ρ is the density, and cs is

the sound speed. The mass enclosed within the Jeans length is called the Jeans mass and it is,

MJ =
4π

3
λ3
j ρ

∼ k1.5
B (T/K)1.5

G1.5m2
H

1√
(n/cm3)

∼ 17 M⊙
(T/K)1.5√
(n/cm3)

,

(1.7)
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where kB is the Boltzmann constant, T is the gas temperature, mH is the hydrogen mass, and n is

the number density. The above Jeans criterion (R > λJ) indicates that a gas cloud may undergo

collapse if the enclosed mass within a certain scale exceeds the Jeans mass (Menc > MJ).

The Jeans mass is contingent upon both temperature and density (equation 1.7), thereby

exhibiting variations as the gas cloud experiences cooling/heating or collapse/expansion. The

variation is often elucidated by the polytropic equation-of-state P = Kργ and,

MJ ∝ ρλ3
J

∝ ρc3s
1

ρ3/2

∝ ρ
1
2
(3γ−4),

(1.8)

where γ is determined by the characteristics of the coolant. If γ > 4
3
, MJ increases with ρ

(contraction). Conversely, if γ < 4
3

the Jeans mass decreases as the cloud contracts. In this case,

the gas cloud may fragment when the enclosed masses around density peaks exceed the local

Jeans mass.

In a giant molecular cloud enriched with metals, characterized by temperatures T ∼ 10 K

and densities n ∼ 102 cm−3, the Jeans mass is ∼ 50 M⊙. Considering these clouds typically have

masses ∼ 105 M⊙, they have the potential to collapse and form multiple stars. As the gas cloud

evolves, it fragments, giving rise to a cluster of low-mass stars, thereby leading to a bottom-heavy

initial mass function (IMF). In contrast, for primordial gas (zero-metallicity) in a virialized halo

of mass of ∼ 106 M⊙, T ∼ 103 K and n ∼ 1 cm−3. At these conditions, the Jeans mass is

estimated to be MJ ∼ 5 × 105 M⊙ while the mass within the halo is ∼ 105 M⊙, assuming the

cosmic baryon-DM density ratio. With H2 cooling reducing the gas temperature to T ∼ 200 K
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Figure 1.3: Profiles of primordial gas in a DM halo (Park et al., 2023). Top: Density profile.
Middle: The Jeans mass (black) and enclosed mass (cyan). Bottom: n vs T phase diagram.

at n ∼ 104 cm−3, the Jeans mass decreases to MJ ∼ 100 − 1000 M⊙. This is illustrated in the

middle panel of Fig. 1.3. Initially, at the virial radius (r ∼ 102 pc), the enclosed mass significantly

falls below the Jeans mass. However, as the gas cloud cools via H2, the Jeans mass decreases. On

a scale of r ∼ 10−1 − 100 pc, two mass scales become comparable, and subsequent evolution

proceeds with self-gravity within this radius. The Jeans mass on this scale is ∼ 100 M⊙, leading

to the formation of Pop III stars with similar masses, thus rendering the IMF top-heavy.
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1.4.3 Multiplicity

Early theoretical and numerical investigations (Abel et al., 2002; Bromm et al., 2002) ini-

tially posited that a primordial gas cloud would not fragment, leading to the formation of a single

massive Pop III star. However, with advancements in simulation resolution, it became apparent

that as the density increases, a gas disk forms, subsequently fragmenting to give rise to multiple

stars (Clark et al., 2011a; Susa et al., 2014; Stacy et al., 2016; Sugimura et al., 2020). Despite

this fragmentation, Pop III stars are believed to be massive, resulting in a top-heavy IMF, in con-

trast to the bottom-heavy Salpeter or Chabrier IMF observed in stars within the local universe

(Salpeter, 1955; Chabrier, 2003). This result suggests that the formation of massive Pop III bina-

ries, which, upon evolution into BBH, could merge and emit strong GW signals through various

channels (Michaely and Perets, 2019; Liu and Bromm, 2020).

1.5 Thesis Outline

In this thesis, I investigate the formation of metal-free Pop III stars under the influence of

X-ray/LW radiation backgrounds. Across multiple chapters, I address various facets of this topic.

Chapter 2 delves into the impact of X-ray and LW backgrounds on the critical mass of halos

for Pop III star formation, employing an extensive set of simulations of halos irradiated by X-

ray/LW backgrounds with various intensities. In addition, the characteristic mass of Pop III stars

affected by X-ray radiation is explored. Chapter 3 examines how X-rays affect disk fragmenta-

tion and the multiplicity of Pop III stars. Chapter 4 introduces radiative feedback from Pop III

protostars and evaluates its implications on several properties. Additionally, I suggest that the

variability of eccentric binaries can be observed. In Chapter 5, I explore the origin of outward
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migration frequently observed in Pop III star formation simulations, analyzing torques and an-

gular momentum to understand how the angular momentum is transferred from the envelope to

the binaries. Furthermore, Chapter 6 revisits the concept of critical mass within a cosmological

framework, incorporating on-the-fly calculation of X-ray/LW radiation backgrounds to capture

feedback loop effects. Lastly, Chapter 7 summarizes the findings and outlines potential avenues

for future research.

1.6 A summary of software and facilities

Computational resources:

1. The Deepthought2 and Zaratan HPC cluster of the University of Maryland supercomputing

resources4

2. Student workstations of the Department of Astronomy, University of Maryland5

Software:

1. RAMSES-RT (Teyssier, 2002; Rosdahl et al., 2013; Bleuler and Teyssier, 2014)

4https://www.glue.umd.edu/hpcc/
5https://www.astro.umd.edu/twiki/bin/view/AstroUMD/StudentWorkstations
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Chapter 2: Population III Star Formation in an X-ray Background - I. Critical

Halo Mass of Formation and Total Mass In Stars

The first luminous objects forming in the universe produce radiation backgrounds in the

FUV and X-ray bands that affect the formation of Population III stars. Using a grid of cosmolog-

ical hydrodynamics zoom-in simulations, we explore the impact of the LW and X-ray radiation

backgrounds on the critical DM halo mass for Population III star formation and the total mass in

stars per halo. We find that the LW radiation background lowers the H2 fraction and delays the

formation of the Population III stars. On the other hand, X-ray irradiation anticipates the redshift

of collapse and reduces the critical halo mass, unless the X-ray background is too strong and gas

heating shuts down gas collapse into the haloes and prevents star formation. Therefore, an X-ray

background can increase the number of DM haloes forming Pop III stars by about a factor of

ten, but the total mass in stars forming in each halo is reduced. This is because X-ray radiation

increases the molecular fraction and lowers the minimum temperature of the collapsing gas (or

equivalently the mass of the quasi-hydrostatic core) and therefore slows down the accretion of

the gas onto the central protostar.
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2.1 Introduction

A better understanding of the formation of the first stars (Pop III) star and their impact on

second-generation stars is timely and important. First, they have an important role in the forma-

tion of the first galaxies and black holes (Bromm and Yoshida, 2011; Bromm, 2013, for review).

They produce the heavy elements required for the formation of the second-generation stars (e.g.,

Greif et al., 2010; Wise et al., 2012; Safranek-Shrader et al., 2014; Chiaki et al., 2018; Abe et al.,

2021), but their formation rate is uncertain because it is self-regulated by complex chemical and

radiative feedback loops (Ricotti et al., 2002b; Wise and Abel, 2008). For instance, the radiation

backgrounds they produce affect their formation rate on cosmological scales (Ricotti, 2016, hear-

after R16). Secondly, although there has been significant progress in detecting high-z galaxies

(e.g. Bouwens et al., 2019; Finkelstein et al., 2022), our understanding of their formation is still

limited to the brightest galaxies at redshifts below z ∼ 6− 10. With the JWST, however, we will

be able to look further and learn more about the formation processes of the first objects. More-

over, Pop III stars are of particular interest because the formation of the first IMBH remnants

with stellar origin is also poorly understood, and Pop III remnants are possible candidates for

the formation of black hole mergers detected by LIGO and Virgo gravitational wave experiments

(Abbott et al., 2016, 2017) due to their high masses (order of 10− 100 M⊙, Heger and Woosley,

2002).

The first Pop III stars form in DM haloes of ∼ 106 M⊙ (called minihaloes) at z ∼ 30

(Tegmark et al., 1997; Bromm et al., 2002; Abel et al., 2002; Yoshida et al., 2008). In the early

Universe, there are no heavy elements that can cool the gas in virialized minihaloes with Tvir <

104 K (corresponding roughly to minihalo masses < 108 M⊙). Therefore, the formation of Pop III
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stars relies on molecular hydrogen (H2) formation via the H− catalyst. This implies that the

radiation regulating the amount of H2 is crucial to their formation. For instance, FUV radiation

in the LW bands (11.2 − 13.6 eV) emitted by Pop III stars dissociates H2 (Haiman et al., 2000;

Omukai, 2001), suppressing gas cooling in minihaloes. The mean free path of LW radiation in

the IGM is roughly ∼ 150 times smaller than the particle horizon (Ricotti et al., 2001, R16),

and much greater than the mean free path of ionizing UV radiation (≥ 13.6 eV). Therefore,

LW photons can travel far and build a radiation background that dominates the radiation from

local sources, and it is able to delay or suppress the formation of Pop III stars (Haiman et al.,

2000; O’Shea and Norman, 2008; Johnson et al., 2013; Regan et al., 2020). Another radiation

background that affects the H2 fraction is the X-ray radiation (≳ 0.2 keV, Haiman et al., 2000;

Venkatesan et al., 2001; Xu et al., 2016). The IGM is relatively transparent to photons in this

energy range. An X-ray radiation background partially ionizes the pristine gas and increases the

amount of H2 that forms via H + H− −−→ H2 + e− channel. In the early Universe, HMXBs,

accreting IMBHs, or supernova/hypernova explosions of Pop III stars are possible sources of an

X-ray radiation background (Jeon et al. 2014a; Xu et al. 2016; R16).

The role of the X-ray background in regulating the formation of Pop III stars is still debated.

Using zoom-in simulations, Jeon et al. (2014a) studied the effect of X-ray radiation emitted by

local sources and found negligible effects on the Pop III star formation rate. On the other hand,

through self-consistent modeling of sources and the background they produce on IGM scales,

R16 found that X-ray emission from the first sources has positive feedback on the number of

Pop III stars because of the enhanced H2 formation and cooling. However, when the mean X-ray

emission per source is above a critical value, the number of Pop III stars per comoving volume is

reduced because X-ray heating of the IGM becomes the dominant feedback effect. At the critical
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X-ray luminosity per source, the number of Pop III stars per comoving Mpc/h3 at z ∼ 15 is

∼ 400, that is far larger than ∼ 10 Pop III stars found in the same volume without X-rays (i.e.,

with only LW radiation background). The limit of this model is that it considers global feedback

loops but neglects local feedback effects and galaxy-scale gas dynamics.

The IMF of Pop III stars is also an important open question in Pop III star formation theory

and has been studied numerically by many authors (Hirano et al., 2014; Susa et al., 2014; Stacy

et al., 2016). Using a number of RHD simulations, Hirano et al. (2014) and Hirano et al. (2015,

hearafter HR15) explored the final masses of Pop III stars, taking into account photodissociation

of H2 by LW background, but neglecting the effect of X-ray radiation. Simulating a large sample

of minihaloes, they found correlations between the final mass of Pop III stars and properties of

gas cloud or host halo, such as the gas accretion rate. Hummel et al. (2015, hereafter HM15)

explored the role of an X-ray background in determining the number of Pop III stars and their

final masses.

In this work, the first in a series, we investigate how the X-ray and LW radiation back-

grounds affect the formation of Pop III stars using a set of zoom-in cosmological simulations of

minihaloes. First, we study the impact of the backgrounds on the redshift of collapse and there-

fore the critical mass of the DM minihalo when Pop III stars form. This is tightly related to the

number of Pop III stars and PISNe that will be able to be detected with JWST and the NRST

(Whalen et al., 2014). Furthermore, we explore how the total mass in Pop III stars depends on the

intensity of the radiation backgrounds. In a companion paper (Park et al., 2021b, hereafter, Pa-

per II), we study the effect of X-ray irradiation on the properties and fragmentation of protostellar

discs, the multiplicity, mass function and separation of Pop III stars.

The paper is organized as follows. In Section 2.2 we introduce our simulations and meth-
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ods. In Section 2.3 and 2.4 we discuss how a radiation background affects the minimum mass of

minihaloes forming Pop III stars, and the final masses of Pop III stars, respectively. In Section 2.5

we provide a discussion and a summary.

2.2 Simulation

We use the RHD cosmological code RAMSES-RT (Rosdahl et al., 2013). Its original version

RAMSES (Teyssier, 2002) is an N-body + hydrodynamic code using an AMR technique. In order

to simulate the growth of haloes, gas collapse, and development of discs from cosmological initial

conditions, we perform zoom-in simulations. First, we run two DM-only simulations of 1 and 2

Mpc/h3 boxes. We select two haloes (Halo 1 and Halo 3) from the 1 Mpc/h3 box and one halo

(Halo 2) from the other. Halo 1 is at the centre of a group while Halo 2 and Halo 3 are in sparsely

populated regions.

Inside each zoom-in region, the mass of DM particles is ∼ 800 M⊙. The cells within the

zoom-in regions are refined if they contain at least 8 DM particles or if their Jeans lengths are

not resolved with at least NJ cells. For the latter condition, a widely adopted value is NJ =

4 (Truelove et al., 1997), but we adopt the value of NJ adaptively. At small scales where the

circumstellar disc fragments and stars form (cell size smaller than ∼ 1 pc/h, comoving), we

adopt NJ = 16 in order to prevent any possible artificial fragmentation and better resolve possible

turbulent motions. If the size of a cell is greater than ∼ 30 pc/h (comoving), we adopt NJ = 4 to

save computational time. Any cells between these two scales are refined with NJ = 8. The size

of a smallest cell is 0.00375 pc/h (comoving). At z = 20, this corresponds to a physical size of

2.63 × 10−4 pc (or 54 au). The corresponding AMR levels are shown in Table 2.1. The initial
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Table 2.1: Summary of the simulations.

Mvir (z = 15.7) MDM (zoom-in) Box size lmax

Halo 1 7.9× 106 M⊙ 800 M⊙ 1 Mpc/h3 28

Halo 2 4.4× 106 M⊙ 800 M⊙ 2 Mpc/h3 29

Halo 3 7.0× 105 M⊙ 800 M⊙ 1 Mpc/h3 28

conditions of the DM-only and zoom-in simulations are generated with MUSIC (Hahn and Abel,

2011). The assumed cosmological parameters are h = 0.674,Ωm = 0.315,ΩΛ = 0.685,Ωb =

0.0493, σ8 = 0.811 and ns = 0.965 (Planck Collaboration et al., 2020). The initial abundances of

electrons and H2 are ∼ 2× 10−4 and 2× 10−6, respectively.

Snapshots of the haloes are presented in Fig. 2.1 and a summary of the three simulations

is given in Table 2.1. In Fig. 2.2 we plot the virial masses of the haloes as a function of redshift.

Halo 1 is more massive than the other two, and its mass reaches ∼ 2× 107 M⊙ at z ∼ 15. Halo 2

and Halo 3 end up being haloes of ∼ 7× 106 and 2× 106 M⊙ at z ∼ 10. In a strong LW radiation

background, the collapse of the gas is delayed to when the mass of the minihalo is ≳ 107 M⊙,

close to the critical mass at which Ly α cooling becomes dominant and approaching a regime

thought to be the main formation channel of direct-collapse-black holes (e.g., Omukai 2001;

Bromm and Loeb 2003; Regan and Haehnelt 2009; Shang et al. 2010; Latif et al. 2011; Hosokawa

et al. 2012; Sugimura et al. 2014; Chon et al. 2016; Regan et al. 2020; see also Inayoshi et al.

2020 for a review). Excluding this extreme case, the formation of Pop III stars in our simulations

occurs when the masses of the minihaloes are between 105 M⊙ and ∼ 2× 106 M⊙. In this range,

the masses of the three haloes grow in different ways. Halo 1 grows rapidly between redshift

z ∼ 30 to z ∼ 22 and Pop III star formation happens during this time. Halo 3 also grows rapidly

from z ∼ 19 to z ∼ 17 and the redshift of star formation in many simulations falls in this range.
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Figure 2.1: Snapshots of the gas density in Halo 1, Halo 2, and Halo 3 (columns from left to right,
respectively) for the case without radiation backgrounds. Each row shows the gas density at three
different scales (see label on the left).

On the other hand, the mass of Halo 2 increases slowly, by a factor of two from z ∼ 25 and 20,

and most of the star formation happens during this time.

2.2.1 Chemistry

RAMSES-RT incorporates the chemistry of hydrogen/helium ions and molecular hydrogen.

In this study, the formation and destruction of H2 are treated following Katz et al. (2017) with

some modifications. Our revised model is accurate up to gas densities nH ∼ 1012 H cm−3. Im-

provements and validation of the primordial chemistry/cooling model with respect to the original
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Figure 2.2: Halo mass as a function of redshift. The virial masses of Halo 1, Halo 2, and Halo 3
are shown with different lines. The positions of symbols refer to the redshift of the formation of
Pop III stars and the masses of their host minihaloes. Different symbols and colors indicate the
intensity of LW and X-ray backgrounds as indicated by the legend (see Section 2.2.2). Strong
X-rays reduce the critical mass of Halo 1 (red and orange) and moderate X-rays reduce that of
Halo 2 and Halo 3 (green and yellow). On the other hand, strong LW backgrounds delay Pop III
star formation in all haloes (triangles).

RAMSES version are shown in Appendix A.1. The H2 formation rate is,

dxH2

dt
= −CcollxH2 − kphotoxH2 +RnHI, (2.1)

where xH2 is the H2 fraction, nHI is the H I number density, Ccoll is the collisional dissociation

rate, kphoto is the photodissociation rate and R is the production rate. The term Ccoll is the sum

of the collisional dissociation rates of H2 colliding with H, H2, e−, He and H+ (Glover and Abel,
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2008; Glover et al., 2010). Its definition is

Ccoll =
∑
i

kcoll,ini (2.2)

where i means one of five chemical species (H,He, e−,H+ and H2). The term kcoll,i is the col-

lisional dissociation rate for species i and ni is its number density. The photodissociation rate

is,

kphoto = 4π

∫ 13.6eV/hP

11.2eV/hP

Jν
hPν

σLWdν. (2.3)

hP is the Planck constant, Jν is the intensity and σLW is the effective cross-section,

σLW = 2.47× 10−18fshd cm
2, (2.4)

where fshd is the shielding factor. To compute fshd, we adopt the formulae in Wolcott-Green and

Haiman (2019):

fshd =
0.965

(1 + x/b5)α(n,T )

+
0.035

(1 + x)0.5
× exp [−8.5× 10−4(1 + x)0.5],

(2.5)

where

α(n, T ) = A1(T )× exp (−0.2856× log(n/cm−3)) + A2(T ),

A1(T ) = 0.8711× log(T/K)− 1.928,

A2(T ) = −0.9639× log(T/K) + 3.892.

(2.6)
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Here, x ≡ NH2/5 × 1014 cm2, where NH2 is the H2 column density. One difference from the

formula in Gnedin et al. (2009) is the Doppler broadening factor b5 = b/105 cm s−1. For each

cell, the value of b is computed with b = (b2turb + b2thermal)
1/2, where bturb = 7.1× 105 cm s−1 is

the turbulent broadening factor (Krumholz, 2012) and bthermal = (2kBT/mH2)
1/2 is the thermal

broadening factor (Richings et al., 2014). For the latter, mH2 is the mass of an H2 molecule, T is

the temperature of the cell, and kB is the Boltzmann constant. The rate of production of H2 is,

R =
k1k2xe

k2 + k5xHII + k13xe

+ (R3,1nHIxHI +R3,2nH2xHI), (2.7)

where xHII is the ionized H fraction, xe is the electron fraction and nH2 is the H2 number density.

The first term on the right-hand side of the equation is the production rate through the H− channel.

In this work, contrary to the other species, we do not track the out-of-equilibrium H− abundance,

instead we calculate the equilibrium value using the four reaction rates of H− formation (k1, k2, k5

and k13 from Glover et al., 2010) as in Katz et al. (2017). At densities higher than 108 H cm−3,

the three-body interaction (the second term in equation (2.7)) is the dominant channel of H2

formation. R3,1 is the production rate from the reaction 3H −−→ H2+H (Forrey, 2013) and R3,2

is that from 2H + H2 −−→ 2H2 (Palla et al., 1983).

We make use of the results of Glover and Abel (2008) and Glover (2015) to calculate the

gas cooling rate due to the collisions of H2 with H, H2, e−, He and H+. The low-density limit

follows equation (37) and Table 8 of Glover and Abel (2008) and we adopt equation (30) of

Glover (2015) to calculate the LTE limit. The rate of cooling by H2 is,

Λ =
ΛH2,LTE

1 + ΛH2,LTE/ΛH2,n→0

, (2.8)
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where ΛH2,LTE is the LTE limit and ΛH2,n→0 is the low density limit.

At high density, H2 line emission is trapped by the optically thick gas, so the cooling rate is

affected by the escape probability of the radiation. The cooling rate is multiplied by the following

factor.

f̄esc =
1

(1 +NH2/Nc)α
. (2.9)

The equation and parameters (Nc and α) are defined in Fukushima et al. (2018).

2.2.2 Radiation Background and Secondary Photo-electrons from X-ray Ion-

ization

In RAMSES, the ionization and heating by a radiation background can be calculated for

redshifts z < 15 by reading a table of background spectra at different redshifts (Haardt and

Madau, 2012). In this work, however, we are interested in the radiation background in the earlier

Universe at z ∼ 30− 15, hence we must follow a different approach.

The evolution of the radiation background and Pop III star formation rate that produces it

are regulated by feedback loops acting on cosmological scale (see, R16). In this study, however,

we focus on the formation of Pop III stars in a single halo using zoom-in simulations. This pre-

vents us from tracking the number of X-ray sources that contribute to the background. Moreover,

the physics regulating the formation of possibly important X-ray sources in the early Universe

(e.g., HMXRBs, SN/HN, accreting IMBHs, miniquasars) is not well constrained, therefore the

radiation background they build is somewhat uncertain. For this reason, we use a simple ap-

proach. We run a large grid of simulations for each halo, with different radiation background

models. Each of the models consists of a LW (11.2−13.6 eV) band background, and a soft X-ray
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(0.2 − 2.0 keV) background. Other studies (HM15; Jeon et al., 2014a; Xu et al., 2016) focus on

the role of HMXBs which emit harder X-ray photons (1− 10 keV), but here we limit our interest

to soft X-rays, mostly produced by accreting IMBHs and supernova/hypernovae explosions and

remnants (R16). We assume that the specific intensity of the LW background (JLW,21, in units of

10−21 erg s−1 cm−2 Hz−1 sr−1) is constant with the frequency between 11.2− 13.6 eV, while the

X-ray background is a power law with slope 1.5: JX,21 = JX0,21(E/E0)
−1.5, where JX0,21 is the

intensity at E0 = 200 eV (Inayoshi and Omukai, 2011). For the sake of simplicity, we assume

the intensity of the background is constant as a function of time in physical units (not comov-

ing). However, note that X-ray feedback may change the number of X-ray sources (R16) and the

accretion rate of gas onto an IMBH (Jeon et al., 2012), producing a time-dependent X-ray back-

ground. We explore a grid of 7× 7 = 49 different combinations of LW and X-ray backgrounds:

JLW,21 = 0, 10−3, 0.01, 0.1, 1, 10, 100 and JX0,21 = 0, 10−6, 10−5, 10−4, 10−3, 0.01, 0.1. These

models may represent radiation backgrounds with local and cosmological origins (Jeon et al.

2014a; HM15; R16; Regan et al. 2020). HM15 shows HMXBs can generate an X-ray background

corresponding to our most intense case (JX0,21 = 0.1) and a LW background with JLW,21 = 1 may

delay Pop III star formation until the atomic cooling regime (Regan et al., 2020). Throughout this

paper, we categorize X-ray backgrounds with JX0,21 ≥ 10−3 as ”strong” X-ray backgrounds. As

a reference to previous works, JX0,21 ∼ 10−2 corresponds to the strong X-ray case in R16, in

which Pop III star formation can be suppressed by IGM heating. A value JX0,21 ∼ 10−4 roughly

corresponds to the fiducial scenario in R16, in which the number of Pop III stars is maximized,

and it is also similar to the value of the X-ray background adopted by Xu et al. (2016). A sketch

of the spectra is shown in Fig. 2.3.

If a high-energy X-ray photon ionizes a hydrogen atom, the resultant photo-electron also
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Figure 2.3: Spectra of LW and X-ray radiation background. The intensity in cgs unit and J are
shown. The intensity of the LW background is constant and that of the X-ray background is pro-
portional to ν−1.5 (Inayoshi and Omukai, 2011). We assume that ionizing UV photons (13.6 eV -
0.2 keV) cannot build a radiation background so the intensity in this range is zero. In this exam-
ple, JLW,21 = 10−2 and JX0,21 = 10−2.

has large kinetic energy. This electron may produce secondary ionizations by colliding with other

neutral hydrogen atoms or be thermalized and heat the gas by colliding with other electrons. We

model the secondary ionization/heating following Shull and van Steenberg (1985) and Ricotti

et al. (2002a). The ionization rate of species i is:

−dxi

dt
= xiζ

i +
∑

j=H I,He I

nj

ni,tot

ζ j
〈
Φi(Ej

0, xe)
〉
,

= (1 + fion,i)ζ
i,

(2.10)

where fion,i is the secondary ionization fraction of species i, Ei
0 = hPν − Ii is the photo-electron

energy and
〈
Φi(Ej

0, xe)
〉

is the average number of secondary ionization per primary electron of

32



species j (see Ricotti et al., 2002a). Ii is the ionization potential and ζ i is the photo-ionization rate

ζi = 4π

∫ ∞

Ii/hP

Jν
hPν

σi dν, (2.11)

where σi is the ionization cross-section of i (Verner et al., 1996). The rate of heating due to species

i is

de

dt
= 4π

∫ ∞

Ii/hP

Jν
hPν

σiEh(E
i
0, xe) dν

= fheat,iΓi.

(2.12)

where e is the internal energy. A fraction of the energy of photo-electrons is used to ionize the gas

and therefore the heating of the gas is less efficient (Ricotti et al., 2002a). This effect is considered

with the factor Eh(E
i
0, xe). The photoheating rate neglecting secondary photo-electron ionization

is

Γi = 4π

∫ ∞

Ii/hP

Jν
hPν

(hPν − Ii) σi dν. (2.13)

The secondary ionization fraction fion,i is large (e.g.fion,H I ∼ 17.3) when the gas is almost neutral

and its value converges to zero with increasing xe. On the contrary, the heating fraction fheat,i is

low in a neutral gas (close to 0.1) and converges to 1 with increasing xe. This can be understood

as in a neutral gas (low xe), most of the photo-electrons collide with neutral hydrogen and ionize

the gas, while in a highly ionized gas, photo-electrons collide with other electrons and thermalize.
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2.2.3 Tracking Clumps

We impose that the Jeans length is resolved with at least NJ = 16 cells up to the maximum

AMR level near the halo centre. Once the maximum level is reached, however, we cannot refine

them further. In order to prevent artificial fragmentation at the maximum refinement level caused

by a decreasing Jeans length, we suppress the cooling of cells with the maximum refinement level

following the method in Hosokawa et al. (2016). This is done by multiplying the cooling function

by the factor

Climit = exp

[
−
(
ξ − 1

0.1

)2
]

(if ξ > 1), (2.14)

where ξ = flimit(∆x/λJ) with the cell size ∆x and Jeans length λJ. We assume flimit = 12 as in

Hosokawa et al. (2016).

To investigate the growths of protostars and the initial mass function, many studies employ

sink particles/cells and calculate the gas accretion onto and radiative feedback from them (e.g.,

HR15; Sugimura et al., 2020, hereafter S20). In this study, we do not use sink particles, hence

we neglect accretion and feedback physics associated with them. Our goal is to perform many

simulations for various external radiation backgrounds to capture the effects of X-rays on the

collapse and fragmentation. Instead of using sink particles, we flag cells with Climit < 10−4 in

each run. Using a friends-of-friends algorithm, we link neighboring cells together to identify

dense clumps. Each clump represents a quasi-hydrostatic core that would collapse to form a star

if we did not impose limitations on the cooling rate and the resolution. Throughout this article,

we use each clump as a proxy for a single Pop III star.
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Figure 2.4: Halo 2 in a LW-only simulation (the top panels) and one including X-ray effects
(the bottom panels). The first two columns show the hydrogen number density at different scales
(shown in the top panels). The third and forth panels show the H2 fraction and gas temperature,
respectively (the scale is the same as in the second panel from the left). The intensity of the LW
radiation is the same in both simulations (JLW,21 = 10−1). The intensities of X-ray backgrounds
are JX0,21 = 0 and 10−4, respectively. The white circle indicates the virial radius of the halo.
When irradiated by a moderate X-ray background, the gas core in the halo has a higher H2 fraction
(third column) and can cool to a lower temperature (fourth column). Hence the gas in the X-ray
irradiated halo can collapse to a higher density than the case with the same LW background but
without X-rays (second column), allowing the formation of Pop III stars.

2.3 Results - I. Critical Minihalo Mass for Pop III Formation

In a gas of primordial composition, the formation of H2 is inefficient in minihaloes below a

critical mass due to the low electron fraction produced by collisional ionization during virializa-

tion (Tegmark et al., 1997). However, pristine gas can cool more efficiently, even in small mass

minihaloes, if an X-ray radiation background enhances the electron fraction. Fig. 2.4 demon-

strates the effectiveness of the X-ray background in promoting Pop III star formation. When the

halo is irradiated by a constant (as a function of time) LW background (top panels), the maximum

gas density in the minihalo at redshift z = 22.6 is below 10 H cm−3, and the gas collapses to

form a dense core at z ∼ 16.5, when the mass of the minihalo is 1.6 × 106 M⊙. If the halo is
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exposed to the same LW background but also an X-ray background (bottom panels), the gas at

the halo centre cools efficiently (the right panels shows the temperature) thanks to the enhanced

H2 fraction (see the third panel from the left). The cooling enables the formation of a dense core

at z = 22.6, when the halo mass is ∼ 1.5 × 105 M⊙, a critical mass about ten times lower than

the case without X-ray irradiation.

To quantify the effect of the X-ray background we define the critical mass as the mass of a

minihalo at the redshift when the Pop III star forms. To this end, we define the parameter zα, that

is the redshift at which the central gas density reaches 10α H cm−3. For example, if the central

gas density reaches 101 H cm−3 at z = 25 and 108 H cm−3 at z = 23, z1 = 25 and z8 = 23,

respectively. In this section, we assume that Pop III stars form at z10. From the time of formation

of the protostellar core, it takes roughly 104 − 105 years for feedback to halt gas accretion and

reach the final Pop III star mass (S20). This time scale is much shorter than the typical variations

of the formation time caused by different intensities of the LW or X-ray radiation backgrounds.

The later phases of evolution of the gas (nH > 1010 H cm−3), when a protostellar disc is formed,

are discussed later in Section 2.4 and Paper II (Chapter 3).

The three panels in Fig. 2.5 show z1, z3 and z10, respectively, for Halo 1 for the 7× 7 grid

of radiation backgrounds. The middle and right panels are nearly identical, meaning that once

the gas reaches a density above 103 H cm−3, for the range of backgrounds considered here, the

collapse cannot be halted and proceeds rapidly to densities ∼ 1010 H cm−3. The panel on the left

shows that the gas density reaches 10 H cm−3 by z ∼ 24 for any value of the LW background

unless the X-ray intensity is larger than JX0,21 > 10−3 and JLW,21 > 10. This is because the core

gas density of Halo 1 at virialization is ∼ 10 H cm−3 even without any core contraction due to

gas cooling (see Ricotti, 2009, for the calculation of the core gas density assuming an isothermal
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Figure 2.5: Redshift of collapse (zα) to a density 10α for Halo 1 as a function of JLW,21 and
JX0,21. From left to right, α is 1, 3 and 10. The smoothed iso-contours for zα = 15, 20, 23, 24,
25, and 26 are drawn on the top of the color map. Under the color bar, the mass of the halo at
a particular redshift is shown. The locations in each panel marked by letter labels are used for
a more detailed explanation of the results in the text. The center and right panels show that X-
rays have net positive feedback in the sense of anticipating the formation of Pop III stars (and
hence reducing the critical halo mass for star formation) and generally counteracting the negative
feedback effect of a strong LW radiation background. The effect in reducing the critical mass
is most pronounced in a weak or moderate LW background (JLW,21 ≤ 10−1) with strong X-ray
irradiation (JX0,21 ≥ 10−3).

equation of state and T ≈ Tvir). Therefore z1 is always reached by Halo 1 unless the X-ray

background is strong enough (JX0,21 > 10−3) to heat the IGM to TIGM > Tvir and cooling from

H2 formation (that is increased by X-ray photo-ionization) does not offset significantly the X-ray

heating (JLW,21 > 10).

Let’s now focus on the right panel, showing the redshift of Pop III star formation. In a zero

background (the bottom left corner), the Pop III star forms at z ∼ 24 when the halo mass is

∼ 7× 105 M⊙. Increasing the LW background intensity to JLW,21 ∼ 10 delays Pop III formation

to z ∼ 14 when the halo mass exceeds 2 × 107 M⊙ (label A). The figure also shows that z10

increases and the critical mass decreases, with increasing X-ray intensity. This is consistent with
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HM15 which also finds an earlier onset of gas collapse in an X-ray background. We find that the

X-ray background is particularly effective in offsetting the negative feedback effect of a strong

LW background. In a weak X-ray background, LW intensity JLW,21 ∼ 10 delays the formation of

Pop III stars to z ∼ 14 (label A in the figure), but if an X-ray background JX0,21 ∼ 10−4−10−3 is

present, the central gas can collapse to form Pop III stars at z ∼ 22 (label B) when the mass of the

halo is below 1.8× 106 M⊙. Compared to 2× 107 M⊙ at z ∼ 14, this is a reduction of the critical

mass by one order of magnitude. In a cosmological context, a reduction of the critical mass by an

order of magnitude implies that the number of minihaloes that are able to form Pop III stars will

increase by roughly the same factor. As a side note, Regan et al. (2020) found that LW radiation

backgrounds with JLW,21 ∼ 0.1− 10 suppresses the formation of Pop III stars and allows direct-

collapse-black holes to form in atomic cooling haloes (with mass > 108 M⊙). Our results suggest

that a strong X-ray background may offset this effect enabling Pop III star formation even in a

strong LW background.

Fig. 2.6 shows the same results as Fig. 2.5, but for Halo 2 and Halo 3, respectively. At all

redshifts, Halo 2 is smaller in mass than Halo 1, and Halo 3 is the smallest halo (see Fig. 2.2). The

results for these two haloes are qualitatively similar to Halo 1, with some quantitative differences

explained below. For these smaller mass haloes, when both the LW and X-ray intensity are large,

the gas density fails to reach 10 H cm−3 (label A in the figure). This is because, due to their

lower masses and virial temperatures, the core densities of these haloes at virialization are <

10 H cm−3, hence sufficiently rapid cooling is necessary to reach that density. A LW background

JLW,21 ≥ 10−1 is sufficient to suppress cooling and prevent the gas from reaching 10 H cm−3

before z ∼ 16. The collapse of gas to higher densities (from α = 3 to 10) follows the same

trend as that of Halo 1. An increase in the LW intensity suppresses the formation of H2 and
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Figure 2.6: Redshift of collapse zα to density 10α for Halo 2 (top panels) and Halo 3 (bottom
panels). The meaning of the labels and contour plots is the same as in Fig. 2.5. Note that for
Halo 3 the iso-contour lines are at z = 15, 17, 19, 20, and 21. Unlike the case of Halo 1, that
has the largest mass among our simulated haloes, here positive feedback from X-rays is most
significant for moderate X-ray irradiation, at JX0,21 ∼ 10−4 − 10−3, because for strong X-ray
irradiation the heating of IGM prevents the gas from condensing in these smaller mass haloes.
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delays Pop III star formation. Compared to Halo 1, however, a significant delay of Pop III star

formation occurs for a weaker LW radiation background. For instance, z10 of Halo 1 decreases

dramatically between JLW,21 = 1 and 10 while this occurs between JLW,21 = 0.1 and 1 for Halo 2

and JLW,21 = 0.01 and 0.1 for Halo 3. In a strong LW background, Pop III stars fail to form

before z ∼ 13 (z ∼ 10) for Halo 2 (Halo 3).

The positive feedback by an X-ray background is also observed in Halo 2 and Halo 3.

Without any LW or X-ray radiation backgrounds z10 = 21.27 (18) in Halo 2 (Halo 3) and the

critical mass is ∼ 1.5 × 105 M⊙ (location B). In a strong X-ray background (JX0,21 = 10−3,

location C), z10 = 24.6 (∼ 31 Myr earlier) in Halo 2 and the critical mass decreases to 9.5 ×

104 M⊙ (while it decreases by a factor of ∼ 3 for Halo 3). When LW radiation is stronger

(JLW,21 ∼ 0.1), the effect of X-rays becomes more pronounced: in Halo 3 Pop III star does

not form without X-ray irradiation (location G) and in Halo 2 the critical mass is 1.6 × 106 M⊙

(z10 = 16.50, location D). Adding X-ray radiation (location E and H), the critical mass is lower by

more than a factor of 10 for Halo 2 (1.2×105 M⊙, z10 = 23.11) and is about ∼ 3.0×105−106 M⊙

for Halo 3.

If the X-ray intensity increases further, however, the heating of the IGM becomes the dom-

inant feedback mechanism, suppressing the formation of Pop III star as in the analytic models

of R16. Increasing the X-ray intensity by a factor of 10 (location F) suppresses gas collapse and

Pop III star formation does not occur until z = 12.60 when the halo mass is 6.6 × 106 M⊙. If

JX0,21 = 0.1, the heating by a radiation background shuts down gas collapse completely and the

formation of a Pop III star is suppressed until z = 10.

In all the haloes the reduction of the critical minihalo mass produced by an increasing X-

ray background is largest in an intense LW background. This can be readily understood because
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no matter how strong is the boosting of H2 formation by X-rays, there is a floor to the lowest

critical mass, that is dictated by the inefficient cooling rate of H2 in gas with temperature below

∼ 100− 200 K. Hence, virialized gas in minihaloes with Tvir < 100− 200 K cannot cool rapidly

even if the gas has high molecular fraction. A rough estimate of this floor critical mass of DM

minihaloes is,

Mcr(min) ≈ 105 M⊙

(
1 + zvir

20

)−3/2

, (2.15)

where we have assume Tvir = 200 K. This limiting minimum mass could be significantly reduced

by HD cooling, which is neglected in our work.

In order to better understand the common qualitative features described above for the three

haloes, in Fig. 2.7 we show a sketch of the region on the grid in which Pop III stars can form. The

sketch on the left is based on the analytical model in R16, while the sketch on the right illustrates

the results of this study based on hydrodynamical simulations.

When an X-ray background is intense (top line in the sketch), gas photo-heating is the

dominant feedback process. In this case, the temperature of the IGM (TIGM) and the halo virial

temperature (Tvir) determine the formation of Pop III stars. If Tvir < TIGM the gas in the halo

cannot collapse until the halo mass grows enough and Tvir exceeds TIGM. R16 assumed that only

haloes with Tvir > TIGM can form Pop III stars and this is represented as a horizontal line in the

left panel. In the hydrodynamics simulations, however, the formation of Pop III stars in strong

X-ray radiation shows a dependence on the intensity of the LW radiation and thus this line is

slanted. We speculate that this is due to the additional cooling by H2 in the absence of a strong

LW background. The position of the line on the diagram is shifted upward (to higher JX0,21) if

the halo is more massive and has a higher virial temperature.
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Figure 2.7: Schematic diagrams of Fig. 2.5 and 2.6. The colored regions represent the region on
the grid where the formation of Pop III is allowed. The left panel shows the region expected by
the model in R16, and the right one simplifies the trend of our simulations. Tvir and TIGM indicate
the temperatures of a virialized halo and the IGM, respectively. xe,vir is the electron fraction of
the halo in the absence of an X-ray background and xe,back is the fraction of electrons due to
additional ionization by the X-ray background radiation. The parameter β, related to the mean
spectral energy distribution of the first sources of light, is the ratio of the integrated energy in the
X-ray band and the LW band (see R16).

The lower part of the diagram can be understood considering the degree of X-ray ionization

and H2 formation. If the X-ray radiation is weak (below the dashed line) the fraction of electrons

produced by X-ray photoionization (xe,back) is lower than the residual electron fraction from

the epoch of recombination and the electron fraction produced by collisional ionization in the

virialized halo (xe,vir). In this region the positive feedback by the X-ray background is negligible.

The position of the line is mostly determined by the growth rate of the halo. Halo 1, that grows

quickly and becomes more massive than the other two, has higher virial temperature and thus

higher collisional ionization rate. In addition, the halo is irradiated for a shorter period of time

before the formation of Pop III stars. Therefore, the intensity of the X-ray background must

be higher (JX0,21 ∼ 10−5 for Halo 1, see Fig. 2.5) to increase sufficiently xe,back and have an
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influence on the critical mass of the halo. On the other hand, the position of the dashed line is

lower for Halo 2 and 3 (JX0,21 ∼ 10−6, Fig. 2.6) because they are irradiated by X-rays for a longer

time, hence weaker X-ray background is sufficient to produce xe,back > xe,vir.

Above the dashed line the X-ray photoionization is the dominant positive feedback. In this

region of the parameter space, the increased H2 fraction from X-ray ionization compensates for

the H2 dissociation by the LW background, making the formation of Pop III stars possible in

a stronger LW background. The slanted line on the right side of the region shows this trend.

The slope of the isocontour lines in this region is roughly linear: JX0,21 ∝ JLW,21. This can be

understood in the context of the R16 model in which the critical mass was found to depend on

the parameter β, that is the ratio of the energies in two energy bins in the mean spectrum of the

sources β ≡ EX/ELW ∼ JX/JLW.

In conclusion, considering the finite sampling in the JLW,21 − JX0,21 plane due to the lim-

ited number of simulations in this work, our results are in good qualitative agreement with the

analytic model in R16, although the simulations show that the R16 model neglects some physical

processes that are important when the X-ray irradiation is strong, and/or when minihalo masses

grow rapidly. In the absence of radiation backgrounds, the critical halo mass we find is in agree-

ment with R16 (about 106 M⊙). We note that in R16 the smallest mass halo in which Pop III

stars can form is ∼ 3 × 104 M⊙, obtained when a strong X-ray irradiation is considered at very

high redshift. In this work we find a minimum mass about three times larger (∼ 105 M⊙). This

is in agreement with the estimate of the minimum critical mass in equation (2.15), given that the

analytical work considers also very rare haloes forming at z > 30.
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2.4 Results: II. Total Mass in Pop III Stars

Our simulations follow the formation of protostars for 5 × 104 − 105 years after the time

of formation, defined here when the core density reaches ∼ 1010 − 1011 H cm−3. However, we

neglect radiation feedback from the accreting protostars that can dissociate H2 (FUV radiation)

and produce winds powered by photo-heating from hydrogen and helium ionization. Therefore

the masses of the Pop III stars at the end of our simulations are (in most cases) overestimated and

provide an upper limit to the Pop III mass. Without radiation feedback, the masses of the Pop III

stars grow at a nearly constant rate from the time of formation. Radiation feedback is expected to

both reduce the accretion rate and halt the accretion after ∼ 2× 104 years (see S20).

In order to estimate the effect of radiation feedback in reducing the final masses of Pop III

stars, we use an empirical relationship based on previous work by HR15 that includes UV radia-

tion feedback. HR15 provides a relation between the final mass of Pop III star and the accretion

rate onto the protostellar core

Mfinal = 250 M⊙

(
dM/dt|cr

2.8× 10−3 M⊙ yr−1

)0.7

, (2.16)

where Mfinal is the final mass and dM/dt|cr is the accretion rate at the characteristic radius. We

define the characteristic radius consistently with the definition in HR15: when the central gas

density reaches 107 H cm−3, we compute the enclosed mass (Menc(r)) and the Bonnor-Ebert

mass (Ebert, 1955; Bonnor, 1956) as a function of the radius, r:

MBE(r) ≈ 1050 M⊙

(
T

200 K

)3/2 ( µ

1.22

)−2 ( nH

104 cm−3

)−1/2 ( γ

1.66

)2
, (2.17)
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defined as in equation (12) in Hirano et al. (2014). Here, µ is the mean molecular weight and

γ = 5/3 is the adiabatic index. The characteristic radius where we estimate the accretion rate is

defined where Menc(r)/MBE(r) reaches its maximum value.

Fig. 2.8 shows various gas properties of Halo 1 when the central density reaches 107 H cm−3

for simulations with different values of JX0,21 (see legend). All the panels show spherically av-

eraged quantities. Panel (a) shows that the gas density profile follows the self-similar solution

of Larson (1969) and Penston (1969), as shown also in Omukai and Nishi (1998). In Panel (b)

the H2 fraction profiles are shown. We can see that the H2 fraction increases with the intensity

of the X-ray background. This is due to the enhanced H− abundance produced by the increased

fractional ionization of the gas (xe) from direct X-ray ionization and secondary ionization from

fast photo-electrons. Panel (c) shows the effective equation of state (T as a function of nH for the

collapsing gas obtained by matching the radial density and temperature profiles). As the X-ray

intensity increases, the temperature of the gas at each given density decreases. Due to the self-

similarity of the collapse, the temperature shown here also represents the temperature evolution

of the gas core as a function of time as the core reaches higher densities. The temperature at

the lower density is the virial temperature that depends on the halo mass and the redshift. The

symbols mark the minimum temperatures (Tmin), roughly reached at the end of the initial free-

fall phase when the core gas density is nH ∼ 104 H cm−3 (Bromm et al., 2002). The minimum

temperature shows a correlation with the X-ray intensity: the stronger the X-ray intensity, the

lower the temperature (see also the left panel of Fig. 2.9). This result may appear counterintu-

itive as X-ray irradiation typically leads to enhanced heating rather than cooling. Instead, we find

that, unless the X-ray irradiation is so strong to suppress collapse and Pop III star formation, the

enhanced H2 abundance and cooling rate dominates over the X-ray heating rate. This is the key
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Figure 2.8: Properties of the gas in Halo 1 within 100 pc at the time when the central density
reaches 107 H cm−3. The solid lines in each panel show simulations with different X-ray intensi-
ties JX0,21, color-coded as in the legend. The LW intensity in these simulations is zero. Panel (a):
The gas density profile, nH, as a function of the distance from the halo centre, R. The shapes of
the profiles are consistent with isothermal sphere profiles, but the density is generally reduced in
a strong X-ray background. Panel (b): The H2 fraction profile as a function of R. X-rays increase
the H2 fraction at all radii. Panel (c): The gas phase diagram constructed from the temperature
and density profiles. The circles show density where the gas reaches its minimum temperature.
The overall temperature profile and the minimum temperature decrease with increasing X-ray
irradiation due to the enhanced cooling rate produced by the increase of the molecular fraction
[see panel (b)]. Panel (d): The ratio of the enclosed mass to the Bonnor-Ebert mass as a function
of the enclosed mass. Each peak defines the characteristic radius of the quasi-hydrostatic core
and it is marked by a triangle. We use the same symbols in Panel (e) and (f) to show the charac-
teristic radii. The enclosed mass within the core (marked by the triangle) is generally lower with
increasing X-ray intensity, although for this halo there is an exception (green line). Panel (e): The
Bonnor-Ebert mass versus the enclosed mass. Panel (f): The rate of gas accretion (the left axis)
and the corresponding final mass (using equation (2.16)). The symbols indicate the accretion rate
at the characteristic radii and define the final mass of Pop III stars. The accretion rate and the final
mass of Pop III stars are reduced by X-ray radiation.
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physical result that will allow us to interpret most aspects of the simulation results.

In Panel (d), we plot the ratio of the enclosed mass to the Bonnor-Ebert mass. At radii

where the enclosed mass is greater than MBE, we find a collapsing core. Vice versa, at radii

larger than the collapsing core, thermal pressure supports the gas against collapse. Following

Hirano et al. (2014), we define the peak value of M(r)/MBE as the characteristic core radius in

each simulation (marked as triangles). In Panel (e), we plot the Bonnor-Ebert mass as a function

of the enclosed mass. In general, for higher X-ray intensity MBE at the characteristic radius is

smaller. Hence, X-ray irradiation reduces the mass of the collapsing core and other properties

determined by it (such as the accretion rate). Panel (f) shows the gas accretion rate and the final

Pop III star mass estimated using equation (2.16). Although we show dM/dt at all radii, only

the value of Mfinal at the characteristic core radius (marked by a triangle) is meaningful. With

increasing X-ray intensity, the accretion rate decreases and the core becomes smaller in mass. The

expected final Pop III mass is also lower due to the lower accretion rate. This result is consistent

with HM15 in that, in an X-ray background, enhanced H2 fraction provides efficient cooling and

enables smaller gas clouds to collapse.

Although the general trend with X-ray intensity is clear and monotonic, exceptions are

observed. In the simulation with JX0,21 = 10−4 (green lines), the gas shows a higher than expected

accretion rate. We find that another halo is within the virial radius of Halo 1 (∼ 100 pc) when the

dense core forms. At this time a strong radial inflow of gas develops within a few parsecs from

the halo centre which accounts for the higher accretion rates seen in Fig. 2.8. We speculate that

an interaction between two haloes triggers the strong gas inflow but we do not discuss this further

as it is beyond the scope of this work.

To summarize, Tmin in panel (c) is a key property to estimate the characteristic mass of
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Figure 2.9: Left: Minimum gas temperature, Tmin, as a function of X-ray intensity JX0,21. The X-
ray intensity is also color-coded as in Fig. 2.8. We distinguish different host haloes with different
symbols (see legend). To illustrate the results for different haloes more clearly, we plot trend lines
connecting median values for each halo (different line styles as in the legend). Right: Same as the
left panel, but showing Mfinal as a function of JX0,21. The value of Tmin, that is related to accretion
rate on the protostellar core, and the final total mass in Pop III stars decrease with increasing X-
ray irradiation.

Pop III star and Tmin is directly related to the X-ray intensity JX0,21. In Fig. 2.9 we provide Tmin

and the final Pop III star mass Mfinal, as a function of the X-ray intensity JX0,21. Note that the

relationship between Tmin and JX0,21 depends on the assumed X-ray spectrum of the sources

and the duration of the X-ray irradiation of the halo (hence the time dependence of JX0,21 and

the growth rate of the minihalo mass). In this paper, we have used a relatively soft power-law

spectrum, but if the dominant sources of X-rays are HMXBs the spectrum is expected to be

harder. Although the three haloes are different in mass and redshift of Pop III star formation, the

figure shows the general trend of a decreasing Tmin and Mfinal with increasing X-ray intensity.

However, Halo 1 (solid lines) deviates from this trend in a weak X-ray background (JX0,21 ≲

10−5), showing a roughly constant Tmin. This is consistent with the discussion in Section 2.3.

A bigger halo has higher collisional ionization rate and is irradiated for a shorter period of time
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before forming Pop III stars. For these reasons, the threshold of the positive X-ray feedback is

higher (dashed lines in Fig. 2.7).

The accretion rate at the critical radius can be estimated analytically (Hirano et al., 2014)

assuming spherical symmetry and simple dimensional analysis: dM/dt ∼ MJ/tff , where MJ =

(4π/3)ρ(cstff)
3 is the Jeans mass of the quasi-hydrostatic core at temperature Tmin and tff =

1/
√
Gρ is the free-fall time. Hence,

dM

dt
∼ 3.4× 10−3 M⊙ yr−1

(
Tmin

200 K

)3/2 ( µ

1.22

)−3/2

, (2.18)

showing that the accretion rate depends only on the gas sound speed or temperature of the col-

lapsing core. Since the gas is nearly neutral (µ = 1.22), using equation (2.16) we obtain the

relationship between Tmin and the final Pop III mass:

Mfinal = 287 M⊙

(
Tmin

200 K

)1.05

. (2.19)

We found that a strong X-ray radiation background lowers Tmin and the Jeans mass, reducing the

mass of the collapsing core (HM15), thus reducing the accretion rate.

Fig. 2.10 shows the accretion rates at the critical radius and final mass in Pop III stars for

all the simulations forming Pop III stars, as a function of the minimum temperature Tmin. The

different symbols refer to the three haloes we have simulated and the colors refer to the X-ray

background intensity (see legend in the left panel of the figure). As we discuss with Fig. 2.9 they

all follow a similar relationship: Tmin decreases with increasing X-ray intensity and this leads to

a slower gas accretion and hence lower mass of the Pop III star. The dashed lines in the left and
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Figure 2.10: The accretion rate on the protostellar core (left panel) and final mass in Pop III
stars (right panel) as a function of Tmin. Different symbols indicate different haloes and the X-
ray intensity JX0,21 is color-coded. Simulations with critical mass > 106 M⊙ are omitted due to
their larger deviations from the trend. In both panels, simple analytic estimates (equation 2.18
and 2.19) are drawn with dashed lines. Although the analytic estimates generally agree with the
simulation results for the accretion rates and the Pop III mass, we notice a larger deviation for the
strong X-ray irradiation cases. In addition, Halo 2 and Halo 3 show a tighter correlation with the
simple analytic expectation than Halo 1.

right panels show the result of the simple analytic model for the accretion rate (equation (2.18))

and Pop III mass (equation (2.19)), respectively. The accretion rates from the simulations are

consistent with this simple model, but the uncertainties in determining the location of the char-

acteristic radii (and thus the accretion rates) produce a significant scatter with respect to the

analytic calculation, especially for strong X-ray irradiation. The accretion rate dM/dt and Mfinal

for Halo 2 (crosses) and Halo 3 (triangles) show a much tighter relationship with Tmin, probably

because these two haloes grow relatively slowly and do not experience major perturbations. On

the other hand, Halo 1 (circles), which grows rapidly and experiences a major merger at some

point, shows a larger scatter and dM/dt is slightly biased to be lower than the other cases at a

given temperature.
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Fig. 2.11 shows that the total mass of the protostellar cores grows roughly linearly as a

function of time. In other words, the accretion rate is roughly constant as a function of time, and

its value decreases with increasing X-ray intensity similarly to Mfinal. The trend is quite robust,

for instance, when JX0,21 ≥ 10−2 (orange and red lines in the top panels) the protostars grow at

a significantly slower rate and the total mass in Pop III stars is lower at any given time. Again,

deviations from the general trend are observed (green lines) in Halo 1 and Halo 3. As discussed

in earlier in the section, a halo interaction may cause the rapid gas accretion. When Halo 3 is

irradiated by X-ray background of JX0,21 = 10−1 (the orange line in the upper right panel) the

growth of the clump stagnates after it reaches ∼ 50 M⊙. We observe that a bar-like structure

develops inside the characteristic radius. Due to the increase in the accretion rate the clump at the

centre grows in ∼ 10 kyrs but does not grow as most of the disc gas is consumed.

The bottom row in Fig. 2.11 shows the total mass as a function of time for different inten-

sities of the LW backgrounds (see legend) keeping fixed the X-ray intensity (JX0,21 = 10−4). We

do not observe any dependence of the protostellar core growth rate on the LW intensity. Probably

this can be explained by H2 self-shielding (equation (2.4)) that increases rapidly when the gas

density exceeds nH ∼ 101 − 102 H cm−3. Hence, after the formation of the protostar the LW

radiation is shielded and does not play a significant role in determining Tmin and thus the final

Pop III mass. The effect of the LW background is limited to setting the redshift of Pop III star

formation. Because the protostar forms and accretes at different redshifts (for the same halo but

with different radiation backgrounds), other factors such as the mass of the halo or mergers with

other minihaloes are more important in determining the Pop III star mass growth than the gas

cooling physics. An extreme example of this is the case of Halo 1 irradiated by a very strong

LW background (JLW,21 = 100, red line in the bottom-left panel). The gas in the halo starts con-
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Figure 2.11: Evolution of the total mass of clumps (the protostar) since the formation of the first
one in three haloes. Top panels show the total masses in different X-ray backgrounds (JLW,21 =
0). We clearly observe the general trend of a lower accretion rate and smaller final mass in Pop III
stars with increasing X-ray irradiation. The bottom panels show the evolution of the total mass
of the protostar changing the LW background keeping the X-ray background constant at JX0,21 =
10−4. The intensity of the LW background is color-coded as shown in the legend. We do not
observe any trend of the protostar growth rate with varying the LW background intensity.
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Figure 2.12: The dimensionless ratio η of two accretion rates in equation (2.21), as a function
of dM/dt|cr, defined when the central density is 107 H cm−3. The parameter η is the ratio of
the average accretion rate on the Pop III star (i.e.the total mass at t∗ = 5 × 104 years, divided
by t∗) to dM/dtcr. Different symbols refer to different host haloes and JX0,21 is color-coded. To
guide the eye, the shaded region encompasses a change of a factor of two around unity: 0.5 ≤
η ≤ 2.0. Simulations with the critical mass of the host haloes larger than 106 M⊙ are omitted.
The observation that η is of the order of unity means that the accretion rate at the characteristic
radius estimated during the early phases of the collapse (when the central density is 107 H cm−3),
remains nearly constant as a function of time and at a smaller scales. Hence dM/dt|cr is a good
predictor of the constant growth rate of the protostars over a relatively long time scale.

densing when the mass of the halo reaches ∼ 2 × 107 M⊙ (the virial temperature ∼ 9, 000 K),

when Ly α atomic cooling starts to become important. The accretion rate is very rapid and both

Mfinal and the core mass exceed 104 M⊙. This is consistent with Regan et al. (2020) in that a

LW background allows black hole seeds to form by suppressing the formation of Pop III stars in

small mass minihaloes below the atomic cooling limit.

Since the accretion rate onto the protostar is fairly constant, the final mass in Pop III stars

increases linearly with time. In order to determine the final mass in Pop III stars we therefore
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need to estimate the typical timescale for feedback to halt the accretion. This can be derived from

equation (2.16) as long as the accretion rate remains constant and equal to the value dM/dt|cr

estimated at the critical core radius at nH = 107 H cm−3:

τSF =
Mfinal

dM/dt|cr
= 89 kyrs

(
dM/dt|cr

2.8× 10−3M⊙ yr−1

)−0.3

, (2.20)

In Fig. 2.12 we show the ratio between the average growth rate of the protostar ⟨dM/dt⟩ ≈

M(t∗)/t∗, where we use t∗ = 50 kyrs for this period and the accretion rate dM/dt|cr at nH =

107 H cm−3,

η =
⟨dM/dt⟩
dM/dt|cr

(2.21)

as a function of dM/dt|cr. The ratio η is of the order of unity with a spread within a factor of two

(shaded region) in most cases. Since these two accretion rates are nearly the same, the final mass

in Pop III stars estimated as M(τSF) is the same as Mfinal in equation (2.16).

2.5 Summary and Discussion

The first stars have an important effect on the formation of the first galaxies by regulating

the formation of metal-enriched stars (Ricotti et al., 2002b, 2008; Wise and Abel, 2008). LW and

X-ray photons can travel large distances without being absorbed in the early Universe, building

up a radiation background. In addition, X-rays can penetrate deep into star-forming clumps pro-

ducing both heating and ionization. Each photo-electron has high energy but in a mostly neutral

gas fast photo-electrons deposit a large fraction of their kinetic energy into secondary ionizations

(Shull and van Steenberg, 1985). Because of these properties, it is thought that early objects (first
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stars and their remnants such as SNe, PISNe, HMXBs, and IMBHs) build a LW and X-ray radia-

tion backgrounds that self-regulate their formation Venkatesan et al. 2001; Jeon et al. 2014a; Xu

et al. 2016; R16).

In this study, using zoom-in simulations of three minihaloes with different masses and

irradiated by different intensities of the LW and X-ray backgrounds, we investigate the effect of

X-ray/LW radiation on the formation of the first stars and on their characteristic mass. Below we

summarize the key results of the simulations.

1. We confirm the qualitative results of previous analytic models (R16), that an X-ray radi-

ation background promotes the initial gas collapse in small mass minihaloes, while a LW

background delays it by regulating the amount of H2 formation. If the X-ray background is

too intense, the feedback effect by gas heating suppresses Pop III star formation in haloes

with virial temperature Tvir < Tgas. Below this threshold X-ray intensity, the increase in H2

formation due to the increased ionization fraction of the gas, reduces the mass above which

a minihalo can host a Pop III star (the critical mass) to ∼ 105 M⊙. The positive feedback

effect of X-rays is most important when it offsets the negative feedback of an intense H2-

dissociating LW radiation background. For example, X-rays can reduce the critical mass by

a factor of ∼ 2 in a weak LW intensity (JLW,21 ≤ 10−3), while the reduction is by a factor

of ten when JLW,21 = 10−1. Hence, X-ray radiation can increase the number of Pop III stars

forming in the early Universe by about a factor of ten, that is the same factor as the decrease

of the critical mass because the number of haloes per unit volume is inversely proportional

to the critial mass (dnhalo/d lnMhalo ∝ M−1
cr ). We provide a quantitative description of the

relation between the number of Pop III stars and the critical mass in Appendix A.2.
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2. X-ray irradiation produces a net cooling effect on the collapsing protostellar core by in-

creasing the H2 fraction. Efficient gas cooling reduces the gas sound speed and conse-

quently the accretion rate on collapsing protostellar cores. Therefore the final mass in

Pop III stars is lower in X-ray irradiated minihaloes.

The results in this work constitute a first step to understand the self-consistent evolution of the

number of Pop III stars forming in the early universe. As shown in R16 using analytic calcu-

lations, the critical minihalo mass above which Pop III stars can form and the intensity of the

radiation backgrounds are self-regulated by a feedback loop on cosmological scales. While this

work considers only a grid of assumed values of the background, the lower value of the critical

mass we derive is roughly a factor of 3 higher than the value found in R16 (∼ 3 × 104 M⊙).

Although cosmological simulations are required to make solid predictions, a simple scaling ar-

gument using Press-Schechter formalism (Press and Schechter, 1974; Sheth and Tormen, 1999),

suggests that the number of Pop III stars according to our simulation results would be a factor of

3-4 lower than in R16: ∼ 100 instead of ∼ 400 in 1MPCh estimated by R16.

In addition, following R16, we assume that soft X-ray (∼ 0.2 − 2.0 keV) is the dominant

source of ionization and our spectra do not cover harder X-ray (∼ 2.0−10 keV). Whether adding

harder photons in this energy bin has positive or negative feedback will be studied in future work.

The model in R16 assumes for simplicity a fixed X-ray and LW luminosity of each DM halo

more massive than the critical mass. Therefore the model takes into account the total mass and

multiplicity of Pop III stars in haloes, but not their dependence on the halo mass. In this work,

we confirm the formation of multiple Pop III stars per halo, as also found in previous studies

(Machida et al. 2008; Turk et al. 2009; Clark et al. 2011b; Susa et al. 2014; Stacy et al. 2016;
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S20). This implies that the predicted radiation background Pop III stars build-up, depends on the

evolution of the IMF of Pop III stars and their total mass. Due to their high masses, typically

Pop III stars emit at nearly the Eddington rate 1.25 × 1038 ergs s−1 (M/M⊙) (Bromm et al.,

2001), so the LW intensity per halo depends on the total mass of the stars. On the contrary, if they

explode as PISNe with similar energy (∼ 1052 ergs), the X-ray intensity per halo depends on the

number of Pop III stars. Furthermore, the fraction of HMXBs (∼ 35%, Stacy and Bromm, 2013)

can be affected by the X-ray background. This suggests the number density of Pop III stars or

their explosions that JWST (Whalen et al., 2014) will detect may provide constraints of the IMFs

and X-ray physics.

HM15 finds that the X-ray radiation background is shielded by the dense central gas and

therefore plays a minor role in determining the IMF of Pop III stars. Since self-shielding of the

X-ray background is not considered in our simulations, we perform test runs with Halo 1 to

investigate whether it has important effects. The results of the simulations suggest that X-ray

self-shielding has a negligible effect in most of our simulations and deviations with respect to

neglecting it are only evident for very strong values of JX0,21 > 10−1 and, in these simulations,

only in high-density gas (nH > 104 H cm−3). Details on the method, simulation results, and

analysis are presented in Paper II. Here we emphasize that the discussion presented in this paper

on the redshift of collapse and total mass of Pop III stars is insensitive to the inclusion of X-ray

self-shielding because regulated by gas properties at relatively low densities, where the effect

of X-ray self-shielding is always negligible. In particular, X-ray shielding should not affect the

final mass in Pop III stars since it is determined by the accretion rate of the quasi-hydrostatic

core, related to Tmin when the gas has density nH ∼ 104 H cm−3. The collapse to a higher

density occurs on a timescale comparable to the ionization/recombination timescales. Hence,
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the dense gas retains a memory of the temperature and ionization fraction at lower densities, as

shown by panel (c) of Fig. 2.8 up to densities ∼ 107 H cm−3. We confirm that this behaviour

continues up to densities nH ∼ 1010 H cm−3. At densities nH > 104 H cm−3, the gas temperature

rises with increasing density, hence compression heating (or viscous heating in discs at densities

> 1010 H cm−3, Kimura et al., 2021) dominates over photoionization heating, at least for the

range of JX0,21 considered in this work. As HM15 has pointed out, however, this result may be

sensitive to the column density of the halo and certainly the intensity of the X-ray irradiation.

Hence, the growth history of the host halo may be an important factor in determining when X-ray

shielding can be neglected.

This work does not include two potentially important physical processes: HD cooling

and radiative feedback from protostars. HD provides additional cooling at low temperatures

(∼ 100 K) and thereby can reduce the characteristic mass of Pop III stars (Yoshida et al., 2007).

Its formation rate is proportional to that of H2 which is regulated by an X-ray background.

Furthermore, Fig. 2.8 and 2.9 show the minimum temperature is a function of X-ray. Therefore,

X-ray radiation can be crucial to the onset of HD cooling. The role of X-ray radiation in HD

formation has been explored by Nakauchi et al. (2014), but not tested yet with hydrodynamics

simulation. Finally, a full treatment of radiation feedback from accreting protostars, rather than

the semi-empirical approximation used in this work, is important for a more accurate determina-

tion of the final masses of Pop III stars (Hosokawa et al. 2011, 2016; S20). Therefore, including

the neglected or approximated physical processes mentioned above (X-ray self-shielding, HD

cooling, and radiation feedback) will be the focus of future work.
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Chapter 3: Population III Star Formation in an X-ray Background - II. Proto-

stellar Discs, Multiplicity, and Mass Function of the Stars

Disc fragmentation plays an important role in determining the number of primordial stars

(Pop III stars), their masses, and hence the initial mass function. In this second paper of a series,

we explore the effect of uniform FUV H2-photodissociating and X-ray radiation backgrounds

on the formation of Pop III stars using a grid of high-resolution zoom-in simulations. We find

that, in an X-ray background, protostellar discs have lower surface density and higher Toomre

Q parameter, so they are more stable. For this reason, X-ray irradiated discs undergo fewer frag-

mentations and typically produce either binary systems or low-multiplicity systems. In contrast,

the cases with weak or no X-ray irradiation produce systems with a typical multiplicity of 6± 3.

In addition, the most massive protostar in each system is smaller by roughly a factor of two when

the disc is irradiated by X-rays, due to a lower accretion rate. With these two effects combined,

the initial mass function of fragments becomes more top-heavy in a strong X-ray background

and is well described by a power-law with slope 1.53 and high-mass cutoff of 61 M⊙. Without

X-rays, we find a slope 0.49 and a cutoff mass of 229 M⊙. Finally, protostars migrate outward

after their formation likely due to the accretion of high-angular momentum gas from outside and

the migration is more frequent and significant in the absence of X-ray irradiation.
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3.1 Introduction

In the last 20 years, theoretical progress has been made to understand better the formation

of the first zero-metallicity stars (Pop III) that formed in the universe (Omukai and Nishi, 1998;

Bromm et al., 2001; Abel et al., 2002; Yoshida et al., 2008; Turk et al., 2009; Clark et al., 2011b;

Hosokawa et al., 2011; Sugimura et al., 2020). However, predictions on the number and masses

of the Pop III stars are still very uncertain. Similarly uncertain are the predictions on the number

of pair-instability SNe (PISNe) and hypernovae from Pop III stars and the number of IMBHs

they produce. In the era of gravitational wave astronomy (Abbott et al., 2016), the census of

intermediate-mass black holes (IMBHs) detected in binary systems is bound to improve, and

next-generation optical and IR space telescopes (JWST and Roman space telescope) promise to

directly detect the first light from Pop III star clusters, PISNe and hypernovae they may produce

(Whalen et al., 2014). It is therefore important to refine our models and predictions for the the

rate of formation of the first stars and their remnants.

Part of the difficulty in making these predictions is global feedback processes, in partic-

ular the Lyman-Warner (LW) H2-dissociating background and the X-ray radiation background,

regulating their formation in small mass haloes (minihaloes) and their initial mass function (Oh,

2001; Venkatesan et al., 2001; Machacek et al., 2003; Ricotti and Ostriker, 2004; Ricotti et al.,

2005; Jeon et al., 2014a; Xu et al., 2016). The LW radiation is emitted directly by Pop III stars

and second-generation stars, while high-mass X-ray binaries (HMXBs), accreting IMBHs, and

supernova/hypernova explosions are sources of an X-ray radiation background associated with

Pop III star formation (Xu et al., 2014; Jeon et al., 2014a, 2015; Ricotti, 2016; Xu et al., 2016).

The LW radiation background has always negative feedback on the formation of Pop III stars
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as it dissociates H2, suppressing the cooling of pristine gas. The X-ray background can both

suppress Pop III star formation in the smallest minihaloes due to intergalactic medium (IGM)

heating (increasing the Jeans mass in the IGM) and promote Pop III star formation by increas-

ing the electron fraction of gas collapsed into minihaloes and thus promoting H2 formation via

the catalyst H−. The number of Pop III stars depends on the minimum dark matter halo mass in

which a zero-metallicity star can form as a function of redshift (the smaller the critical mass the

more numerous the minihaloes hosting Pop III stars) and on the multiplicity of stars per minihalo

(Hirano et al., 2014; Susa et al., 2014; Stacy et al., 2016). Since both the critical minihalo mass

and the multiplicity of stars depend on the radiation backgrounds produced by Pop III stars, a

feedback loop is at play. A simple analytic model of this feedback loop was presented in Ricotti

(2016), in which the number of Pop III stars in the early universe and the radiation background

they produce was estimated self-consistently. He finds that X-rays emitted during the unavoidable

death of Pop III stars in cosmic supernova or hypernova explosions can significantly increase the

number of Pop III stars forming in the universe with respect to models without X-rays. However,

if the X-ray emissivity per minihalo is too large, for instance, because of significant contributions

from HMXBs or accreting IMBHs from Pop III stars or miniquasars from direct collapse BHs,

X-rays can have a negative feedback effect by heating excessively the IGM.

The buildup and cosmological effects of an X-ray background, including its effect on the

formation of the first stars, have been studied by many authors (Oh, 2001; Venkatesan et al.,

2001; Machacek et al., 2003; Inayoshi and Omukai, 2011; Jeon et al., 2014a; Xu et al., 2014,

2016). However, its impact on the properties of Pop III stars has received less attention. The

pioneering work of Hummel et al. (2015) focused on the initial gas collapse, disc fragmentation,

and multiplicity of Pop III stars in the presence of an X-ray background using cosmological
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simulations. Evolving their simulations for the first 5, 000 yrs after the formation of the first sink

particle, they concluded that the impact of X-rays on Pop III star formation is minimal. However,

the process of accretion onto protostellar cores takes typically ∼ 104 − 105 yrs (McKee and

Tan, 2008; Hosokawa et al., 2011; Sugimura et al., 2020), hence these simulations may have

been evolved for an insufficient length of time to fully capture the evolution of Pop III stars and

protostellar discs.

In Park, Ricotti, and Sugimura (2021a, hereafter Paper I), we describe a set of zoom cos-

mological simulations of the formation of Pop III stars in three minihaloes with different masses

and growth histories, irradiated by a range of intensities of the LW and X-ray background.

The intensity of the background is constant as a function of time in physical units and has a

power-law shape with a flat slope for the LW radiation and a slope 1.5 for the X-ray radia-

tion. We explore a grid of 7 × 7 = 49 different combinations of LW and X-ray backgrounds:

JLW,21 = 0, 10−3, 0.01, 0.1, 1, 10, 100, JX0,21 = 0, 10−6, 10−5, 10−4, 10−3, 0.01, 0.1, where the in-

tensities are in units of 10−21 erg s−1 cm−2 Hz−1 sr−1. We cover wide ranges of intensities by

assuming that sources at various distances affect the star formation. In this work, strong X-rays

refer to those with (JX0,21 ≥ 10−3). The X-ray background of Xu et al. (2016) and the fiducial

model of Ricotti (2016) correspond to our intermediate X-ray background (JX0,21 = 10−4) while

the fiducial model of Hummel et al. (2015) and strong X-rays of Ricotti (2016) correspond to our

strong backgrounds.

In Paper I, in agreement with Ricotti (2016), we find that the X-ray radiation background

generally promotes the initial gas collapse in small mass minihaloes, while the LW background

delays it by regulating the amount of H2 formation. However, if the X-ray background is too

intense, gas heating suppresses Pop III star formation in haloes with virial temperature Tvir <
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Tgas. Below this minihalo mass-dependent threshold, enhancement of the H2 abundance produced

by X-ray ionization of the gas, reduces the critical mass above which a minihalo can host a Pop III

star to ∼ 105 M⊙. The positive feedback effect of X-rays is most important when it offsets

the negative feedback of an intense H2-dissociating LW radiation background. In this case, the

critical mass can be reduced by a factor of ten. Hence, X-ray radiation can increase the number

of minihaloes forming Pop III stars in the early Universe by about the same factor. We also

found that the total mass of Pop III stars in each minihalo is lower in a sufficiently intense X-ray

background. X-ray irradiation produces a net cooling effect on the collapsing protostellar core by

increasing the H2 fraction. Efficient gas cooling reduces the gas sound speed and consequently

the accretion rate on the collapsing protostellar core, and its final mass.

In this work, the second in a series, we investigate how the X-ray and LW radiation back-

grounds affect the protostellar disc properties, the binarity/multiplicity of Pop III stars, including

their separation and dynamics, and the initial mass function of Pop III stars. The paper is orga-

nized as follows. In Section 3.2 we briefly summarize the simulations. We discuss the properties

of circumstellar discs in Section 3.3 and the multiplicity of Pop III stars in Section 3.4. In Section

3.5 we provide a summary and discussion.

3.2 Simulation

The simulations and the included physical processes are described in detail in Paper I. Here

we summarize the main aspects of the simulations for the sake of completeness. We use the

adaptive mesh refinement (AMR) cosmological code RAMSES (Teyssier, 2002), with radiation

transfer (Rosdahl et al., 2013). We perform zoom-in cosmological simulations on three haloes:
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Figure 3.1: Halo mass as a function of redshift. The virial masses of Halo 1, Halo 2 and Halo 3
are shown with different lines. The positions of symbols refer to the redshift of the formation of
Pop III stars and the masses of their host minihaloes. Different symbols and colors indicate the
intensity of LW and X-ray backgrounds as indicated by the legend.

the mass growth history of these three haloes is shown in Fig. 3.1 along with symbols showing

the redshift of formation of the Pop III stars under different intensities of an externally imposed

X-ray background.

Inside each zoom-in region, the mass of DM particles is ∼ 800 M⊙, and the cell refinement

criteria are: i) Lagrangian (cells must contain less than 8 DM particles) and, ii) Jeans refinement

criteria (Jeans length is resolved with at least NJ cells). For the latter condition, for cell sizes

smaller than ∼ 1 pc comoving, we adopt NJ = 16 in order to prevent any possible artificial

fragmentation and better resolve possible turbulent motions. If the size of a cell is greater than
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Table 3.1: Summary of the simulations.

Mvir (z = 15.7) MDM (zoom-in) Box size lmax

Halo 1 7.9× 106 M⊙ 800 M⊙ 1 Mpc/h3 28

Halo 2 4.4× 106 M⊙ 800 M⊙ 2 Mpc/h3 29

Halo 3 7.0× 105 M⊙ 800 M⊙ 1 Mpc/h3 28

∼ 30 pc (comoving), we adopt NJ = 4 to save computational time. Any cells between these two

scales are refined with NJ = 8. The size of the smallest cells is 0.00375 pc/h (comoving). At

z = 20, this corresponds to a physical size of 2.63×10−4 pc (or 54 au). The corresponding AMR

levels are shown in Table 3.1. The initial conditions of the DM-only and zoom-in simulations

are generated with MUSIC (Hahn and Abel, 2011). The assumed cosmological parameters are

h = 0.674,Ωm = 0.315,ΩΛ = 0.685,Ωb = 0.0493, σ8 = 0.811 and ns = 0.965 (Planck

Collaboration et al., 2020).

We consider all important chemical reactions in a gas of primordial composition. We in-

clude a network of out-of-equilibrium reactions for the following ions and molecules: HI, HII,

HeI, HeII, HeIII, H2, H2
+. The abundance of H− is approximated assuming the reactions are

at equilibrium. The formation of H2 includes the H− and the H+
2 channels as well as 3-body re-

action important at densities > 1010 H cm−3. We include hydrogen and helium atomic cooling

processes and an H2 cooling function tested to be accurate up to densities nH ∼ 1012 H cm−3. We

also model H2 self-shielding using fitting functions from Wolcott-Green and Haiman (2019) and

the effect of secondary ionizations and heating from fast electrons produced by X-ray photoion-

izations (Shull and van Steenberg, 1985; Ricotti et al., 2002a). Since we do not use sink particles

to create protostellar cores, in order to prevent artificial fragmentation at the maximum refinement

level caused by a decreasing Jeans length, we suppress the cooling of cells with the maximum
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refinement level following the method in Hosokawa et al. (2016). This is done by multiplying the

cooling function by the factor

Climit = exp

[
−
(
ξ − 1

0.1

)2
]

(if ξ > 1), (3.1)

where ξ = flimit(∆x/λJ) with ∆x is the cell size and λJ is the Jeans length. We assume flimit =

12 as in Hosokawa et al. (2016). The masses of protostellar cores are therefore estimated by

flagging cells with Climit < 10−4.

X-ray self-shielding is neglected, but we run test simulations showing that it is important

only for late stages when the gas reaches densities > 104 H cm−3, in very strong X-ray back-

ground (JX0,21 ≥ 10−1). Hence most of our results in Paper I and here, are insensitive to X-ray

self-shielding. In Appendix B.1, we describe how the self-shielding is treated in the test simu-

lations and discuss the results in detail. As Hummel et al. (2015) has pointed out, however, the

result depends on the total column density of the halo and the spectrum of the X-ray radiation. In

future works, more tests will be necessary to fully assess the importance of X-ray self-shielding

in determining the masses and redshift of formation of Pop III stars. We also neglect HD cooling

and chemistry. This could be important for strongly irradiated discs in which the H2 fraction is

large and the gas temperature reaches Tmin ∼ 100 − 200 K. HD cooling can reduce the charac-

teristic mass of Pop III stars (Yoshida et al., 2007) and its formation in a gas irradiated by X-rays

so far has only been explored analytically Nakauchi et al. (2014).

Finally, in this paper, we do not include radiative feedback from the accreting protostar,

which is crucial in stopping the accretion onto the protostellar core and therefore in determining

the final masses of Pop III stars (Smith et al., 2011; Hosokawa et al., 2011, 2016; Stacy et al.,
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2012; Sugimura et al., 2020). We estimate the final masses of Pop III stars using an empirical

relationship based on previous work by (Hirano et al., 2015) that includes UV radiation feedback.

They provides a relation between the final mass in Pop III stars, Mfinal, and the accretion rate onto

the protostellar core, dM/dt|cr, estimated at a characteristic radius:

Mfinal = 250 M⊙

(
dM/dt|cr

2.8× 10−3 M⊙ yr−1

)0.7

. (3.2)

We define the characteristic radius when the collapsing core density reaches nH = 107 H cm−3

where Menc(r)/MBE(r) reaches its maximum value, consistently with the definition in (Hirano

et al., 2015). In Paper I we find that the growth rate of the protostellar core is roughly constant as

a function of time and is equal to dM/dt|cr. Therefore we can also estimate the masses of Pop III

stars by calculating their mass directly from the simulation at the characteristic time τSF defined

as:

τSF =
Mfinal

dM/dt|cr
= 89 kyrs

(
dM/dt|cr

2.8× 10−3 M⊙ yr−1

)−0.3

. (3.3)

One of the main results of Paper I is that the accretion rate onto the protostar is dM/dt ∼

dM/dt|cr ∝ c3s , where cs is the minimum sound speed of the gas reached when the density is

nH ∼ 104 H cm−3. Therefore the timescale for star formation is τsf ∝ c−1
s and Mfinal ∝ c2s . In

terms of the minimum gas temperature we therefore have: dM/dt ∝ T
3/2
min, τSF ∝ T

−1/2
min and

Mfinal ∝ Tmin.
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3.3 Results: I. Properties of Protostellar Discs

Disc fragmentation is important in determining the number of Pop III stars and their masses.

Early cosmological simulations suggested that a single massive star (≳ 100 M⊙) forms in each

minihalo out of a pristine gas cloud (Abel et al., 2002; Yoshida et al., 2008; Hosokawa et al.,

2011), but more recent ones found the formation of multiple stars due to protostellar discs frag-

mentation (Clark et al., 2011b; Susa et al., 2014; Stacy et al., 2016; Sugimura et al., 2020). In

our simulations, gas discs fragment to form multiple clumps once the central density reaches

1010 − 1011 H cm−3. In this section, we discuss the effect of background radiation on disc frag-

mentation.

The main effect of X-ray irradiation on the properties of the disc is an increased stability

to fragmentation. Fragmentation of a thin disc can be characterized by the Toomre Q parameter

defined as (Toomre, 1964):

Q =
csκ

πGΣ
, (3.4)

where κ is the epicyclic frequency and Σ is the disc surface density. If Q > 1 the disc is stable

to fragmentation. In Fig. 3.2 we show the comparison of the face-on view of two discs in Halo 2

without X-ray background (left column) and with an X-ray background of JX0,21 = 10−2 (right

column). The top panels show the surface densities and the bottom panels the Q parameter. It is

clear that X-ray irradiated disc has lower surface density and larger Q parameter. We find that

the intensity of the X-ray background affects the shape of the disc forming in Halo 2, whose

growth is smooth as it does not undergo major mergers while stars are forming. In a strong X-ray

background, the shape of a disc tends to be asymmetric as shown in the top right panel of Fig. 3.2.
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Figure 3.2: Surface density (top panels) and Toomre Q parameter (bottom panels) of the face-on
circumstellar disc in Halo 2, at the time when the first protostar forms at the centre. The left
panels show the case without X-ray background and the right panels the case with a strong X-ray
background with JX0,21 = 10−2. In both simulations JLW,21 = 0, and the field-of-view is 0.16 pc
× 0.16 pc (33000 au × 33000 au).

On the other hand, the discs in Halo 1 and Halo 3, which grow quickly and therefore are more

easily perturbed by mergers, do not show a clear relationship between the morphology of the disc

and the intensity of the X-ray background.

In addition to the parameter Q, another measure the stability of the disc is the fragmen-

tation time tfrag, that here we define as the time between the formation of the first clump at the

centre of the disc and the second clump. In Fig. 3.3 we plot its dependence on the minimum

temperature, Tmin, of the collapsing core in the phase diagram (see Paper I). The plot shows that

the second fragment forms systematically later in discs in a stronger X-ray background. This can

69



Figure 3.3: Fragmentation time as a function of the minimum gas temperature, Tmin, of the col-
lapsing core in the gas phase diagram. JX0,21 is color-coded and the host haloes are shown with
different symbols (see legend). Simulations with halo critical mass > 106 M⊙ are excluded from
the analysis.

be interpreted as due to a more stable disc (with larger Q), and/or the lower accretion rate dM/dt

found in a strong X-ray background.

Two examples of the evolution and fragmentation of discs with and without X-ray irra-

diation are shown in Fig. 3.4-3.5 for Halo 2. The top panels ((a)-(c)), show snapshots of the

projected face-on and edge-on views of the disc at three different times. Panel (d) shows the hy-

drogen number density at the mid-plane of the disc as a function of r, while Panel (e) to (l) show

azimuthally averaged profiles in cylindrical coordinates of various quantities for the same three

different snapshots (see legend). Fig. 3.4 shows the disc in the absence of any radiation back-

ground. When the first clump forms at the centre of the halo (Panel (a)) the gas has a flat disc-like

structure with central density ∼ 1010 − 1011 H cm−3. The disc starts to fragment at t ∼ 14 kyr

after the formation of the first clump (Panel (b)), and at t ∼ 27 kyr four clumps can be identified

(see Panel (c)). As the disc fragments the azimuthally averaged profile of the disc shows fluc-
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Figure 3.4: Disc of Halo 2 in the absence of a radiation background. Panel (a)-(c): Projected face-
on (top) and edge-on (bottom) images of the disc in three snapshots at times t = 0, 14 and 27 kyr,
where t is defined as the time since the formation of the first protostar. The field-of-view of the
face-on images is 0.16 pc × 0.16 pc (or 33000 au × 33000 au) and that of the edge-on images is
0.16 pc × 0.04 pc (or 33000 au × 8251 au). Panel (d): The radial profile of the hydrogen number
density in the disc midplane. We plot the profiles of the three snapshots in Panel (a), (b), and
(c) as solid lines with different colors as shown in the legend. Panel (e): The surface density of
the gas. Panel (f): The sound speed. Panel (g): The rotational velocity. Panel (h): The ratio of the
rotational velocity to the Keplerian velocity. Panel (i): The radial velocity. Panel (j): The thickness
of the disc, defined as the value of z where the gas becomes less dense than 5 × 107 H cm−3.
Panel (k): The enclosed mass. Panel (l): The Toomre Q parameter.
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Figure 3.5: Same as Fig. 3.4 but for a disc irradiated by an X-ray background with intensity
JX0,21 = 10−2 and JLW,21 = 0. For the sake of comparison, the dotted black lines in Panels (d)-
(l), show the case without X-ray irradiation at t = 0.
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tuations in the inner parts (cyan and red lines), hence the averaged profiles are less informative.

Fig. 3.5 shows the same halo as Fig. 3.4, but with irradiated by a strong X-ray background with

JX0,21 = 10−2. Fragmentation of the disc is suppressed for a longer time when compared to the

case without X-ray irradiation. The disc starts to fragment after t ∼ 28 kyr (Panel (c)) and the

system remains a binary system for more than 30 kyr. In Panel (d) to (l) we plot various properties

of the disc and, for comparison, we show the case without X-rays at t = 0 as dotted lines. One

notable difference is that the surface density of the disc (Panel (e)) and enclosed mass (Panel (k))

become lower if the disc is irradiated by an X-ray background. The disc mass and surface density

follow a similar trend as the mass of the collapsing hydrostatic core, which becomes lower in an

X-ray background. Other notable difference is seen in the radial (infall) velocity (Panel (i)). This

follows from the lower accretion rate in a stronger X-ray background (and lower Tmin). Although

the sound speed (Panel (f)) and scale height of the disc decrease with increasing X-ray irradiation,

the disc is more stable to fragmentation due to the lower surface density, as shown by the Toomre

Q parameter (see Panel (l)). It is worth mentioning that the idealized simulations by Clark et al.

(2011a) showed a cloud with initial conditions appropriate for the formation of Pop III.2 stars

(i.e., assuming lower initial gas temperature as in our X-ray irradiated discs), is more stable to

fragmentation, in qualitative agreement with our findings.

In order to interpret more quantitatively the properties of X-ray irradiated discs, below we

derive simple scaling relationships for the main disc parameters as a function of X-ray irradiation.

We aim to model the trends for the disc properties at early times when the first protostar forms at

the centre of the disc and before the disc fragments. These trends at t = 0 can be observed in the

bottom nine panels of Fig. 3.5 (from (d) to (l)) as solid black lines for strong X-ray irradiation,

and dotted black lines, without X-ray irradiation.
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We model the disc properties at t = 0 in terms of the sound speed of the gas in the disc,

which is related to the X-ray irradiation and Tmin. As mentioned above, the disc fragmentation

induces fluctuations of the averaged profiles and therefore we focus on the properties at early

times. As shown in Panels (f) of Fig. 3.4-3.5, the gas sound speed in the disc at t = 0 increases

only by a factor of two with increasing density for densities between 104 H cm−3 (at r ∼ 0.5 pc)

and 1010 H cm−3 (at r ∼ 10−3 pc). Therefore the gas is nearly isothermal with temperature

directly proportional to Tmin, defined as the minimum temperature reached by the collapsing gas

at density nH ∼ 104 H cm−3 (see Section 2.4). Note that Panel (f) shows that, as the density

approaches 1010 H cm−3, the gas sound speed for the cases without X-ray and strong X-ray

irradiation start to converge to a common value (∼ 3 − 4 km s−1). This is in agreement with

the results obtained in former analytical studies (Matsukoba et al., 2019; Kimura et al., 2021)

showing that in the inner and denser regions of the disc, the temperature reaches a thermal balance

equilibrium between H2 cooling and viscous heating. However, because viscous heating increases

with increasing accretion rate, hence with decreasing X-ray intensity, the gas temperature in the

inner parts of the disc also decreases with increasing X-ray irradiation, although the dependence

is weak.

Assuming a thin disc in hydrostatic equilibrium with a central gravitational potential, and

supported in the vertical direction by thermal pressure, the disc scale height H is:

H

R
∼ cs

vkep
∼ cs(R/GM)1/2 ∝ const(Tmin), (3.5)

where vkep = (GM(< R)/R)1/2 is the Keplerian velocity, and we have assumed that the enclosed

mass of the central clump M(< R) ∝ c2s , scales as an isothermal sphere and cs ∝ T
1/2
min as
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discussed above. Hence, we expect that the disc scale height is roughly independent of the X-ray

intensity. Note that here we are only interested in the dependence of H (and other quantities) on

the X-ray irradiation and not the radial coordinate of the disc.

We expect that the midplane disc density roughly follows the isothermal cloud solution

nH ∝ c2s , as suggested by nH ∝ R−2 power-law of the density profile, that is very close to an

isothermal sphere. The surface density profile

Σ ∝ nH(R)H(R) ∝ c2s ∝ Tmin. (3.6)

also scales as c2s since H is roughly independent of cs. In addition, the gas accretion rate in our

model (see Paper I) is dM/dt ∝ Σ(R)vinfall(R) ∝ c3s , hence the gas infall rate should scale as

vinfall ∝ cs. The equations above imply that X-ray irradiated discs have a lower surface density

(and mid-plane density) and lower infall (radial) velocity than disc without X-ray irradiation.

This indeed is what is observed in Panel (d), (e), and (i) in Fig. 3.5 (see black solid and dotted

lines).

Using the Toomre Q parameter definition in equation (3.4) we find:

Q ≈ c2s
πGΣH

vrot
vkep

∝ vrot
vkep

∝ T
−1/2
min , (3.7)

where we assumed κ = Ω = vrot/R and that the rotational velocity of the disc is independent

of the X-ray irradiation (as shown in Panel (g) of Fig. 3.5), and used equation (3.5) for the scale

height H . Therefore we expect that Q increases and the disc becomes more stable (and with a

more Keplerian rotation), with increasing X-ray irradiation (decreasing Tmin). Note that Panel (h)
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in Fig. 3.5 supports the assertion that fkep ≡ vrot/vkep, similarly to Q, increases with increasing

X-ray irradiation. Note that our approach differs slightly from previous modeling work of proto-

stellar accretion discs around Pop III stars. Matsukoba et al. (2019) relate the disc stability to the

viscous α parameter in a quasi-Keplerian disc, assuming that α > 1 leads to large accretion rates

and fragmentation. Kimura et al. (2021) argue that when the disc becomes more massive than the

central star, the disc tends to experience fragmentation. Our model instead applies to early times

(t ∼ 0), when the disc may still be slightly contracting, before approaching a quasi-Keplerian ro-

tation curve. However, our conclusions are qualitatively the same as we also find that discs with

higher accretion rate (higher Tmin), when the central protostar forms deviate more strongly from

Keplerian rotation, and fragment more rapidly. X-ray irradiation leads instead to the rapid forma-

tion of a Keplerian accretion disc with a lower accretion rate, and rather stable to fragmentation.

Finally, we can estimate the disc mass as a function of X-ray irradiation. If we define the

disc outer radius Rdisc where the surface density (or gas density) drops below a critical value,

using a power-law fit with slope 1.5 (Panel (e) of Fig. 3.4 and 3.5) for the surface density profile

(Σ(Rdisc) ∝ c2s/R
3/2
disc = Σcrit), we find:

Rdisc ∝ c4/3s ∝ T
2/3
min. (3.8)

Therefore, using the definition of disc radius above, the size of the disc decreases with increasing

X-ray irradiation (decreasing Tmin). The mass of the disc also decreases with increasing X-ray

irradiation as:

Mdisc ∝ Σ(Rdisc)R
2
disc ∝ R2

disc ∝ T
4/3
min. (3.9)
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Figure 3.6: The radius, thickness, mass and average Toomre Q parameter of discs as a function of
time. Each line shows a simulation with X-ray intensity color-coded as in Fig. 3.3. For the radius
and thickness, we plot the results for 50 kyrs, while we only show the first 5 kyrs for the mass and
Q due to its large variations at later times due to disc fragmentation. The radius and thickness of
the disc are defined as where the gas density drops below 5× 107 H cm−3.

77



In order to check whether the simple scaling relationships derived above are consistent

with the simulation results, in Fig. 3.6 in each row of panels, from top to bottom, we plot the disc

radius, Rdisc, the disc thickness, h, the disc mass, Mdisc, and the average Toomre Q parameter as

a function of time. Different columns refer to the three haloes and different JX0,21 are shown as

lines of different colors (see legend). The X-ray irradiation has an effect on the disc size, with

smaller disc sizes in a stronger X-ray radiation background (the top row), in agreement with the

analytic estimate in equation (3.8). The disc thickness, h(R), shown in the second row, is defined

the same way as in Panel (j) of Fig. 3.5: as the height above the disc midplane where the density

drops below 5 × 107 H cm−3. The simulation results show that h(R) is roughly constant as a

function of disc radius R, while equation (3.5) shows H/R ∼ const(R). The disc thickness h is

related to H as h ∝ H × nH(z = 0)1/β , where we have approximated the density profile in the

z-direction as a power-law: nH(z) ∝ nH(z = 0)(1+z/H)−β . Assuming an isothermal profile for

nH(z = 0) ∝ c2s/R
2, and that h(R) is constant as a function of R as shown by the simulations, we

find β = 2 and h(R) ∝ (H/R)cs ∝ cs. This results is in qualitative agreement with Panel (j) of

Fig. 3.5 and with the early time evolution (t ∼ 0) of the disc thickness shown in the second-row

panels in Fig. 3.6. However, at later times the mean disc thickness h becomes nearly independent

of the X-ray intensity and remains rather constant as a function of time for 50 kyrs. The third row

of panels in Fig. 3.6 show the discs masses become smaller with increasing X-ray irradiation, as

expected by equation (3.9). In the bottom panels, we plot the average Q parameter as a function

of time for the first 5 kyrs of the disc evolution. As from the analytic model, the figure shows that

the disc is smaller, has lower surface density, and is more stable (larger Toomre Q parameter)

with increasing intensity of the X-ray background. Especially in Halo 2 (and to a lesser extent for

Halo 1), which experiences slow growth during star formation, this trend is clear: in a weak X-
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ray background Q < 1 and increases as the disc is more strongly irradiated by X-rays. In Halo 3

the trend is less clear, probably due to its rapid growth. As Hummel et al. (2015) points out, the

growth rate of the minihalo is also an important factor for the fragmentation of the protostellar

disc, and can wash out the dependence on the X-ray intensity.

3.4 Multiplicity and Migration of Population III stars

Fig. 3.7 shows the masses (top panels) and the distances from the disc centre (bottom

panels) of individual clumps in Halo 2 for different X-ray backgrounds. The mass of the most

massive clump (red dots) tends to be smaller in a stronger X-ray background, similarly to the

total mass. Disc fragmentation occurs ∼ 10 kyrs after the formation of the first clump for the

cases with no or weak X-ray background (left and middle panel), while it occurs at ∼ 30 kyrs in

a strong X-ray background (right panel).

One important aspect of the formation of Pop III star is the survival of the stars after disc

fragmentation. Previous simulations showed that while the inward migration of secondary stars

leads to the merger with the primary stars, protostars are also observed to migrate outward (see

Greif et al., 2012; Stacy and Bromm, 2013; Stacy et al., 2016; Hirano and Bromm, 2017; Susa,

2019; Chon and Hosokawa, 2019; Sugimura et al., 2020). The star migration is affected by gas

in the disc through two main processes: i) accretion of gas with higher angular momentum of

the protostar produces an outward migration (in a Keplerian disc it is the gas with orbit outward

of the protostar orbit); ii) dynamical friction and gravitational torques mediated by resonances,

produce a migration inward of the protostars by loss of their angular momentum and energy to

the disc (but see, Tiede et al., 2020). Typically the first process is dominant when the disc is thick,
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Figure 3.7: Masses (top panels) and distances from the centre (bottom panels) of individual
clumps in Halo 2 as a function of time after the formation of the first clump. From left to right,
JX0,21 is 0, 10−5 and 10−2. The masses and positions of protostars (disc fragments) are color-
coded as shown in the legend, from the most massive to the least massive fragment.

such as the zero-metallicity discs in this study (Heath and Nixon, 2020; Sugimura et al., 2020). In

the bottom panels of Fig. 3.7 we plot the distances of individual clumps from the centre-of-mass.

In each panel, the most massive clump (red dots) forms first, at the centre of the disc so its initial

distance is zero. As the disc fragments and the second clump forms and grows, the primary and

secondary protostars both migrate outward from the centre. In zero or weak X-ray backgrounds

(left and middle panel), several clumps migrate beyond 104 AU while no one migrates to such

a large distance for ∼ 80 kyr in a strong X-ray background. We speculate this is related to

the property of the protostellar disc. The gas accretion of high angular momentum gas onto the

protostar is slow and therefore clumps do not migrate rapidly outward. In addition, there are fewer
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Figure 3.8: Maximum distance of a clump as a function of the gas accretion rate at nH =
107 H cm−3 and dM/dt|cr. The symbols and color of each point indicate the intensity of the
X-ray radiation background and host halo, as in the legend. Only simulations with a critical mass
lower than 106 M⊙ are shown in the plot.

stars that cause outward migration through angular momentum transfer (see Greif et al., 2012;

Stacy and Bromm, 2013). We plot the maximum distance of clumps in each system as a function

of the accretion rate at nH = 107 H cm−3 in Fig. 3.8. The large vertical scatter of symbols for

dM/dt|cr ∼ 2 × 10−3 − 10−2 M⊙ yr−1, indicates migrations beyond 104 AU are common in a

weak X-ray background. On the contrary, outward migration is rare in a strong X-ray background

and the maximum distances are smaller than 104 AU. Fig. 3.9 shows the probability distribution

of distances from the disc centre of protostars in a weak (JX0,21 ≤ 10−3, blue shaded histogram)

and strong (JX0,21 > 10−3, red shaded histogram) X-ray background. The distances are measured

either when the total mass of the stars is equal to Mfinal (equation (3.2)) or at the end of the

simulation at t = 5× 104 yrs if the total mass does not reach this limit. Stars in host haloes more

massive than 106 M⊙ are not taken into account in this analysis. The two distributions are rather
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Figure 3.9: Histogram of the distances of Pop III stars from the centre-of-mass in a weak (JX0,21 ≤
10−3, blue) and strong (JX0,21 > 10−3, red) X-ray background. The distances are measured either
when the total mass of the stars is equal to Mfinal (see equation 3.2) or at t = 5 × 104 yrs if
the total mass does not reach this limit. Pop III stars forming in host haloes more massive than
106 M⊙ are not included in this plot.

similar to each other and symmetric, but the peaks are offset by ∼ 3000 AU: at ∼ 6000 AU and

at ∼ 3000 AU in weak and strong X-ray background, respectively. This result also suggests that

the accretion rate onto the protostar drives the outward migration.

To study the IMF we need to determine the masses of individual stars. Unlike the total

mass, however, individual clumps do not always grow linearly. For this reason, we cannot use

the same approach we use in Paper I to estimate the total mass. Instead, define the clump masses
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at the time when the total mass reaches Mfinal or, if this condition is not met, at the end of the

simulations: ∼ 50 kyrs after the formation of the first clump. We define MP as the mass of the

most massive star (the primary star) and MS as the mass of the second most massive star (or

the secondary star). We also count the total number of clumps that form in the discs. If clumps

form and merge to form more massive ones within three snapshot intervals (∼ 2 − 3 kyr), we

do not count them as individual clumps. Although this criterion is rather arbitrary, the number

and merger history of small mass clumps and/or close binaries is intrinsically uncertain, as it also

strongly depends on the initial conditions and the resolution of the simulations.

Panel (a) of Fig. 3.10 shows that the number of clumps decreases with increasing X-ray

intensity. The gas disc is more stable in a stronger X-ray background and therefore undergoes

fewer fragmentations. In the absence of both X-ray and LW radiation backgrounds, for instance,

six clumps form out of the protostellar disc in Halo 2 (one of the clumps merges with a more

massive one shortly after its formation). When the total mass reaches Mfinal (∼ 33 kyrs after the

first clump formation), the system is composed of three massive clumps (M > 100 M⊙) and two

small ones (M < 20 M⊙). On the other hand, in a strong X-ray background, a binary system

is formed at ∼ 50 kyrs. Two additional smaller mass clumps form in this simulation, but they

quickly merge with the other two.

Panel (c) shows the ratio of MP +MS to the total mass. As JX0,21 increases, the mass ratio

converges to 1. This is consistent with the trend of Nstar in panel (a), because fewer stars form

in a strong X-ray background, and thus the primary plus secondary stars account for most of the

mass. The range of the mass ratio gets wider in a weak X-ray background because of the large

scatter in the number of stars.

Hence, the multiplicity of stars is related to the intensity of the X-ray background, but what
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Figure 3.10: Panel (a): Total number of clumps when the total mass exceeds Mfinal, including
clumps that merged with others. The symbol and color of each point indicates the intensity of
the X-ray background, JX0,21, and the host halo, as shown in the legend. Results with the critical
masses > 106 M⊙ are omitted. Panel (b): The mass ratio of the two most massive (primary, MP,
and secondary, MS) stars. Panel (c): the ratio of MP +MS to the total mass. Panel (d): Same as
Panel (b) but the colors indicates the intensity of the LW background.

is the dependence of the mass function of the clumps on the X-ray background? Panel (b) of Fig.

3.10 shows MS/MP as a function of Tmin. In most simulations, the primary and secondary stars

have similar masses (MS/MP ∼ 0.8− 1), but the scatter is large, and, considering all the haloes,

no clear trend with X-ray intensity is found. However, if we exclude Halo 1 from the analysis

(circles), there is a preference for forming equal-mass binary stars in a strong X-ray background.

We have seen before that some trends in Halo 1 are less clear due to its rapid accretion rate
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and a merger with a satellite clump during Pop III formation. To investigate the role of the LW

background on the mass function, we also color-code the symbols according to the LW intensity

in Panel (d). With low LW intensity (JLW,21 ≤ 10−2), symbols are widely distributed and show

no significant correlation between the backgrounds and the mass ratio. On the other hand, when

the LW background is stronger than or equal to 10−1, the two most massive stars tend to be of

similar mass.

The trends found so far are quite clear if we bin all the simulation results for the three haloes

in two groups: haloes in a strong and weak X-ray background. In the left panel of Fig. 3.11

we show the mass function of the fragments (protostars) in weak (JX0,21 ≤ 10−3, blue shaded

histogram) and strong (JX0,21 > 10−3, red shaded histogram) X-ray background.

Both mass functions are top-heavy and they can be described as a power-law with an expo-

nential cutoff,

dN

d lnM
= AMα exp

[
−
(

M

Mcut

)2
]
. (3.10)

Parameters of each mass function are shown in Table 3.2 with the peak mass (Mpeak = Mcut

√
α/2).

They are normalized so that the total mass in each distribution is the mean mass per halo and the

total number of stars is the mean multiplicity (i.e., dividing the total mass by the number of runs

in each group). The mass function in a strong X-ray background is steeper (higher α) and has

a lower peak mass. These differences can be explained by the following two factors. First, the

protostellar disc experiences fewer fragmentations and therefore there are fewer low-mass stars

in a strong X-ray background. Secondly, in a strong X-ray background, the lower accretion rate

leads to a smaller total mass disc stars, Mfinal, and a smaller primary star mass (MP). Hence both

the cutoff mass and the total mass in fragments are lower by about a factor of 2 − 3 in a strong
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Figure 3.11: Mean mass function per halo (left panel) and distribution of the multiplicity of stars
in each halo, Nstar (right panel) in a weak (blue histograms) and strong (red histogram) X-ray
background. The dashed lines in the left panel show the fits to the mass functions with equa-
tion (3.10). The parameters of the fit are shown in Table 3.2, including the total mass in Pop III
stars, Mtot, and the average multiplicity per halo Ntot =

∫ ln 1000M⊙
ln 0.1M⊙

(dNpop3/d lnM) d lnM . The
values Ntot ∼ 2 and ∼ 4 found for the strong and weak X-ray background, respectively, are
consistent with the multiplicity distribution shown in the right panel.

X-ray background.

Note that these are mass functions created from multiple stellar systems in only three mini-

haloes, but for a large number of simulations with different combinations of the X-ray and LW

backgrounds. Hence the variance on the total mass and the mass of the most massive fragment

may be not representative of all Pop III stars. Also, we have used a simplistic prescription to take

into account the effect of feedback in determining the final masses of the fragments, that may

not be accurate. Nevertheless, the distribution should be a rather accurate representation of the

initial mass function of the disc fragments, before longer timescale dynamical processes destroy

the systems be either ejecting stars or merging them or forming tight binary systems.

The right panel in Fig. 3.11 shows the distribution, dNsystem/d lnNstar, of the stellar mul-
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Table 3.2: Parameters of Mass Functions

JX0,21 α Mcut A Mpeak Mtot Ntot

≤ 10−3 0.490 229 M⊙ 0.169 113 M⊙ 341 M⊙ 4.39

> 10−3 1.53 61 M⊙ 0.00692 53.4 M⊙ 102 M⊙ 2.25

tiplicity, Nstar, of each system (minihaloes). All the systems in a strong X-ray background are

either binary or triple/quadruple systems. On the contrary, in a weak X-ray background most of

the systems have multiplicity greater than five.

3.5 Discussion

It has been recognized for several years that the first metal-free stars forming in the universe

have a top-heavy IMF (Bromm et al., 2001; Abel et al., 2002; Bromm et al., 2002). Hence, the

first stars can produce powerful hypernova explosions detectable with JWST and NRST (Whalen

et al., 2014), producing a population of IMBHs that may contribute to the gravitational wave

detections in LIGO (Abbott et al., 2016). In addition strong or weak feedback from Pop III star

explosions and the metal enrichment they produce, may have important effects on the formation

of Pop II stars in the first galaxies (Ricotti et al., 2002b, 2008; Wise and Abel, 2008; Greif et al.,

2010; Abe et al., 2021).

LW and X-ray photons emitted by Pop III stars and their remnants can travel large distances

without being absorbed and build a radiation background. Ionization by the X-ray background

produces high-energy photo-electrons and in a mostly neutral gas, a large fraction of their ki-

netic energy is deposited into secondary ionization (Shull and van Steenberg, 1985). These back-

grounds regulate H2 formation on cosmological scales and thus the formation of early objects

(first stars and their remnants such as SNe and HMXBs, Venkatesan et al., 2001; Jeon et al.,
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2014a; Ricotti, 2016; Xu et al., 2016). The effects of the LW radiation background on Pop III

star formation have been studied rather extensively (Haiman et al., 2000; Omukai, 2001; O’Shea

and Norman, 2008; Johnson et al., 2013; Hirano et al., 2015; Regan et al., 2020), instead the

role of the X-ray radiation background has received less attention and the impact X-rays have on

the formation rate and the IMF of the first stars is still debated (Haiman et al., 2000; Jeon et al.,

2014a; Hummel et al., 2015; Ricotti, 2016).

In this study, the second in a series, using zoom-in simulations of three minihaloes with

different masses and irradiated by different intensities of the LW and X-ray backgrounds, we

investigate the effect of radiation backgrounds on the properties of protostellar discs and their

fragmentation, therefore deriving the multiplicity and mass function of the first stars. Below we

summarize the key results of the simulations.

1. X-ray radiation affects the properties of protostellar discs and their fragmentation. The

discs have lower surface density, they are smaller in size and mass and are more stable to

gravitational instabilities (i.e., they have larger Toomre Q parameter).

2. Pop III stars in a weak or absent X-ray background form multiple systems of 6 ± 3 stars,

with masses around 100M⊙ and typical distance from the centre of mass of 2,500-20,000 au.

3. Pop III stars in a strong X-ray background typically form binary systems of nearly equal

mass stars with individual masses around 40 M⊙ and distances from the centre of mass of

1,000-5,000 au.

4. Independently of the strength of the X-ray background, protostars form near the centre of

the disc (within 5000 au) and migrate outward while growing in mass. The migration is
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mainly driven by the accretion of gas with higher specific angular momentum from the

outer parts of the nearly Keplerian disc.

5. We find that the mass function of the fragments is well described by a power law with a

positive slope and an exponential cutoff. In a strong X-ray background, the mass function

of protostars is slightly more top-heavy, with slope α = 1.53 and mass cutoff of 61 M⊙.

While for weak or no X-ray background α = 0.490 and Mcut = 229 M⊙.

The final fate of Pop III stars of a given mass is still rather uncertain, but following the

work of (Heger and Woosley, 2002; Nomoto et al., 2006) we will assume that Pop III stars

with masses in the range 40 M⊙ < M < 140 M⊙ and > 260 M⊙ collapse directly into BHs

without releasing mechanical energy and metals by SN explosions. Instead stars with masses

140 M⊙ < M < 260 M⊙ explode as PISNe without leaving any remnant. Finally stars with

masses 11 M⊙ < M < 20 M⊙ explode as normal SNe and stars with masses 20 M⊙ < M <

40 M⊙ as hypernovae.

Given the caveats on the mass function discussed in Section 3.4 and the uncertainties on

the final fate of Pop III stars of a given mass, it is nevertheless interesting to estimate the energy

in SN explosions and the mass of BH remnants for the strong and weak X-ray irradiation cases.

Following Wise et al. (2012) we will assume that

ESN(M)

1051 erg
=



1 if 11 M⊙ ≤ M < 20 M⊙

−13.714 + 1.806M if 20 M⊙ ≤ M < 40 M⊙

5 + 1.304(MHe − 64) if 140 M⊙ ≤ M < 260 M⊙

0 otherwise

, (3.11)
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where M is the mass of the zero-age main-sequence star and MHe = (13/24)(M − 20) M⊙. The

following is the fit to the mass of the remnant (Heger and Woosley, 2002),

Mrem(M)

M⊙
=



1.665 if 11 M⊙ ≤ M < 20 M⊙

−1.032 + 0.1349M if 20 M⊙ ≤ M < 25 M⊙∑4
i=0 ciM

i if 25 M⊙ ≤ M < 100 M⊙

65 if 100 M⊙ ≤ M < 140 M⊙

0 if 140 M⊙ ≤ M < 260 M⊙

−7.761 + 0.8138M if 260 M⊙ < M ≤ 500 M⊙

, (3.12)

where c0 = 45.38, c1 = −4.415, c2 = 0.1430, c3 = −0.001559, and c4 = 5.905 × 10−6. Note

that a black hole forms when the initial mass is greater than 20 M⊙. We derive

Etot
SN =

∫
ESN(M)

dNpop3

d lnM
d lnM, (3.13)

and

M tot
rem =

∫
Mrem(M)

dNpop3

d lnM
d lnM. (3.14)

An important parameter of the radiation background is the ratio of the energies per source β ≡

EX−ray/ELW (Ricotti, 2016). We compare the average energies per 100 M⊙ in a weak and a

strong X-ray background. We find that total supernova explosion and LW energies per 100 M⊙

are comparable, although the two IMFs are different in slope and peak mass. The total supernova

explosion energies are Etot
SN ∼ 1.63 × 1052 and 2.13 × 1052 erg. In a weak X-ray background,

PISNe are the main energy source while most of the energy comes from hypernovae (20 < M∗ <
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40 M⊙) in a strong X-ray background. The energy in the LW band is roughly proportional to the

total mass in Pop III stars, thus for 100 M⊙ is ELW ∼ 2.10 × 1053 and 1.90 × 1053 erg in both

backgrounds. Assuming EX−ray/E
tot
SN = 0.006 (see Ricotti, 2016) the derived values of β are:

β ∼ 4.64 × 10−4 for weak X-ray irradiation and β ∼ 6.74 × 10−4 for strong X-ray irradiation.

Therefore, the IMF of Pop III stars does not have a strong effect on the spectral energy distribution

parameter β of the sources. As discussed in Paper I, however, an X-ray background lowers the

critical mass for star formation of haloes (hence increasing the total number of haloes forming

Pop III stars) and reduces the total mass in Pop III stars per halo. Hence, the X-ray background

is nevertheless able to reinforce the feedback loop and promote Pop III star formation.

A result of interest to LIGO science is the mass distribution function of Pop III remnants,

shown in Fig. 3.12 for a weak (red histogram) and a strong (blue histogram) X-ray background.

The dashed lines show the same distribution function obtained using Monte-Carlo simulations

for 105 stars. One notable difference between the distribution functions is the lack of IMBHs

with mass > 100 M⊙ and the lack of Pop III stars exploding as PISNe, for the strong X-ray case.

This leads to a higher abundance of low-mass BH remnants with M < 65 M⊙. The Monte-Carlo

simulations produce remnants of 158M⊙ and 63.0M⊙ out of 341M⊙ and 102M⊙ Pop III stars in

the two groups. The masses of the remnants per 100 M⊙ are 46.3 M⊙ and 61.1 M⊙, respectively.

In future work, we will improve on these results considering physical processes neglected

or treated with simplifying approximations in this work. In particular, we plan to assess the im-

portance of HD molecular cooling in determining the mass function of Pop III stars and further

investigate the effect of X-ray self-shielding. Most importantly, rather than using the empirical

method adopted in this work to estimate the final masses of Pop III stars, we will use radiative

transfer simulations to model the effect of UV radiation feedback from accreting protostar in
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Figure 3.12: The mass functions of compact remnants (NS and BHs) in the two samples corre-
sponding to the mass functions in Fig. 3.11. We converted the masses of stars into those of the
remnants using equation (3.12) from results in Heger and Woosley (2002). The dashed lines show
the remnant’s mass functions obtained using Monte-Carlo simulations with 105 stars. The mass
functions are normalized consistently with Fig. 3.11, so that the total initial mass in Pop III stars
is equal to the mean mass in Pop III star per halo in each group.

reducing the accretion rate and stopping the growth of Pop III stars.
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Chapter 4: Population III Star Formation in an X-ray Background - III. Periodic

Radiative Feedback and Luminosity Induced by Elliptical Orbits

We model Pop III star formation in different FUV and X-ray backgrounds, including radi-

ation feedback from protostars. We confirm previous results that a moderate X-ray background

increases the number of Pop III systems per unit cosmological volume, but the masses and mul-

tiplicities of the system are reduced. The stellar mass function also agrees with previous results,

and we confirm the outward migration of the stars within the protostellar discs. We find that nearly

all Pop III star systems are hierarchical, i.e., binaries of binaries. Typically, two equal-mass stars

form near the centre of the protostellar disc and migrate outward. Around these stars, mini-discs

fragment forming binaries that also migrate outward. Stars may also form at Lagrange points

L4/L5 of the system. Afterward, star formation becomes more stochastic due to the large multi-

plicity, and zero-metallicity low-mass stars can form when rapidly ejected from the disc. Stars in

the disc often have eccentric orbits, leading to a periodic modulation of their accretion rates and

luminosities. At the pericenter, due to strong accretion, the star can enter a red-supergiant phase

reaching nearly Eddington luminosity in the optical bands (mAB ∼ 34 for a 100 M⊙ star at z=6).

During this phase, the star, rather than its nebular lines, can be observed directly by JWST, if suf-

ficiently magnified by a gravitational lens. The ∼ 10, 000 AU separations and high eccentricities

of many Pop III star binaries in our simulations are favorable parameters for IMBH mergers –
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and gravitational waves emission – through orbital excitation by field stars.

4.1 Introduction

The James Webb Space Telescope (JWST) and next-generation observatories, such as

Nancy Grace Roman Space Telescope (NRST), will enable us to observe and study the prop-

erties of high-z galaxies and perhaps discover the first metal-free stars (or Pop III stars). The

properties of the first generation of galaxies are sensitive to the poorly constrained models of

Pop III star formation because the first stars enrich and spread in the intergalactic medium the

first heavy elements (Ricotti, Gnedin, and Shull, 2002a,b; Greif et al., 2010; Wise et al., 2012;

Safranek-Shrader, Milosavljević, and Bromm, 2014; Chiaki, Susa, and Hirano, 2018; Abe et al.,

2021) that enable and regulate the formation of the second generation stars.

One of the key properties of Pop III stars is their initial mass function (IMF). The mass

determines the luminosity of the stars (Schaerer, 2002), therefore the strength of their UV feed-

back (FB) which blows out the gas in the host halos (Wise and Abel, 2008), but also their

metal yield and the SN/hypernova explosion energy (e.g., Nomoto et al., 2006). For instance,

Pop III stars are thought to explode as pair-instability supernovae (PISNe) if their masses are

140 M⊙ < M < 260 M⊙ (Heger and Woosley, 2002). The death of these massive stars as hyper-

novae/PISNe is detectable by JWST or NRST (Whalen et al., 2014), thereby providing constraints

on the number and typical masses of Pop III stars.

Another poorly known but important aspect of Pop III stars is their multiplicity. The for-

mation of multiple Pop III protostars systems has been observed in high-resolution simulations

(Stacy, Greif, and Bromm, 2010; Clark et al., 2011b; Stacy and Bromm, 2013; Sugimura et al.,
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2020), offering a channel of formation of intermediate-mass binary black holes (BBHs). Given

the large remnant masses of Pop III stars, the primordial origin of mergers of BBHs detected

by VIRGO and LIGO collaboration (Abbott et al., 2016, 2017) is an open possibility, although

the expected merger rates are small and uncertain (Hartwig et al., 2016). Pop III binaries can

also evolve to high-mass X-ray binaries (HMXBs) which emit X-ray photons. Owing to their

long mean free paths, X-rays produce background radiation that can efficiently heat and partially

ionize the intergalactic medium and thus have important effects on galaxy formation and reion-

ization (Haiman, Abel, and Rees, 2000; Oh, 2001; Venkatesan et al., 2001; Glover and Brand,

2003; Ricotti and Ostriker, 2004; Ricotti, Ostriker, and Gnedin, 2005; Mirabel et al., 2011; Xu

et al., 2014; Jeon et al., 2014a). Whether HMXBs are a dominant source of X-rays in the early

universe depends on the number of Pop III binaries (Stacy and Bromm, 2013; Hummel et al.,

2015) and therefore the properties of primordial protostellar discs leading to their fragmentation

and the formation of multiple Pop III star systems. Prediction of the typical masses and multiplic-

ity of Pop III stars requires modelling several physical processes. One of them is the unknown

intensity of the X-ray radiation background that must be present because of the unavoidable emis-

sion by Pop III supernovae, but also HMXBs and accreting intermediate-mass black holes (Park

and Ricotti, 2011). X-ray photons boost molecular hydrogen (H2) formation in the gas phase by

partially ionizing the intergalactic medium as shown by various authors (Haiman et al., 2000;

Ricotti et al., 2001; Venkatesan et al., 2001; Ricotti, 2016). These authors claimed that an X-ray

background may compensate the negative FB of H2-dissociating photons in Lyman-Werner (LW)

bands. The impact of X-ray irradiation on the typical masses and multiplicity of Pop III stars

was first studied in the seminal work of Hummel et al. (2015). However, their conclusion was

that X-rays play a minor role in Pop III star formation. On the other hand, in Park, Ricotti, and
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Sugimura (2021a) and Park, Ricotti, and Sugimura (2021b, Paper I and Paper II hereafter), using

a set of hydrodynamics simulations we showed that an X-ray background can increase the num-

ber of minihalos forming Pop III stars but at the same time it reduces their typical masses and

multiplicity.

An important physical process affecting the final masses of Pop III stars is the FUV and

EUV radiative feedback (hereafter, RFB1) from the stars themselves. Protostars emit FUV pho-

tons in the LW bands that can dissociate H2 in the protostellar disc, and hydrogen ionizing EUV

photons that erode and evaporate circumstellar discs, eventually terminating the gas accretion

onto them, hence determining their final masses (e.g., McKee and Tan, 2008; Hosokawa et al.,

2011). The impact of RFB on Pop III star formation was studied in various minihalos by sev-

eral authors (McKee and Tan, 2008; Whalen et al., 2008; Stacy et al., 2012; Hirano et al., 2014;

Stacy and Bromm, 2014; Hirano et al., 2015; Hosokawa et al., 2016; Sugimura et al., 2020; Latif

et al., 2022). In Paper I and II we studied the effect of X-rays on Pop III star formation but we

did not directly simulate RFB by UV radiation from protostars, instead, we used an empirical

relationship by Hirano et al. (2015, hereafter HR15) to estimate the effect of UV FB and the final

masses of Pop III stars. In this work, we build on the results in Paper I and II by simulating the

combined effect of RFB and an external X-ray background. This is the first study investigating

the masses and multiplicity of Pop III stars regulated by RFB in different X-ray and LW radiation

backgrounds.

A physical process that is potentially important in the presence of a strong X-ray back-

ground is gas cooling by hydrogen-deuteride (HD) molecules. Thanks to its small dipole moment

1Both X-ray/LW background radiation and protostellar radiation effects are called ‘feedback’, but we term only
the latter ’RFB’.
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HD is an efficient coolant in the early universe (Lipovka, Núñez-López, and Avila-Reese, 2005;

Galli and Palla, 2013) and enables the primordial gas to cool down to a few tens of Kelvins.

Cooling by HD, therefore, can lower the mass of Pop III stars down to a few ∼ 10 M⊙ (Nagakura

and Omukai, 2005). This effect is thought to be important in the formation of second-generation

Pop III stars rather than the first-generation.2 For instance, Pop III stars forming in the gas pre-

viously ionized by other Pop III stars (recombining H II regions, see Ricotti et al. (2001)) have

lower masses due to the enhanced HD formation and cooling (Yoshida et al., 2007). Cosmic rays

(Nakauchi et al., 2014) and/or an X-ray background (Jeon et al., 2014a; Hummel et al., 2015),

can also boost the abundance of HD to allow significant cooling to low temperatures.

In this work, we explore the formation and evolution of Pop III protostars in primordial

discs regulated by RFB from protostars, also exploring the effects of HD cooling, irradiated by

different intensities of an external LW and X-ray backgrounds. This includes their mass growth

and motions in the discs. We simulate, with higher resolution with respect to our previous work,

a subset of the grid of simulations presented in Paper I and II, either including or excluding RFB

from the accreting protostars. We run the simulations for about 100 kyr after the formation of the

protostar, a time comparable to the accretion timescale of the protostars (HR15).

The rest of the paper is structured as follows. In Section 4.2 we introduce our simula-

tions and methods with emphasis on the improvements with respect to Paper I and Paper II.

In Section 4.3, we present the results of the simulations and discuss the RFB effect in each.

In Section 4.4, we discuss the effects of including HD cooling. In Section 4.5, we discuss the

implications of our results. In Section 4.6 we summarize the paper and present the key results.

2Sometimes they are called Pop III.2 and Pop III.1 in the literature, but we do not make a distinction between
them in this work.
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4.2 Simulation

The simulations in this paper are run with the adaptive mesh refinement (AMR) radiative

hydrodynamics (RHD) code RAMSES-RT (Teyssier, 2002; Rosdahl et al., 2013). RAMSES-RT has

been used in RHD simulations of galaxy formation (e.g., Kimm et al., 2017; Katz et al., 2017) and

metal-rich star formation (e.g., He, Ricotti, and Geen, 2019, 2020; Commerçon et al., 2022; Han

et al., 2022). To our best knowledge, our simulations are the first ones carried out with RAMSES-

RT to model RFB from Pop III protostars. For this reason, in this section, we describe in detail

the relevant physics modules we added to the code to simulate Pop III star formation.

4.2.1 Grid of Cosmological Initial Conditions and Zoom-in Simulations

Pop III star formation occurs in a protostellar disc and therefore the disc must be resolved

with a high spatial resolution (∼ AU) in the simulation. Therefore, to resolve the disc in a cos-

mological simulation we need to cover a prohibitively large dynamical range (from Mpc to AU).

To circumvent this problem we use the same approach taken in several previous studies (Smith

et al., 2011; Hirano et al., 2014; HR15; Sugimura et al., 2020). First, we run cosmological zoom-

in simulations as in Paper I and Paper II. These include simulations of three haloes of different

masses irradiated by various LW and soft X-ray background intensities (see Paper I for details

of the setup). We also include some previously neglected physics (HD cooling and X-ray self-

shielding) described below. We stop the zoom-in simulations when the central hydrogen number

density reaches nH ∼ 107 H cm−3 or at z ∼ 10. Fig. 4.1 shows the redshift when the gas density

in the haloes reaches nH ∼ 107 H cm−3 for a grid of simulations with different intensities of the

LW background (x-axis) and X-ray background (y-axis) for two haloes. Within this set of low-
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Figure 4.1: Redshift of collapse to a hydrogen number density nH = 107 H cm−3 as a function
of LW and X-ray background intensities. The left and right panels are the results of Halo 2
(Mdm ∼ 5 × 106 M⊙ at z = 15) and Halo 3 (Mdm ∼ 7 × 105 M⊙ at z = 15), respectively. The
white lines show the interpolated contour plot of constant redshifts of collapse. The labels (A to
H) refer to the simulations in Table 4.1, see the text.

resolution simulations, we pick a few representative cases to continue running further following

the formation and growth of the protostars under the effect of RFB. We chose five simulations

for Halo 2 (labeled from A to E in the left panel of Fig. 4.1) and three from Halo 3 (F, G, and

H, right panel). From A to E have increasing X-ray intensities in general but B and C have the

same with different LW intensities. D and E belong to the strong X-ray case (JX0,21 ≥ 10−3)

in Paper I and Paper II. F, G and H from Halo 3 have zero and intermediate X-ray intensities

(JX0,21 = 0, 10−5, and 10−4, respectively). We do not show the results for the strong X-ray case

in Halo 3 (JX0,21 = 10−3) because accidentally this halo experienced a recent merger near the

time of Pop III stars formation. Therefore, the star formation properties do not follow the expected

trends with X-ray intensity. Studying the effects of a major merger is beyond the scope of this

paper and will be studied in future work. To see potential LW background effects, we select two

simulations with a non-zero LW background (C and G). The name of each selection is shown in
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Table 4.1. With the same initial condition, we run two sets of simulations: one with RFB and one

without RFB. We divide the simulations into two groups: Group 1 and Group 2. In Group 1, the

gas clouds are irradiated by zero/weak X-ray background or a moderate LW background, there-

fore in this group of simulations, the effects of X-rays should be small. Simulations in Group 2,

on the other hand, have a zero LW background but a moderate/strong X-ray background. We note

that the simulations in Group 2 are typically run for a shorter time than the ones in Group 1 (see

Table 4.1), but we expect that this does not affect the results significantly. We found that the gas

disc is depleted more rapidly for simulations in Group 2, hence we stop the run when the accre-

tion rate becomes Ṁ ≲ 10−4 M⊙ yr−1. For this reason, we expect there is no more fragmentation

and, assuming that Ṁ remains constant at our assumed threshold of 10−4 M⊙ yr−1, the mass

growth is only ∼ 5% during the next 50 kyr. Note that, for Run E, we evolve the simulation for a

longer time (115 kyr) to confirm that indeed stars do not resume growing at later times.

After selecting the simulations we extract the central 2 pc of these runs to generate new

initial conditions and perform simulations in non-cosmological settings. Throughout the paper,

we call these new simulations “SF (star formation) simulations.” We do not include dark matter

particles because their density in the halo core is several orders of magnitude lower than the gas

density. We confirmed that the SF simulations produce results that agree with simply running the

zoom-in cosmological simulations further without extracting a 2 pc box region. Even though the

simulations are not identical due to the chaotic nature of the fragmentation process, the results are

qualitatively identical and the SF simulations run more efficiently than the zoom-in simulations.

In the SF simulations, the base AMR level is 7 and cells are refined with Jeans criterion (Truelove

et al., 1997) NJ = 16 up to AMR level 15. The cell size at the maximum AMR level is ∆x =

2 pc/215 = 6.10 × 10−5 pc = 12.6 AU. Since we aim at running multiple simulations with
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Figure 4.2: Hydrogen number density (top) and temperature (bottom) slices of the initial condi-
tions for the simulations in Table 4.1. White dashed circles indicate the effective radius of the
collapsing cloud (Hirano et al., 2014; HR15). The scale of each image is 2 pc on each side.

different radiation backgrounds for about ∼ 50−100 kyr from the formation of the first protostar,

we adopt a spatial resolution a few times lower than other recent simulations of Pop III star

formation (∼ 3 AU, Hosokawa et al., 2016; Sugimura et al., 2020), but significantly higher than

that of our previous works (∼ 60 AU, Paper I and Paper II).

The initial conditions are shown in Fig. 4.2. The characteristic radius of the collapsing

cloud (Hirano et al., 2014; HR15) does not exceed 1 pc (dashed lines). Initial conditions of Halo 2

display a clear trend with the X-ray intensity with the gas cloud tending to be colder (∼ 100 K)

and smaller in size in X-rays. When irradiated by LW, on the other hand, the gas cloud becomes

larger in size due to the delayed Pop III star formation and therefore a larger halo mass at a lower

102



redshift.

4.2.2 Primordial H2 and HD Chemistry and Cooling

We refer to Paper I for a description of the primordial gas chemistry and cooling function

of H2. In this work, we also include the effect of HD cooling that can become important in cases

with strong X-ray irradiation due to the significantly increased H2 molecular fraction and low

gas temperature. To consider the HD cooling we implement 6 reactions including D, D+, and

HD following Table 2 of Nakauchi, Omukai, and Susa (2019) and the HD cooling function from

Lipovka et al. (2005). The HD cooling is only included in cosmological zoom-in simulations and

ignored in SF runs because it is a sub-dominant process at higher densities (Omukai et al., 2005).

4.2.3 Self-shielding of Background Radiation

Although X-ray photons have small ionization cross-sections, they are shielded by the

dense central gas in a halo. This X-ray shielding may shut down the additional ionization/heating

in the central regions of the protostellar core, weakening the FB effect of X-rays as found in

Hummel et al. (2015). In Paper II we also found a weakening effect of self-shielding for strong

X-ray irradiation cases, but the self-shielding does not make a meaningful difference in weak or

moderate X-ray backgrounds (see Appendix B.1 in Paper II). This is because Pop III properties

are determined when the central density reaches moderate densities (∼ 104 H cm−3), before self-

shielding becomes important. However, we include this effect anyway in this work for complete-

ness. For the X-ray shielding, the ionization and heating rate by X-ray background is multiplied
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by the self-shielding factor (0 < fshd < 1):

fshd = exp(−Ncσ), (4.1)

where Nc is the column density and σ is the averaged ionization cross-section in the X-ray range

[200 eV,∞). We assume the halo is spherically symmetric and thus the column density is only a

function of the distance, r, from the centre:

Nc(r) =

∫ r

Rvir

n(r′)|dr′| (4.2)

where Rvir is the virial radius of the halo and n(r′) is the number density profile. As a side note,

Hummel et al. (2015) considered the geometry of the protostellar disc in the self-shielding factor.

We use the above simple approach because the optical depth of soft X-ray becomes ∼ 1 when

the density reaches nH ∼ 104 H cm−3 in our haloes, before the formation of a disc. We expect

X-ray FB in high-density gas to be negligible (because self-shielded) in any direction and thus

our results are insensitive to this choice. In the SF simulations, the column density is

Nc(r) = Nbox(r) +Nout. (4.3)

Because the virial radius is larger than the size of the box (2 pc), we assume that the column

density at r > 1 pc (Nout) is constant in time since nH = 107 H cm−3. We instead update the

column density inside the box (r ≤ 1 pc, Nbox) at every coarse time-step (∼ 13 yr).

We also include shielding of the LW background. The LW shielding includes self-shielding

of H2 and HD and shielding of HD by H2. For the self-shielding factor of H2, we use equation (7)
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in Wolcott-Green and Haiman (2019). In our work, this factor is denoted by fWGH(NH2 , T ) where

NH2 = nH2∆x is the H2 column density and T is the temperature of the cell. We provide a

discussion on the column density in Section 4.2.6. We use the same formula for the HD self-

shielding but with the column density replaced by that of HD. The shielding of HD by H2 is

computed with equation (12) in Wolcott-Green and Haiman (2011). The total shielding factor of

HD is the multiplication of the two factors. We did not implement the shielding of H2 by HD

because the HD density is lower by several orders of magnitude. We study the importance of

X-ray self-shielding on the long-term evolution (∼ 30 kyr) of the protostars forming in Halo 2, in

Appendix C.1.1. Note that Hummel et al. (2015) evolved the simulations for only ∼ 5 kyrs, and

our test suite in Paper II also covered a shorter time. However, the importance of self-shielding

may vary depending on the growth history of the chosen halo as suggested in Hummel et al.

(2015).

4.2.4 Sink Formation and Accretion

In hydrodynamics simulations, the Jeans length (λJ) must be resolved with a minimum

number of cells to prevent artificial fragmentation (Truelove et al., 1997) and better resolve tur-

bulent motions. However, as the Jeans length approaches the minimum cell size (∆x) in the

simulation, this criterion fails. To circumvent this issue in Paper I and Paper II we artificially

reduced the cooling rate of Jeans unstable cells near the resolution limit, as also done in previous

works (Hosokawa et al., 2016; Hirano and Bromm, 2017). Because of the nearly adiabatic col-

lapse heating, the gas stops collapsing forming clumps that we regard as Pop III protostars. This

method is not ideal to track the evolution of individual clumps and implement RFB from them.
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For this reason in this work we utilise sink particles, that we refer to as stars or protostars. How-

ever, we point out that a sink particle in our simulations can represent a multiple-star system with

a separation that is less than the sink radius. We follow the recipe in the public version of RAMSES

(Bleuler and Teyssier, 2014) with minor modifications. The built-in clump finder (Bleuler et al.,

2015) identifies gas clumps and we check if each clump satisfies the following,

1. The clump peak density is nH > nsink = 1012 cm−3.

2. There is no pre-existing sink within 2rsink = 2×NSink∆x.

3. The flow is converging, ∇ · v < 0.

If all conditions are met for a given clump then we create a sink particle at its density peak.

When created, the mass of a sink is zero but it gains mass in the next time step (that is roughly

20 days in our simulations) by accreting the surrounding gas as described in the next paragraph.

In Appendix C.1.2 we compare the star formation with clumps and sink particles.

In the literature, the sink radius is chosen to be a multiple of the smallest cell size (NSink∆x),

with values of NS ranging from 4 to 16. We choose NSink = 8 and thus rsink = 101 AU. If a gas

cell is within the radius of a sink particle and its number density exceeds nsink the excess mass

((n−nsink)∆x3) is dumped into the sink. We do not check if the gas inside the sink is gravitation-

ally bound because the Bondi radius (Bondi and Hoyle, 1944; Bondi, 1952) of the sink is greater

than rsink and therefore the gas is actually bound to the sink. Two sink particles merge if they are

closer than 2rsink = 202 AU. Cells within 1.5rsink from the centers of any sink particle are fully

refined to guarantee accurate calculation of hydrodynamics and radiative transfer near sinks. In

Appendix C.1.3 we validate our choice of nsink and provide test results with different NSink.
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4.2.5 Photon Injection

We utilise the model of protostars calculated by Hosokawa and Omukai (2009) and Hosokawa,

Yorke, and Omukai (2010) to obtain the number of photons emitted by sink particles. These au-

thors traced the evolution of accreting protostars with a 1-D stellar evolution code and tabulated

the radius and luminosity (and thus effective temperature, Teff) as a function of stellar mass and

gas accretion rate. In our simulations, the luminosity of a sink particle in each frequency bin is,

Q = 4πR2

∫ ν2

ν1

πBν(Teff)

hPν
dν, (4.4)

where R is the effective radius of the model star and Teff is its effective temperature, assuming it

has a Plank spectrum Bν(Teff). At each time step of the simulation, the values of R and Teff are

interpolated from the table as a function of the mass and accretion rate of the sink particle. The

lower and upper bounds of frequency (ν1 and ν2) in each bin are given in Table 4.2. We do not

include luminosity due to gas accretion. In a time-step ∆t, we inject Q∆t photons around each

sink particle. Throughout the paper, we use the terms LW and FUV (far-ultraviolet) interchange-

ably for the radiation in the first energy bin. We call the radiation in the other bins either ionizing

or EUV (extreme-ultraviolet) radiation.

For a Pop III star to form the core density should exceed 1020 cm−3 (Omukai, 2001). This

density cannot be resolved in our simulations so we need a sub-sink recipe to model photon

injection from the sinks. Instead of assuming that all cells within the sink are sources of photons,

we distribute photons equally on the sink surface, with fluxes in the outgoing radial direction.

The specific intensity of photons launched from the surface in each direction is further reduced
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Table 4.2: Energy bins.

bin hPν1 (eV) hPν2 (eV) Roles

1 11.20 13.60 H2 dissociation
2 13.60 15.20 H I ionization
3 15.20 24.60 H I, H2 ionization
4 24.60 54.42 H I, H2, He I ionization
5 54.42 ∞ H I, H2, He I, He II ionization

by the escape fraction fesc:

fesc =


0 if n > ninj

fWGH(nH2rsink, T ) if n ≤ ninj (FUV)

1 if n ≤ ninj (EUV)

, (4.5)

where ninj = 0.1nsink is the photon injection density threshold. We assume 1 − fesc photons

are absorbed within the sink in the path from the central star to the sink surface. The number

of photons injected into a cell on the sink surface is nph = fesc(1/Nsurf)nph,total. Here, Nsurf

is the number of cells on the sink surface (hence, the reciprocal is the fraction of the surface

in each cell). Here, nph,total is the total number of photons emitted by the central sink particle.

With this recipe, the radiation propagating in directions close to the plane of the disc is efficiently

suppressed, while a significant fraction of EUV and LW photons escape in the vertical direction.

An accurate calculation of fesc requires the H2 column density from the central sink to the surface.

To save computational time, however, we approximate the column density as the density at the

surface multiplied by the sink radius. Cells with injected photons have photon flux nphcredr̂ where

cred is the reduced speed of light and r̂ is the unit displacement vector from the centre of the

sink. Tests leading to the adoption of this recipe and the density threshold for photon injection
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(0.1nsink) are shown in Appendix C.1.4. The results of the simulations can be sensitive to the

model of photon injection, especially with respect to the naive assumption that all photons are

injected in the centre or are spread within the sink (Jaura et al., 2022).

Finally, we also test for resolution effects in Appendix C.1.5, exploring the range of sink

density thresholds between 2 × 10−12 and 3 × 10−11 g cm−3. However, we point out that a

recent resolution study of the initial stages of disk fragmentation (Prole et al., 2022) demon-

strated that the number and masses of sink particles do not converge for sink creation densities

< 10−6 g cm−3. This implies the resolution of our simulations is not sufficient to fully resolve

fragmentation at small scales. Hence our results on the multiplicity and IMF of surviving frag-

ments require caution. On the other hand, as shown in Appendix C.1.5 and in agreement with the

results in Prole et al. (2022), the total mass of the system is less sensitive to the resolution and

therefore our results for the total mass in Pop III stars are more reliable.

4.2.6 Radiative Transfer

Radiation transfer in RAMSES-RT is implemented using the M1 closure method (Rosdahl

et al., 2013), with photon number density and flux in each cell computed locally. For hydro-

gen and helium ionizing radiation, we follow the prescriptions in the publicly available version.

Unlike the radiative transfer of ionizing UV/X-ray radiation in which the opacities are broad in

frequency, opacity in the LW band is produced by absorption by numerous narrow lines with

widths and centres that depend on temperature and kinematic of the gas (e.g., see Ricotti et al.,

2001), thus its calculation is computationally expensive. A widely used approximation is to as-

sume that the gas is optically thin to LW radiation and correct the H2 dissociation rate with the
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self-shielding factor (Draine and Bertoldi, 1996). For the self-shielding factor we use the up-to-

date equations in Wolcott-Green and Haiman (2019),

fshd = fWGH(NH2 , T ). (4.6)

This factor, however, is a function of column density NH2 and its calculation is also cost-prohibitive

in a hydrodynamics simulation. For this reason, the column density is often replaced by the local

column density computed using the Jeans length, velocity gradient, or density gradient (Wolcott-

Green, Haiman, and Bryan, 2011) although their usage still requires cautions (Chiaki and Wise,

2023). We follow a mixed local/global approach to calculate the opacity in the LW bands. We

calculate the self-shielding locally for the gas inside each cell using equation (4.6) with NH2 =

nH2∆x, as in Katz et al. (2017), but we also account for global opacity in the LW frequency

bin in the M1 closure method, assuming an effective cross-section σLW = 2.47 × 10−18 cm2

for H2 gas (Katz et al., 2017). We also include LW photon absorption by atomic hydrogen with

σLyman = 5.23 × 10−25 cm2 (Wolcott-Green and Haiman, 2011; Jaura et al., 2022). Using this

approximation we are assuming LW radiation transfer in the optically thin regime, therefore we

speculate that we are overestimating H2-photodissociation and the subsequent heating by LW

photons. The effect of the shielding by H I is discussed in Appendix C.1.4.

To speed up the calculations, we use the reduced speed of light approximation. One must

use this approximation with care in cosmological simulation (Gnedin, 2016) but usage in a high-

density regime like in SF simulation is valid. The reduced speed of light is cred = 10−3c =

300 km s−1 in this work. We validate this choice in Appendix C.1.6. The computation speed

does not increase further with a lower value, as the maximum outflow speed is ∼ 100 km s−1.
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GLF Riemann solver is recommended for cosmological simulation (Rosdahl et al., 2013) but

we use HLL Riemann solver (Harten, Lax, and Leer, 1983) motivated by the shadowing effect.

However, note that both solvers show a similar degree of diffusivity when radiation is transferred

in a diagonal direction and therefore our results are independent of this choice. Finally, we provide

test results with FUV- and EUV-only simulations in Appendix C.2 to explore the effect of each

radiation.

4.3 Result

4.3.1 Formation of Protostars in Primordial Discs

It has now been shown by several authors that a primordial gas discs fragment to form

multiple Pop III protostars (Machida et al., 2008; Stacy et al., 2010; Clark et al., 2011b), but early

studies evolved the protostars for short times with respect to the accretion timescale determined

by RFB. Later, several studies (Susa, 2013; Susa et al., 2014; Hosokawa et al., 2016; Sugimura

et al., 2020) were able to simulate a multiple stellar system until protostellar RFB shuts down

accretion on the protostars (∼ 120 kyr). In our simulations we also find that the formation of

multiple Pop III stars is ubiquitous, and the growth of protostars is quenched by RFB. Fig. 4.3

shows the 3D rendering of one of our simulations, in which a binary star emitting radiation

produce bipolar outflows. Protostars accrete gas from their own circumstellar mini-discs, emitting

FUV and EUV photons. These photons create hot bipolar H II regions in the vertical direction,

that can be tilted with respect to the main disc and asymmetric as observed for the left star, where

the south outflow is weaker than the north one. While the stars orbit each other, their circumstellar

discs accrete gas from the main disc and create gaps and extended arms as also seen in idealised
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Figure 4.3: Rendered image of a nearly equal mass binary Pop III protostar and disc in Run F.
Two stars accrete gas from their own circumstellar mini-discs, and the protostellar UV radiation
produces two hot bipolar H II regions and outflows with velocities ∼ 100 km/s. The mini-discs
orbiting the common CoM sweep and accrete the gas in the main disc. The field of view is
∼ 10000 AU × 10000 AU.

simulations of circumbinary disc (e.g., Tang, MacFadyen, and Haiman, 2017; Moody, Shi, and

Stone, 2019; Dittmann and Ryan, 2022). In this section we show the results of simulations of disc

fragmentation and Pop III star formation for various radiation backgrounds in two representative

dark matter minihaloes. Fig. 4.4 shows the central gas evolution for Run F at different epochs (a

movie of the simulation is available in the online version of the paper)3. The qualitative evolution

is similar across different simulations, even though the masses and multiplicity of the stars show

trends with the intensity of the X-ray background.

Typical formation scenario. The gas cloud contracts and flattens to form a disc and proto-

3Available at MNRAS or see here
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Figure 4.4: Snapshots of Run F at different times (Row 1-5). The scale of each frame, shown on
the left, increases as the disc and the protostars’ orbits expand. We define t = 0 when the first sink
particle forms. We also plot protostars as filled circles (see the bottom of the figure for the labels).
Column a shows the face-on view while the other columns (Column b to g) show the edge-on
view. The label on each panel refers to the column and the row. Column a: Gas surface density.
Through the initial fragmentation, the system starts with a binary (a3). The circumstellar discs
fragment and a hierarchical binary forms (a4). Column b: Gas column density. The gas flattens
(see b1 and b2) and a disc forms. All protostars are in the disc plane. Column c: Slice through the
disc center showing the gas temperature. Note that the heated regions are traced by the radiation
field. LW radiation heats the gas up to T ∼ 103 K and the heating by ionizing radiation (EUV)
results in T ≳ 5×104 K. Column d: Slice of H2 fraction. LW photons dissociate H2. The opening
angle of the photodissociation region increases with time. Column e: Density weighted H II frac-
tion. The radiation from protostars creates bi-conical H II regions. Column f & g: Projected LW
and ionizing UV photon density. Two massive sink particles emit a copious amount of photons.
The image shows the precession of mini-discs. A movie version of this figure is available in the
supplementary material.

113



stars (in Fig. 4.4, Panel a1 and a2 show the face-on view and Panel b1 and b2 show the edge-on

view). Soon after the first protostar appears (t = 0), three stars form near the disc centre at

t ∼ 1 kyr through the initial fragmentation of a prominent barred spiral arm structure develop-

ing in the relatively massive disc around the low-mass central protostar (Kimura et al., 2021).

Two of them merge with each other and only two nearly equal mass stars (S01) and (S03) are

left orbiting the centre-of-mass (CoM) of the system (see Panel a3/b3). Each of these protostars

has circumstellar mini-discs which accrete mass from the larger disc. In all the simulations these

nearly equal mass binaries (with stars of about 100 M⊙), migrate outward from a few 100 AU

separations at formation, to 10,000 AU by the end of the simulation at t ∼ 100 kyr. At time

t ∼ 15 kyr, the mini-disc around S03 becomes gravitationally unstable through mass accretion

and fragments (Sugimura et al., 2020) to form S05. Similarly, at t ∼ 24 kyr, the fragmenta-

tion of the circumstellar disc around S01 forms S10. At this time the system is a hierarchical

binary where two binary stars, with nearly equal total mass, orbit each other (Panel a4/b4). The

protostars in each binary system have their own circumstellar mini-discs. As discussed in this

section and the upcoming paper (in prep) these discs play an important role in the growth and

migration of protostars. The stars are getting further from their common CoM with time and the

binaries also are getting further as the disc expands. At later times (Panel a5/b5) S12 forms at

Lagrange points L4 (or L5) of the main hierarchical binary. Afterward, star formation becomes

more stochastic due to the large multiplicity, and zero-metallicity low-mass stars can form when

rapidly ejected from the disc.

Fig. 4.4 also shows that the onset of RFB changes the environment around the protostars

dramatically. As the protostars grow in mass, they become more luminous and their spectra be-

come harder. In the beginning, LW photons from the stars propagate through the gas and pho-
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todissociate H2 in the vertical direction as shown in Panel (d3), showing the H2 fraction and

(f3), showing the number density of LW photons. For the first 10− 20 kyr the ionizing radiation

remains trapped by the dense neutral gas in the disc (Panel g3) and the H II region is trapped

(Panel e3). Later, ionizing radiation breaks through the gas in the disc forming bi-conical H II

regions (see Panel e4/e5 and g4/g5). The radiation field is dominated by the two protostars that

form earlier because the ones forming later from the fragmentation of the mini-discs are less

massive. Ionization and photodissociation by radiation heat the gas: H2 dissociation due to LW

photons heat the gas above the disc in a broad region to T ∼ 1, 000 K, creating an outflow. Note

that the opening angle of the bi-conical regions where the gas is heated to 1,000 K (see panels c3

to c5), is similar to the opening angle of the LW radiation field (panel f3 to f5). As ionizing pho-

tons escape the disc they form bi-conical H II regions with a narrower opening angle than the

LW counterpart (Column g). Photoionization heating increases the temperature to T ≳ 5×104 K

in these narrower conical regions (Column c). The EUV heating enhances the bi-polar outflow

velocity as seen in Fig. 4.5, thereby suppressing the growth of the stars.

4.3.2 Roles of FUV and EUV Radiation Feedback

In paper I and II we found that the total mass in Pop III stars depends on the accretion rate

as

Mpop3,tot ∝ (dM/dt)0.7, (4.7)

in agreement with HR15. If we define the star formation quenching timescale τSF ≡ Mpop3,tot/(dM/dt),

we expect τSF ∝ M−0.3
pop3,tot: i.e., higher mass protostars have a stronger feedback effect than lower

mass stars.
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Figure 4.5: Face-on gas surface density (top) and edge-on temperature (projected, bottom) in
Run A. We present FB (left) and noFB (right) for comparison. The time and total mass are
shown above each density plot. The time is nearly at the end of the FB run. The field-of-view
is 30000 AU × 30000 AU. On top of the temperature plots, we plot the velocity field (green
arrows). The size of an arrow scales with the speed logarithmically and the maximum speed is
∼ 100 km s−1. Protostars are shown by the filled circle.

Without X-ray irradiation the accretion rate is highest (because X-rays cool the primordial

cloud core by enhancing H2 and HD formation), thus stars grow rapidly and are more massive

than in cases with X-ray irradiation. Hence, we expect a faster suppression of the mass growth of

Pop III stars due to RFB in runs without X-rays. To test this model, we explore the evolution of

protostars including and excluding RFB effects in Halo 2, when irradiated by different intensities

of the radiation background.4 In Appendix C.2 we test the relative importance of EUV and FUV

feedback by running the same simulation with both EUV + FUV feedback, only EUV, only FUV,

and noFB. We find that FUV and EUV feedback have comparable effects on the suppression of

4In Paper I we found that Halo 2, because of its regular accretion history, shows the clearest trend with varying
the intensity of the X-ray background.
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the accretion rate onto Pop III stars.

Fig. 4.5 shows the gas surface density (face-on) and temperature (edge-on) of the FB (left)

and noFB (right) Run A (JX0,21 = 0) at t ∼ 66 kyr. The overall gas density is lower in the FB run

because RFB suppresses the gas supply and available gas is already consumed by the existing

stars. The protostars in this simulation are more massive (M ∼ 100 − 200 M⊙) than those in

Run D (M < 100 M⊙) seen in Fig. 4.4, hence the bipolar H II regions reach temperatures of

nearly 105 K. As seen in the temperature plots an outflow with velocity ∼ 100 km s−1 in the

vertical direction develops and reverses the gas motion (arrows in the bottom left panel), that

would otherwise be accreting onto the disc and stars (bottom right). Generally, we find across all

simulations that FB reduces the total mass in stars both at intermediate times and even more at

late times, since the total mass in stars continues to increase with time at a nearly constant rate

in the noFB cases. The multiplicities in the last snapshot (Nfinal) are 4 and 7 showing fewer stars

in the FB run. Again, at an earlier time (t ∼ 68 kyr), the number of stars is 4 and 5 in both runs,

hence the difference is smaller.

4.3.3 Modulation of the Accretion Rate and Feedback due to Eccentricity of

the Orbits

In Fig. 4.6 we plot the masses, accretion rates and distances from the CoM as a function of

the time of the stars forming in Halo 2 for the case without X-ray and LW backgrounds (Run A).

Single stars are shown by colored lines for the fiducial simulation, while the total mass for the

noFB simulation (black dashed lines) is compared to the fiducial case (black solid lines). The

bottom panel shows that the two most massive stars are in a binary with a rather eccentric orbit
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Figure 4.6: Top: Mass in protostars with time for Halo2 with JX0,21 = 0 (Run A). Solid lines
are in the fiducial case and the dashed line is in noFB case. The total mass is shown in black
and individual stars are shown in different colors and grey with long-lived ones highlighted (see
bottom). Note that the mass of low mass S14 (magenta) remains constant without merging with
other stars. Middle: Accretion rates in M⊙ yr−1. Similar to the top panel but we plot only the
long-lived ones. We mark accretion rate peaks with P1, P2 and P3. Bottom: Distance from CoM.
The final distance of S14 is ∼ 6× 104 AU.

(e ≈ 0.8) as shown by the bottom panel. This is somewhat surprising given that the stars are still

deeply embedded in a gas-rich quasi-Keplerian disc. However, the disc is highly inhomogeneous

due to the presence of prominent arms and bar features. We will see in a follow-up paper that

these non-axisymmetric features are responsible for the outward migration of the stars and allow

initially eccentric orbits to avoid circularizing.

Eccentricity-induced periodic growth. RFB suppresses the growth of protostars as suggested in

previous studies (Hosokawa et al., 2011). The accretion rate in the noFB run is almost constant
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for at least 100-200 kyrs, while the accretion rate slows down in the run with RFB (fiducial run).

However, in the fiducial run there are times when dM/dt suddenly increases and sometimes the

accretion rate exceeds that in the noFB case. We mark these episodes with the labels P1, P2 and

P3 in the middle panel of Fig. 4.6. At each peak, the S01-S02 pair (red and green) grows rapidly

and this occurs at the minimum separation of the two stars (i.e., at pericenter distance). As shown

in the bottom panel, the binary has an eccentric orbit, and the distance between S01 and S02 has

a minimum at P1, P2 and P3. The periodic increase of the accretion rate is likely produced by the

tidal interaction of the circumstellar mini-discs, funneling the gas to the stars and thus boosting

the growth of the protostars. The accretion rates at these peaks decrease with time due to the gas

depletion and the third peak is lower than the noFB case. Unlike the case of AGN feedback in

galaxy merger simulations (Park, Smith, and Yi, 2017), tidal interaction does not always lead to

stronger feedback. At P1 and P2 the tidal interaction reduces the ionizing luminosities of S01 and

S02 by several orders of magnitude, weakening RFB. This is because protostars are modeled to

enter a supergiant phase (and therefore their effective temperature drops) when they have high

accretion rates: dM/dt ≳ 10−2 M⊙ yr−1 (Hosokawa and Omukai, 2009; Hosokawa et al., 2010,

2016). As seen in the figure, the accretion rates of these two stars are similar to this critical

value at P1 and P2. At P3, however, the stars do not enter the giant phase and their luminosities

increase for a short period of time. While RFB from stars S01 and S02 are shut down during the

close encounters, the ejected star S08 keeps radiating and produces an outflow.

In Paper I and Paper II we used the empirical relationship from Hirano et al. (2014) and

HR15 to determine the final masses of Pop III stars (RFB was not included in those simulations).

In this work we simply define the mass in stars as the one in the final snapshot of the simulation,

denoted Mfinal. The total mass in stars in Run A is 557M⊙ as seen in Table 4.1 and is clearly lower
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than the noFB case at the same time (1086 M⊙). However, even at the end of our simulations,

RFB has not fully evaporated the gas disc, especially the gas in the circumstellar mini-discs,

and therefore the stars keep growing at a very slow rate. For this reason, Mfinal provides only a

lower limit to the mass of the stars, even though we do not expect that their masses would increase

significantly even if we evolved Run A further. As seen in Fig. 4.4, little dense gas is left due to the

strong RFB and the total accretion rate in the last snapshot is ∼ 10−1 M⊙ kyr−1 = 10−4 M⊙ yr−1

(Fig. 4.6): if stars accrete the gas at the same rate for the next 100 kyr, the mass increase would

only be 10 M⊙ and the total mass growth less than 10 percent. On the other hand, in the noFB

simulations, the accretion rate would remain constant at about 100 times higher rate, and the total

mass would roughly double reaching 2000 M⊙.

Hierarchical binaries and outward migration. The bottom panel of Fig. 4.6 shows the distances

from the CoM of long-lived stars. Eight protostars form initially in the inner disc, but they merge

with each other producing a triple system of stars: S01, S02 and S08. Star S08 (in yellow) is

ejected via gravitational interaction and only S01 and S02 orbit each other in the end. The orbits

of these stars initially migrate outward, but at later times they reach a constant radius. The orbit of

the S01-S02 binary is highly eccentric with the pericenter distance ∼ 1000 AU and the apocenter

distance ∼ 8000 AU. Although new protostars form while S01 and S02 orbit each other, they

all merge with S01 and S02. At each pericenter, tidal interaction between the two mini-discs

increases and tidal tails and a gas bridge/bar become more prominent, somewhat reminiscent of

features observed in galaxy merger simulations (Toomre and Toomre, 1972; Cox et al., 2008).

At t ∼ 24 kyr, S14 (magenta in Fig. 4.6) forms out of a tidal tail and is ejected from the

system (see the bottom panel). At the time of its formation, the gas is significantly depleted, so it

does not have enough gas to accrete and thus remains with a relatively small mass (M ≈ 2 M⊙).
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Although its mass is greater than 1 M⊙ this supports the possibility that low-mass Pop III stars

can be observed today (Clark et al., 2011b; Greif et al., 2011; Stacy and Bromm, 2013). While

previous works simulated the protostellar disc for a relatively short time (a few kyr), our simula-

tion follows the orbit of unbound low-mass protostars for about 100 kyr, as in Susa, Hasegawa,

and Tominaga (2014). Two protostars are also ejected in the noFB case, but they are more massive

(10 and 4 M⊙).

4.3.4 Pop III Masses and Multiplicity in Different X-ray Backgrounds

Multiplicity. We confirm the results in Paper II that in an X-ray background the disc is

more gravitationally stable and the multiplicity of stars is reduced. Results on the multiplicity are

sensitive to the resolution of the simulation because fragmentations within the sink radius cannot

be resolved in our simulations, hence a sink may represent a multiple star system (see, Prole

et al., 2022, for a convergence study). Nevertheless, for a given resolution, the X-ray background

systematically reduces the multiplicity by stabilizing the disc and reducing the mass of the initial

gas cloud. For JX0,21 = 10−4 (Run C), the mini-discs do not fragment for ∼ 29 kyr since the

initial formation of a central binary as seen in the top panel of Fig. 4.7 (left). At t ∼ 29 and

52 kyr, S06 and S12 form in the circumstellar mini-discs of S01 and S02, respectively, forming a

hierarchical quadruple system. The final multiplicity is equal to that found for JX0,21 = 0, mostly

because in the latter several sinks merge with each other (see Table 4.1). For stronger X-ray

irradiation, JX0,21 = 10−2, the second fragmentation occurs similarly at t ∼ 25 kyr but the new

sink quickly merges with the existing star. No further fragmentation occurs for the next ∼ 90 kyr

(see the top right panel of Fig. 4.7) and the system ends up being a binary. Other simulations
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Figure 4.7: Left: Same as Fig. 4.6 but for JX0,21 = 10−4 (Run C). Note that the middle and bottom
panels shows only long-lived stars. Right: Same as the left panel but for JX0,21 = 10−2 (Run E).
Four protostars form in total but only two of them do not merge with each other for ≳ 100 kyr.

with non-zero X-ray backgrounds (Run B and Run D) have multiplicity 3 and 2, respectively.

Although Run C seems to deviate from the general trend (we attribute it partially to the larger

halo/disc mass produced by the delayed collapse in a non-zero LW background), the other runs

agree with the expectation from Paper II: X-rays make the disc more Toomre-stable, reducing the

multiplicity.

Total mass in stars. The masses of Pop III stars are reduced by X-ray irradiation (see Paper I).

The physics is simple: in an X-ray background, the molecular fraction is higher and the gas

temperature lower; this reduces the accretion rate (dM/dt ∝ MJ/tff ∝ c3s ) onto the protostar

and its final mass. As seen in the middle panels of Fig. 4.7, the initial accretion rates (∼ 10−1

and 10−2 M⊙ yr−1) are lower than that in Fig. 4.6 (≳ 10−1 M⊙ yr−1). The total mass in Pop III

stars in three X-ray simulations without LW background (Run B, Run D, and Run E) decreases

with increasing X-ray intensity (183, 156, and 105 M⊙, see Table 4.1). We also confirm the H II

and photodissociation regions are narrower and the outflows are slower with increasing X-ray
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irradiations due to the lower masses of the stars (e.g., ∼ 70 km s−1 in Run E). The total final mass

in Run C, on the other hand, is slightly greater than that of Run A due to the delayed collapse

induced by the LW background (579 M⊙). All simulations end with Ṁ ≲ 10−4 M⊙ yr−1 and

thus we expect Mfinal does not change significantly after that.

Accretion peaks exist in Run C as in the previous case (see Fig. 4.6). From t ∼ 20 kyr

to 40 kyr, the accretion rate of S02 increases periodically (see middle panel of Fig. 4.7) with

the peaks coincident with the minimum separations in the binary. These peaks, however, are

less pronounced than in Run A due to the less eccentric orbit and the larger average separation

(∼ 2000 AU). Periodic accretion is less pronounced in the other three simulations with X-ray

irradiation because the gas discs are smaller in mass.

Outward migration. The stars migrate outward in all simulations, and we show examples in

the bottom panels of Fig. 4.7. S01 and S02 in Run C orbit each other with an initial separation

of ∼ 500 AU. The distances from CoM increase up to ∼ 2000 AU by t ∼ 90 kyr. Due to

the formation of the hierarchical binary, two young stars (yellow and blue) are orbiting their

companions with short periods in relatively close orbits (separations ∼ 500 AU). Due to the low

multiplicity, the orbits in Run E are simple. The stars’ orbits expand with time as in Run C; they

are born on an eccentric orbit, but they eventually circularise.

In Paper II we found that outward migration tends to be slower and to lower distances in

simulation with increasing X-ray irradiation. This trend is not observed in this work: the maxi-

mum separation in Run E (JX0,21 = 10−2) is larger than in Run C (JX0,21 = 10−4). We simulated

the system for a relatively short time for Run B and Run D (since accretion is suppressed early),

but we find their orbits also expand with time. We will further explore the physical explanation

for this ubiquitous outward migration in an upcoming paper.
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4.3.5 Results for a Smaller Mass Halo

Halo 3 has a lower mass than Halo 2 at all redshifts (see Paper I), hence Pop III star forma-

tion in this halo is sensitive to lower values of the X-ray background, as shown by Fig. 4.1.

Multiplicity. Without an X-ray background, Halo 2 (Run A) is dominated by three massive stars

(M ∼ 200, 200 and 100 M⊙) while Halo 3 (Run F) has a less massive hierarchical quadruple

system with masses between M ∼ 50 M⊙ and 70 M⊙. However, at a late time, Halo 3 becomes

a more complex system as several smaller mass protostars form through late-time fragmentation

(Nfinal = 7, see Table 4.1). Similarly to the case of Halo 2, the run with JX0,21 = 10−5 in a

LW background for Halo 3 (Run G), has the largest multiplicity (Nfinal = 10) among the runs

with RFB (see Fig. 4.8). This is probably due to the delayed redshift of formation of the Pop III

stars and therefore a higher mass halo when irradiated by a strong LW background. However, the

trend of decreasing multiplicity with increasing X-ray background is also found in Halo 3: for

JX0,21 = 10−4 (Run H) only two stars form in an eccentric orbit (e ≈ 0.5).

Total mass in stars. The protostars in Halo 3 (Run F) are less massive than in Halo 2, producing

weaker RFB. This creates narrower bipolar H II and photodissociation regions, thus suppression

of the accretion rate is less significant. As it can be observed in the middle panels of Fig. 4.8,

the total accretion rate remains nearly constant as a function of time, although at a lower level

than in the case without feedback (Run F/noFB). The accretion rates of individual stars are very

low (∼ 10−4 M⊙ yr−1) but the total accretion rate is about one order of magnitude higher as the

multiplicity becomes larger at late times. In addition to the slow gas accretion, mergers between

stars also contribute to the mass growth of individual stars. The mass of S10 after the merger is

greater than the sum of the two masses because of the enhanced gas accretion triggered by tidal
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Figure 4.8: Left: Same as Fig. 4.6 but for Halo3 with JX0,21 = 0 (Run F). Right: Same as the left
panel but for JX0,21 = 10−5 (Run G).

effects on the mini-discs.

The trend with X-ray intensity is the same as for Halo 2: without X-ray irradiation (Run F)

the total mass is 338 M⊙, while for JX,21 = 10−4 (Run H) the total mass is 203 M⊙. As in

Halo 2, the case with LW irradiation and weak X-ray background (Run G) has a greater total

mass (539 M⊙) due to the delay formation.

The protostars in Halo 3 also grow periodically as in Run A. To better demonstrate the

physical mechanism, in Fig. 4.9 we plot the accretion rates and separations of selected binaries

in Run F and Run G. For Run F, the accretion rate of S10 (blue) shows multiple peaks with the

clearest ones between t ∼ 40 kyr and 60 kyr. We marked them with P1, P2 and P3 in the top left

panel. They have the same period and are in phase as the orbital separation: the peak accretion

happens at the minimum separations in an eccentric orbit (bottom left). We thus conclude that

the accretion is modulated by the tidal interaction of the mini-discs as discussed in Section 4.3.2.

This periodic behaviour, however, is less pronounced for S01 (red) because the companion (S10)
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Figure 4.9: Top left: Accretion rates of S01-S10 binary in Run F. We highlight prominent peaks
with P1, P2 and P3. Bottom left: Separation between the same two stars. Top right: Accretion
rates of S03-S04 binary in Run G. Clear accretion peaks of S04 are marked with P1, P2, P3 and
P4. Bottom right: The peaks except P2 coincide with the minimum separation and thus have a
gravitational origin. P2 takes place at the apocenter and this is due to the accretion of the gas in a
spiral arm.

and its circumstellar disc are smaller in mass and therefore the tidal force on the S01 disc is

weaker. The other binary (S03-S05) in the same simulation evolves similarly. Binary stars in

Run G behave similarly and an example is shown in the right panels. Three peaks (P1, P3 and

P4) take place at the minimum separations meaning the sink growth is driven by the interaction

between discs. Interestingly, P2 happens at an apocenter of the orbit. At this time S04 passes

through a spiral arm feature and therefore accretes the gas in it. As aforementioned, a boost of

the accretion onto the bigger star (S03) is not clear because of the low mass of the companion

(S04). Also in Run H, the interaction in an eccentric binary boosts the gas accretion periodically,
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however, the periodic accretion does not last long as the accretion rate drops to ∼ 10−6 M⊙ yr−1

in ∼ 40 kyr.

Outward migration. As in Halo 2, most of the stars migrate outward in Halo 3. One exception is

S11 in Run D (magenta, the bottom panel of Fig. 4.8). Forming at 2×104 AU, it migrates inward

and finally merges with S10 after 10 kyr from its formation. Another distinct feature of Halo 3

is star formation in the proximity of Lagrange points L4 and L5 around the main binary. Using

hydrodynamics simulations, several authors (Lyra et al., 2009; Montesinos et al., 2020) showed

that gas and dust in protoplanetary discs accumulate at L4 and L5.

4.4 Effect of HD Cooling

The effect of HD cooling kicks in at about T ∼ 150 K. The temperature of primordial gas

may not reach this threshold with H2 cooling alone (Paper I). However, additional ionization by

cosmic rays (Nakauchi et al., 2014), X-rays (Jeon et al., 2014a; Hummel et al., 2015; Paper I), or

star formation in relic H II regions (Ricotti et al., 2001), may enhance H2 abundance and reduce

the gas temperature enough to trigger HD cooling and thereby reduce the typical Pop III mass

scale. As in this work, previous simulations with X-ray irradiation have taken into account HD

formation and cooling (Jeon et al., 2014a; Hummel et al., 2015). However, in this section we

quantify its importance with respect to the case in which HD is neglected.

In Fig. 4.10 we compare two simulations with strong X-ray irradiation in Halo 2 (Run E),

including (solid lines) and excluding (dashed lines) HD chemistry/cooling. The phase diagrams

(n vs T , the top left panel) show that the minimum gas temperature, Tmin, at n ∼ 104 cm−3 is

reduced by the HD cooling from Tmin = 161 K to 92 K. Because of the lower gas temperature,
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Figure 4.10: Top left: Phase diagram of Run E (solid line) and Run E˙noHD (dashed line). In
the former, the temperature drops to 92 K thanks to HD cooling. Top right: The ratio of the
enclosed mass (M(r)) to Bonner-Ebert mass (MBE, Ebert, 1955; Bonnor, 1956). The peak radius
is defined as the characteristic radius of the cloud. Due to the additional cooling in Run E the
cloud is smaller in size. Bottom left: Accretion rate. The smaller size results in a lower accretion
rate. Bottom right: Total mass in sinks. Due to the reduced cloud size the sinks in Run E are
smaller in mass.

HD cooling reduces the size and mass of the collapsing core (top right panel) and reduces the gas

accretion rate (bottom left). The bottom right panel compares the total mass in Pop III stars in the

simulations with and without HD. Since we run the case without HD cooling (Run E noHD) for

a relatively short time (∼ 18 kyrs), we only compare the masses at early times. The figure shows

a reduction of ∼ 50% of the total mass in Pop III stars, from 95 M⊙ to 57 M⊙ at 18 kyr.

HD cooling has a small effect also in simulations of Halo 3, however, the decrease of Tmin

and therefore the decrease of the total mass in stars is weak for JX0,21 < 10−3. Note that Tmin

may be as low as ∼ 100 K and trigger HD cooling also in the absence of X-ray irradiation,
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depending on the collapse history of the halo (e.g. Hirano et al., 2014; HR15). However, an X-ray

background has a systematic effect in reducing Tmin below 100 K, making HD cooling important

in further reducing the temperature and therefore the masses of Pop III stars.

4.5 Discussion

Accretion timescale in X-ray background. To quantify the efficiency of RFB, we can

estimate the star formation timescale, τSF ≡ Mpop3,tot/(dM/dt), defined as the final mass of

Pop III stars over the mass accretion rate. According to equation (4.7), τSF is shorter for a higher

accretion rate, making the final mass of Pop III stars less sensitive to the accretion rate (i.e.,

Mfinal ∝ (dM/dt)α with α < 1). In other words, Pop III protostars are more massive in a rapidly

accreting cloud, but their stronger RFB shuts down accretion more rapidly. In our simulations we

include RFB, hence we can directly derive τSF and compare our results to HR15.

In Fig. 4.11 we show the total mass in Pop III stars including and excluding RFB for Halo 2

and Halo 3 in different X-rays and LW backgrounds. Because dM/dt and the masses of Pop III

stars decrease when increasing the X-ray background, following the aforementioned logic, we

also expect a monotonic increase of τSF. However, this is not observed in all our simulations,

suggesting that τSF may be determined by another physical parameter in addition to the strength

of RFB.

To be more quantitative in Fig. 4.12 we plot Mfinal and τSF ≡ Mfinal/(dM/dt) as a function

of dM/dt estimated from the last snapshot for the noFB simulations: i.e., dM/dt ≡ Mfinal/tfinal.

We find that dM/dt estimated from the noFB simulations agrees within a small scatter with the

accretion rate at the characteristic radius (dM/dt|cr) as defined in HR15. The figure shows that
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Figure 4.11: Total mass of protostars. Top and bottom panels show the results for Halo 2 and Halo
3, respectively. The simulations with RFB are shown with solid lines and those without RFB are
shown with dashed lines. “LW” indicates the disc is irradiated by a strong LW background.

Mfinal and τSF in the X-ray-only (without LW background) simulations are systematically lower

with respect to the empirical relationships in HR15, shown by the solid blue lines. For this rea-

son, we categorize the simulations into two groups. Group 1 (Run A, Run C, Run F and Run G)

consists of zero/weak X-rays and the two simulations including the LW background, which fol-

low the relationship in HR15 (blue line). Group 2 (Run B, Run D, Run E and Run H) consisting

of simulations with moderate to high X-ray irradiation (JX0,21 ≥ 10−4), showing significant dis-

crepancy from the HR15 relationships. The solid red lines are power-law fits to the data points in

Group 2:

Mfinal = 126 M⊙

(
dM/dt

2.8× 10−3 M⊙ yr−1

)0.4

, (4.8)
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Figure 4.12: The final mass (top) and star formation timescale (bottom) in the fiducial simula-
tions as a function of accretion rate. We categorize the simulations into two groups: Group 1 and
Group 2. Group 1 (cyan) includes runs with no X-ray background and runs with non-zero LW
background and weak X-rays: Run A, Run C, Run F, and Run G. On the other hand, Group 2 (red)
consists of X-ray-only cases. The cyan line is the empirical relationship in HR15 and Group 1 fol-
lows this trend well. The red line is the fit to Group 2. SF timescale is defined as Mfinal/(dM/dt)
with dM/dt is defined by Mfinal/tfinal derived in the noFB counterpart of each simulation (see the
text for detail). As in Fig. 4.11, simulations with LW backgrounds are shown with label “LW”.

and

τSF = 45 kyrs

(
dM/dt

2.8× 10−3 M⊙ yr−1

)−0.6

. (4.9)

We interpret the lower Pop III masses and shorter star formation timescales found for Group 2, as

due to the effect of X-rays in reducing the typical masses of protostellar discs (see Paper I). X-rays

increase H2 formation and cooling at high densities, reducing the accretion rate of the collapsing

core, but also heats the IGM and the low-density gas at the outskirt of the halo, thereby somewhat

decreasing the baryon fraction (fb) in the minihalo. For example, when the central density is
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107 H cm−3 (Fig. 4.1), fb is close to the cosmic average (Ωb/ΩDM ∼ 0.2) if JX0,21 ≲ 10−4 but it

is a factor of 2 to 4 smaller in simulations with JX0,21 ≳ 10−2, depending on the halo mass. Indeed

in our simulations we observe smaller and less massive discs/cores with strong X-ray irradiation

(see also Fig. 6 in Paper II), even when keeping constant dM/dt|cr at the critical radius and

therefore the total mass in Pop III stars (see Fig. 4.2 and Paper I). The smaller discs are more

fragile to RFB, therefore the mass growth is suppressed more rapidly even in the presence of a

weak RFB from lower-mass protostars.

Initial mass function of Pop III stars. In Paper II we found that the IMF of Pop III stars can be

described as a power-law with an exponential cutoff at high mass:

dN

d lnM
= AMα exp

[
−
(

M

Mcut

)2
]
, (4.10)

where we find α = 0.49, 1.53 and Mcut = 229, 61 M⊙ for weak and strong X-ray irradiation,

respectively. In strong X-rays, the IMF has a lower cutoff mass Mcut and steeper power-law slope

α because the gas cloud becomes less massive and fragmentation is suppressed. In this work we

find results roughly in agreement with Paper II as shown in Fig. 4.13 with fitting parameters given

in Table 4.3. For comparison, in their galaxy formation simulation Wise et al. (2012) assumed

a Pop III MF with the peak at ∼ 100 M⊙, while Susa et al. (2014) found an MF with a peak at

a lower mass (a few × 10 M⊙). The MF in Stacy and Bromm (2013), on the other hand, is flat

without a peak.

Caveats. The IMF and multiplicity of Pop III stars is sensitive to the assumed resolution.

The results of Prole et al. (2022) imply that disc fragmentation is not fully resolved in our sim-

ulations, meaning that each sink may represent multiple stars. Therefore, if these smaller mass
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Figure 4.13: The IMFs for the runs in Group 1 with weak or no X-ray background (shaded blue
histogram) and Group 2 with stronger X-ray irradiation (red shaded histogram). We count only
Pop III stars that survive without merging in the last snapshots. We also show the best fits (dashed
lines) using equation (4.10).

Table 4.3: Parameters of equation (4.10).

Paper II

X-ray α Mcut A Mpeak
a

Weak 0.490 229 M⊙ 0.169 113 M⊙

Strongb 1.53 61 M⊙ 0.00692 53.4 M⊙

This work

FB α Mcut A Mpeak

Group 1 0.620 188 M⊙ 0.237 105 M⊙

Group 2c 1.41 79 M⊙ 0.012 66 M⊙

a Mpeak = Mcut

√
α/2.

b JX0,21 ≥ 10−3.
c JX0,21 ≥ 10−4 and include no LW simulations.
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fragments do not merge with each other, the single-star IMF might be bottom-heavier and/or with

a lower cutoff mass in higher-resolution simulations. However, an X-ray background should still

produce a systematic change of the IMF as the mass of the gas cloud plays a significant role for

the stability of the disc.

Although our results show a clear trend with the intensity of radiation backgrounds, our

statistical sample is small: we only have eight simulations in two different mini-halos. As previous

studies showed, Pop III properties are also sensitive to other factors such as the mass and accretion

history of their host haloes (Greif et al., 2011; Stacy and Bromm, 2013; Hirano et al., 2014, 2015)

or different initialization (Wollenberg et al., 2020). Hence, many more simulations are necessary

for statistically robust results. For a discussion of halo-to-halo variation, we refer the readers to

Paper I and Paper II in which a large parameter space of LW and X-ray backgrounds was covered

for three different halos. These backgrounds regulate H2 cooling and therefore Pop III formation

precedes or is delayed with respect to the zero background case. As each of the three host halos

has different growth histories (see Fig. 2 of Paper I), Pop III star formation occurs in different

environments. For example, we found that some simulations do not follow the general trend due

to a recent merger between mini-haloes (see Fig. 11 in Paper I). Even with these more stochastic

effects, the general trend from Paper I was clear: reduced Pop III mass and multiplicity in a

stronger X-ray background. Although in this work with RFB the sample is smaller due to the

computational cost of the simulations, we observe that our simulations follow the same trend. We

conclude that variations due to host halo effects can be important and add noise to the results, but

statistically, on a sufficiently large sample, the intensity of the radiation backgrounds produces

the physically motivated systematic trends discussed in this and previous papers.

Protostellar variability. As discussed in Section 4.3.3, Pop III protostars grow periodically via
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enhanced gas accretion in an eccentric orbit. As the luminosity is a function of mass and accre-

tion rate, Pop III protostars may display variability of their luminosity and effective temperature

potentially on interestingly short timescales, perhaps observable by JWST or NRST. We expect

when strongly lensed, the detection of this system is probable like Pop III stars (Diego, 2019) and

recent studies of “Earendel” support this idea (Welch et al., 2022a,b).

As shown in Fig. 4.14, individual protostars of about 100 M⊙ cannot be directly detected

by JWST, unless their luminosity is magnified by a factor ∼ 100 by a gravitational lens. For

instance, in the rest-frame optical filter mF322W2 in Run A (bottom left panel) the peak magnitude

is ∼ 34 − 35, below JWST detection limit (∼ 30 − 31). The periodic increase in accretion can

bring the star from being bright in the UV band (effective temperatures Teff ∼ 105 K) to a red-

supergiant phase with peak brightness in the optical bands and faint in the UV (Hosokawa and

Omukai, 2009; Hosokawa et al., 2010, 2016). Due to the short mean free path of UV photons,

typically Pop III stars can be identified at high-z by nebular line emission: He II recombination

lines and the large equivalent width of the Ly α line (Oh et al., 2001). However, during the strong

accretion phase, Pop III stars shine in the rest-frame visible at nearly the Eddington luminosity

and in principle the light of the star can be observed directly. As a reference, a Pop III protostar

of mass M at z = 6 has magnitude mAB ∼ 34− 2.5 log10(M/100 M⊙) in the rest frame visible

when the accretion rate is above the critical threshold of 10−2 M⊙ yr−1. However, the strongly

accreting phases are shorter than the lifetime of the star, hence these objects are relatively rare.

During the bloated phase, the star becomes brighter in red but fainter in blue due to the low

Teff , therefore the magnitude reaches mF322W2 ∼ 34 in the rest frame optical. When observed

with a narrower band filter in the rest frame UV (F140M, top left panel) the apparent magnitude

actually increases (i.e., the star becomes fainter) during the strongly accreting phase. In Run F
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Figure 4.14: Apparent magnitudes of protostars in two JWST NIRCam bands: F140M and
F322W2. We assume the protostars emit like a perfect blackbody and they are at z = 6. With this
redshift, the centres of the bands trace the rest-frame non-ionizing UV (∼ 2000 Å) and visible
light (∼ 4600 Å). The left panels show S01-S02 binary in Run A and the right panels show the
stars in the hierarchical binary in Run F. In the latter, S01 and S10 are in a close binary and S03-
S05 are in the other close binary.

(right panels) a low-mass star (S10) orbits its massive companion (S01) and shows a clear vari-

ability. In general, S10 is fainter than S01 in rest frame UV due to the lower mass (it has a lower

effective temperature and size), but becomes brighter periodically when is rapidly accreting (top

right, Fig. 4.14). On the contrary, S10 is brighter than the companion in the rest-frame optical

bands most of the time but still shows periodicity on relatively short timescales (bottom right).

The periodic modulation of the luminosity due to pericenter passages depends on the total

mass of the binary and separation: in our simulations, it varies on timescales between several

tens of kyr to a few 100 years. However this is simply because close binaries with separation

< 200 AU are not resolved in our simulations, but we expect that harder Pop III binaries are

common as we find several protostars that artificially merge with each other due to our sink
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prescription (see Section C.3). In addition, as it can be observed in Fig. 4.14 (left), the magnitude

of the star, as it transitions to the supergiant phase, can decrease by 7 magnitudes (about a factor

of 600 increase in luminosity) in a few tens of years. Even considering time dilation at z = 6,

such a rapid increase can be observed with a short time baseline. Note that the star may become

bloated on a very short timescale but return to its normal size on a longer timescale (comparable

to the Kelvin-Helmholtz timescale), not modeled here.

Possible channels for GW sources. Close Pop III binaries, given their large masses, are likely to

produce IMBH binaries that may be sources of gravitational waves detectable by LIGO/VIRGO.

Unfortunately, due to resolution limitations in our simulations, we cannot directly resolve the

orbits of binary stars with separations < 200 AU, even though the resolution of the simulations

is about 13 AU. This is because, stars are represented by sink particles that have radii of 8 cells

(about 101 AU), and we assumed that any two sinks with separation < 202 AU merge into

one. To understand the behaviour of two stars closer than this threshold, we performed a test

simulation dropping this assumption (see Appendix C.3). In this test simulation, the stars form

close binaries with separations of ∼ 30 AU and 80 AU. Hence, we expect that such binaries are

a common occurrence in Pop III star systems and once they evolve to binary black holes (BBHs)

with a smaller separation, they can possibly merge and emit detectable GWs (Liu and Bromm,

2020). It is beyond the scope of this paper to make predictions on the GW emission rate from

such systems.

Wide Pop III star binaries, that are very common in our simulations, can also be potential

GW sources. The physical mechanism allowing this channel of GW emission is dynamical hard-

ening by other stars (Liu and Bromm, 2020) and BBH mergers in wide eccentric orbits triggered

by orbital excitation by field stars (Michaely and Perets, 2019, 2020). When a wide eccentric
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orbit becomes more eccentric due to an encounter with a field star, the orbit may shrink due to

the GW emission at each pericenter, allowing the BBHs to merge within a Hubble time. Several

of the binaries in our simulations have rather circular orbits with eccentricities e ≲ 0.2 − 0.3.

But in our small sample of simulations we found some binaries with large eccentricities, hence

such cases are not rare. For instance, the S01-S02 binary in Run A starts with a large eccentricity

(e ∼ 0.8) as shown in Fig. 4.15, and later e slightly decreases to ∼ 0.7 but we expect it does

not decrease further because there is no gas disc or Pop III stars to circularise the orbit. Although

its eccentricity and semi-major axis (a ∼ 5000 AU) are lower than the values for the maximum

merger probability of e approaching unity and a ∼ 10, 000 AU found by Michaely and Perets

(2019) (see their Fig. 1 and Table 1), the probability of merger is only a factor of 2 lower than

the maximum value reported by Michaely and Perets (2019) in terms of the semi-major axis.

However, the merger rate increases significantly for values of e closer to unity than e = 0.9. Nev-

ertheless, we point out that this channel of GW emission can be important for Pop III star systems

given the ubiquitous outward migration and large eccentricities of the hierarchical binaries found

in our simulations. Clearly, more work is needed to estimate IMBH merger rates at z = 0 through

this channel and compare it to hard-binary merger rates.

4.6 Summary

Using radiative hydrodynamics simulations we explore the evolution of Pop III protostars

regulated by protostellar radiative feedback. The initial conditions for star formation are extracted

from cosmological zoom-in simulations of two minihaloes in different X-ray and LW radiation

backgrounds. In this paper, the third in a series, we implement sink particles, gas accretion and
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Figure 4.15: Top: Separation between S01 and S02 in Run A. The minimum and maximum
separations are ∼ 1000 AU and 8000 AU. Bottom: Eccentricity of the orbit.

photon injection to model radiative feedback from protostars. Below we list the key findings and

implications of this study.

1. Protostellar feedback suppresses the growth of protostars as in earlier works (Hosokawa

et al., 2011). LW photons photodissociate H2 and increase the gas temperature to a few

103 K in broad bipolar regions above and below the disc. Ionizing photons are initially

trapped in the vicinity of the stars but eventually also produce narrower bipolar regions

where the ionized gas reaches temperatures between ∼ 104 − 105 K. Hot gases create

an outflow and suppress the growth of protostars by reversing the gas flow. Feedback has

instead negligible effect on stellar multiplicity during the first 100 kyrs.

2. Nearly all Pop III star systems are hierarchical, i.e., binaries of binaries. Most commonly

two equal-mass stars form near the centre of the protostellar disc and migrate outward.

Around these stars, two mini-discs become Toomre unstable and fragment forming binaries
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that also migrate outward. Later on, stars may form at the Lagrange points L4 and L5 of the

system. Afterward, star formation becomes more stochastic due to the large multiplicity.

3. We show that low-mass Pop III protostars can form when rapidly ejected from the disc.

Although this star has mass ∼ 2 M⊙ this result suggests low-mass Pop III star might exist

and be detected in the local universe.

4. Another notable result is that often the stars in the disc have eccentric orbits, leading to a

periodic modulation of their accretion rates and their luminosities (on time scales that vary

between a few tens of years and several tens of kyr).

5. Pop III protostars can enter a supergiant phase being bright in the rest-frame optical bands

but faint in the UV due to the periodic increase in accretion. During this phase, they can be

observed with the JWST directly rather than by nebular line emission. At z = 6, 100 M⊙

star has mAB ∼ 34 and this can be above the detection limit of the JWST if magnified by

gravitational lensing.

6. We confirm previous results that a moderate X-ray background reduces the minihalo mass

threshold for star formation, thus increasing the number of minihalos forming Pop III stars

per unit volume, but this increase is mitigated by a reduction of the typical masses and

multiplicities of the stars. The stellar mass function also agrees with previous results (Park

et al., 2021b) and we confirm the outward migration of the stars within the protostellar disc

for nearly all the stars.

7. We confirm that HD cooling is important in reducing Pop III star masses in a strong X-ray

background.
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8. From our small set of simulations we derive a relationship for the typical duration of the

accretion phase of protostars due to their radiative feedback. We find that this timescale

depends not only on the gas accretion rate (and therefore total mass in Pop III stars), but

also on the protostellar disc mass, that is systematically smaller for strong X-ray irradiation.

9. The common occurrence of eccentric Pop III binaries with large separation (e ≈ 0.8 and

a ∼ 5000 AU) observed in our simulations, implies that a new channel for GW emission –

binary black hole mergers through orbital excitation (Michaely and Perets, 2019, 2020) –

is likely for Pop III systems. Therefore, Pop III stars may contribute more than previously

thought to gravitational wave signals detected by LIGO/VIRGO observatory. Calculation

of detection rates through this channel is a topic of future work.
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Chapter 5: On the Origin of Outward Migration of Population III Stars

Outward migration of massive binary stars or black holes in their circumbinary disc is often

observed in simulations and it is key to the formation of wide black hole binaries. Using numer-

ical simulations of Population III (Pop III) star formation, we study the angular momentum of

Pop III binaries and the torques between stars and gas discs to understand the origin of outward

migration and high ellipticity. The outward migration of protostars is produced by gravitational

torques exerted on them by their circumstellar minidiscs. The minidiscs, on the other hand, mi-

grate outward mainly by gaining angular momentum by accreting gas from the circumbinary disc.

The angular momentum transfer is most efficient for rapidly accreting equal-mass binaries, and

weaker when the secondary mass is small or the massive companion evaporates the gas disc via

radiative feedback. We conclude that outward migration and the formation of wide equal-mass

massive binaries is common in metal-free/metal-poor star formation, mainly driven by their large

accretion rates. We expect that the lower gas temperature and accretion rates in metal-enriched

circumstellar discs would lead more often to inward migration and closer binary separations.

We also observe inward migration for smaller mass Pop III protostars/fragments, leading to the

rapid merging of sink particles and likely the formation of close binary black holes that, how-

ever, reach separations below the resolution of our simulations. We discuss the implications that

Pop III separations and ellipticity may have on the interpretation that gravitational wave signals

142



from merging intermediate-mass black holes come from Pop III remnants.

5.1 Introduction

In recent years understanding the formation and properties of metal-free first stars (Popu-

lation III or Pop III stars) has gained renewed impetus thanks to the discovery of gravitational

wave (GW) emission from merging intermediate-mass black holes (IMBHs) and the successful

launch of the James Webb Space Telescope (JWST). The detection by VIRGO and LIGO of sig-

nals from merging black hole binaries (BHBs) with individual masses ∼ 30 M⊙ (Abbott et al.,

2016, 2017) indicate that they might be the remnants of metal-poor or metal-free star formation

(Hartwig et al., 2016; Liu and Bromm, 2020). The Hubble Space Telescope and the JWST have

detected a few high-z lensed stellar objects at z ∼ 5 − 6 (e.g., Welch et al., 2022a,b), thereby

suggesting detection of Pop III stars is possible at high magnification. The search of Pop III stars

with JWST is actively ongoing and strongly-lensed extremely metal-poor small mass star clus-

ters (104 M⊙ with Z ∼ 10−3 Z⊙, possibly with a top-heavy IMF) at z ∼ 6 have already been

observed (Vanzella et al., 2023). Remarkably, compact objects with similar properties have been

predicted to exist in simulations of the first galaxies (Garcia et al., 2023). Finally, massive Pop III

stars may explode as pair-instability supernovae (Heger and Woosley, 2002), and these extreme

events may be detected by the JWST and in the near future by the Nancy Grace Roman Space

Telescope (Whalen et al., 2014). Given this context, understanding the formation and properties

of Pop III stars and more generally the fragmentation and evolution of metal-poor gas clouds and

circumstellar discs is especially timely and well-motivated.

Among the many properties of Pop III stars, their multiplicity is still poorly understood,
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despite its importance. There is a general consensus that the fragmentation of a metal-free gas

disc and the subsequent formation of Pop III binaries is a common occurrence (Machida et al.,

2008; Stacy, Greif, and Bromm, 2010; Clark et al., 2011b; Susa, 2013; Susa, Hasegawa, and

Tominaga, 2014; Hosokawa et al., 2016; Sugimura et al., 2020). Once they form, these binaries

can migrate either inward or outward. Inward migration may lead to the formation of close BHBs

or to mergers between Pop III protostars. In the latter case, this enhances the growth of the

primary star (Greif et al., 2012; Hosokawa et al., 2016) and reduces the multiplicity of the Pop III

star system, thereby reshaping the Pop III initial mass function (IMF). Inward migrations appear

commonly in several numerical simulations (Greif et al., 2012; Stacy and Bromm, 2013; Hirano

and Bromm, 2017; Chon and Hosokawa, 2019) but outward migrations have also been observed

(Greif et al., 2011, 2012; Stacy and Bromm, 2013; Chon and Hosokawa, 2019; Sugimura et al.,

2020).

A series of papers (Park et al., 2021a,b, 2023, hereafter, Papar I, II, and III, respectively)

found that the formation of wide hierarchical binaries via outward migration, often with relatively

large eccentricities, is the most typical outcome for massive Pop III stars (semimajor axis, ab ∼ a

few 1,000 AU to 10,000 AU). This is the fourth paper in the series focusing on understanding the

physical mechanisms driving outward migration and exploring the origin of high eccentricities.

In Paper III, we underscored their importance in forming wide Pop III BHBs because even these

may lead to BH mergers and GW emission through two different dynamical channels: dynamical

hardening (Liu and Bromm, 2020) or orbital excitation (Michaely and Perets, 2019, 2020).

Due to its ubiquity and importance, there have been several previous studies aimed at under-

standing the origin of outward migration in circumbinary discs. Several authors studied ejections

via N-body processes (Greif et al., 2011, 2012; Stacy and Bromm, 2013) or gas accretion (Chon
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and Hosokawa, 2019, CH19 hereafter). This latter study focused on the evolution at small scales

(tens of AUs) while Pop III binaries typically reach separations up to 10,000 AU over a timescale

of 50-100 kyr (Sugimura et al., 2020; Paper II; Paper III). These previous works suggested the

accretion of high angular momentum gas as the dominant mechanism for outward migration. In

Paper II, although we lacked a quantitative analysis, we discussed the possible connection be-

tween outward migration and gas accretion. The migration rate and separation of wide binaries

were found to depend on the intensity of an external X-ray background in the following way. An

X-ray background enhances the H2 cooling and thus lowers the gas temperature. The reduced

sound speed cs leads to a lower accretion rate due to its c3s dependence. In an X-ray, therefore,

protostars grow more slowly and accrete less high-angular momentum gas, and thus stars have

lower masses and the extent of their outward migration is reduced. For this reason, the maximum

separation of wide binaries tends to be smaller in an intense X-ray radiation background (see

Fig. 8 of Paper II). This correlation, however, was less evident in Paper III which differs from our

previous work in that it included a full treatment of radiative feedback from accreting protostars.

In this work, we analyse the simulations presented in Paper III to study in detail the physi-

cal mechanism that induces outward migrations and ultimately produces the large separations of

hierarchical Pop III binaries. As discussed above, previous works on stars and black hole binaries

had some disagreement on whether the main mechanism for migration is gravitational torques

or the accretion of high angular momentum gas. We aim at clarifying this issue and analyse the

role of radiative feedback that is likely responsible for the somewhat different results between

Paper II and Paper III regarding migration. The ultimate goal is to determine what are the unique

conditions in Pop III protostellar discs that lead to migration and eccentric orbits, and why this

behaviour is not observed in simulations of binaries formed in protostellar discs with solar metal-
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licity (He and Ricotti, 2023).

Finally, a methodology note: There is a large body of work focusing on understanding

the physics of star and black hole binaries migration in gas discs (e.g., Tang, MacFadyen, and

Haiman, 2017; Muñoz, Miranda, and Lai, 2019; Muñoz et al., 2020; Dempsey, Muñoz, and Lith-

wick, 2020; Dempsey, Muñoz, and Lithwick, 2021; Dittmann and Ryan, 2021, 2022). This field

of research typically adopts idealised initial and boundary conditions and neglects radiative feed-

back effects. For these reasons, these works can typically achieve higher resolution, evolve the

systems for hundreds of orbits, and perform a systematic exploration of disc parameters and

numerical experiments. This paper is instead a follow-up in a series of papers on Pop III stars for-

mation from cosmological initial and boundary conditions (see Paper I, II, and III). We present

one of the most detailed and in-depth analysis of the physics of Pop III binary migration when

compared to previous Pop III literature but the present paper has a different focus and it is hard to

compare to the results from idealised discs simulations, even though it has a strong cross-section

with these papers. Nevertheless, given the caveat mentioned above, when possible we will high-

light and discuss the connections between our results on Pop III stars and the rich literature on

binary migration in idealised gas discs.

This paper is organised as follows. In Section 5.2 we summarise the method and simulation

focusing on the features relevant to this work. In Section 5.3, we explore the origin of outward

migration. In Section 5.4, we discuss binaries without outward migration to better understand the

outward cases. In Section 5.5 and 5.6, we discuss the implication of our findings and summarise

the main conclusions.
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5.2 Method

5.2.1 Simulations

5.2.1.1 Overview

We make use of Adaptive Mesh Refinement (AMR) code RAMSES-RT (Teyssier, 2002;

Rosdahl et al., 2013) to simulate the formation of Pop III stars in metal-free gas discs extracted

from minihaloes in cosmological simulations. The non-viscous gas motion is described by solv-

ing the Euler equations using a second-order Godunov method and an approximate solution of

the radiative transfer equations for UV radiation emitted from massive protostars is included and

coupled to primordial chemistry (Rosdahl et al., 2013; Paper I; Paper III). Motivated by early

analytic results presented in Ricotti (2016), in addition to radiative feedback from protostars,

we include external radiation backgrounds in the Lyman-Werner (LW) bands and X-rays. Time-

dependent primordial gas chemistry and relevant cooling/heating processes for gas densities up to

1014 cm−3 are included. In this paper we analysed the same simulations run in Paper III, hence we

refer to that paper for details on the simulation methods and convergence tests (see Appendix in

Paper III). Here, for completeness, we only summarise some basic information on the simulations

and the parameters of different runs.

We extract the central regions (2 pc) at the centre of two minihaloes in cosmological zoom-

in simulations (see Fig. 2 of Paper III) to create the initial conditions. These initial conditions

include a metal-free gas cloud that has been irradiated by various X-ray and LW backgrounds.

We performed 8 simulations and identified 14 binaries in them. Table 5.1 summarises the set of

simulations and some properties of the binaries. Once a simulation begins, the gas cloud with
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Table 5.1: Summary of simulations. From left to light, we show 1) binary name, 2) formation
time, 3) final time, 4) separation at formation, 5) final separation, 6) eccentricity, 7) mass ratio,
8-9) mass of individual stars, and 10) type of migration.

Labela,b tform tfinal
c dform dfinal ed qe M1(M⊙)

f M2(M⊙)
f Migrationg

[kyr] [kyr] [AU] [AU]

Run A
S01-S02⋆ 0.38 68 727 7637 0.79 0.847 183 215 neutral

Run B
S01-S04 0.30 42 1528 1594 0.46 0.971 88 85 neutral

Run C
S01-S02 0.22 92 584 4927 0.22 0.943 247 249 outward
- S01-S06 29 92 1544 705 0.63 0.205 247 51 inward
- S02-S12† 51 92 1149 484 0.33 0.132 249 33 inward

Run D
S01-S02 0.31 67 492 2910 0.19 0.901 74 82 outward

Run E
S01-S02 0.30 103 498 7623 0.28 0.971 49 51 outward

Run F
S01-S03 0.83 108 664 40982 0.16 0.800 83 67 outward
- S01-S10∗ 25 108 519 5244 0.34 0.870 83 71 outward
- S03-S05 15 108 426 4240 0.32 0.840 67 56 outward

Run G
S01-S03 1.6 95 1537 43310 0.27 0.505 73 41 outward
- S01-S02 0.31 95 558 4846 0.40 0.971 73 75 outward
- S03-S04 21 95 520 6711 0.61 0.833 41 34 outward

Run H
S01-S03 0.33 33 1799 4405 0.53 0.775 89 114 outward

a Following the labels in Fig. 1 in Paper III.
b A hyphen before the name indicates the binary belongs to a hierarchical binary.
c Final time of the simulation.
d Maximum eccentricity.
e q = M2/M1 if M1 ≥ M2; q = M1/M2 if M1 < M2.
f At tfinal.
g Outward if dform < dfinal; inward if dform > dfinal; neutral if dform ∼ dfinal. An exception is Run A
where the orbit is kept highly eccentric.
⋆ Representative case of non-migration binaries. Throughout the paper, it is referred to as “Fiducial-
Neutral”.
† Representative case of inward migration binaries. Throughout the paper, it is referred to as “Fiducial-
Inward”.
∗ Representative case of outward migration binaries. Throughout the paper, it is referred to as
“Fiducial-Outward”.
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peak hydrogen number density nH ∼ 107 H cm−3 contracts and flattens out to form a disc. As the

cloud contracts and the central density increases, cells are refined from AMR level 7 to 15 with

the Jeans refinement criterion λj < Nj∆x. Here, λj is the local Jeans length in each gas cell, ∆x

is the cell size, and Nj = 16 is the number of cells into which we resolve the Jeans length. The

smallest cell size or the maximum spatial resolution is ∆xmin = 2 pc/215 = 12.6 AU.

5.2.1.2 Sink prescription

The flattened disc fragments and multiple blobs form in the disc or spiral structures. Using

the built-in halo finder (Bleuler et al., 2015) we identify these dense blobs at every coarse timestep

(∼ 13 yr) and assign a sink particle at the density peak of each blob if,

1. nH at the peak exceeds nsink = 1012 H cm−3,

2. there is no other sink particle within 2rsink,

3. the velocity field in the blob has a net negative divergence.

A sink particle has the radius of rsink = 8∆xmin = 101 AU. This resolution of sink is insufficient

to resolve a close binary and therefore a single sink particle may represent multiple Pop III stars.

In this work, however, we assume that each sink particle describes a Pop III star and use the

terms ‘sink particle’ and ‘star’ interchangeably. If a sink particle mass exceeds 1 M⊙, it emits

UV radiation. The luminosity is determined by the sink mass and accretion rate and is computed

by interpolating the tabulated model of massive protostar by Hosokawa and Omukai (2009) and

Hosokawa, Yorke, and Omukai (2010). We record the masses, positions, and velocities of the

existing sink particles at every coarse timestep (∼ 13 yr).
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If two sink particles are closer than 2rsink = 202 AU, they merge into one. The new sink

particle is positioned at the centre-of-mass (CoM) of the two and momentum is conserved. We

explored the impact of varying the sink radius in Appendix D.1.1. The acceleration of a sink par-

ticle by the gas or other sinks is softened assuming a smoothing-length ε = 4∆xmin = 50.4 AU.

A difference of this study with respect to the more common approach of running idealised cir-

cumbinary disk (CBD) simulations is the adoption of softening the gravitational force between

sink particles. Although typical CBD simulations ignore this modification, we keep this term

in the force calculation for consistency with our previous cosmological simulations (Paper I, II,

and III). In Appendix D.1.2, we show that the impact of force softening on our conclusions is

negligible. The accretion of gas onto the sinks is performed by checking the gas density of each

cell within rsink. If a hydrogen number density nH exceeds the threshold value, the excess mass

(n− nsink)∆x3 is added to the sink and subtracted from the cell. The position and velocity of the

centre-of-mass are conserved before and after the accretion. Recent numerical studies (Dempsey

et al., 2020; Dittmann and Ryan, 2021) suggested that the sink particle methods of removing mass

within a boundary may change the density profile unphysically and introduce an artificial (numer-

ical) torque. We argue that this effect is negligible in our simulations because the time scales of

our simulation differ from those of the above papers and strong radiative feedback by Pop III stars

is the dominant physical process shaping the gas density profile rather than gas removal within

the sink. We discuss this topic in-depth in Appendix D.1.3. Sink particle motions are calculated

using a second-order mid-point scheme which reduces to the leapfrog method with constant time

step (Bleuler and Teyssier, 2014). The tests performed by Bleuler and Teyssier (2014) showed

that the energy and angular momentum are conserved in a Keplerian orbit. Note that, however,

this test was performed to explore the impact of different force calculation methods, not N-body
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integrators. It is well known that the leapfrog method, although it is a symplectic integrator and

conserves energy, may introduce numerical precession of the orbit, especially if the timestep is

large (Springel, 2005). In our applications, our choice of a 2nd order N-body integrator should

be sufficiently accurate and not change the result substantially. The first reason is the long or-

bital periods of the binaries: our wide binaries make fewer orbits (<< 200 orbits as in Springel

(2005)) from formation to the end of the simulation. There is a possibility that the orbits may be

affected by the type of integrator when there are multiple sink particles. However, this usually

happens when a gas disc fragments and this phase lasts only a few kyrs. Hence, we expect that

the orbits after the initial fragmentation phase should be insensitive to the integration scheme

given the short integration time steps determined by the radiation/chemical time scales and the

wide separations of the stars. In addition, the initial phase is highly unpredictable and complex

because other factors such as feedback, sink formation criterion, and mergers play a significant

role. Therefore, we are confident that our integration method is sufficiently robust and convergent

when compared to other uncertainties introduced by the complex physics adopted in the realistic

simulation of Pop III star formation.

5.2.2 Torque

To study the migration of stars we estimate their orbital angular momentum. The torques

are measured in the reference frame where the angular momentum vector is aligned with the

z−axis. The CoM of the binary is at the origin of the frame and the frame is not accelerated.

In Appendix D.3, we show that the torques on the binary measured in accelerated and non-
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accelerated frames are equal. The total orbital angular momentum of a binary is,

J =
2∑

i=1

J i =
2∑

i=1

miri × vi, (5.1)

where the subscript i indicates the index of a sink in the binary, J i is each angular momentum,

mi is the mass, ri is its position from the CoM of the binary, and vi is the velocity relative to the

CoM. The rate of change of J is,

dJ

dt
=

2∑
i=1

(
dmi

dt
ri × vi +mi

dri

dt
× vi +miri ×

dvi

dt

)
. (5.2)

The first term on the right-hand side of the equation describes the change in the angular

momentum due to the mass growth of the binary. The change of J caused by the third term is

due to external torques exerted on the binary. When gas is accreted smoothly, the second term is

zero since dri/dt × vi = vi × vi = 0. This does not hold, however, when a merger with a third

body offsets the position of Sink i. In this case, the second term is treated as a merger torque (see

equation (5.6)). We can arrange the various terms contributing to the angular momentum change

as follows:

dJ

dt
−

(
2∑

i=1

dmi

dt
ri × vi

)
= τ total = τ gas + τ sink + τmerge + τ acc. (5.3)
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Here, τ gas is the gravitational torque exerted by the gas,

τ gas =
2∑

i=1

ri × F gas

=
2∑

i=1

ri ×

∑
j=cell

Gmimj

(s2 + ε2)3/2
sj

 ,

(5.4)

where F is the gravitational force on Sink i, G is the gravitational constant, mj is the mass of

gas cell j, sj is the displacement vector from the sink to the cell, and s = ||sj|| is the distance

between them. The gravitational torque exerted by other sinks is calculated similarly,

τ sink =
2∑

i=1

ri × F sink

=
2∑

i=1

ri ×

∑
j=sink
j ̸=i

Gmimj

(s2 + ε2)3/2
sj

 ,

(5.5)

where we sum the gravitational torques exerted on Sink i from all the other sinks in the simulation.

Note that the torque from the companion star that makes up the binary is zero. For this reason, if

a third sink particle does not exist or is far away, this term does not contribute to the evolution of

the orbit. τmerge is the change in angular momentum due to mergers. If a third body merges with

Sink i, then it has a new position and velocity. The rate of change is,

τmerge =
1

∆t

2∑
i=1

mi,old (ri,new × vi,new − ri,old × vi,old) , (5.6)

where the subscripts ”new” and ”old” refer to the position and velocity vectors with respect to the

CoM of Sink i after and before the merger with a third body, respectively. Finally, we calculate
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the torque due to the accretion of gas onto the stars following Tang et al. (2017).

τ acc =
2∑

i=1

∑
j=cell
s≤rsink
∆mj>0

∆mj

∆t
ri × (vj − vi). (5.7)

Note that this term plus (dmi/dt)ri × vi (left-hand side of equation (5.3)) is equal, neglecting

numerical errors, to the rate of angular momentum accretion onto the sinks. The latter, however,

does not directly contribute to the change in the orbit, and thus only the former is treated as torque

in equation (5.7). When a gas cell inside the sink radius and its number density exceeds the sink

density threshold (n ≥ 1012 cm−3), the linear momentum of the extra mass
[
∆mj

∆t
(vj − vi)

]
is

dumped to the central sink particle where ∆t is the time-step. The time evolution of the angular

momentum due to each of the torques is calculated by integrating in time each torque,

J i =

∫
τ idt ≈

∑
τ idt, (5.8)

where the subscript i denotes tot, acc, merge, sink, or gas. We also consider the specific angular

momentum of the binary,

j =
2∑

i=1

J i

mi
=

2∑
i=1

j i =
2∑

i=1

ri × vi. (5.9)

Note that J/Mb = (m1j1+m1j2)/M ̸= j, where we have defined the total mass Mb ≡ m1+m2.
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5.2.3 Orbital Energy

In order to quantify how the orbits of stars in a binary respond to torques, we estimate

the orbital parameters and their changes following the notation in Muñoz et al. (2019, hereafter,

M19). The orbital energy is

Eb =
1

2
v2b −

GMtot

rb

= −GMtot

2ab
,

(5.10)

where rb = |rb| = |r2−r1| and vb = |vb| = |v2−v1|. Mtot is the enclosed total mass including

the stars and the gas mass within r2 (when r1 ≤ r2). We calculate the orbital energy at every

coarse time step of the simulations (∼ 13 yr). From the orbital energy and Mtot we can get the

semimajor axis of the orbit, ab. Unlike in M19, the mass of the gas disc is not always negligible in

some binaries and therefore we include the enclosed gas mass. Note that the time steps between

outputs of hydrodynamics information are limited to ∼ 1 − 2 kyr (due to the large size of the

files). For this reason, the gas mass between two snapshots is interpolated. Hence, especially for

the cases when the gas mass is a non-negligible fraction of the total mass, the estimates of Mtot

and Eb may become less accurate due to sparse sampling. The orbital eccentricity is,

eb =

√
1 +

2l2bEb
(GMtot)2

. (5.11)

In this equation, lb = |lb| = |rb × vb|. This is equal to J divided by the reduced mass (see

Equation (5.1)) but differs from the specific angular momentum defined in Equation (5.9). The
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rate of energy change as a function of time is,

dEb
dt

= −GṀtot

rb
+ ṙb · f ext. (5.12)

In this work, however, when we plot the rate of orbital energy change we show the left-hand

side of the equation, approximating the derivative as it finite time difference (∆Eb/∆t). We leave

studying the contribution of different external forces to the orbital energy evolution as future

work.

5.3 Origin of Outward Migration

5.3.1 Typical Formation Scenario

In this subsection, we briefly summarise the general scenario of Pop III star formation

in a primordial disc according to the results of our previous papers in the series. For a more

detailed picture, see Section 3.1 and Fig. 4 of Paper III. A gas cloud with a nearly isothermal

profile and peak density nH ∼ 107 H cm−3 contracts and flattens out to form a protostellar disc

due to the angular momentum conservation. This gas disc becomes gravitationally unstable and

fragments (Kimura, Hosokawa, and Sugimura, 2021), and multiple sink particles form. Some of

the sinks migrate inward in a few kyr and merge with others while the others survive and migrate

outward. The survivors possess a circumstellar minidisc and these minidiscs may fragment to

form multiple stars. Some stars migrate inward while others migrate outward repeating the initial

fragmentation time evolution but on the smaller scale of the circumstellar disc (rather than the

larger circumbinary disc). In this scenario, the most common outcome is a hierarchical binary (a

156



Figure 5.1: Snapshot of the case Fiducial-Outward. The colour map represents the gas surface
density. Sink particles are shown in coloured circles. The hierarchical binary (middle panel) con-
sists of two binaries (left and right panels). The centre of each plot is the CoM of the binary. The
FoVs are (4,000 AU)2, (12,000 AU)2, and (4,000 AU)2, respectively.

binary of binaries, Fig. 5.1), but dynamically unstable systems (e.g., single-triple pair, Sugimura

et al., 2020) may appear. Each of the binaries generally also migrates outward, but there are a few

exceptions (Section 5.4). At late times, in some systems stars can form at Lagrange points L4/L5

of the main binary. This scenario, however, depends on the intensity of the X-ray background

that regulates the gas accretion rate onto the disc and stars via enhanced cooling. Strong X-

ray irradiation typically lowers the multiplicity and masses of Pop III stars (see Paper II and

Paper III).

In Fig. 5.2 we plot the trajectories of long-lived sink particles (shown as coloured circles at

the time of formation and crosses when they merge) for the three runs in which our fiducial binary

cases are found. The top panels show the star orbits in a system of reference centred on the CoM,

while in the bottom panels the system of reference is centred on one of the binary stars. Sinks

that are short-lived are not shown here: they migrate inward on a timescale of a few kyr before

merging with other sinks. In general, the orbits of long-lived sinks are eccentric and expand with

time. This can be clearly seen in the orbit of the Fiducial-Outward case (red and blue symbols

in the bottom left panel). The top left panel also shows the outward migration of the individual
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Figure 5.2: Trajectories of sinks around three representative binaries. Long-lived sinks (more
than 10 kyr) are colour-coded and short-lived ones are not shown here. The FoV of each panel
is shown at the top. Circles and crosses indicate the locations of sink formation and mergers,
respectively. Top panels: Trajectories in the CoM frame of reference. Bottom panels: Trajectories
in the frame of reference centred on one of the binary star. Left panels: Fiducial-Outward binary.
S01 (red) is at the centre of the plot. Most long-lived stars migrate outward and have eccentric
orbits but an exception is S11 (purple) merging to S10 in Run F. Middle panels: Fiducial-Inward
binary. S02 (green) is at the centre. S01 (red) migrates outwards but S12 (blue) migrates inward.
Right panels: Fiducial-Neutral binary. The orbit of S02 becomes highly eccentric (e ∼ 0.8) in
2− 3 orbits.

binaries. The orbit of this binary expands faster at a later time due to the gravitational torque by

S11 (purple) and the merger with it (purple cross).

In the middle panels, we plot the trajectories of the stars in Run C (top) and the Fiducial-

Inward binary (bottom). With S02 (green) fixed at the centre of the frame of reference (bottom

middle panel), its companion (S12, blue) forms at a distance of ∼ 1200 AU and it migrates inward
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down to ∼ 400 AU. Later, the size of the orbit remains nearly constant without further migrating

or merging with S02. In the right panels, we show a case (Fiducial-Neutral: red and green) in

which the orbit does not expand significantly but it is highly eccentric (e ∼ 0.8). In this run at

later times S09 (blue) merges with S02 while other stars (S08 and S14) are ejected via three-body

interactions.

5.3.2 Source of Angular Momentum of Sinks

Conservation of angular momentum imposes that, in the absence of external torques and gas

accretion from outside the system, the binary orbital parameters remain constant. The migration

of the stars, therefore, is caused by the transfer of angular momentum between the binary and

other parts of the system via torques and/or gas accretion (Tang et al., 2017; M19; Moody et al.,

2019; CH19; Tiede et al., 2020; Dittmann and Ryan, 2022). The first step to understanding the

dominant physical mechanism causing migration, therefore, is to estimate the torques existing in

the system. Note that we often loosely refer to the accretion of angular momentum as a torque,

τacc, as defined in equation (5.7).

Fig. 5.3 shows an example of such calculation for our prototype binary system showing

outward migration (Fiducial-Outward). This system is the binary S01-S10 in the minidisc around

star S01 in Run F (see also top left panel of Fig. 5.2). S10 forms at t ∼ 25 kyr from the fragmen-

tation of the circumstellar disc around S01 (M ∼ 50 M⊙). It has an initial separation from S01 of

∼ 500 AU and a mass q ∼ 0.1 times that of S01. While the binary is accreting gas, the mass ratio

q increases and reaches q ∼ 0.5 before the merger of S10 and S11 (Panel b). This can also be

interpreted as a preferential accretion onto the secondary star, also pointed out in previous works
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Figure 5.3: Panel a: The masses of the individual stars in Fiducial-Outward binary. Panel b: The
mass ratio between the stars. Panel c: The separation between the stars. Panel d: Predicted and
measured (solid line) time evolution of the angular momentum due to the effect of different
torques (from equation (5.3) to (5.8)). Only the z-components of the vectors are shown in the
figure. We distinguish the sum of the angular momentum from individual torques (dashed line)
from the actual angular momentum of the binary measured directly (black solid line). As a sanity
check, the light blue star indicates the contribution to the angular momentum from the gas disc
calculated with the method discussed later and shown in Fig. 5.6.

(Bate, 2000; Farris et al., 2014; Muñoz et al., 2020). In addition, the separation increases by a

factor of 4 (∼ 2,000 AU, Panel c). After the merger, this initially unequal mass binary becomes

of nearly equal mass (top panel) and the separation increases by a factor of two. Here, however,

we focus on understanding the effect of other torques (i.e., accretion and gravitational) before the

merger.
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Before exploring the main mechanism for the outward migration, we try to understand the

outward migration by looking at the changes in the parameters related to the binary. Following

M19, we plot the evolution of Ṁb/Mb, l̇b/lb, Ėb/Eb, ȧb/ab, and ėb for the Fiducial-Outward

binary in Fig. 5.4. As the original plot is noisy, we smoothed each plot by averaging the values for

every ∆t ≈ 0.4 kyr (30 data points). In M19, these values are shown as a fraction of the prescribed

constant gas inflow rate (Ṁ0/Mb) but this quantity is unavailable in our non-idealised simulation.

For this reason, we normalise those rates with the average accretion rate < Ṁb/Mb >≈ 1/tacc

in Panel a. The accretion time scale tacc of Fiducial-Outward is ∼ 81 kyr. The net force exerts

a torque on the binary and delivers energy to it (Panel b and c) causing the binary to migrate

outward (Panel d). The initial eccentricity of the binary is 0.14 and increases with time (Panel e).

It is unlikely, however, that the gas disc drives this evolution toward the eccentricity attractor

∼ 0.4 (Zrake et al., 2021; M19; D’Orazio and Duffell, 2021; Lai and Muñoz, 2023) because other

sink particles and mergers appear to be the main factors responsible for a substantial increase of

the eccentricity (see discussed in Section 5.3.5).

To understand the main mechanism for the outward migration we compare the increase of

angular momentum by separating the effect of various torques as a function of time (see bottom

panel). Before the merger, the gravitational torque from the disc (light blue line) and accretion

of angular momentum (purple line) are the two dominant sources of angular momentum (see

bottom panel). However, they work in opposite directions: the gas accretion torque is negative,

hence reducing the binary angular momentum and acting as a viscous or drag term. The gravita-

tional torque is instead positive (producing outward migration) and it dominates over the negative

torque. The net change in Jz from the sum of all torques (dashed line) is positive. When com-

pared to the actual orbital angular momentum of the binary (black solid line) the agreement is not
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Figure 5.4: The evolution of Ṁb/Mb (Panel a), l̇b/lb (Panel b), Ėb/Eb (Panel c), ȧb/ab (Panel
d), and ėb (Panel e) in the Fiducial-Outward binary. The rates in Panel a to e are normalised by
< Ṁb/Mb > (Panel a). We show the first ∼ 40 kyr before a merger. At the top left corner of each
panel, we show the average value (except Panel a, the average is unity). Each plot is smoothed
over 30 points to show the general trend better. In Panel b and c, we found that external forces lead
to an increase in angular momentum and orbital energy. The orbit expands as shown in Panel d.
< ėb > is positive meaning the orbit becomes more eccentric (Panel e).

perfect because the calculations are somewhat uncertain due to the finite time steps of our out-

puts (∼ 1− 2 kyr). The result shown in Fig. 5.3 is representative of most simulations in that the

162



gravitational torque is the dominant term and the accretion torques have a negative sign, some-

what reducing the outward migration effect. When stars are observed to migrate outward, both

the solid and dashed lines are increasing nearly in all binaries we analysed, meaning the gas disc

plays the dominant role in producing the binary migration via gravitational torque.

We established that the outward migration of stars is caused by the gravitational torque by

the gas disc. Now we need to understand why the sign is positive (i.e., the star is accelerated in

the direction of its rotation by some gas overdensity in front of it) and which part of the gas disc

contributes most to the torque (outer disc, the spiral structure or the minidisc). There is a general

agreement that the outer gas disc exerts negative torque on the binary (Gould and Rix, 2000;

Armitage and Natarajan, 2002; Chang et al., 2010; M19; Dittmann and Ryan, 2022) thereby

shrinking it. In the context of Pop III binaries, CH19 also demonstrated that disc spiral structures

extract the angular momentum from the binaries. Hence, the question becomes whether other

components in the system provide positive torque to overcome the effect of the outer disc. Tang

et al. (2017) argued that the gravitational torque by the minidiscs around sink particles (SMBHs

in this case) drives inward migration. On the other hand, M19 demonstrated the torque from the

inner circumstellar discs is dominant over the outer torques and is responsible for the outward

migration. In our simulations, as observed in CH19, a spiral structure often appears when newly

formed sinks migrate inward to merge with the central one. Once this initial merger phase is

over, the remaining stars have circumstellar minidiscs and spiral arms extending outward and

connecting the minidiscs (see Fig 5.1). For this reason, we hypothesise these non-axis-symmetric

structures are the dominant contribution to the torque and outward migration of the binary. To

test this hypothesis, we construct maps showing the contribution to the gravitational torque on

the binary from each gas cell on the disc (shown face-on). To visualise these maps we choose a
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Table 5.2: Parameters of the logarithmic polar grid.

Parameter Value Description

rmin 10 AU inner boundary

rmax 7071 AU outer boundary

Nr 100 number of grids in the radial direction

Nθ 60 number of grids in the azimuthal direction

d ln r 0.0656 radial resolution

dθ 0.105π azimuthal resolution

2-dimensional logarithmic polar grid (r and θ) around each sink particle and calculate the total

torque on the binary contributed by each cell on this grid. These grids are on the orbital plane of

the binary and are perpendicular to the binary angular momentum vector. This approach imposes

the cell size r2dθd ln r and thus eliminates r−2 dependence of gravity which might lead to visually

underestimating the effect of outer spiral arms despite their large extent and mass. The parameters

of the logarithmic grid are provided in Table 5.2. Note that the colour maps show the total torque

in each cell, not torque density like in previous works (e.g., Tang et al., 2017; M19; Dittmann and

Ryan, 2021, 2022): in this work the torque density would also lead to visually underestimating

the role of the outer structures because of the increasing cell size with radial distance.

The contribution to the torque from different parts of the gas disc is visualised in the left

panel of Fig. 5.5 for Fiducial-Outward binary. Although the torque by the minidiscs is large,

spiral arms also exert significant torques on the binary, although the sign of the torque varies

between positive and negative values making it difficult to determine if the net torque is positive

or negative. For quantitative analysis, we fold the torque map twice along the x-axis and vertical

line crossing the midpoint of two sinks (dotted-dashed lines). This approach is novel and we

found only one other study folding torque maps similarly to here (Li et al., 2022). Unlike in Li

et al. (2022), however, our binaries are unequal mass, hence the torque maps on each side are
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Figure 5.5: Left: Gravitational torque map right after the formation of the binary in the Fiducial-
Outward binary (t ∼ 25 kyr). We calculate the gravitational torque exerted on the binary from gas
cells. The torques are projected onto the logarithmic polar grid (r and θ) around each star. The
angular momentum vector of the binary is perpendicular to each plane. The density on the left
half of the figure is projected onto the polar grid around S01 (left circle) and the density on the
other side is projected onto the grid around S10 (right circle). In addition, we cover the gas cells
with height ≲ 41000 AU along the line-of-sight and, therefore no torque is effectively missing.
Circles are sink particles with radii to scale. The centre of the plot is the midpoint between two

stars. The midpoint is chosen as the centre so that two sinks are overlapped when the map is
folded (see the description of the middle panel). The iso-density contours indicate

nH = 109 cm−3 and 1010 cm−3 (dotted and solid lines, respectively). The binary is orbiting in
the counterclockwise direction. The FoV is 2,000 AU × 2,000 AU. Middle: Net torques folded

and added to the first quadrant. The torque map in the left panel is folded twice along the
dotted-dashed lines so that the two sinks overlap. The FoV is 1,000 AU × 1,000 AU. Dashed

lines are two concentric circles with radii 500 and 1,000 AU. Right: The torque as a function of
distance. We measure the torque in the middle panel and r indicates the distance from the sink

particles (centre of the semicircle) in the disc plane. We do not show the torques with r < 10 AU
because this scale is smaller than the spatial resolution of the simulation (12.6 AU). The black

line is the torque at r and the blue line is the cumulative torque. The vertical lines show the
locations of the sink radius (solid line) and 500 AU and 1,000 AU (dashed lines).

not symmetric. We highlight, however, that our approach distinguishes the torque by the two

circumstellar minidiscs from that by the outer gas disc and shows that they play a major role

in producing outward migration (as discussed in the next paragraph). In this way, torques in the

entire domain are added to the 1st quadrant and it is easier to determine the relative importance

of the positive and negative regions of the torque and their location. As can be seen in the middle
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panel, the torque is positive near the sink radius (solid line) and outside (∼ 200 pc, top left

of the solid line). This region corresponds to the front side of the minidiscs and therefore this

result implies that the sinks are accelerated in the directions of the binary orbital velocity. The

azimuthally averaged radial profile, shown in the right panel, also shows that the gas just outside

the sinks dominates the contribution to the net positive torques and therefore is the cause of the

outward migration.

Fig. 5.5 illustrates the importance of the minidiscs in driving the outward migration of the

binary at a specific time. However, it does not show the overall effect integrated over time. As

seen in Fig. 5.2 and Fig. 5.3 the stars in the binary migrate continuously. This means that the

net positive torque has to be kept during this period. This is visualised in Fig. 5.6, showing the

same torque map integrated over time (i.e., showing the angular momentum, equation (5.8)). In

the figure, the bright yellow feature (top panel) and the cumulative torque (blue line, bottom

panel) indicate the gas near the sink (minidiscs) exert net positive torque consistently. This result,

therefore, implies the minidiscs play the most significant roles in producing the migration of the

stars as found in Tang et al. (2017), although contrary to the BH binary case in their work, in our

case the sign of the torque is positive and the migration is outward.

5.3.3 Source of Angular Momentum of Disc

As mentioned in the previous subsection, the minidiscs are the dominant source of the grav-

itational torque on the stars. This means that they inevitably lose some of their angular momentum

by dragging their central stars with them. For the circumstellar minidiscs and their central stars to

keep migrating outward, therefore, there must be an external source of angular momentum acting
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Figure 5.6: Top: Folded torque map (see caption for the middle panel of Fig. 5.5) integrated over
time. Therefore, the colour map represents the contribution to the change in angular momentum
of the binary from different regions of the gas disc. The sinks are dragged in the direction of the
motion by the gas in front of them (yellow region). Bottom: Radial profile of torque. The format
of this panel is the same as that in the right panel of Fig. 5.5. The figure shows the values at
t ∼ 57 kyr. As a sanity check, we plot the total torque in Panel d of Fig. 5.3 with a light blue star.

on the minidiscs. An obvious candidate is the accretion of high angular momentum gas from the

circumbinary envelope. This idea was first suggested in Sugimura et al. (2020) and in Paper II,

without a quantitative analysis of this effect. However, Paper II provided several hints that out-
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ward migration is connected to the gas accretion rate. The global rate of gas accretion from larger

scales to the disc center (Ṁ ) is proportional to c3s , where cs is the gas sound speed. Even though

it seems counter-intuitive, the sound speed is reduced if the gas is irradiated by a strong/moderate

X-ray background because of the enhanced formation and cooling by H2. The reduction in Ṁ

slows down the accretion of high angular momentum gas onto the circumstellar discs and stars.

We therefore found that, when irradiated by an X-ray background, Pop III protostars tend to have

smaller masses and the rate of outward migration is reduced, producing binaries with smaller

separations (Fig. 8 of Paper II). We concluded that the rate of gas accretion plays an important

role in the angular momentum supply and outward migration of Pop III binary stars.

To test the idea that minidiscs gain angular momentum by accreting high angular momen-

tum gas from the outer parts of the disc, we estimate the external gas gravitational torque and

angular momentum accretion rate of the discs. To carry out this calculation, we first define a

cylinder with a radius rcyl = 300 AU and height of hcyl = 600 AU around each sink particle.

We assume that this cylindrical boundary contains the minidiscs around each sink particle. The

gravitational torque is calculated as explained in Section 5.3.2 for the case of the sinks, using

equation (5.4). In the equation, however, the subscript i runs over all gas cells within the cylinder

and j runs over gas cells outside the cylinder. The change in angular momentum over time due to

this effect is shown in light blue in Fig. 5.7. To calculate the accretion rate of angular momentum,

we identify the cells near the cylinder walls (rcyl − ∆xmin/2 ≤ r < rcyl + ∆xmin/2), where r

is the radial distance in the cylindrical coordinates. The radius of the cylinders is kept fixed for
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Figure 5.7: Angular momentum of the minidiscs as a function of time for the Fiducial-Outward
binary due to the gas accretion torque (black line) and external gravitational torque (cyan line).
Only the z-component of the angular momentum is considered.

simplicity. The total accretion rate through the walls is calculated as follows:

dJz

dt
=

2∑
i=1

∑
j=cell

Jj,z

Vj
vj,r∆x2

j . (5.13)

The subscripts i and j indicate the sinks and gas cells, respectively. Vj is the volume of cell j and

therefore (Jj,z/V ) is its angular momentum density. vj,r is the radial velocity in the cylindrical

coordinate. As seen in Fig. 5.7, the change in angular momentum due to gas accretion (black)

is dominant over the gravitational torque (light blue) on the disc. Other binaries with outward

migration follow a similar trend with a more pronounced difference. Another result that can be

noticed inspecting the accretion of angular momentum as a function of time in Fig. 5.7, is that the

angular momentum accretion has periodic oscillations with peaks happening just after the stars

reach the apocentre of the elliptical orbit. This aspect is more clearly seen in Fig. 5.8, showing

that the disc angular momentum (red lines in panel a) peaks near the maximum binary separation
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Figure 5.8: Properties of the Fiducial-Outward binary. Vertical dashed lines indicate maximum
separations between two stars. Black lines in Panels a and b refer to stars (sinks) properties while
the red lines refer to the same quantities for the gas discs. The discs are defined as gas within a
cylinder with a diameter of 600 AU and height of 600 AU. Panel a: Specific angular momentum
of the stars and minidiscs (equation (5.9)). Overall, both the stars and discs angular momenta
increase with time but that of the discs shows larger fluctuations as a function of time with peaks
near the apocentres. Panel b: Time evolution of the masses of individual stars and discs. Panel c:
Ratio of the mass in sinks to the mass in the minidiscs as a function of time. The system mass is
dominated by the stars and therefore the disc rotation outsided of the stars’ outer orbit is nearly
Keplerian. The oscillation of the ratio is due to the mass increase of the discs at apocentres. Panel
d: Separation between the two stars as a function of time.

(vertical dotted lines). This is because stars are further from the CoM and therefore they can

accrete high angular momentum gas more easily. These accretion peaks are pronounced when

the secondary star passes the outer spiral arm. At pericentres, on the other hand, the discs lose
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angular momentum to the sinks, but the net effect integrated over time is toward an increase of

the angular momentum.

5.3.4 Efficiency of Angular Momentum Accretion

For binaries to gain angular momentum and migrate outward by gas accretion, the spe-

cific angular momentum of the accreted gas must be higher than that of the stars. The difference

between these two values, in addition to the mass accretion rate, may explain why some stars

migrate outward efficiently while others do not. The answer to this question requires an un-

derstanding of the distribution of the angular momentum of gas and stars. The specific angular

momentum of the stars in a binary is,

jstar = jstar,1 + jstar,2 = r21ωkep + r22ωkep

= r21
√

GM/r3 + r22
√
GM/r3

=
(m2

M

)2
r2ωkep +

(m1

M

)2
r2ωkep,

(5.14)

where ωkep = 2π/P =
√
GM/r3 is the angular velocity of the binary, with r = r1 + r2,

r1/r = m2/M and r2/r = m1/M . Without loss of generality, we assume that m2 ≤ m1 (or

q ≡ m2/m1 ≤ 1), hence the orbit of (Star 2) is further from the CoM of the system. The

radial profile of the specific angular momentum of the disc beyond the secondary minidisc is

approximately Keplerian as seen in Fig. 5.9 (solid and dashed lines). The discs are ∼ 4− 5 times

less massive than the Pop III stars (Panel c of Fig. 5.8), which is a non-negligible fraction in

terms of mass. Due to its
√
M dependence, however, this translates into a ∼ 10 % deviation of

the rotational velocity with respect to perfect Keplerian case. The profile inside the orbit deviates
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Figure 5.9: Specific angular momentum of various components in the Fiducial-Outward binary
as a function of distance from the CoM (i.e., the centre of the frame of reference). The solid
line shows the specific angular momentum of the gas measured at distance r. Circles indicate the
position and specific angular momenta of the stars. The two dotted lines show the Keplerian spe-
cific angular momentum of the individual stars (jstar,1, jstar,2), and the dashed line the Keplerian
specific angular momentum jgas,kep (see equation (5.15)). The top and bottom panels refer to two
different epochs in binary evolution. The individual masses, the mass ratio (q), simulation time
(tsim), and binary age (tage) are shown in the legend. Top panel: Binary soon after its formation
(tage ∼ 0.1 kyr). Note that j of the primary is an order of magnitude smaller than that of the
secondary. At large radii, the gas angular momentum is close to that of the secondary star (M2)
although it deviates near the secondary due to the presence of a minidisc. Bottom panel: Binary
at tage ∼ 39 kyr since its formation. Since the two stars have comparable masses, their velocities
and thus specific angular momenta are significantly lower than the measured gas specific angular
momentum at their distance (solid line) that is approximated by the Keplerian specific angular
momentum dominated by the star masses (dashed line).

from Keplerian. However, this is irrelevant to the analysis because we focus on the accretion of

angular momentum from the outer disc. The profile near each sink particle also deviates from the

Keplerian value because of the gas motion around the sink. This deviation is especially evident
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in the bottom panel of Fig. 5.9 (between ∼ 500 and ∼ 2000 AU). However, the main takeaway

of this plot is that the binary’s angular momentum (dotted lines and circles) is significantly lower

than the Keplerian rotation value of the gas disc (dashed line) and thus the binary (or more

precisely the minidiscs) gain angular momentum from accreting gas from the outer disc. We

approximate the specific angular momentum of the gas beyond the outer star orbit (i.e., at a

distance r2 from the CoM) to the Keplerian value as follows,

jgas,kep(r2) ≈ r2vkep(r2) =
√
GMr2, (5.15)

where vkep =
√
GM/r2 is the Keplerian velocity. If we compare the specific angular momentum

of the gas at the same distance of the outer star orbit (r2) we have:

jgas,kep(r2)/jstar,2 ≈ (r/r2)
3/2 = (M/m1)

3/2 = (1 + q)3/2 ≥ 1. (5.16)

This ratio approaches unity when the mass ratio of the binary is q = m2/m1 ≪ 1 and reaches a

maximum of 23/2 for equal mass binaries (i.e., q = 1). In this latter case, both stars in the binary

contribute equally to the accretion of higher angular momentum gas. We point out that Sugimura

et al. (2023) has interpreted the cause of outward migration similarly. We assume the angular

momentum vectors are perpendicular to the orbital plane and thus the quantities in the equations

above are scalars. The actual distribution of angular momentum is shown in Fig. 5.9. The solid

line, two dotted lines, and a dashed line in each panel indicate jgas (measured), jstar,1 or 2, and

jgas,kep =
√
GMr, respectively. As can be seen in the figure, the actual measured values for the

sinks (circles) agree with having Keplerian orbits (dotted lines). The figure illustrates how the
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specific angular momentum distribution varies with the mass ratio. When q is small (top panel),

the difference between jgas (solid line) and jstar,2 (dotted line) is relatively small. When the two

stars have comparable masses (bottom panel), on the other hand, individual stars have smaller

angular momentum (dotted lines below dashed and solid lines) and thus have a greater difference.

Consequently, a binary obtains angular momentum more easily in an equal-mass binary.

The gas motion deviates from the perfect Keplerian motion due to the presence of gas.

This deviation is greatest right after the initial fragmentation and the formation of the first binary

as shown in Fig. 5.10 (Run F at t = 1.3 kyr). Since a larger amount of gas is available in the

beginning, the gas angular momentum scales linearly rather than with
√
r (Keplerian). Because

the infalling gas has a higher specific angular momentum than the sinks, the stars that survive

mergers migrate outward efficiently.

This mechanism also explains why the mass ratio of the binaries often approaches q = 1

for several of the binaries in this work (see Panel b of Fig. 5.3) and in previously published works

(Bate, 2000; Muñoz et al., 2020). When q is low, the outer star intercepts most of the gas from

the circumbinary disc and it grows faster than the primary star. By doing so, q approaches unity

and the binary can migrate outward more rapidly.

Finally, we measured the Toomre-Q parameter to figure out the main driving mechanism of

the gas accretion. In this subsection, we explain the efficiency of the accretion assuming the gas

disc is Keplerian. If the gas disc is gravitationally unstable, the instability-driven spiral arms may

exert torques and affect the angular momentum transfer within the Keplerian disc. In Fig. 5.11,

we plot Q of the gas disc for the Fiducial-Outward binary at t = 57.1 kyr. We find that at

this time the CBD around the binary is Toomre-stable (Q > 1), unlike the marginally unable

CBD found by Sugimura et al. (2023). Therefore, we speculate spiral arms are not produced by
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Figure 5.10: Same as Fig. 5.9 but showing the specific angular momentum of the S01-S03 binary
in Run F right after the formation of S03 (t = 1.3 kyr).

fragmentation/gravitational instability in this phase. The difference seen in the circumbinary disc

stability in this work and in Sugimura et al. (2023) is beyond the scope of this paper, so we leave

it as future work.

To summarise, in this section, we explore the origin of the outward migration of binary

stars. The outward migration takes place in a two-step process. First, the minidiscs around stars

gain angular momentum by accreting high angular momentum gas. Then the stars embedded

in the circumstellar minidiscs gain angular momentum from them via gravitational torque and

migrate outward.
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Figure 5.11: Snapshot of the toomre-Q parameter for the Fiducial-Outward binary at t = 57.1 kyr.
The regions with low Q around the sink particles (circles) indicate the circumstellar discs are
toomre unstable and hence subject to fragmentation The circumbinary disc has Q > 1, hence it
is gravitationally stable at this time during its evolution.

5.3.5 Origin of Eccentric Orbits

Many Pop III binaries have eccentric orbits. This is interesting because the eccentricity of-

ten gives rise to a periodic variability of Pop III stars’ luminosity and spectral type as discussed in

Paper III. In addition, the existence of highly eccentric orbits (e.g., Fiducial-Neutral with e = 0.8)

suggests the possible relevance of a new channel for GW emission: binary black hole mergers

via dynamical excitation (Michaely and Perets, 2019, 2020). These reasons motivate us to further

explore the origin of eccentricity. Fig. 5.12 shows the orbital eccentricity since the formation of

each binary in the three migration groups (from top to bottom). We highlight the fiducial cases

with thick solid lines. The binaries are generally born eccentric through 3-body or N-body inter-
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Figure 5.12: Time evolution of the orbital eccentricities (equation 5.11) for the three migration
groups (from top to bottom). All the simulations are colour-coded and the fiducial systems are
highlighted with thick solid lines. The x-axis indicates the time since the formation of the binary.

actions/mergers with other sink particles or gravitational torque by non-axisymmetric structures.

In general, the eccentricity oscillates due to the influence of the gas disc and other sink particles.

For the cases with outward migration or no migration, the eccentricities oscillate around a nearly

constant value (between e ∼ 0.2 and 0.4). If we take a look at the Fiducial-Outward binary, its

initial eccentricity is e ∼ 0.14, it increases to ∼ 0.2 within a few kyr. This value remains nearly

constant for a prolonged time and only starts increasing again at t ∼ 35 kyr when another sink

particle (S11) forms nearby. The eccentricity is affected by the external gravitational force un-
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til this new sink merges with one of the binary constituents at t ∼ 55 kyr. Note that outward

migration happens continuously over a long period of time (see Fig. 5.3). This implies that the

relationship between torques (except merger-induced torque) or the resulting outward migration

and orbital (de-)excitation is insignificant. Interestingly, the periodic forcing from the accretion

of gas of high-angular momentum at the apocentre (driving the outward migration) should cir-

cularise the orbit. However, we speculate that this does not happen because the periodic forcing

happens only on the minidiscs while the forcing on the sinks by the gravitational torque is rather

continuous over time (see Fig. 5.8).

Finally, the inward-migrating binaries (middle panels) show a behaviour more in line with

what is observed in normal protostellar discs and/or protoplanetary discs: the orbits that are ini-

tially eccentric circularise while the stars migrate inward, due to the loss of angular momentum.

5.4 Cases without Outward Migration

Most binaries migrate outward in our simulations but there are a few exceptions (see runs

labeled as ”neutral” or ”inward” in Table 5.1). To better understand the conditions necessary for

outward migration, we select some cases in which it does not happen and we make a compara-

tive analysis. Fig. 5.13 shows the time evolution of the mass, mass ratio, separation, and angular

momentum and torques for the case Fiducial-Inward, and can be compared directly, having the

same format, to Fig. 5.3 for our Fiducial-Outward case. The simulation ends at t ∼ 92 kyr but we

show only the first 10 kyr to focus on the initial inward migration. In this binary, similarly to the

Fiducial-Outward case, the minidisc of the primary (S02) fragments to form the secondary star

(S12). However, for this binary, the initial separation between the stars is initially about 2-3 times
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Figure 5.13: Same as Fig. 5.3 but for the Fiducial-Inward binary. The stars migrate inward (Panel
c). Notable differences with respect to the Fiducial-Outward binary case are the small mass ratio
(Panel a and b) and the negative gravitational torque from the gas disc (light blue, Panel d).

than for the Fiducial-Outward case (1200 AU) but decreases down to 400 AU during the first

∼ 10 kyr as S12 migrates inward (third panel). This inward migration is caused by the accretion

(purple), gravitational torque from the gas disc (light blue line), and other stars in the system (red

line, Panel d). Similarly to the Fiducial-Outward case, the accretion torque is negative but, unlike

in the outward case, the gravitational torque is also negative. The angular momentum evolution

due to the gravitational force from sink particles (red line) oscillates because other sink particles

formed together in the minidisc of S02. Before they merge (t ≲ 58 kyr), however, the average

value is much smaller than the other contributions to the angular momentum evolution, therefore
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Figure 5.14: The time evolution of Ṁb/Mb, l̇b/lb, Ėb/Eb, ȧb/ab, and ėb for the Fiducial-Inward
system. We show only the first ∼ 10 kyr during which the binary migrates inward. The format is
the same as in Fig. 5.4. The rates are normalised by 1/tacc ≈ 43 kyr. The data is smoothed over
5 points (≈ 0.07 kyr). Contrary to the outward case, the angular momentum and semimajor axis
(Panels b and d) decrease meaning the orbit shrinks.

forcing from other sink particles does not contribute to the inward migration substantially for

the first several kyrs. At t ≳ 58 kyr, this term remains negative because sinks disappear through

mergers and this angular momentum offset is compensated by the angular momentum term due
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Figure 5.15: Panels (a) to (c): Snapshots of the gas surface density of the Fiducial-Inward binary
system at different times. Each image is centered on the primary star (S02, green circle). The
secondary S12 is shown as a blue filled circle and the other short-lived sinks are shown as grey
circles. S12 forms in a spiral arm of the minidisc (a). As S12 migrates inward, it grows in mass
and opens a gap (b). Once the inward migration stalls, the spiral structures exerting a negative
torque disappear (c). Panel (d): Gas surface density profile in the three panels are shown with
lines of different colors. The secondary star opens a gap at t ∼ 55 kyr (yellow line).

to the mergers that becomes positive (yellow line). In Fig. 5.14 we show Ṁb, l̇b, Ėb, ȧb, and ėb

as a function of time for the Fiducial-Inward binary. The figure confirms that, contrary to the

Fiducial-Outward case, external forces extract orbital angular momentum and energy (Panel b

and c) causing the inward migration (Panel d). During the inward migration, we notice that a

prominent spiral structure develops and it disappears nearly when the migration stops. We specu-

late, therefore, that this spiral structure drives the inward migration as found in CH19. We present

gas density maps for the Fiducial-Inward binary in Fig. 5.15. Non-axisymmetric spiral structures

developed within the orbit of the secondary star (S12, blue circle) in the early stage (Panel a) but

this feature becomes less clear at a later stage (Panel c) when the secondary opens a gap. In Sec-

tion 5.3.3, on the other hand, we argued that the fundamental reason for the outward migration is

the accretion of high angular momentum gas by the circumstellar discs that migrate outward and
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drag the stars with them by gravitational torques. This implies that this latter process is weakened

or suppressed in this binary. A possible explanation for this difference is the small mass ratio of

the binary stars (Fig. 5.13, Panel b). The mass ratio for this binary remains small (q ≲ 0.01) for

the first ∼ 10 kyr when the inward migration takes place, also implying a lower gas accretion

rate with respect to the Fiducial-Outward case. On the other hand, in the outward migration case

in Fig. 5.3, the secondary star grows quickly and retains mass comparable to the primary. This

difference in mass ratio and accretion rate is critical to the direction of migration for the following

reasons. First, as discussed in Section 5.3.4 and Fig. 5.9, the mass ratio of the stars determines the

efficiency of the accretion of high angular momentum gas for a fixed mass accretion rate. With

a small mass ratio, the secondary, which accretes a gas at the outer orbit, has nearly Keplerian

angular momentum. In this case, the change in angular momentum through accretion is reduced

and the binary cannot overcome the torque from the spiral structure. Second, if the mass ratio

is large enough, the binary opens a gap more easily then the migration can turn into an outward

one by accreting gas (CH19). The dependence of the gap opening on the binary mass ratio has

been reported also in earlier studies (Escala et al., 2005; Crida et al., 2006). On the other hand,

if the secondary star fails to gain a large mass and the mass ratio remains small, it cannot open

a gap to halt the inward migration. In conclusion, the mass ratio of binary plays a crucial role in

the direction of migration because it affects the efficiency of angular momentum accretion and

gap opening. Note that the binaries with inward migration have large initial separations and small

mass ratios (Table 5.1). The secondary star cannot open a gap and does not migrate outward and

grow in mass. If a binary, on the other hand, forms at the centre of a barred spiral structure, stars

have a small initial separation and typically mass ratios closer to unity, thereby they can more

easily start the outward migration that is self-sustained by continuously accreting higher angu-
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lar momentum gas from the circumbinary disc. Our interpretation of mass ratio as the reason

for inward migration is consistent with previous works. The binary shrinks for the first few kyrs

when the mass ratio remains small and stops shrinking when q ∼ 0.05. The orbit slowly expands

later on as in CH19 while the binary keeps the mass ratio greater than this. This critical value of

the mass ratio q is consistent with the one suggested in the literature. For instance, Muñoz et al.

(2020) and Duffell et al. (2020) predicted that inward migration happens when q ≲ 0.2 and 0.05,

respectively. In Dempsey et al. (2021), on the other hand, binaries migrate inward when the value

is even lower (q ≲ 0.01).

Finally, we discuss another consequence of the mass ratio that is likely relevant: radiative

feedback from the central massive stars. To motivate this effect, we briefly introduce one of the

main results of Paper II, which did not include radiative feedback from the protostars. According

to simulation results in that paper, there is a correlation between the accretion rate, that is pro-

portional to the gas temperature of the disc and regulated by the external irradiation from X-rays,

and the maximum distance of the stars from the centre. This result suggests the high accretion

rate causes the outward migration of the stars. In Paper III, however, this trend was less clear. For

instance, some binary stars in a strong X-ray background were found to expand with time to large

distances (dmax ∼ 8,000 AU, Run E in Table 5.1) while binaries in a moderate X-ray background

(e.g., Run B and Run D) have smaller separations (d ∼ 2,000 AU), even though the global ac-

cretion rate is lower in the former. Our interpretation is that this discrepancy between the results

in Paper II and Paper III occurs because the radiative feedback from massive stars weakens the

correlation between the accretion rate and outward migration found in Paper II. In the feedback

model used in Paper III (Hosokawa and Omukai, 2009; Hosokawa et al., 2010), the luminosity

of a star is not a linear function of the mass and accretion rate. For this reason, the local accretion
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Figure 5.16: Same as Fig. 5.8 but for the Fiducial-Inward binary case. The orbit initially shrinks
and later the separation remains nearly constant. Note the disc mass is always negligible in this
case and the secondary star forms at a wide separation from the primary.

rate of the stars deviates from the global accretion trend regulated by an X-ray background. In

addition, under strong protostellar feedback, the gas disc is evaporated and remains small com-

pared to the stars (compare Panel c of Fig. 5.8 and Fig. 5.16). The result is that the secondary

star lacks a significant circumstellar minidisc which accretes high angular momentum gas and

drags the star in the direction of the motion. With the lack of a minidisc, stars may not overcome

the angular momentum loss by the inner spiral arms (CH19). The process is also visualised in

Fig. 5.17. In Fiducial-Inward case, the primary star (green circle) creates an intense UV radiation
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Figure 5.17: Snapshots of outward (left) and inward(right) migration binaries. The top two panels
show the face-on and edge-on gas densities. The bottom panels show the gas temperature (edge-
on). Sink particles are shown as circles and red arrows represent the velocity fields. Compared to
Fiducial-Outward, Fiducial-Inward binary lacks a circumstellar disc of the secondary star (blue
circle) due to the strong radiative feedback (bottom panels).

field (bottom panel) and the secondary (blue circle) lacks a prominent circumstellar minidisc.

As seen in Table 5.1 we have four binaries without outward migration (inward and non-

migrating). In these binaries, the primary stars are either born massive (Fiducial-Neutral) or the

secondary star forms so late that the primary has enough time to grow in mass by accretion

(Fiducial-Inward). Then the massive stars evaporate the gas discs and suppress gas accretion
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from the envelope. In this condition, it becomes harder for the small secondary to halt the in-

ward migration and initiate the outward migration by accreting high angular momentum gas. A

caveat of this work is that a small minidisc may be present even with strong radiative feedback

but it may not be resolved in our simulations due to the insufficient sink resolution. Since the

minidisc is poorly resolved or unresolved in cases with small mass ratios we cannot rule out

that the inward migration is due to resolution effects and outward migration is possible in better-

resolved simulations. Although the resolution effect cannot be completely ruled out, we speculate

the mechanism for inward migration is still valid because the efficiency of angular momentum

accretion (Section 5.3.4) is not sensitive to the resolution.

5.5 Discussion

We find that most massive Pop III binary stars form at relatively close separations (∼

500 AU) but migrate outward to form wide Pop III binaries (5,000−10,000 AU). If these binaries

survive with such orbits for the next ∼ 2 Myr, when the stars explode, they become wide black

hole binaries. Thanks to their wide separation, they have greater opportunities of being perturbed

by field stars than close binaries. When perturbed, the orbits of the wide binaries are dynamically

hardened (Liu and Bromm, 2020). Furthermore, if the orbits are eccentric (e.g., Fiducial-Neutral),

the orbits may get excited and become more eccentric reducing their pericentre distance. If the

distance at pericentre becomes sufficiently small, the emission of gravitational waves becomes

important in removing angular momentum eventually leading to BHB merger and the emission

of a strong GW signal within a Hubble time (Michaely and Perets, 2019, 2020).

The role of radiative feedback in migration has been discussed by many authors. This
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has been considered insignificant when stars migrate inward because the migration time scale

is shorter than the Kelvin-Helmholtz time scale after which stars become luminous in the UV

(Stacy et al., 2010; Inayoshi and Haiman, 2014; Latif and Schleicher, 2015; Hirano and Bromm,

2017). In addition, by modifying the gas profile around sink particles, Li et al. (2022) reported

heating of the minidiscs may change the direction of the migration suggesting radiative feedback

may play a dominant role. del Valle and Volonteri (2018), on the other hand, implemented AGN

wind and mechanical feedback to idealised CBD simulations and found that AGN feedback is

important in the fast migration case. In this work, we did not perform a systematic numerical

study focusing on the responses of the minidiscs to thermal/mechanical feedback and their im-

pacts on migration as in previous works (del Valle and Volonteri, 2018; Li et al., 2022). We found,

however, that radiative feedback may contribute to migration in particular situations as discussed

in Section 5.4. The main difference between this work and others is the fact that binaries can form

at late times. If the UV photons from the primary star are blocked in the disc plane, the minidisc

of the primary is not fully evaporated and the secondary can form. At the same time, the radiative

feedback from the primary is strong enough to prevent the secondary from growing. If the sec-

ondary is kept small in size, the gap opening is delayed and the star is found in a smaller orbit.

Furthermore, the secondary competing with the massive companion cannot accrete high angular

momentum gas and thus fails to migrate outward. We note, however, that the result is sensitive

to the feedback prescription (Jaura et al., 2022). We artificially reduce the amount of radiation

in the disc plane (See Section 2 of Paper III). If the feedback is strong enough to evaporate the

disc quickly (∼ 10 kyr), outward migration would occur less frequently due to the lack of high

angular momentum gas. We leave numerical experiments on the effects of changing the radiative

feedback recipes on the binary migration in an idealised setup as future work.
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In this paper, we do not analyse in depth the role of alignment/misalignment between the

minidiscs and the CBD, but this may be potentially important for migration as pointed out by

other authors before (Miranda and Lai, 2015; Moody et al., 2019; Tiede and D’Orazio, 2024).

As seen in the middle left panel of Fig. 5.17, the minidiscs of Fiducial-Outward are tilted with

respect to the orbital plane (as well as the CBD). The fact that this binary with the misaligned

discs migrates outward is consistent with the results in Moody et al. (2019) but it is opposite to

the main result in Miranda and Lai (2015). We found that minidiscs are slightly tilted (≲ 20◦) in

binaries migrating outward. However, studying the relation between tilt and migration is beyond

the scope of this paper, and this topic should be revisited with a more systematic approach in

future work.

An interesting discussion is a trend in migration across different metalicities. He and Ri-

cotti (2023) reported that metal-rich stars preferentially migrate inward. The difference from our

work is that these systems are dominated by the central stars while the other stars have relatively

low masses (that is, low mass ratio q). In this case, as mentioned in Section 5.3.4, the angular

momentum difference between the secondary star and the gas is reduced. Since the star accretes

less angular momentum, the outward migration becomes less efficient. In our simulations, on the

other hand, stars survive if they have masses comparable to the primary and migrate outward

efficiently.

Differences in gas metallicities may result in different behaviour of migration in the two

populations of stars. A primordial gas cloud has a high temperature due to inefficient H2 cooling.

Since the accretion rate is proportional to c3s , Pop III star formation happens in a gas cloud with

a high accretion rate. As seen in Paper II, however, a disc in this environment is more Toomre-

unstable and thus fragmentation is more active. Stars forming in this disc are likely to have similar
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masses and migrate outward in the end. On the contrary, the opposite happens in a metal-rich gas

cloud. The accretion onto each prestellar core remains low and thus the disc is Toomre-stable and

smooth as seen in He and Ricotti (2023). Once stars form, however, the evolution of the system is

dominated by the massive central star and smaller secondary easily migrate inward as discussed

in Section 5.4. An interesting question is whether there is a critical metallicity above which stellar

migration transitions from outward to inward migration. Since it is the accretion rate determining

this transition, and the accretion rate is also responsible for the typical high-masses of Pop III

stars and their top-heavy IMF, it is likely that the critical metallicity is the same determining the

transition from top-heavy to Salpeter IMF (e.g., Chon et al., 2021).

5.6 Summary

We exploit radiative hydrodynamics simulations of star formation at the centre of metal-

free minihaloes to explore the mechanisms leading to the outward migration of Pop III protostar

binaries. The initial conditions are created by extracting the central regions of two minihaloes

irradiated by LW/X-ray backgrounds of various intensities as described in Paper III. In each sim-

ulation, the typical outcome is the formation of hierarchical binaries or more generally multiple-

star systems with a top-heavy IMF. The orbits of the binaries are typically elliptical and have a

wide separation that increases with time, i.e., outward migration is a common occurrence. We in-

vestigate the time variation of the orbital angular momentum of the stars and the different torques

and/or accretion of angular momentum leading to its increase. Below we summarise the key

findings:

1. Multiple stars form out of disc fragmentation. Some of them migrate inward and merge
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with the primary star on relatively short timescales, often producing an initial ellipticity

significantly larger than zero of the stellar orbits of surviving stars. Of the stars that sur-

vive without merging for a longer time, however, most of them form binaries that migrate

outward (for 10 out of 14 binary systems) producing wide binaries with separations up

to 5,000−10,000 AU and elliptical orbits. The circumstellar minidiscs around each of the

stars in this wide binary often fragment forming a quadruple hierarchical system in which

even the binary stars in the minidiscs migrate outward. We conclude that outward migra-

tion and the formation of wide Pop III binaries with elliptical orbits is the most common

outcome for Pop III stars.

2. Pop III protostars obtain orbital angular momentum from the gravitational torque of their

circumstellar minidiscs. These minidiscs, lose angular momentum to the stars but gain

angular momentum by accreting high angular momentum gas from the circumbinary enve-

lope. The accretion of angular momentum per unit mass is most effective in an equal-mass

binary because their orbital velocity is significantly lower than that of the Keplerian disc

at the same radial distance from the CoM. Then the angular momentum in the minidisc is

transferred to the stars by gravitational torque and therefore the binary expands with time.

On the other hand, inward migration happens in a binary that forms with a wider separa-

tion and with a small mass ratio (q = m2/m1 ≲ 0.1), because in this case, the angular

momentum accretion is less effective.

3. Outward migration happens with the following periodic cycle. At the apocentre, the mini-

discs grow in mass and migrate outward by accreting high angular momentum gas from

the circumbinary disc. At pericentre, the accreted gas stored in the minidisc is accreted
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onto the stars. This cycle repeats until the density of the circumstellar minidiscs are low

and the accretion rate of high angular momentum gas becomes negligible (at separations

of 5,000−10,000 AU).

4. Unlike previous studies, we find radiative feedback from protostars may affect the mi-

gration of stars in certain conditions. When a binary forms via late-time fragmentation,

the massive primary star blows out the gas in the disc, suppressing the accretion rate on

the secondary star and preventing it from gaining angular momentum by gas accretion. In

these cases, the gravitational torque from spiral structures produces a net negative torque

and therefore the binary star spirals inward.

5. The lack of efficient cooling in a gas of primordial composition is the ultimate reason for the

top-heavy IMF of Pop III stars and their outward migration, which is not observed as fre-

quently in Pop II star formation He and Ricotti (2023). As the accretion rate is proportional

to c3s , metal-free discs are relatively massive and Toomre-unstable, fragmenting rapidly. In

these discs nearly equal-mass Pop III binaries easily form in barred spiral structures at the

centre of the disc, producing a configuration where disc gas with higher angular momen-

tum than the stars is accreted most effectively. Pop II star formation, on the other hand, is

dominated by the central massive star and a disc with significantly less mass and Toomre-

stable. According to He and Ricotti (2023) the fragments in the disc are pre-existing and

simply accreted into the disc from outside. In this case, the angular momentum accretion

is less effective and therefore Pop II stars tend to migrate inward and often get ejected by

3-body interactions.

6. Binaries are typically born eccentric through 3-body encounters/mergers or non-axisymmetric
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potential. For outward migrating or non-migrating binaries the orbital eccentricity remains

constant unless perturbed by mergers, while the orbits circularize for the fewer inward mi-

grating cases. This implies that the periodic forcing at apocentre from torques producing

outward migration do not excite or circularise the orbit. We speculate this is because the

periodic force is applied onto the circumstellar discs while gravitational torque from the

mini-disc to the star remains relatively constant over an orbital period.
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Chapter 6: Population III Star Formation in an X-ray Background: IV. On-the-

fly Calculation of an X-ray Radiation Background and the X-ray

Effects on the Critical Mass for Star Formation

The presence of an X-ray background plays a crucial role in ionizing the intergalactic

medium and promoting the formation of molecular hydrogen, which is essential for the forma-

tion of Population III stars. Therefore, understanding the role of the X-ray background is vital

for studying the formation of the first galaxies. In this study, we conduct cosmological zoom-in

simulations to explore the formation of Pop III stars and their potential impacts on the formation

of Pop II stars and the first galaxies. To realistically calculate the intensity of the background radi-

ation, we implement on-the-fly cosmological radiative transfer calculation. In this approach, the

intensity of the radiation background reflects the star formation history in the simulation. There-

fore, we realize the interaction between star formation and the radiation background, a feedback

loop within the simulation. We found that a weak X-ray background with JX ∼ 10−5 (in J21

unit) is established, which significantly alters the properties of the intergalactic medium through

heating and ionization. Furthermore, the presence of an X-ray background leads to a doubling in

the number of Pop III stars formed. However, the feedback from these Pop III stars results in a

delay and suppression of Pop II star formation in the X-ray background. Additionally, we discuss

the potential impact of environmental factors, such as halo number density, on the effects of the
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X-ray background.

6.1 Introduction

Metal-free Population III stars (or Pop III stars) are responsible for the production of metals

(Greif et al., 2011; Wise et al., 2012; Safranek-Shrader et al., 2014; Chiaki et al., 2018; Abe et al.,

2021) and play a crucial role in regulating the formation of metal-enriched second-generation

stars (or Pop II stars) and the first galaxies through radiative and supernova (SN) feedback (Ricotti

et al., 2002b; Wise and Abel, 2008; Jeon et al., 2014b). Therefore, understanding the formation

and characteristics of Pop III stars is essential for comprehending recent observations of the first

galaxies (Bouwens et al., 2019; Finkelstein et al., 2022, 2023; Curtis-Lake et al., 2023). However,

the properties of Pop III stars remain poorly understood due to uncertainties in the intensities of

the radiation backgrounds in the early universe.

These background radiations, can either enhance or suppress Pop III star formation by

regulating the fraction of molecular hydrogen (H2), which serves as the primary coolant in the

primordial gas. For example, a Lyman-Werner (LW) background dissociates H2 (Haiman, Abel,

and Rees, 2000; Regan et al., 2020) while X-ray photons ionize the medium and promote H2

formation through the H− channel (Haiman et al., 2000; Ricotti, 2016). LW and X-ray photons are

of particular importance in the early universe as they can penetrate the nearly neutral intergalactic

medium (IGM) and establish a radiation background (Ricotti, 2016, hereafter R16). Therefore,

it is crucial to investigate the roles of LW and X-ray background radiation in the formation of

Pop III stars and the first galaxies.

In a series of papers on the formation of Pop III stars (Park et al., 2021a,b, 2023, hereafter,
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Paper I, II, and III), we explored the impact of X-rays on the properties of Pop III stars. When X-

ray backgrounds are present, both the mass and multiplicity of Pop III stars are reduced (Paper I

and II). This decline stems from the fact that the accretion rate is proportional to c3s and the

sound speed cs decreases in the X-ray thanks to the enhanced H2 cooling. This results in slower

protostar growth and the formation of stable disks (Paper I, II, and III). Furthermore, the rate

of outward migration is also reduced by the X-ray background (i.e., protostars migrate slowly,

Paper II), although association weakens when considering radiative feedback from protostars

(Paper III). These findings underscore the significant impact of X-ray backgrounds on shaping

the characteristics of Pop III stars.

Additionally, X-ray backgrounds affect the conditions conducive to star formation. R16 an-

alytically calculated the intensities of both LW and X-ray radiation backgrounds, suggesting that

a moderate X-ray background enhances H2 formation and compensates for the negative feedback

of a LW background. Consequently, this allows for the formation of Pop III stars in low-mass

halos, thereby reducing the critical halo mass (the threshold mass above which Pop III stars can

form within the halo). According to R16’s calculation, ∼ 10 Pop III stars form per 1 Mpc/h31

volume when X-ray radiation is negligible but this number may increase to ∼ 400 when account-

ing for the X-ray effect. Through hydrodynamics simulations, we confirmed that X-rays may

reduce the critical mass by a factor of ∼ 10, thereby enhancing the number of Pop III stars per

unit comoving volume by a similar factor (Paper I).

In this paper, we revisit the concept of critical mass using cosmological simulations to

refine our understanding of the X-ray impact on it. In prior research (Paper I, II, and III), we em-

ployed a simple approach to account for the effects of X-ray radiation backgrounds. We assumed

1Any length scale divided by h indicates the comoving length unless specified otherwise.
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that the halos are isolated, implying that they are not subject to irradiation from neighboring

halos’ Pop III stars; hence only the global feedback was considered while local feedback was ig-

nored. In addition, we assumed a constant radiation background in time. As highlighted by R16,

however, an X-ray background initiates a feedback loop that strengthens itself. Consequently,

understanding the X-ray effects and the formation of Pop III stars necessitates a cosmological

perspective.

While many pioneering studies have explored an X-ray radiation background in the early

universe, we propose that a more comprehensive understanding can be achieved by considering

the following aspects in the calculation of an X-ray background. Firstly, the calculation should en-

compass star formation at high redshifts (z ≳ 15), when Pop III star formation is active. Although

Haardt and Madau (2012) computed the UV and X-ray background and provided their results in

tabular form for numerical simulations, they did not include the contribution of Pop III stars and

their remnants. Secondly, it is essential to account for the feedback loop. As highlighted by R16,

an X-ray background enhances the formation of Pop III stars which subsequently evolve into SNe

or black holes (BHs) and emit X-ray radiation. Several researchers have calculated the intensity

of an X-ray background and investigated its effects on the IGM, reionization, 21 cm signatures,

etc (Xu et al., 2014; Ahn et al., 2015; Xu et al., 2016). However, these studies post-processed the

results of Renaissance Simulations (Xu et al., 2013), and thus, the interaction between the X-ray

background and Pop III star formation was not considered in the calculation. Finally, it is crucial

to consider the contribution of distant sources. X-ray photons have mean free paths (≳ 10Mpc/h)

much larger than the typical size of simulation boxes (∼ 1 Mpc/h). While some studies (Jeon

et al., 2012, 2014a) have explored the effect of X-ray photons emitted and transferred within the

simulation boxes (< 1 Mpc/h), they may not fully capture the contribution of distance sources.
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In this work, we propose a method for calculating an X-ray background that incorporates both

the feedback loop and the contribution of distance Pop III stars. With this approach, our aim is to

investigate the impact of an X-ray background on the IGM and the formation of Pop III stars.

The organization of this paper is outlined as follows. Section 6.2 elucidates our cosmolog-

ical simulations and the on-the-fly calculation of radiation background. The findings from these

simulations are detailed in Section 6.3. Section 6.4 is dedicated to discussions and summarizing

the results obtained.

6.2 Simulation

In this work, we employ RAMSES-RT (Teyssier, 2002; Rosdahl et al., 2013), a radiative hy-

drodynamics (RHD) code with adaptive mesh refinement (AMR) to perform cosmological zoom-

in simulations. Initially, we generate a cosmological initial condition of an Lbox = 8Mpc/h3 box

using MUSIC (Hahn and Abel, 2011) and perform a DM-only simulation. The simulation is con-

ducted with assumed cosmological parameters: h = 0.674,Ωm = 0.315,ΩΛ = 0.685,Ωb =

0.0493, σ8 = 0.811, and ns = 0.965 (Planck Collaboration et al., 2020). The base grid comprises

512 units on each side, with each dark matter (DM) particle having a mass of 2.8 × 105 M⊙/h.

We identify DM halos at z = 9 and determine their positions and masses using ROCKSTAR halo

finder (Behroozi et al., 2013). We then construct the halo mass functions within arbitrary boxes

of (1 Mpc/h)3 and compare them with the halo mass function of the entire box. Three distinct

subvolumes are selected based on different halo number densities. An illustration depicting the

entire volume and these subvolumes is presented in Fig. 6.1. Notably, Region 1 (hereafter, R1)

encompasses a higher concentration of DM halos compared to the average, with the most massive
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Figure 6.1: Top left: The density map derived from a DM-only simulation at z = 9, depicting an
8 Mpc/h box. Colored boxes denote the three selected regions designated for zoom-in simula-
tions. Top right: Halo mass functions, with the entire box represented by a dotted dashed line. The
mass functions of the zoom-in regions are indicated by different colors (consistent with those in
the left panel). For reference, the mass function computed by COLOSSUS is illustrated by a dashed
line (Diemer, 2018). Bottom: Enlarged views of the three regions.

halo within the volume. The mass function of R1 (red line, top right panel) exceeds that calculated

by COLOSSUS (Diemer, 2018) using the Press-Schechter (PS) formalism (dashed line, Press and

Schechter, 1974; Sheth and Tormen, 1999) and that of the entire volume (dotted dashed line). In

contrast, Region 2 (R2, yellow) exhibits a mass function similar to that of the entire volume. R2 is

specifically utilized for calculating the radiation background (Section 6.2.3). Region 3 (R3) rep-

198



Table 6.1: Parameters of the cosmological simulations

Title Lbox
a Lzoom

b Lfid
c lmin

d lmax
e ∆xcom

f ∆xphy
g mDM

h Radiationi

DM-only 8 9 14 488.3 72.4 2.813× 105

R1LW 8 1.2 1 8 21 3.81 0.57 4395 LW

R1X 8 1.2 1 8 21 3.81 0.57 4395 LW + X-ray

R2LW 8 1.2 1 8 21 3.81 0.57 4395 LW

R2X 8 1.2 1 8 21 3.81 0.57 4395 LW + X-ray

R3LW 8 1.2 1 8 21 3.81 0.57 4395 LW

R3X 8 1.2 1 8 21 3.81 0.57 4395 LW + X-ray

a Side of the entire box (Mpc/h).
b Side of the zoom-in box (Mpc/h). This includes the fiducial box and zoom-in region.
c Side of the zoom-in box (Mpc/h).
d Minimum AMR level.
e Maximum AMR level.
f Smallest cell size (pc/h).
f Smallest cell size at z = 9 (pc).
h Mass of a DM particle (M⊙/h). For the zoom-in simulations, we show the effective mass resolution
(mass within the zoom-in region).
i Types of the global radiation background and radiation from the stellar particles in the simulation.
Note that simulations titled ‘X’ include ‘both’ LW and X-ray effects.

resents a sparser region with only a few DM halos. While we conducted the zoom-in simulations

of R2, plans are in place to simulate the other two regions as well. For the scope of this the-

sis, we concentrate on the radiation background calculation using R2 and subsequent simulation

analysis. The parameters of the simulations are summarized in Table 6.1.

To perform zoom-in simulations, we relocate each of these subvolumes (R1, R2, and R3)

to the center of the box. The minimum AMR level of the zoom-in simulations is 8, encompassing

28 = 256 base grids on each side. Within the base grid, we establish three levels of nested grids

using MUSIC. The central grid’s dimensions measure 1.2 Mpc/h on each side, with DM particles

inside this area having a mass of 4395 M⊙/h, serving as the effective DM mass resolution of the

zoom-in simulations. Gas cells within this region are refined under the following conditions.

1. The cell contains 8 DM particles.
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2. The local Jeans length of the cell exceeds NJ times the cell size, with NJ = 4 (Truelove

et al., 1997).

These criteria confine structure formation exclusively within the zoom-in region. As stars cannot

form beyond this area and DM particles possess different masses, numerical artifacts may impact

the outcomes at the boundary. Hence we designate this area as the “padding” and exclude any

data from it during analysis. We consider the box measuring L = 1 Mpc/h inside the padding

to be physically significant, utilizing the gas and particles within this area to derive the primary

findings. This central 1 Mpc/h region is referred to as the “fiducial” region/box. The encompass-

ing area, including both the fiducial box and padding, is termed the “zoom-in” region/box. An

illustration of the zoom-in region is presented in Fig. 6.2. The maximum AMR level reaches 21,

with the smallest cell size measuring ∆x = 3.81 pc/h (comoving) or ≈ 0.57 pc at z = 9 (physi-

cal). Finally, we employ the primordial chemical network. Further technical details are available

in Paper I for interested readers.

6.2.1 Pop III Star Formation

Star formation: Due to the limited resolution of cosmological simulations, accurately

modeling the gas accretion onto protostars and intricate radiative feedback processes at small

scales is unfeasible. Therefore, we adopt a simplified approach to simulate star formation. At

each coarse time step, we identify gas clumps using the built-in halo finder (Bleuler et al., 2015).

We then place a single Pop III star particle with a mass of M = 100 M⊙ at the density peaks of

these clumps if they meet the following criteria,

1. The hydrogen number density at the peak (nH) exceeds 104 H cm−3.
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Figure 6.2: Snapshot of zoom-in simulation R2X (see Table 6.1) at z = 9. In the left panel, the
gas density map of the entire 8 Mpc/h box is depicted. Only the gas cells within the central
1.2 Mpc/h zoom-in region, outlined by a solid white square, are eligible for refinement and
exhibit high gas densities. The right panel provides a detailed view of the zoom-in region. A
dashed line separates the fiducial box (inner region) from the padding (outer region). The analysis
presented in Section 6.3 is based on the stars and gas located within the fiducial box.

2. The metallicity at the peak is below 10−4 Z⊙.

3. No other Pop III stars are present within a radius of 100 pc.

Condition 3 ensures that only one Pop III star forms per halo. Once a Pop III particle is placed,

we subtract 100 M⊙ equally from all cells with nH > 103 H cm−3 in the clump.

Radiative feedback: We inject UV photons into the 27 cells surrounding each Pop III

star particle. The luminosity of each photon group (see Table 6.2) is computed based on the

results of Schaerer (2002). Notably, even massive Pop III stars emit faintly at E > 54.42 eV.

The injected photons are propagated using the M1-closure method (Rosdahl et al., 2013) and
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Table 6.2: Energy bins.

bin hPν1 (eV) hPν2 (eV) Roles

1 11.20 13.60 H2 dissociation (LW)
2 13.60 15.20 H I ionization
3 15.20 24.60 H I, H2 ionization
4 24.60 54.42 H I, H2, He I ionization
5 54.42 200 H I, H2, He I, He II ionization
6 200 ∞ H I, H2, He I, He II ionization, X-ray radiation (Pop III SN)

chemically interact with gas cells (Rosdahl et al., 2013; Katz et al., 2017).

Pop III Supernova: We assume that a Pop III star explodes as an energetic hypernova

or pair-instability supernova (PISN) following its main-sequence lifetime (tpop3 = 2.77 Myr,

Schaerer, 2002). We consider its explosion to be αHN = 100 times more powerful than a standard

supernova (ESN = 1051 erg), resulting in EHN = αHNESN = 1053 erg. This energy is uniformly

distributed among the 27 neighboring cells. The star does not leave a compact remnant (black

hole) and returns the entire mass (100 M⊙) to the same cells, with 20 M⊙ as a form of metal. It is

worth noting that some studies (e.g., Wise et al., 2012; Kimm et al., 2017) introduce Pop III stars

with random masses based on a top-heavy initial mass function and consider the mass-dependent

evolution of the stars. For instance, following the result of Heger and Woosley (2002), Pop III

stars in the above simulations implode without returning any material when their masses are

40 M⊙ < M < 140 M⊙. However, in our work, we opt for a fixed Pop III mass (100 M⊙) and

metal yield (20 M⊙) for simplicity. The metal yield in this work is lower than the interpolated

value from the yields of 40 M⊙ and 140 M⊙ supernovae given by Wise et al. (2012) (MZ ∼

40 M⊙, see their equation (2) and the text).

After the SN explosion, the Pop III star particle transforms into a supernova remnant par-

ticle, which persists for 104 years and emits X-ray photons (energy bin 6, Table 6.2) akin to
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main-sequence Pop III stars (see Radiative feedback). The X-ray energy from this Pop III su-

pernova remnant is EHN,X = αHNESN,X = 6× 1050 erg with the normal supernova X-ray energy

ESN,X = 6× 1048 erg (see Lopez et al., 2011 and R16).

6.2.2 Pop II Star Formation

When a metal-enriched gas undergoes cooling and collapses within an adequate timeframe,

it leads to the formation of Pop II stars. We place a Pop II particle in a gas cell if it meets the

following criteria.

1. The hydrogen number density (nH) exceeds 104 H cm−3.

2. The metallicity is greater than the critical value 10−4 Z⊙.

In contrast to Pop III star formation (Section 6.2.1), Pop II star formation can occur at a fine

time step since we avoid the computationally expensive clump-finding process. Each Pop II star

particle represents a star cluster and has a mass of Mpop2 ∼ 5 × 104 M⊙. The luminosity of

the particle is determined using the stellar population synthesis model developed by Bruzual

and Charlot (2003). After 10 Myr, 10 % of the particle’s mass undergoes SN explosions, further

heating and enriching the surrounding medium. The time-dependent spectrum utilized for Pop II

star particles is depicted in Fig. 6.3.

6.2.3 Effect of Background Radiation

Ionizing UV and X-ray radiation ionize the medium and enhance H2 formation. While

previous studies (from Paper I to Paper III) only considered the global background radiation,
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Figure 6.3: Time-dependent spectrum of a Pop II star particle, synthesized using the model of
Bruzual and Charlot (2003), is depicted at different ages: 1 Myr, 10 Myr, 100 Myr, and 1 Gyr
(shown in different colors). The assumed metallicity is Z/Z⊙ = 5 × 10−3. The LW band is
indicated by dotted dashed lines. It is important to note that the population synthesis model offers
luminosity per unit mass, thus multiplying the particle’s mass yields its luminosity.

neglecting any radiative feedback from neighboring Pop III stars, this work addresses the com-

bined influence of local and global radiation backgrounds, as multiple Pop III stars emit radiation

within the same box. The ionization rate of chemical species i of a gas cell is,

−dxi

dt
= (1 + fion,i)ζ

i, (6.1)

and the heating rate due to species i is,

dei
dt

= fheat,iΓ
i. (6.2)

204



Here, i represents H I, He I, and He II. xi denotes its fraction, and e is the internal energy. The

terms ζ i and Γi denote the photoionization and photoheating rates, respectively, while fion,i and

fheat,i represent the secondary ionization and heating fraction, accounting for the effect of the

photoelectrons. Further details on these secondary effects can be found in works by Shull and

van Steenberg (1985), Ricotti et al. (2002a), and Paper I.

The photoionization rate is split into two components based on the sources of the radiation

background,

ζ i = ζ iloc + ζ iglo. (6.3)

The local photoionization rate due to stellar particles in the simulation box is computed as fol-

lows.

ζ iloc =
6∑

j=2

σj
icrednj, (6.4)

where j represents an energy bin from Table 6.2. j = 1 is omitted because this corresponds to the

LW band. σj
i is the average ionization cross-section of chemical species i by photons in group j,

weighted by the number of all photons in the simulation. nj is the number density of photons in

the cell. cred = fredc is the reduced speed of light with fred = 10−3.

The global photoionization rate due to the global radiation background is,

ζ iglo = 4π

∫ ∞

Ii/hP

Jν
hPν

σi(ν)dν, (6.5)

where hP is the Planck constant, Ii is the ionization potential (e.g., IH I = 13.6 eV), and σi(ν)

is the ionization cross-section of species i at frequency ν taken from Verner et al. (1996). The

difference between the local and global effects is that the local effect is treated with the photon
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groups (Table 6.2) while the global one is estimated with the full spectrum of the background

radiation. Jν represents the specific intensity of the radiation background, and its calculation is

outlined in Section 6.2.4. The heating rates due to the local and global background radiation

are calculated similarly. The dissociation rate of H2 by LW photons follows the methodology

described in previous papers in the series (see Paper I and Paper III).

6.2.4 On-the-fly Calculation of Radiative Background

Photons emitted by stellar particles within the zoom-in region, comprising the fiducial box

and padding, contribute to the formation of the local radiation background influencing ζ iloc and

Γi
loc. In addition, we assume that sources beyond this region contribute to the build-up of the

global background radiation and affect the star formation in the box. To calculate this, we need

to estimate the star formation history (SFH) outside the zoom-in region, reflecting the impact

of the radiation background. Hence, we implement the on-the-fly calculation of the radiative

background, guided by the following assumptions.

1. The global radiation background within the zoom-in region is uniform, implying that the

intensities at the center and boundaries of the box are identical.

2. The SFH of the fiducial region is representative of the entire universe.

The first assumption simplifies the calculation, although in reality, the background at the box’s

center experiences more absorption. The second assumption allows us to estimate the star for-

mation rate (SFR) of the entire universe. For this reason, we select R2 to compute the radiation

background. The halo density in R2 closely mirrors the cosmic average (see Fig. 6.1). We capture

the spectrum of the background derived from R2 and employ it to simulate R1 and R3, enabling
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an investigation of the X-ray effect in these regions. Using either R1 or R3 to calculate the ra-

diation background would result in an overestimation or underestimation of the X-ray effect,

respectively.

Now we explain how the background is calculated. See also the schematic diagram (Fig. 6.4).

To compute the background, we utilize equation (2) of Haardt and Madau (2012), with the inten-

sity of the background at the observed frequency νo when the simulation box’s redshift is zo. The

equation is as follows,

Jνo(zo) =
c

4π

∫ zstart

zbox

∣∣∣∣ dtdz
∣∣∣∣ dz (1 + zo)

3

(1 + z)3
ϵν(z)e

−τν(z) [erg s−1 cm−2 Hz−1 Sr−1] (6.6)

where ν = νo(1+z)/(1+zo). We consider sources between zstart = 40 and zbox. zbox corresponds

to half the size of the zoom-in region (0.6 Mpc/h). We exclude radiative transfer within this scale

(zo ≤ z ≤ zbox) because radiation from the stellar particles in the box contributes to local effects

and affects ζloc and Γloc. At each coarse time step, we numerically integrate equation (6.6) to

calculate the background radiation, assuming that the background remains constant between two

coarse time steps.

The optical depth τν(z) contributes to radiation absorption and is determined as follows,

τν(z) =


ds/ℓmean (LW)

αν(z)ds (X− ray)

, (6.7)

where ds = cdt represents the length of the subinterval at z for the numerical integration of

equation 6.6. ℓmean denotes the effective mean free path of LW radiation, assumed to be 150th of

207



ν = νo
(1 + z)
(1 + zo)

ϵν(z), τν(z)
dt, dz

z zstartzboxzo, νo

1.2 Mpc/h

1 Mpc/h

Figure 6.4: Schematic diagram of the on-the-fly background calculation. The x-axis indicates
both the distance and time (redshift). We calculate the specific intensity at the observed frequency
νo in the refined region at zo (Jνo(zo)) by numerically integrating equation (6.6). The left snapshot
indicates the padding with the fiducial box (white dashed square). We assume that sources that
existed between zbox and zstart contribute to the radiation background. Photons with frequency
ν = νo(1 + z)/(1 + zo) are redshifted and contribute to the intensity at the observed frequency
νo at the current redshift zo.

the particle horizon following R16,

ℓmean =
tunivc

150
, (6.8)

where the tuniv is the age of the universe at z, and c is the speed of light. For X-ray radiation, the

opacity is,

αν(z) = nH I(z)σH I(ν) + nHe I(z)σHe I(ν)

= nH(z)xH I(z)σH I(ν) + nHe(z)xHe I(z)σHe I(ν) [cm−1],

(6.9)

where ni(z) represents the number density of particles, and He II is disregarded. The hydrogen

density at z is

nH(z) = h2(1 + z)3ρcritΩb
X

mH

, (6.10)

where ρcrit = 1.88 × 10−29 g cm−3 is the critical density of the universe, X = 0.76, and mH is
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the mass of a hydrogen atom. The helium number density is,

nHe(z) = nH(z)
Y

X

1

4
, (6.11)

where Y = 0.24. The neutral fractions at z (xH I(z) and xHe I(z)) are approximated by the values

at zo for simplicity. At z = 9, the neutral fraction is ∼ 0.8−0.9 (or ionization fraction ∼ 0.1−0.2).

This approximation may result in an underestimation of the optical depth at a high redshift z by

∼ 20 %, consequently leading to a similar overestimation of the X-ray radiation background

intensity.

The emissivity at frequency ν is given by

ϵν(z) = jνnpop3(z) [erg s−1 cm−3 Hz−1], (6.12)

where jν is the specific luminosity (erg s−1 Hz−1) of a single Pop III star and its supernova, and

npop3(z) is the number density of Pop III stars at z. The spectrum consists of two parts: LW

and X-ray. The X-ray spectrum is generated with a thermal bremsstrahlung radiation formula

(Rybicki and Lightman, 1986)

ϵffν = 6.8× 10−38ZchneniT
−1/2e−hPν/kBT ḡffe

−τSN , (6.13)

where gff =
(

3
π
kBT
hPν

)1/2
is the averaged Gaunt factor (see Rybicki and Lightman, 1986). The

temperature of the supernova remnant is T = 106 K. The term e−τSN accounts for absorption in

the remnant, with τSN defined as Ncol,HσHI(ν), where Ncol,H = 1021 cm−2 is the hydrogen column
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Figure 6.5: Spectrum of a single Pop III star.

density of the supernova remnant2. We take this value from observations of Lopez et al. (2011).

In addition, Zch = 1, ne = 1, and ni = 1 are assumed. However, these parameters are not critical

as the spectrum is normalized to satisfy,

∫ 2.0 keV/hP

0.2 keV/hP

jνdν =
EHN,X

tpop3

=
αHNESN,X

tpop3
,

(6.14)

where αHN is the boost factor of the X-ray energy of a HN. For the local background calculation

(Section 6.2.1), αHN = 100, but a higher value, 1000, is adopted for the global background to

ensure strong X-ray effects. The LW spectrum is obtained from the results of Schaerer (2002).

The spectrum of a single Pop III star is illustrated in Fig. 6.5. Lastly, the number density of Pop III

stars is

npop3(z) =


Npop3(z)/L

3
fid (z < zana)

fduty
∫∞
Mcrit,1

(
dn

d lnM

)
1
M
dM (z > zana)

. (6.15)

Npop3(z) is the number of Pop III stars in the fiducial box. This equation implies that npop3(z) is

2We also use N for the number of Pop III stars in equation (6.15). To indicate column density, we attach ‘col’ in
the subscript.
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Figure 6.6: The intensity of the radiation background in J21 unit. The left panel showcases the
spectra at several selected redshifts. Notably, the LW intensity ranges from ∼ 10−2 to ∼ 10−1,
while the peak X-ray intensity exceeds 10−5 at z = 15. In the right panel, the intensity is plotted
against redshift. The blue and red lines represent the mean LW intensity and X-ray intensity at
E = 300 eV in R2X, respectively. The vertical dotted line denotes zana in that simulation. Addi-
tionally, the grey line denotes the intensity of the LW radiation in the LW simulation (R2LW).

regulated by the background and again affects the intensity of the background, demonstrating the

development of a feedback loop. At high redshifts, however, there are only a few or no Pop III

stars in the simulation, and therefore the emissivity is uncertain. Thus, npop3(z) is estimated

analytically for z > zana (second line). To calculate npop3(z) analytically, we determine the

number of DM halos more massive than the critical mass Mcrit,1 = 2×106 M⊙ by integrating the

halo mass function (Diemer, 2018, indicated by ( dn
d lnM

) in equation 6.15). We then multiply this

by the duty cycle fduty = tpop3/tuniv to obtain the number density of Pop III stars, as done in the

previous research of R16. When the total number of Pop III stars in the simulation is greater than

10 (z < zana), npop3(z) is simply the number of Pop III stars (Npop3(z)) divided by the volume

of the fiducial box. In Fig. 6.6, we present the spectrum of the global radiation background over

time. Note that the calculation method for the emissivity (equation (6.12) and (6.15)) switches at

zana ≈ 18 (vertical dotted line, the right panel) in both simulations. While the intensities fluctuate

because stars form and die, the general trends remain consistent before and after zana.
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6.3 Results

6.3.1 X-ray Background, Heating, and Ionization

From Paper I to III, we extensively studied the formation of Pop III stars in X-ray back-

grounds with different intensities, spanning from negligible (J21 ∼ 10−6) to substantial ones

(J21 ∼ 10−2−10−1). To better understand the impact of an X-ray background on Pop III star for-

mation, we must estimate its intensity. This intensity is influenced by emission from local X-ray

sources, typically stronger around black holes or HNe. However, our focus here lies on the global

radiation background originating from distance X-ray sources, which is uniform throughout the

volume.

The left panel of Fig. 6.6 illustrates the spectra at several redshifts. At around z ∼ 15,

the peak intensities for LW and X-ray radiation reach ∼ 10−1 and 10−5 in terms of J21 units,

respectively. This places the X-ray background in a weak X-ray regime of our previous works

(from Paper I to III). The right panel displays the LW and X-ray (E = 300 eV) intensities as a

function of redshift. Both intensities steadily rise until z ≈ 15. While the X-ray intensity remains

relatively constant below z ∼ 15 due to the longer mean free path for X-rays, the LW intensity

decreases later on (see R16).

The global X-ray radiation background significantly impacts star formation by influenc-

ing the properties of the gas. Fig. 6.7 and 6.8 provide insights into these effects, comparing gas

properties with (left) and without (right) the X-ray effects. In Fig. 6.7, the top panels display the

overall gas density, where the presence of X-ray effects (left) appears to result in slightly thinner

filaments compared to the absence of X-ray radiation (right). This suggests that X-ray heating
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Figure 6.7: Snapshots of R2 at z = 9. From top to bottom, we demonstrate the hydrogen number
density, gas temperature, and electron fraction. Each panel shows the maximum value along the
line of sight. The field-of-view is 1 Mpc/h× 1 Mpc/h. The left column is the result of the X-ray
simulation (R2X) and the right column is that of the LW simulation (R2LW).

suppresses gas collapse in low-mass structures. The middle and bottom panels illustrate two key

effects of X-ray radiation. Firstly, hot ionized H II regions occupy a larger volume in the X-ray

background, implying enhanced Pop III star formation due to X-ray ionization. Secondly, X-rays
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Figure 6.8: Same as Fig. 6.7 but for the H2 fraction (top) and metallicity (bottom).

heat the IGM (e.g., top left and bottom left corners of each panel), manifesting as mild heating

(T ∼ 100 K) and ionization (xe ∼ 10−2) of the IGM. The top panels of Fig. 6.8 highlight the pos-

itive feedback of the X-ray background. Despite the LW background dissociating H2, the X-ray

background compensates for the negative LW feedback and increases the H2 fraction, as evident

from the filaments in the top panels. In addition, the presence of X-ray radiation promotes Pop III

star formation, indicated by the distribution of H2 in DM halos (small colored dots). Moreover,

metals (bottom panels) are more widely spread in the X-ray background due to enhanced Pop III

star formation.

To approach these X-ray effects more quantitatively, we present the average temperature,
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Figure 6.9: Volume-weighted mean temperature, electron fraction, and H2 fraction of R2 (from
top to bottom). In the left column, we average all gas cells in the fiducial box. In the right column,
on the other hand, gas cells with xe > 5 × 10−2 are excluded to distinguish the IGM from the
H II bubbles. The primary result remains robust regardless of the threshold chosen. In each panel,
the results of R2X are plotted in red, while those of R2LW are shown in blue. Additionally, sub-
panels are provided in the top and middle panels to better visualize the differences between the
two simulations on a linear scale. Although the differences in the temperature and H2 fraction are
within a factor of ∼ 2, the IGM electron fraction (middle right panel) exhibits a larger discrepancy
(factor of ∼ 10).

electron fraction, and H2 fraction of the gas as a function of redshift in Fig. 6.9. The volume-

weighted mean values are plotted to illustrate the overall evolution. Furthermore, average values
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of all gas cells (left column) and those with xe < 5×10−2 (right column) are shown to distinguish

the contribution of the global X-ray background from that of local UV feedback. Hence, the right

panels show the response of the IGM to the global radiation background. We assume that the

gas with xe > 5 × 10−2 is in the H II regions. The choice of the threshold (xe = 5 × 10−2) is

somewhat arbitrary. We tested other thresholds (0.02 and 0.1) and found that while the average

values change within a factor of two, the general trend remains consistent. It is important to note,

however, that there is no clear boundary around an H II region, and therefore gases in the H II

regions are not completely excluded when calculating the IGM properties.

Fig. 6.9 illustrates that the X-ray background leads to an increase in the average temper-

ature and electron fraction. While the H2 fraction remains higher in the presence of X-rays, the

difference between the two simulations is less significant. This observation aligns with the top

panels of Fig. 6.8. In the fields, the H2 fraction is notably low due to dissociation by the LW

background, while the X-ray background primarily enhances the H2 fraction in filaments and

DM halos. Low-density gas cells in the field have large sizes while high-density cells have small

sizes. Therefore, the volume-weighted average H2 fractions in the two simulations do not exhibit

a pronounced difference. However, the number of colored dots, which trace the gases in DM

halos with high H2 fractions, demonstrates the effect of the X-ray background on Pop III star

formation (top panels of Fig. 6.8).

The top panels of Fig. 6.9 reveal that the gas temperature in the X-ray simulations is higher.

This is attributed to both stellar feedback and the global X-ray background, as depicted in the

left and right panels, respectively. In the absence of X-rays, the mean gas temperature of the

fiducial box at z = 9 is T ∼ 800 K. However, In the X-ray background, the temperature at

the same redshift rises ∼ 1600 K, indicating a twofold increase. The number of Pop III stars in
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R2X is twice that of R2LW, resulting in a larger volume covered by hot gas. This underscores

the significant role played by local UV stellar feedback, which was not considered in R16, in

enhancing Pop III star formation.

In the right panel, it is evident that the X-ray background directly heats the IGM. At z = 9,

the temperatures in R2X and R2LW are ∼ 100 K and ∼ 60 K, respectively, showing a smaller

difference. The X-ray-induced heating of the IGM is not as dramatic for two reasons. Firstly, most

of the energy from photoelectrons is deposited into ionization, particularly in a neutral medium,

where the secondary heating factor fheat (equation 6.2) has a low value (∼ 0.1 when xe ∼ 10−4,

Paper I). Despite X-ray ionization, the IGM remains nearly neutral (xe ≲ 10−2), limiting the

effectiveness of X-ray heating. Secondly, the X-ray background in this study is not as strong as

in previous works (Paper I and II). In a stronger X-ray background, the difference in temperature

between the two simulations would likely be more significant, as the photoionization heating rate

increases with X-ray intensity and fheat approaches 1 as xe increases.

The evolution of the electron fraction can be similarly understood. The average of all gas

cells also exhibits a moderate increase (by a factor of ∼ 2) in the electron fraction (middle left)

due to the presence of H II bubbles. However, in the X-ray background, the IGM electron fraction

increases by a factor of ∼ 10. In a neutral gas, X-ray ionization is highly effective due to the

secondary ionization (fion ∼ 10), leading to a more pronounced increase in the electron fraction.

6.3.2 Pop III Star Density and Critical Mass

The X-ray background enhances the H2 fraction in DM halos through ionization, which in

turn affects the formation of Pop III stars. This influence extends to properties such as the charac-
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teristic mass and multiplicity (Paper I, II, and III). In this work, our focus lies on a fundamental

condition for Pop III star formation: the critical mass of halos required to initiate star formation.

The increase in the H2 fraction facilitates the formation of metal-free Pop III stars in low-mass

DM halos by reducing the critical mass. Consequently, this results in an increase in the number

density of Pop III stars. R16 and Paper I predicted a substantial increase in the number density

by more than a factor of 10. However, neither of these studies considered the X-ray effect in

cosmological simulation. In this section, we aim to address this gap by comparing the number of

Pop III stars in simulations with and without an X-ray background (R2X and R2LW). By doing

so, we can elucidate the impact of the X-ray background on Pop III star formation.

In Fig. 6.10, we present the numbers of Pop III stars in R2X and R2LW as a function of

redshift (time). Initially, the numbers are quite similar, but the disparity between them grows over

time. At z = 9, 274 Pop III stars form in the X-ray background (R2X), whereas only 165 stars

form in its absence (R2LW), indicating a factor of ∼ 2 difference. However, this difference is not

as significant as initially predicted by R16 and Paper I, where a factor of ∼ 10 was anticipated.

To understand this discrepancy, we delve into the LW-only simulation. R16 predicted the number

density of Pop III stars in a weak X-ray background to be ∼ 10 per (1 Mpc/h)3. Interestingly,

in our LW-only simulation (R2LW), the number of Pop III stars in the same volume is 165.

This discrepancy can be attributed to the effect of stellar UV feedback from Pop III stars, which

creates an H2 shell (Ricotti et al., 2002a,b). This shell triggers the formation of other Pop III stars,

a phenomenon not considered in R16 and Paper I. Consequently, this mechanism plays a crucial

role in enhancing Pop III star formation.

The increase in the number of Pop III stars is linked to the X-ray effect on the critical mass.

However, defining the critical mass in cosmological simulations poses a challenge. In R16, it was
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Figure 6.10: The number of Pop III stars in R2X (red) and R2LW (blue). The bottom axis is
labeled with the redshift, while the top axis corresponds to the age of the universe. The left axis
represents the number of Pop III stars (Npop3) in the fiducial box. However, since the size of
the fiducial box is 1 Mpc/h on each side, this value is equivalent to the Pop III number density
(npop3). Additionally, the total mass of Pop III stars (Npop3×100 M⊙) is labeled on the right axis.
At z = 9, there are 274 and 165 Pop III stars in R2X and R2LW, respectively.

defined as the mass above which all halos could potentially host Pop III stars. Yet, in cosmological

simulations, there is no clear threshold for Pop III star formation. For this reason, in this work,

we define the critical mass differently, integrating the halo mass function.

Before newly defining the critical mass, the halo mass function needs to be understood.

In Fig. 6.11, we display the halo mass functions at z = 9 of R2X and R2LW. The dashed lines

represent the mass functions of all DM halos in R2X and R2LW. The mass functions in both sim-

ulations appear nearly identical. We also present the PS fit, calculated with COLOSSUS (Diemer,

2018), in a dotted dashed line. Note that in the DM-only simulation, the DM mass function and

PS fit align well (Fig. 6.1). However, in the high-resolution simulation of R2 (R2X and R2LW),

the DM mass function (dashed line) surpasses the PS function (dotted dashed line). Furthermore,

we plot the mass functions of halos hosting Pop III stars in solid lines. Notably, in the X-ray

background, more halos with masses ≲ 107 M⊙/h host Pop III stars, evident from the red line
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Figure 6.11: Mass functions at z = 9. In the top panel, dashed lines represent the mass functions
of all halos in Region 2 (dashed lines), while solid lines indicate halos hosting Pop III stars. Ad-
ditionally, the mass function obtained from COLOSSUS (Diemer, 2018) is plotted for comparison
with a dotted dashed line. Colors indicate the existence of an X-ray background (see the legend
in the bottom panel). It is evident that more DM halos host Pop III stars in an X-ray (red), indi-
cating that the critical mass is lower in the X-ray simulation. The bottom panel depicts the same
mass functions but on a linear scale, focusing on the halos hosting Pop III stars. The critical mass
(Mcrit,2) is indicated with dotted vertical lines. For its definition, see the text.

positioned above the blue line. This observation suggests that the presence of X-rays promotes

the formation of Pop III stars in lower-mass halos.

In the bottom panel Fig. 6.11, we depict the mass functions on a linear scale, focusing on

those hosting Pop III stars. To define the critical mass, we first integrate the mass functions of
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Figure 6.12: Schematic diagram illustrating the definition of the critical. The format is the same
as that of Fig. 6.11. We show the mass functions of the LW-only simulation in the left panel and
the X-ray simulation in the right panel. The shaded regions represent the areas under the curves.
The arrow in the right panel indicates that the critical mass is reduced in the X-ray background.

halos hosting Pop III stars (solid lines) to obtain the number density of Pop III stars. Then we

integrate the mass function of all halos (dashed lines) using the following equation,

∫ ∞

Mcrit,2

(
dn

d lnM

)
1

M
dM. (6.16)

We determine Mcrit,2 such that the areas under those two curves become equal. For instance,

in an X-ray background, more DM halos host Pop III stars and the area under the solid line

becomes larger. For the area under the dashed line to be equal to this, Mcrit,2 becomes smaller

and therefore the critical mass is reduced in the X-ray background. We present schematically

this effect of the X-ray background lowering the critical in Fig. 6.12. Note that we define the

two critical masses: Mcrit,1 and Mcrit,2. The former (equation 6.15) represents the critical mass

for the analytic background estimate and is fixed at 2 × 106 M⊙. The latter reflects the X-ray

effects that enhance Pop III star formation. In Fig. 6.13, we present the mass functions in R2X
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Figure 6.13: Mass functions of halos hosting Pop III stars (top) and the critical mass (bottom) at
different redshifts. In the bottom panel, the solid lines represent the critical mass measured with
equation (6.16). The vertical dotted lines indicate zana, and the dashed line at higher z represents
the analytic critical mass Mcrit,1 = 2 × 106 M⊙. Below z ∼ 18, the critical mass in the X-ray
simulation is smaller than the LW-only counterpart by a factor of 2.

and R2LW at all redshifts in the top two panels. The bottom panel shows Mcrit,2 as a function

of redshift for both simulations. Despite both simulations starting with the same analytic critical
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mass (Mcrit,1 = 2 × 106 M⊙), the critical mass diverges after the transition of the background

calculation (zana ∼ 18), showing a factor of two difference at z = 9. In the X-ray background,

the critical mass is reduced by a factor of two. Specifically, at z = 9, the critical mass is 107 M⊙

in R2LW and 5× 106 M⊙ in R2X.

6.3.3 X-ray Effects on the Formation of the Second-generation Stars

The enhanced Pop III star formation in the X-ray background affects the formation of the

second-generation stars and the first galaxies. As shown in Fig. 6.14, the star formation rate

density (SFRD) of Pop III is higher in R2X (solid lines) due to the positive feedback of X-rays.

As Pop II stars start forming around z ∼ 12, their SFRD becomes significantly higher than that

of Pop III, reaching ∼ 3 orders of magnitude greater. Interestingly, the SFRD of Pop II stars

(dotted dashed lines) is lower in the X-ray background (R2X, red) compared to the LW-only

case (R2LW, blue), particularly between redshift 12 and 11, by a factor of ∼ 10. This suggests

that the enhanced Pop III star formation suppresses the Pop II star formation through feedback

mechanisms.

Fig. 6.15 illustrates the volume-filling factors of ionized regions and metal pollution. The

volume represented by xe > 0.5 corresponds to the H II regions created by stars, which remains

greater in the X-ray background (red solid and dashed lines) due to the higher formation rate

of Pop III stars and the subsequent emission of UV photons from the stars. Interestingly, the

contribution of Pop II stars to these ionized regions is negligible, despite their larger total masses.

To interpret this, we focus on the environments in which Pop II stars form. Pop III stars explode

with substantial energies as PISNe, resulting in a significant delay in the formation of the second-
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Figure 6.14: Star formation rate density of Pop III (solid lines) and Pop II stars (dotted dashed
lines) in X-ray (red) and LW (blue) radiation backgrounds. Pop III star formation rate density is
a factor of two higher in the X-ray background. On the other hand, Pop II star formation rate is
higher in the LW background at z ∼ 12.

generation Pop II stars. Consequently, only the most massive halos in the simulation can host

Pop II stars by z = 9, and these halos tend to be located near the center of the galaxy groups with

dense gases. This leads to a relatively low escape fraction. However, if these halos evolve further

or if Pop II stars form in filaments, we might observe larger H II regions and a more significant

contribution to the volume-filling factor from Pop II stars. The volume-filling factor of xe > 10−3

(cyan lines) exhibits a more pronounced difference, as the X-ray background ionizes the IGM.

By z ∼ 16, the entire gas becomes ionized, and the electron fraction exceeds 10−3. In the bottom

panel, the volume-filling factor of metals is depicted for two thresholds, 10−4 and 10−2 Z/Z⊙.

The enrichment of gas with metals begins around z ∼ 20 with the explosion of the first Pop III

stars. The volume of mildly polluted gas (> 10−4) increases over time and reaches ∼ 0.01. High-

metallicity gases, on the other hand, are confined to the center of DM halos and cover much

smaller volume (≲ 10−6). The enhanced Pop III stars formation in an X-ray background leads to

the production of more metals, which cover a larger volume compared to the LW-only case.
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Figure 6.15: Volume filling factors. Top: Volume filling factors of ionized gas. The solid lines
represent the values of the X-ray simulation (R2X) while the dashed lines represent those of
the LW simulation (R2LW). The red and cyan lines depict the fractions of the gas with xe greater
than 0.5 and 10−3, respectively. Notably, the volume filling factors in the X-ray simulation exceed
those in the LW simulation. The most significant difference is evident in the factors for > 10−3, as
the X-ray background ionizes throughout the entire box, unlike stellar feedback. Bottom: Volume
filling factors of metal-enriched gas. The format is similar to that of the top panel. By z ∼ 9,
∼ 1 % of the volume is enriched with at least Z/Z⊙ > 10−4. Highly metal-enriched gases
(Z/Z⊙ > 10−2) cover far less volume of the box (fvol ≲ 10−6).

6.4 Discussion

In this paper, we explore the impact of an X-ray background on the critical mass of ha-

los for Pop III star formation. Unlike previous studies (Paper I, II, III, and Park et al., 2024),

which focused on individual halos irradiated by X-ray/LW backgrounds with various intensities,
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our approach involves computing the background radiation using the number of stars present in

the simulation. This method reflects the feedback loop inherent in star formation and radiation

background, where each influences the other. Our findings reveal that Pop III stars generate a

weak X-ray background, altering the global characteristics of the IGM, such as the temperature,

ionization fraction, and H2 fraction. Consequently, the number of Pop III stars differs between

the two simulations.

Although previous studies (R16 and Paper I) suggested a tenfold increase in Pop III star for-

mation, such a significant difference between the two simulations is not evident in this work. We

attribute this discrepancy to the influence of local stellar feedback. While the ionizing radiation

of a Pop III star can evacuate gas from its host halo, inhibiting the formation of the second-

generation stars within the halo, it may also have a positive feedback effect by promoting H2

formation through ionization and facilitating the formation of other Pop III stars in other mini-

halos. Although this mechanism has been explored in prior works (Ricotti et al., 2002b; Yoshida

et al., 2007), it was not incorporated into the analytic study of R16 or the small-scale zoom-in

simulations of Paper I and Paper II.

In simulations with higher halo densities, such as R1, local stellar feedback would be dom-

inant over global X-ray feedback, resulting in a smaller difference between the LW-only and X-

ray simulations. Conversely, simulations with lower halo densities, like R3, may exhibit a greater

difference in the number density of Pop III stars with and without an X-ray background, as the

influence of global X-ray feedback outweighs that of the local feedback due to large mean halo

distances relative to the typical size of H II regions. Further investigations will focus on evalu-

ating the impact of an X-ray background on the number of Pop III stars and the detectability of

PISNe.
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6.4.1 Future Work

In this thesis, our primary focus is on elucidating the evolution of the radiation background

through on-the-fly calculations and examining its impact on gas properties and star formation

within R2X and R2LW. Our future plans include extending these investigations to encompass

simulations R1 and R3. Moreover, to ensure the robustness of our findings and the validity of our

chosen physical parameters, we intend to conduct additional test simulations. The results of these

numerical tests will presented and analyzed alongside our main findings.
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Chapter 7: Conclusion

7.1 Summary

In this thesis, various aspects of Population III stars affected by external X-ray and LW

radiation backgrounds were explored.

7.1.1 Critical Mass of Halos for Star Formation

In Chapter 2, we investigated the critical mass of halos, which represents the threshold

above which the gas within the halo cools sufficiently for the formation of Pop III stars. This

critical mass is linked to the abundance of H2, a crucial coolant in metal-free environments that

facilitates the initial collapse of gas clouds. The impact of an X-ray background on the H2 frac-

tion is illustrated in Fig. 2.4. Without X-rays, small halos (M ≲ 105 M⊙) cannot generate enough

H2 via collisional ionization to support the formation of Pop III stars. However, when exposed

to a moderate X-ray background, these halos become capable of forming Pop III stars due to the

increased production of H2 facilitated by the H− channel (equation 1.3). Essentially, the pres-

ence of an X-ray background reduces the critical mass by enabling the formation of Pop III stars

even in low-mass halos. Conversely, LW radiation dissociates H2, delaying the collapse of gas

clouds and consequently increasing the critical mass required for star formation. Notably, an X-
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ray background is particularly effective in counterbalancing the negative effects of LW radiation.

When a moderate X-ray background (JX0,21 = 10−4 − 10−3) is combined with a LW background

of intensity JLW,21 = 10−1, the critical mass decreases by a factor of ∼ 10, leading to a propor-

tional increase in the number of Pop III stars per volume by a similar factor. This is significant

as it suggests that the presence of an X-ray background enhances the number of PISNe detected

by instruments like the JWST or Nancy Grace Roman Space Telescope (NRST) (Whalen et al.,

2014).

7.1.2 Mass of Pop III Stars

In Chapter 2, we examined how the mass of Pop III stars is influenced by X-ray and LW

backgrounds. The mass of stars is determined by the size of the quasi-hydrostatic core. In the

presence of an X-ray background, this core becomes smaller in mass thanks to the enhanced H2

cooling as illustrated in Fig. 4.2. As the core contracts, the accretion rate onto the protostars and

disk decreases (Panel f of Fig. 2.8) due to its c3s -dependence (equation 2.18). Since the accretion

rate of the gas in a smaller cloud is lower, the central stars grow slowly and remain less massive

(Fig. 2.11) following the empirical relation of Hirano et al. (2014) and Hirano et al. (2015).

However, the total mass does not exhibit a clear trend with the LW radiation intensity.

7.1.3 Disk Fragmentation and Multiplicity

In Chapter 3, our focus was on investigating how X-ray radiation impacts the fragmentation

of a star-forming disk and the multiplicity of Pop III stars. Building upon the findings discussed

in Chapter 2, we observed that the accretion rate of gas onto the central star decreases in the
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presence of an X-ray background due to its c3s -dependence. Consequently, this reduced accretion

rate leads to the formation of a disk with a lower surface density. As a result, the disk becomes

more gravitationally stable (equation (3.4)), thereby suppressing its fragmentation. In summary,

an X-ray background diminishes the multiplicity of Pop III stars. Fig. 3.4 and 3.5 provide visual

representations of the impacts of an X-ray background on this phenomenon.

7.1.4 Initial Mass Function

With an understanding of the X-ray effect on the mass and multiplicity of Pop III stars, we

examined their IMF. The IMF of metal-free Pop III stars is top-heavy, that is, Pop III stars tend

to be more massive. We represent the IMF using a power-law with an exponential cutoff (equa-

tion 3.10). The IMF is governed by two key parameters: the slope α and the cutoff mass Mcut. As

discussed in Chapter 2, X-rays play a role in reducing the mass of Pop III stars. Consequently,

the cutoff mass is smaller in a strong X-ray background. In addition, X-ray radiation lowers the

multiplicity of Pop III stars as discussed in Chapter 3. Since fewer low-mass stars form under

the influence of X-rays, the slope of the IMF (α) increases, making the IMF top-heavier. The left

panel of Fig. 3.11 compares the IMF in weak and strong X-ray backgrounds.

7.1.5 Radiative Feedback from Protostars

Strong UV radiation emitted by Pop III protostars triggers outflows and evaporates the pro-

tostellar disk, thereby terminating the growth of the stars (McKee and Tan, 2008). Consequently,

accounting for protostellar radiation in theoretical studies of Pop III star formation becomes cru-

cial for comprehending their mass and multiplicity. In Chapter 4, we advanced our understanding
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of how X-ray and LW radiation affect the properties of Pop III stars when considering radiative

feedback from protostars. Our investigation affirmed that incorporating radiative feedback im-

pedes the growth of stars, leading to a reduction in both the mass and multiplicity of Pop III stars.

Furthermore, we discovered that the formation of hierarchical binaries (binaries composed of bi-

naries) and wide eccentric binaries is common. In an eccentric binary, the accretion onto the stars

is modulated due to enhanced accretion at the pericenter resulting from tidal interaction (Toomre

and Toomre, 1972). In the protostellar feedback model employed (Hosokawa and Omukai, 2009;

Hosokawa et al., 2010), the protostars expand and their surfaces cool (i.e., become giant stars),

when the accretion rate exceeds ∼ 10−2 M⊙ yr−1. During the giant phase, the stars become faint

UV radiation but bright in the optical. This effect is depicted in Fig. 7.1. When the accretion rate

is below the threshold (top right), the Pop III protostars emit UV photons, heating and ionizing

the surrounding medium (top left). These Pop III stars can be observed through nebular emission

lines of the surrounding medium (Oh et al., 2001). Conversely, if the accretion rate surpasses the

threshold at the pericenter, the stars become faint in UV, thereby suppressing feedback (bottom

left). Simultaneously, the stars become bright in the optical range, providing opportunities for

direct observation of Pop III protostars (rather than through nebular lines). Although the signal

falls below the detection limit of the JWST, it can be observed if a foreground galaxy cluster

amplifies the light (gravitational lensing) from the stars by a factor of ∼ 100 (Fig. 4.14).

7.1.6 Migration

In Chapter 3 and 4, we revealed that Pop III stars exhibit a tendency to migrate outward

during their formation, resulting in the formation of wide binaries being a common occurrence.
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Figure 7.1: Left: Snapshots of an eccentric binary (e ∼ 0.8) in Chapter 4. At t ∼ 22.6 kyr (top
left), intense radiative feedback from Pop III stars heat the surrounding medium. At t ∼ 24.8 kyr,
the feedback is suppressed and the surrounding medium begins to cool. Top right: The accretion
rate as a function of time. The red and green lines represent the rates of individual stars, while
the black line shows their sum. The two star symbols indicate the accretion rates corresponding
to the two snapshots on the left. It is worth noting that the high accretion rate (the second star,
dM/dt ≳ 10−2 M⊙ yr−1) is the factor behind the suppression of the feedback (bottom left).
Bottom right: The separation between the two stars. The accretion peak (top right) coincides with
the pericenter of their orbit.

In Chapter 3, we observed that stars migrate outward more prominently in the absence of X-

rays, suggesting that the primary cause of migration is the accretion of gas with high angular

momentum. In the presence of an X-ray background, the lower adccretion rate leads to stars

gaining less angular momentum and consequently migrating outward to a lesser extent. However,

in Chapter 4, this trend becomes less distinct due to the regulatory effect of radiative feedback

on gas accretion. In Chapter 5, we conducted a detailed analysis to explore the origin of outward

migration. By calculating the torques exerted by various components of the system (gas disk,
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other stars, accretion, and merger) on the binary, we made several key observations:

1. The gravitational force exerted by the circumstellar minidisks plays a predominant role in

driving outward migration.

2. Accretion is most efficient in equal-mass binaries

3. The angular momentum of the outer gas is transferred to the binary through the minidisks.

We compared our results of Pop III binaries with metal-rich star formation (He and Ricotti, 2023)

and interpreted the different directions of migration in various stellar populations as follows: In

a primordial gas cloud, inefficient H2 cooling results in the gas remaining hot, leading to rapid

accretion during subsequent star formation. Consequently, protostars efficiently accrete with high

angular momentum, causing outward migration. Conversely, in a metal-rich cloud, accretion oc-

curs relatively slowly, causing protostars to migrate inward rather than outward. The frequent

occurrence of wide Pop III binaries suggests a pathway for the formation of GW sources as fol-

lows: A wide eccentric BBH (e ∼ 0.9) may form from a Pop III binary. When the orbit of the

BBH is perturbed by field stars, the orbit may become more eccentric with an extremely small

pericenter distance. This orbit shrinks with time as the binary loses its orbital energy at the peri-

center through GW. Within the Hubble time, the BHs finally eventually merge, emitting strong

GW signals detectable by VIRGO/LIGO.

7.1.7 X-ray Effects in a Cosmological Context

In Chapter 6, we revisited the critical mass of halos using cosmological zoom-in simula-

tions. We found that an X-ray background affects the critical mass and thus the number of Pop III
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stars. However, it is important to note that the intensity of the X-ray background is also affected

by Pop III stars, as their remnants serve as strong X-ray sources. To account for this feedback

loop, we implemented an on-the-fly calculation. We observed that PISNe produce a relatively

weak X-ray radiation background until z = 9, and this background moderately increases the

number of Pop III stars (by a factor of ∼ 2). The rise in the number of Pop III stars leads to a

moderate suppression of Pop II star formation due to radiative and SN feedback from Pop III

stars. However, it is worth mentioning that although the X-ray background enhances Pop III star

formation, its effectiveness is not as pronounced as in the previous studies (Ricotti, 2016). We

hypothesize that the boost of H2 formation in the recombination regions around Pop III stars may

offset the negative LW feedback, resulting less pronounced X-ray effect observed in this work.

7.2 Future Work

In this thesis, I focused on the formation of metal-free Population III stars in X-rays and

LW background. In future research, I plan to delve into the formation of extremely metal-poor

stars in X-rays and LW background. This will allow for a deeper understanding of star formation

in the first galaxies. Furthermore, I aim to revisit the topic addressed in Chapter 4 to refine theo-

retical descriptions of Pop III star formation. By revisiting and enhancing these aspects, I hope to

contribute to a more comprehensive understanding of the formation and evolution of early stellar

populations.
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7.2.1 Structure of Bipolar H II Region around Pop III Stars at AU Scales

As highlighted in Chapter 4, protostellar radiative feedback plays a crucial role in the for-

mation of Pop III stars. The growth of Pop III stars is self-regulated by the radiation from the

protostars, thus radiative feedback must be considered in theoretical studies of Pop III stars. How-

ever, our understanding of this radiative process remains incomplete and requires refinement.

Recent research by Jaura et al. (2022) pointed out that the predicted mass of Pop III stars

from numerical simulations can be influenced by assumptions regarding radiative transfer on

scales smaller than the spatial resolution of the simulations. For instance, a bipolar H II region

forms around a Pop III protostar because the accretion disk is opaque to the radiation from the

protostar as depicted schematically in Panel a of Fig. 7.2. However, this process is often not cap-

tured in most numerical simulations due to limitations in spatial resolution. In Chapter 4, we made

an assumption that photons are effectively absorbed in the unresolved disk plane (equation (4.5).

With this assumption, the partially submerged sink particle emits photons in the vertical direc-

tion, effectively creating the H II region (Panel b of Fig. 7.2). As a result, radiative feedback

reduces the mass of Pop III stars in our work. In contrast, Jaura et al. (2022) did not implement

sub-sink physics and injected photons into the unresolved disk. They found radiation cannot pen-

etrate the disk, leading to the absence of an H II region (Panel c). Consequently, in their study,

radiative feedback does not alter the properties of Pop III stars. In this project, I aim to reconcile

this discrepancy by performing high-resolution simulations and developing an improved model

of radiative feedback of Pop III stars.

The project aims to address several key objectives:

1. To examine the structure of the bipolar H II region at small scales, ranging from the stellar
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Figure 7.2: Panel a: Schematic diagram of an accretion disk (blue shaded region) and H II region
(red shaded region) around a protostar (yellow symbol). Photons emitted from the protostars (red
arrows) are absorbed by the disk, resulting in limited travel distance (short). However, photons
emitted above and below the disk travel further (long) and contribute to the formation of the H II
region. Panel b: Radiative feedback recipe utilized in the study by Park et al. (2023). The circle
represents a sink particle with radius ∼ 100 AU. Within the sink, the disk remains unresolved.
Photons are emitted from the surface of the particle. If the density at the surface exceeds a certain
threshold (indicating the presence of the disk), it is assumed that all photons are absorbed within
the sink, and no photons are emitted in this direction. Panel c: Feedback prescription adopted
by Jaura et al. (2022). In this approach, the star emits radiation isotropically within the sink.
However, the H II region around the star is unable to penetrate the dense gas within the sink,
preventing its development outside the sink radius.

radius to a few hundred AU.

2. To investigate the mechanisms of radiation transfer within this region.

3. To determine the escape fractions of photons in all directions.

To achieve these goals, I will conduct simulations of Pop III protostars with a sub-AU resolu-

tion, by varying parameters such as mass, stellar radius, and accretion rates. By analyzing the

simulation results, I aim to understand why properties of Pop III stars are sensitive to the sub-

grid recipes, as observed in studies by Sugimura et al. (2020), Jaura et al. (2022), and Park et al.

(2023). Furthermore, I will formulate or tabulate the opening angle and escape fraction across

different frequency bins. This physically motivated sub-grid model will not only enhance our un-

derstanding of Pop III star formation but also serve as a valuable resource for other researchers

in the field.
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7.2.2 Formation of Extremely Metal-poor Stars

A recent JWST observation of the first galaxies, characterized by Z ∼ 10−2 Z⊙ (Curtis-

Lake et al., 2023), suggests that stars form in a metal-poor environment in the early universe.

This underscores the importance of comprehending the formation of metal-poor stars to unveil

the processes involved in the formation of the first galaxies. Furthermore, the regulation of H2

by an X-ray background may have significant implications for the formation of metal-poor stars.

Therefore, it becomes imperative to explore the effects of X-ray radiation on galaxy formation,

particularly in the context of metal-poor star formation. Recent observations provide additional

motivation for studying this topic. JWST observations of high-redshift (z ≳ 9) galaxies indicate

a surprisingly high fraction of AGN in the early universe (Juodžbalis et al., 2023; Fujimoto et al.,

2023). Additionally, observations from the Hydrogen Epoch of Reionization Array (HERA) pre-

dict a non-negligible contribution from the cosmic X-ray radiation background (Abdurashidova

et al., 2022).

The objective of this project is to extend the exploration of star formation in X-ray and

LW radiation backgrounds, focusing specifically on the formation of low-metallicity stars. In

particular, the project will concentrate on stars metallicities below Z ∼ 10−4 Z⊙. Although the

metallicities of the first galaxies observed by the JWST exceed this value (Z ∼ 10−2 Z⊙, Curtis-

Lake et al., 2023), this metallicity range is crucial because it represents a critical transition point

in the properties of stars. This transition, as highlighted by Bromm et al. (2002) and depicted in

Fig. 1.1, marks a significant shift from Pop III to Pop II star formation.

The project aims to investigate variations in the properties of stars, such as mass and mul-

tiplicity, as metallicity increases. To achieve this, a comprehensive grid of simulations will be
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conducted, varying X-ray/LW intensities and metallicities. Similar to the approach taken in stud-

ies by Hirano et al. (2014) and Hirano et al. (2015), the mass of stars will be formulated. Fur-

thermore, the IMF of stars under different X-ray radiation backgrounds and metallicities will be

examined. Additionally, the project will delve into the differing migrating behaviors observed in

various stellar populations.

7.2.3 Effect of X-rays on the Transition from Pop III to Pop II Star Formation

Building upon the findings of the previous project outlined in Section 7.2.2, the focus will

shift towards exploring the formation of first galaxies. Specifically, I am interested in understand-

ing the impact of an X-ray background on the transition from Pop III to Pop II star formation. To

achieve this, cosmological zoom-in simulations will be performed, focusing on a region surround-

ing a massive DM halo, akin to the approach discussed in Chapter 6. Furthermore, the influence of

other X-ray sources, such as HMXBs, AGN, and IMBHs, will be taken into account. To calculate

the accretion rates of these BHs and their luminosities, a physically motivated model developed

by Park and Ricotti (2011) will be utilized. Finally, simulation results will be post-processed to

generate mock images of galaxies, facilitating direct comparisons with observational data.

7.3 Concluding Remarks

This thesis represents an exploration into the mysterious domain of Pop III stars, shedding

light on their formation influenced by X-ray feedback. Through a systematic examination of

various aspects of Pop III stars and their interactions with X-ray radiation, we have unveiled

previously unseen connections that have profound implications for our understanding of the early
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universe.

Our findings challenge conventional wisdom and mark a pivotal shift in our comprehen-

sion of Pop III star formation. While previous works incorporated X-ray effects into simulations

(Jeon et al., 2014a; Hummel et al., 2015), they understated the role of X-rays in Pop III star for-

mation. Our simulations, however, demonstrated that mass, multiplicity, IMF, and migration are

influenced substantially by an X-ray radiation background (Chapter 2, 3, and 4). In addition, this

thesis not only deepens our theoretical understanding but also bridges the gap between theory

and observation. We have found the potential for directly observing Pop III stars using the JWST

and NRST. As predicted by Diego (2019), Pop III stars are detectable through gravitational lens-

ing, and recent observations of “Earendel” bolster the promise of observing Pop III stars at high

redshifts. In Chapter 4, we suggested that the luminosities of Pop III protostars can surpass the

detection limit of the JWST with gravitational lensing, and their variability can be observed. Fur-

thermore, as the JWST is operating and the NRST is forthcoming, the number of Pop III stars can

be estimated through observations of PISNe, as proposed by Whalen et al. (2014). Our predictions

regarding the number density of Pop III stars in X-ray backgrounds, outlined in Chapter 2 and

6, lay the foundation for comparative studies between theoretical predictions and observations.

Such studies may offer insight into the intensity of the X-ray radiation background in the early

universe, complementing recent observations from HERA (Abdurashidova et al., 2022). Finally,

we are currently modeling the infrared H2/HD line emissions from Pop III star-forming halos us-

ing the numerical simulations presented in this thesis. This aims to shed light on the observability

of Pop III stars by ALMA (Atacama Large Millimeter Array).

I anticipate that this thesis, along with the subsequent studies, will establish a connection

between Pop III star formation theory and observations from the JWST and NRST, thereby of-
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fering valuable guidance for future surveys targeting Pop III stars and first galaxies.
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Appendix A: Appendices for Chapter 2

A.1 Validation of Primordial Chemistry and Cooling in RAMSES

In Figure A.1 we show the phase diagram for one-zone calculations (cooling balances

compression heating, e.g., Omukai, 2001) for successive improvements of the primordial chem-

istry/cooling module in RAMSES. The different lines (see legend) illustrate how the original pri-

mordial cooling calculation in RAMSES is improved with the addition of each of the physical

processes discussed in Section 2.2. We also compare the results with that of a former work (S20),

indicated by the solid line with label ”SFUMATO”. Figure A.2 shows the H2 (left panel) and

electron fraction (right panel) for the same one-zone calculation. One of the major differences in

this work is produced by lowering the minimum floor for the ionization fraction. As can be seen

in the right panel of Figure A.2 the electron fraction is lower than 10−6 at nH ≳ 104 H cm−3.

In the original version, however, the floor is set to 10−6 and thus the electron fraction is always

higher than this threshold. For this reason, the simulation (orange dashed line) shows the H2 frac-

tion abnormally higher than it is supposed to be (right panel of Figure A.1). In the current version

of our code, the value of the floor is 10−12 and therefore the validity of the model is guaranteed up

to nH ∼ 1014 H cm−3. With three-body H2 formation, the models are consistent with each other

up to densities nH ∼ 109 H cm−3 and other improvements of the physics in the high-density

regime reduce the error up to ≲ 1014 H cm−3.
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Figure A.1: Phase diagram (temperature as a function of hydrogen number density) for a one-
zone calculation in which compression heating balances molecular hydrogen cooling. The differ-
ent lines (see legend) refer to incremental improvements of the model with respect to the original
implementation in RAMSES. The validation of the result is done by comparing our implementa-
tion in RAMSES to published results by S20 using the AMR code SFUMATO. Our results are
accurate to densities nH ∼ 1012 H cm−3, but the error remains relatively small (< 15 per cent) up
to densities nH ∼ 1014 H cm−3.

Figure A.2: Same calculations as in Figure A.1 but showing the molecular hydrogen abundance
(left panel) and the electron fraction (right panel).
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A.2 Number of Pop III Stars

In this section, we estimate the dependence of the number of Pop III stars on the critical

mass of DM haloes. We start with the Press-Schechter formalism (Press and Schechter, 1974),

dnhalo

dM
= ρ̄

√
2

π

δc
M2σ

d lnσ

d lnM
exp

(
− δ2c
2σ2

)
, (A.1)

where σ ∝ M−n+3
6 . We are interested in the formation of Pop III stars in small haloes (∼ 105 −

106 M⊙) and the cutoff mass of the mass function is above this regime (see also Appendix A of

R16). Therefore, we may assume that the index of the power spectrum is n = −3 and we get

dnhalo

dM
∝ 1

M2
. (A.2)

Integrating this mass function from Mcr to infinity and assuming one Pop III star forms in each

halo give the number density of Pop III stars (nhalo ∝ 1/Mcr). If the critical mass is reduced by a

factor of 10 by an X-ray background, the number of Pop III stars in a given volume increases by

a factor of 10.
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Appendix B: Appendices for Chapter 3

B.1 Effect of X-ray Shielding

In this section, we present the result of test simulations to discuss the importance of X-

ray shielding. In the test suite, we compare simulations including or excluding self-shielding

for various intensities of the X-ray background and for the case without X-ray irradiation. We

modeled self-shielding by reducing the ionization and heating rates of each cell by the self-

shielding factor fshd which is a function of the distance from the centre, r of the halo. For the

ionization fraction of species i, the rate of change in its abundance due to the X-ray background

is

dxi

dt
= −(1 + fion,i)kxi (B.1)

where

k = 4π

∫ ∞

Ii

Jν
hPν

σν,ie
−τν,idν. (B.2)

In the above equations, fion,i is the secondary ionization factor, Ii is the ionization potential, hP is

the Planck constant, σν,i is the ionization cross-section, and τν,i is the optical depth of frequency

ν. As a side note, we assumed τν,i = 0 in the fiducial runs. To treat the self-shielding in a realistic

way, the integrand in Equation (B.2) must be integrated to compute k for each cell. For simplicity,
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however, we made the following approximation,

k ≈
(
4π

∫ ∞

Ii

Jν
hPν

σν,idν

)
e−τi = ζifshd, (B.3)

where ζi is constant for all cells in a given simulation and fshd = exp (−τi) is the self-shielding

factor. The averaged optical depth τi is Niσi. We make use of the averaged cross-section σi

weighted by the number of photons of the X-ray background. The cross-section is also con-

stant throughout the entire simulation box. At each coarse timestep, we identify the centre of the

halo using the on-the-fly halo finder with the friends-of-friends algorithm and the position of the

densest cell. Using this, we compute the gas density profile ni(r). The absorption column density

for each cell is determined by its distance from the centre r:

Ni =

∫ r

Rvir

ni(r
′)dr′. (B.4)

The heating by the background is treated in the same way but with the energy-weighted average

cross-section.

Figure B.1 shows the gas phase diagram (temperature versus density) of all cells in Halo

1. To make the plots we adopted the same style as in Figure 6 in Hummel et al. (2015), for

ease of comparison. In each panel, the cell values for the shielded and unshielded simulations

are shown with blue and red dots, respectively, for a given X-ray intensity. For comparison, the

gray dots show the phase diagram for the corresponding simulation without an X-ray background

(that is the same in all panels). We show the phase diagram at the time when the density reaches

1011 H cm−3. Note that this happens at different redshifts and when Halo 1 has different masses
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Figure B.1: Phase diagrams of test simulations. Each panel shows the temperature distribution of
gas within Halo 1 in a given X-ray background. The X-ray shielding case is shown in blue, while
the unshielded case is shown in red. The brightness of the color scales with the mass in each
cell. For comparison, we also show the gas phase diagram for the case without X-ray background
in grey. Note that JX0,21 ∼ 10−2 − 10−1 corresponds to the fiducial case (J0) of Hummel et al.
(2015) but the strong X-ray cases for the simulations in this work. The deviation at high densities
due to X-ray shielding (nH ≳ 106 H cm−3) is pronounced only when the halo is irradiated by a
very strong X-ray background (bottom two panels).

even for the 3 simulations shown in the same panel. In addition to the three strongest X-ray

backgrounds (JX0,21 = 10−3, 10−2 and 10−1) in our fiducial runs, we added to the tests suite

simulations with even stronger X-ray irradiation (JX0,21 = 0.32). For the cases with strong X-ray

irradiation (bottom panels), the initial gas collapse is delayed until the halo mass is > 2×107 M⊙

and the collapse is initiated by atomic cooling, as found previously for the strong LW background

cases. As shown in Omukai (2001), however, the evolution to higher densities (nH ≳ 106 H cm−3)
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is similar to the molecular cooling case and therefore these are still valid comparisons for our

tests.

The fiducial case in Hummel et al. (2015) (JX0,21 = J0
1) corresponds to our cases with

JX0,21 ∼ 10−2 − 10−1, that are the strongest X-ray irradiation cases in this work. We find that

the differences between the simulations with and without X-ray shielding are only evident in the

high-density regime, and are negligible when the background is weaker than JX0,21 ∼ J0 ∼ 10−1,

i.e., the fiducial model in Hummel et al. (2015), as shown in the top panels of Figure B.1. When

irradiated by stronger X-rays, however, high-density gas (nH ∼ 1011 H cm−3) shows a clear

difference in temperature, with gas reaching higher temperature when self-shielding is included,

in agreement with the results in Hummel et al. (2015). Note that Hummel et al. (2015) also finds

that the importance of self-shielding depends on the X-ray intensity.

Figure B.2 shows the behaviour of the H2 fraction in the test suite. Compared to the zero

X-ray case (shown in grey), positive feedback of an X-ray background increases the overall H2

fraction. At the high-density end (nH ≳ 1010 H cm−3), however, three-body interaction becomes

more important and therefore the fractions converge to 0.5 (fully molecular). At lower densities

(nH ∼ 104 − 1010 H cm−3), the H2 fraction grows slowly when the halo is in a weak background

(top panels) or X-ray irradiation is shielded (shown in blue in bottom panels). If intense X-ray

irradiation is not shielded (red in the bottom panels), however, the H− channel alone forms H2

effectively and is able to make the gas nearly fully molecular.

As pointed out by Hummel et al. (2015), the deviations in the gas temperature is funda-

mentally driven by the difference in the electron fraction and therefore molecular fraction. We

1They defined J0 as the average intensity. Here it denotes the specific intensity at 1 keV normalized by
10−21 erg s−1 cm−2 Hz−1 sr−1.
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Figure B.2: Same as Figure B.1 but showing the H2 fraction as a function of the hydrogen number
density. The H2 fraction grows slowly when irradiated by a weak X-ray background or X-rays are
shielded, before it starts to increase rapidly due to three-body interactions at nH ∼ 1010 H cm−3.
If very strong X-ray irradiation is not shielded, however, the H− channel effectively increases the
H2 fraction and makes the gas nearly fully molecular at lower densities (see bottom panels).

show the gas electron fraction in Figure B.3. In the unshielded simulation for a given background,

X-rays ionize the gas efficiently and therefore the electron fraction is higher than its counterpart

in the shielded case. This difference, however, is small in a weak background and only apparent

in stronger ones.

We conclude that most of the results in this work and the companion paper (Paper I) are

insensitive to the X-ray shielding as only a small fraction of our fiducial runs have JX0,21 ∼ 10−1,

that is the strongest X-ray intensity in the parameter range we explored. In the strongest X-ray
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Figure B.3: Same as Figure B.1, but showing the electron fraction as a function of hydrogen
number density. The deviation of the electron fraction including or neglecting self-shielding is
minimal for the range of X-ray irradiation explored in our fiducial runs (top panels), but it is
evident for the cases with very strong X-ray background (bottom panels, JX0,21 > 0.1).

background, however, the self-shielding may potentially play a crucial role in the fragmentation

of the disc and the growth of protostars. In these test simulations, we show the phase diagram

when the central density reaches nH = 1011 H cm−3, hence it is unclear how the later evolution

of the disc is affected by the shielding. We plan to explore this aspect in future works.
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Appendix C: Appendices for Chapter 4

C.1 Radiative Transfer Recipes

C.1.1 Importance of X-ray Self-Shielding

The test results on the effects of X-ray self-shielding are presented in Fig. C.1. We ran a

simulation with the same parameters as Run E but without including X-ray self-shielding (shown

in red). We find that the sink mass is larger between t ∼ 15 and 25 kyr when the disc is not

shielded from the X-ray background. This is consistent with Hummel et al. (2015) in that the

cooling is more efficient without shielding. The difference, however, is small and the results con-

verge by t ∼ 30 kyr. This small difference can be explained in the following way. As discussed

in Paper I and Paper II properties of the stars are determined by the mass of the hydrostatic core

at nH ∼ 104 H cm−3 when the gas is mostly transparent to X-rays (i.e., shielding is negligible).

In Paper II we have shown that X-ray shielding is important only for strong X-ray irradiation.

Although a moderate X-ray background lowers the critical halo mass for star formation (Paper I),

it is the opposite in an intense X-ray background where heating by X-rays is the dominant feed-

back. For strong X-ray irradiation the gas in a halo can condense only if it is sufficiently massive

(M > MJeans,IGM), therefore in this case the halo can be optically thick to X-rays. This is, in a

sense, consistent with Hummel et al. (2015) who pointed out the dependence of shielding on halo
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Figure C.1: Total mass in Pop III stars including (blue line) and excluding (red line) X-ray self-
shielding for Run E (JX0,21 = 10−2). All fiducial runs include self-shielding.

properties.

C.1.2 Protostar Formation Recipes

Fig. C.2 (1a-1d) shows snapshots of Run F with different protostar formation recipes. Pro-

tostars in the low-resolution simulation (top left) show a similar evolution to the ones in Pa-

per I and Paper II. With a higher spatial resolution (top right) clumps reach higher densities

(∼ 1013 H cm−3) and fragmentation becomes more efficient creating more protostars. When sink

particles are used, however, the number of stars is reduced due to sink mergers (bottom right).

The change when including RFB is not prominent as seen in the bottom left panel.

In Fig. C.2 (panel 2) we plot the total mass in Pop III stars for the different recipes shown

in the left panel. One notable feature is that the total mass of the clumps is independent of the

spatial resolution (red and green). The total mass of protostars tracked by sink particles (blue) is

higher than the one for the clumps, suggesting that the stars in the two methods are not identical.

These three cases all show a linear growth of mass due to the lack of RFB.
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Figure C.2: Panel (1a)-(1d): Slices of the hydrogen number density of Run F with different star
formation recipes. The figure shows the discs at t ∼ 24 kyr since the formation of the first
protostar. The four panels show the change with the improvement of the simulation from the top
left panel in the clockwise direction. (1a): Low resolution with the clump recipe. This setting is
similar to that of Paper I and Paper II. (1b): The spatial resolution is increased. (1c): Clumps are
replaced by sink particles. (1d): RFB is added. This is the fiducial run. Panel (2): Evolution of the
total mass in Pop III stars for the same four protostar formation recipes as in the left panel.
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C.1.3 Sink Formation Threshold and Radius

In our simulations we want to resolve the Jeans length with at least NJ > 4 cells to avoid

numerical fragmentation (Truelove et al., 1997). Therefore we impose a refinement criterion

∆x = λJ/NJ, with NJ = 16. However, when ∆x = ∆xmin at the maximum refinement level, the

Jeans length is no longer resolved with NJ cells if the density becomes too large. To avoid this we

introduce sink particles that limit the increase of the density within their radii rsink = NSink∆xmin

(note that inside the sinks the grid is always refined to the maximum level). A sink is formed when

the peak density in a gas clump (identified by a clump finder) is above the critical density, nsink,

such that

NSink∆xmin = λJ =

(
γ
kBT

µmH

)1/2(
1

GmHnsink

)1/2

, (C.1)

where NSink ≤ NJ is an integer. Solving for nsink gives,

nsink ∼ 1.2× 1012 cm−3

(
4

NSink

)2
(T/1000 K)

(∆xmin/12.6 AU)2
. (C.2)

We adopt a value nsink = 1012 cm−3 in all our simulations, roughly corresponding to NSink = 4,

assuming T = 1000 K (i.e., we resolve the Jeans length with 4 cells within the sink radius.

As discussed in Appendix of Paper I our chemistry and cooling implementation are valid up to

n ∼ 1014 cm−3 and our choice of the density threshold is well below this limit.

The choice for the value of the sink radius is independent of the density threshold nsink, but

it makes sense to adopt values that are comparable or multiples of the Jeans length: in our case

we explore the range 4 ≤ NSink ≤ 16. As illustrated in Fig. C.3 adopting NSink = 4 with our

sub-sink radiation transfer recipe in C.1.4, reduces significantly the RFB efficiency with respect
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Figure C.3: Dependence of results on the assumed sink radii. The fiducial value is 8∆x where
∆x = 12.6 AU. Top panel: Total mass in stars as a function of time. Middle panel: Multiplicity
(Nstar) at a given time. Bottom panel: Total number of sinks that formed in the simulation as a
function of time. This total includes the stars that have disappeared through mergers.

to using NSink = 8, 16, producing a total mass in Pop III stars comparable to the no-FB case.

The total mass in Pop III stars for NSink = 8 and NSink = 16 are similar, but start diverging

after t ∼ 15 kyr as more efficient feedback in the latter evaporates the gas disc. In our fiducial

simulations we adopt NSink = 8, but clearly NSink is a crucial parameter that determines the

strength of RFB and the spatial resolution of the simulations. In Fig. C.3, we also show the

number of stars (middle panel) and the total number of sinks formed (bottom panel) as a function

254



of time. During the first ∼ 20 kyr we do not observe significant variations of multiplicity as a

function of the assumed sink radius.

C.1.4 Ionizing and LW Photon Emission from Sink Particles

Pop III protostars form at the centre of sink particles, however the disc structure and dynam-

ics inside the sink are poorly resolved. If we make a simple estimate of the size RS (Strömgren

radius) of the H II region produced by a massive star at the centre of a sink in which there is a uni-

form density n, we must require that RS is greater than the sink radius for the ionizing radiation

to escape the sink: (
3Q

4πn2α

)1/3

≥ rsink, (C.3)

where α ≈ 2 × 10−10 T−3/4 cm3 s−1 is the recombination rate. Assuming T = 104 K and an

ionizing photon emission rate Q = 1050 s−1, we get n ≲ 108 cm−3. This is several orders of

magnitude smaller than the nsink, hence the ionizing radiation should remain trapped inside the

sink.

However, the gas inside the sink does not have a constant density. Along the disc plane, the

density is comparable to nsink, however above and below the disc plane the density is much lower

and, if the disc is well resolved, around the protostar the disc is thinner due to the star’s gravity.

For this reason, radiation can escape along bipolar H II regions above and below the disc, while

being trapped along the disc direction. Because the gas structure is poorly resolved inside the

sink we do not inject radiation from the star at the centre of the sink or uniformly inside the sink

particle, as it likely would underestimate RFB. Instead, we inject the radiation from the star at the

surface of the sink sphere, with flux in the radial direction. We adopt a sub-sink radiative transfer
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Figure C.4: Top: Test runs with different ninj. 0.1nsink is the fiducial value. Bottom: Sink mass
affected by LW-related physics. The black line shows mass without a sub-sink recipe (i.e. fesc =
1) and H I absorption. Adding sub-sink recipe (i.e. fesc = fWGH, equation 4.5, red line) and H I
absorption (blue line) alone reduce RFB and thereby increasing stars’ mass. Considering both
(green line) increases the mass further. We assume that LW radiation is absorbed by H2 gas in all
cases.

prescription to take into account the ionizing and LW radiation absorbed by the gas inside the

sink.

Regarding H and He ionizing radiation we fully absorb the radiation for rays where the gas

density at the sink radius is higher than an arbitrary threshold ninj = 0.1nsink = 1011 cm−3, since

the radiation would be trapped anyway and we want to avoid photo-evaporation of the disc due

to numerical effects. Test results with different density thresholds are shown in Fig. C.4 (top).

The opening angle of the bipolar region where ionizing radiation escapes is not sensitive to the

assumed ninj within the explored range, and the total mass in Pop III stars does not show any clear
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trend with the assumed value of ninj. However, the values of rsink and ninj should be considered

related parameters because if rsink is small, the gas density at the sink surface may never drop

below ninj and radiation would remain trapped.

For the LW radiation, in addition to a density threshold, we calculate the column density of

the H2 gas along rays from the centre of the sink to the sink surface and we estimate the fraction

of LW photons escaping the sink in each direction due to H2 self-shielding. In Fig. C.4 (bottom)

we show how the total mass in sinks changes when including H2 self-shielding and absorption

by H I Lyman series lines (Section 4.2.6). The escape fraction of LW photons due to H2 self-

shielding alone (red line) reduces the amount of LW photons escaping from the sink surface,

thereby weakening RFB and increasing the total mass in Pop III stars. The feedback effect also

becomes weaker by a comparable amount due to shielding by H I resonant lines alone (blue line).

The total mass in Pop III stars increases further when considering both opacity sources (green

line).

C.1.5 Resolution Study

Fig. C.5 shows the dependence of the total mass (top panel), the multiplicity, and the to-

tal number of sinks (middle and bottom panels) as a function of time for three simulations with

different resolutions (maximum refinement level, 15, 16 and 17). In agreement with Prole et al.

(2022), we find that the total mass is rather insensitive to the spatial resolution, while the multi-

plicity and the total number of sinks are not convergent but increase with increasing resolution.

We also found the masses of individual stars are reduced as the resolution increases (not shown

here). Naively, we expect that the IMF in a higher-resolution simulation is bottom-heavier and
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Figure C.5: Resolution study. We perform Run A with the maximum AMR level 15 (fiducial),
16 and 17 (see legend). The corresponding spatial resolutions (∆xmin) are 12.6, 6.29 and 3.15
AU, respectively. Following equation (C.2) we choose nsink = 1.0 × 1012, 4.0 × 1012 and 1.6 ×
1013 H cm−3 and fiducial sink radius 8∆xmin. The top panel shows the total mass in sinks, the
middle panel the multiplicity (taking into account mergers of sinks) and the bottom panel the
total number of sinks formed as a function of time.

has a lower cutoff/peak mass than what we found here, although the role of sink mergers is harder

to predict. Even with this caveat, we speculate that the trends observed with an X-ray background

are robust. We also carried out a similar resolution study for Run F and, albeit less pronounced,

the results follow a similar trend.
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C.1.6 Reduced Speed of Light Approximation

Ignoring recombination, the speed of the ionization front is vI = Q/(4πd2n), where d is

the distance from the source. By normalizing the parameters with typical values relevant to this

work, at large scales we get:

vI = 2.79× 10−4c

(
Q48

d20.01pcn7

)
. (C.4)

Here, Q48 is the luminosity of the source in units 1048 photon s−1, d0.01pc is the radius of the

ionization front in units of 0.01 pc, and n7 is the gas number density in units of 107 cm−3. There-

fore at large distances, assuming Q48 ∼ 1 − 10, vI is about a factor of 3 − 30 times slower than

our fiducial value for the reduced speed of light cred = 10−3c. We expect the I-front propagation

speed to be similar near the sink particles because the distance decreases but the gas density in-

creases roughly as ∼ r−2 near the sink (Larson, 1969; Penston, 1969), therefore the ionization

front speed only depends on the luminosity of the source. With our sink radius of ∼ 100 AU

(d0.01pc ∼ 5× 10−2) and photon injection density threshold 1011 H cm−3 (n7 = 104), the ioniza-

tion front speed is vI ∼ 10−5Q48c. Therefore even for Q48 ∼ 10− 100, only relevant when sinks

have high mass and accretion rates, vI ∼ 10−4− 10−3c. All the estimates above for vI are only an

upper limit for the speed, as recombination slows down the ionization front propagation speed.

Indeed we have tested different values of cred from 10−1c to 10−4c, and did not observe significant

effects on the simulations results. Interestingly the computational cost of the simulations is not

reduced significantly when assuming values of cred lower than 10−3c, hence we adopted the most

conservative cred = 10−3c.
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Figure C.6: Total mass in sinks in Run F affected by EUV (red), FUV (blue) and both (black
solid). For comparison, noFB case is shown in a dashed line.

C.2 Relative Importance of EUV vs FUV Feedback

In Fig. C.6 we plot the total mass in sinks as a function of time in runs with different UV

feedback. We find FUV (LW, red line) alone can efficiently reduce the mass unlike in Hosokawa

et al. (2016). EUV-only simulation shows a similar degree of mass reduction. The mass is reduced

further with the combination of two UV feedback but this further reduction seems weaker than

individual feedback.

C.3 Sink Merger

In Fig. C.7 we plot the mass in Run E with and without sink merger (solid and dashed). In

the fiducial run, 4 stars form and merge to leave two stars. When they merge, they are gravitation-

ally bound to their companions. In the test run, these stars actually orbit their companions in close

orbits with separations ∼ 40 and 100 AU. The orbits do not expand but shrink with time possibly

due to gravitational torque by the gas disc (Chon and Hosokawa, 2019) and they circularise with
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Figure C.7: Top: Masses in Run E with (solid lines) and without (dashed lines) sink mergers.
The multiplicities are 2 and 4, respectively. Individual sink particles are shown in different col-
ors. Bottom: Binary separations. In the simulation without mergers, the stars form a hierarchical
binary.

time. RFB in the test run is slightly weaker than the fiducial case because the luminosity of a

protostar is not a linear function of mass in the model (Hosokawa and Omukai, 2009; Hosokawa

et al., 2010). Therefore the feedback strength may differ even if the total mass is the same. Even

with this difference, the mass variation is insignificant. The total masses of the stars at ∼ 22 kyr

in the fiducial and test runs are 63.7 and 66.8 M⊙, respectively. We expect the mass of stars is not

sensitive to the sink merger prescription.
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Appendix D: Appendices for Chapter 5

D.1 Sink Particle Recipes

The setup of our simulations differs from those of idealised circumbinary simulations

widely used in the literature (Tang et al., 2017; M19; Muñoz et al., 2020; Dempsey et al., 2020,

2021; Dittmann and Ryan, 2021, 2022). To better understand the difference and estimate the po-

tential impacts on our conclusion, we performed numerical tests and present the results in this

appendix.

D.1.1 Sink Radius

In previous works, the sink radii are kept smaller than ≲ 10 % of the semimajor axis (M19;

Dittmann and Ryan, 2021, 2022, 2023; Sugimura et al., 2023). The sink radius is an important

parameter in a binary simulation as a too-large value might reduce the increase in the orbital

angular momentum (M19). In this work, the choice of the sink radius is a more complicated

matter because it determines the effect of radiative feedback. To better understand the effect

of rsink on the orbital evolution, we present the test result with different sink radii in Fig. D.1.

When rsink = 4∆xmin and 8∆xmin, the binary has similar orbits. With a larger sink radius (r =

16∆xmin), however, the stars migrate inward. We speculate that feedback plays a significant role
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Figure D.1: Separation (top) and total mass (bottom) of binaries with different sink radii. The
fiducial value adopted in this work is rsink = 8∆x.

in this case. As can be seen in the mass plot (bottom panel), the growth of stars is suppressed

significantly due to the effective radiative feedback. However, the possibility of the numerical

effect (a large sink radius leads to an increase in angular momentum, M19) is not completely

ruled out. Note that our sink resolution is sufficient for wide binaries (ab ≳ 2000 AU) but is

insufficient for close binaries. Therefore, the results of the close binaries must be interpreted with

caution.

D.1.2 Softening Length

In idealised CBD simulations, two sink particles are well-controlled, and therefore the

codes typically do not require a softening term when calculating interactions between sink parti-
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cles. The codes developed for cosmological simulations (RAMSES or GADGET-2, Teyssier, 2002;

Springel, 2005), on the other hand, often handle N-body systems in which sink particles en-

counter other particles frequently and therefore these codes employ softening length. As we use

RAMSES in this study, we softened the gravitational force between two sink particles with the

softening term ε (equation (5.5)). In this work, we choose ε = 0.5rsink = 4∆xmin = 50.4 AU.

In Fiducial-Inward, the minimum separation is ∼ 400 AU and is only ∼ 8 times larger than the

minimum separation (400 AU, Table 5.1). This causes ∼ 27 % difference in the strength of the

gravitational force between sinks. In this work, any two sink particles closer than 202 AU are not

resolved and close binaries are beyond the scope of this paper. Rather, we focus on the formation

of wide binaries and outward migration. In these binaries, the separations are even larger and the

softening term becomes negligible compared to the separation. Therefore the effect of gravita-

tional softening is insignificant in most cases. To confirm this, we present the result of the test run

in Fig. D.2. We modified the code to keep the softening for gas accretion but erase the softening

of the gravitational force due to other sink particles (i.e., ε = 0). In both Fiducial-Outward (top

panel) and Fiducial-Inward (bottom panel), erasing the softening term (red lines) does not change

the direction of the migration (outward to inward or vice versa). For Fiducial-Outward, the two

orbits with different ε do not match perfectly. Therefore, there is a possibility that other orbital

parameters (such as semimajor axis or orbital period) may change over many periods (≳ 100 or-

bits). However, gravitational softening does not change our conclusions on outward migration.

We admit that inward migration is more sensitive to gravitational softening. As seen in the bottom

panel, we argue that it does not affect the results of our two binaries with inward migration, but

we need a follow-up study with high-resolution simulations.
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Figure D.2: The time evolution of the separations of the Fiducial-Outward (top panel) and
Fiducial-Inward binaries (bottom panel) with different assumptions for sink softening lengths.
Each panel compares the binary separations for the fiducial simulation (ε = 4∆xmin, black) and
the test run (ε = 0, red). Note that we kept the softening for gas and only changed the sink soft-
ening.

D.1.3 Accretion of Angular Momentum

Recent numerical studies demonstrated the sink particle method with mass removal may

introduce an artificial torque and thus the angular momentum of the accreted gas must be con-

served to prevent this (Dempsey et al., 2020; Dittmann and Ryan, 2021). We performed several

test simulations and explored the impact of the accretion schemes on our conclusion. RAMSES has

a built-in option to turn on the angular momentum-conserving accretion prescription described

above (so-called ‘no-L’ accretion, Bleuler and Teyssier, 2014). This was devised to prevent the

central sink from obtaining unphysically high angular momentum but this acts the same as in the
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Figure D.3: Numerical tests with different accretion schemes. In the standard method (black),
the sink accretes the angular momentum of the gas in addition to its mass. In ‘no-L’ accretion
(red), on the other hand, the sink returns the tangential component of the velocity vector so that
the angular momentum of the gas is conserved (Bleuler and Teyssier, 2014). Panel a: Binary
separation as a function of time for the Fiducial-Outward binary. The ‘no-L’ option is turned on
at when the binary forms (t = 0 kyr). Panel b: Same as Panel a but the ‘no-L’ accretion is turned
on at t ≈ 3.3 kyr. Panel c: The binary separation for the Fiducial-Inward binary during the first
∼ 4 kyr.

works mentioned above.

In Fig. D.3, we present the results of numerical tests in three different situations. In each

panel, we compare the fiducial simulation (black) and the one with ‘no-L’ accretion (red). In the
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latter case, a sink particle returns the tangential component of the momentum to the accreted

gas cells so that the angular momentum of the gas remains constant (for details, see Bleuler and

Teyssier, 2014). In Panel a, we compare the time evolution of the separation of the Fiducial-

Outward binary using the two accretion methods aforementioned. With ‘no-L’ accretion, the evo-

lution in the first 2 − 3 kyr differs significantly from the standard case. The secondary star has

an eccentric orbit but is captured at the pericenter at t ∼ 2 kyr and afterward remains in a close

orbit (∼ 400 AU). Note that the prescription used in the simulation affects the initial gas prop-

erties substantially and this impact is highly unpredictable. Therefore, this test is inconclusive in

determining whether the accretion scheme has a long-term effect on migration. To remove this

initial chaotic effect due to complicated sink formation processes, we performed another test by

turning on the ‘no-L’ accretion at t ∼ 3 kyr when the stars in the binary are well separated and

after other sink particles disappear through mergers. The result is shown in Panel b. Unlike in

the previous case, the two orbits are similar. We speculate there are two main reasons why our

result is different from what was found in previous works (Dempsey et al., 2020; Dittmann and

Ryan, 2021). First, the time scales of our simulations are much shorter than those in the afore-

mentioned works. In our simulations, we followed the evolution of binaries for a few tens of

orbits which correspond to the radiative feedback time scale (∼ 10− 100 kyr Hirano et al., 2014,

2015; Sugimura et al., 2020), while the works mentioned above focus on the long-term evolution

of the binary. For instance, Dittmann and Ryan (2021) evolved their binary for ∼ 2000 orbits

(see Fig. 2 of their work). If we run our simulations longer, hypothetically assuming that the gas

supply is continuous, the change in orbital parameters may accumulate and become substantial.

Second, the regulation of the density profile by the radiative feedback is likely dominant over

effects related to assumptions on the angular momentum accretion scheme, unlike in the previous
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numerical studies that neglect radiative feedback effects (Dempsey et al., 2020; Dittmann and

Ryan, 2021). In Fiducial-Inward (Panel c), the difference is insignificant and the binary shrinks

irrespectively of the assumed accretion scheme. This is because the binary has a large initial

separation (∼ 1200 AU) and thus is less sensitive to the accretion method.

Although different accretion schemes may cause numerical artifacts during the initial sink

formation/disc fragmentation phase, our test confirms that the outward migration of Pop III stars

we found in this work is physical rather than numerical. This assertion is corroborated also by

other evidence. First, outward migration is also found in other studies without mass removal and

thus free from artificial torque (Chon et al., 2021; Paper I; Paper II). In Paper I and Paper II we

found that outward migration is common in Pop III binaries. Chon et al. (2021) focused on inward

migration but found that Pop III stars may migrate outward in certain situations. Secondly, He and

Ricotti (2023) used the sink particle method and found that metal-rich stars tend to migrate inward

but outward migration is rare among them. We speculate this is due to the different gas properties

mainly caused by the efficiency of cooling. If the artificial/numerical torque is the dominant

process, they also should have found outward migration to be frequent. Finally, migration of

Pop III stars is found consistently in other studies with sink particle method (Sugimura et al.,

2020, 2023). We do not know whether this ‘torque-free’ accretion may play a role in orbital

evolution for less massive systems, such as a planet orbiting a low-mass host star where radiative

feedback is weaker. However, this effect is not dominant in massive Pop III binaries because

strong radiative feedback regulates the gas density profile and therefore does not change the

direction of migration systematically.
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D.2 Non Quasi-steady State Accretion

In Fig. D.4, we plot (ȧb/ab)/(Ṁb/Mb) which is also denoted by (d ln ab)/(d lnMb) in

the literature (Dittmann and Ryan, 2021, 2022). In a quasi-steady state disc, this value is nearly

constant (Lai and Muñoz, 2023). In Fiducial-Outward (top panel), however, the rate is greater at

later times. Before and after t ∼ 40 kyr, the average rates are 2.27 and 4.21, respectively thereby

suggesting the disc is not in a quasi-steady state like in typical CBD simulations. Note that the

number of orbits covered in our simulations is smaller than the one required to reach the quasi-

steady state (∼ 100 orbits, M19). In addition, the late-time evolution (∼ 60 kyr) is affected by

the gravitational force of another sink particle (S11).

D.3 Reference Frame

Unlike in idealised simulations where a binary is fixed at the center of the box, binaries in

our simulations drift and orbit the CoM of the entire system. The binaries are also accelerated by

external forces but we did not consider this effect because the force on the CoM does not exert

torque as seen below. Here, we will consider two reference frames: unprimed (unaccelerated) and

primed (accelerated). The origins of both frames are at the CoM. In the unprimed frame, the force

on the CoM is,

Mba = m1a1 +m2a2 = F 1 + F 2 = F , (D.1)
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Figure D.4: d ln ab/d lnMb of Fiducial-Outward (top) and Fiducial-Inward (bottom). A large
increase in the rate in the bottom panel is caused by a close encounter and merger between sink
particles meaning that the disc is not a quasi-steady state.

where the subscripts mean individual sink particles, a is the acceleration, and Mb = m1 + m2.

The acceleration of Sink i in the primed frame is,

a′
i = ai − a. (D.2)

Therefore, the force on the same sink is,

F ′
i = mia

′
i = miai −mia = miai −

mi

Mb

F . (D.3)
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Finally, the torque on the CoM in the primed frame is,

τ ′ = r1 × F ′
1 + r2 × F ′

2

= r1 ×
(
F 1 −

m1

Mb

F

)
+ r2 ×

(
F 2 −

m2

Mb

F

)
= r1 × F 1 + r2 × F 2 −

(
m1

Mb

r1 × F +
m2

Mb

r2 × F

)
= τ − 1

Mb

(m1r1 +m2r2)× F

= τ .

(D.4)

Since the torques in the two frames are identical, we used the simple approach without subtracting

force on the CoM.
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F. Jiménez-Forteza, W. W. Johnson, N. K. Johnson-McDaniel, D. I. Jones, R. Jones, R. J. G.
Jonker, L. Ju, K. Haris, C. V. Kalaghatgi, V. Kalogera, S. Kandhasamy, G. Kang, J. B. Kan-
ner, S. Karki, M. Kasprzack, E. Katsavounidis, W. Katzman, S. Kaufer, T. Kaur, K. Kawabe,
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274



Tringali, L. Trozzo, M. Tse, M. Turconi, D. Tuyenbayev, D. Ugolini, C. S. Unnikrishnan, A. L.
Urban, S. A. Usman, H. Vahlbruch, G. Vajente, G. Valdes, M. Vallisneri, N. van Bakel, M. van
Beuzekom, J. F. J. van den Brand, C. Van Den Broeck, D. C. Vander-Hyde, L. van der Schaaf,
J. V. van Heijningen, A. A. van Veggel, M. Vardaro, S. Vass, M. Vasúth, R. Vaulin, A. Vec-
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M. Hirschmann, R. S. Somerville, S. Wuyts, V. Bromm, C. M. Casey, A. Fontana, S. Fujimoto,
J. P. Gardner, M. Giavalisco, A. Grazian, N. A. Grogin, N. P. Hathi, T. A. Hutchison, S. W. Jha,
S. Jogee, L. J. Kewley, A. Kirkpatrick, A. S. Long, J. M. Lotz, L. Pentericci, J. D. R. Pierel,
N. Pirzkal, S. Ravindranath, R. E. Ryan, J. R. Trump, G. Yang, R. Bhatawdekar, L. Bisigello,
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dolesi, A. Mangilli, A. Marcos-Caballero, M. Maris, P. G. Martin, M. Martinelli, E. Martı́nez-
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