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The study of planets around other stars has entered a science-rich era of char-

acterization, in which detailed information about individual planets can be inferred

from observations beyond discovery and confirmation, which only yield bulk prop-

erties like mass or radius. Characterization probes more revealing quantities such

as chemical abundances, albedo, and temperature/pressure profiles, allowing us to

address larger questions of planet formation mechanisms, planetary evolution, and,

eventually, presence of biosignature gases. The primary method for characteriza-

tion of close-in planets is transit spectroscopy. My dissertation comprises transit-

ing exoplanet case studies using the Hubble Space Telescopes Wide-Field Camera-3

(HST /WFC3) as a tool of exoplanet characterization in a near-infrared band domi-

nated by broad water absorption. Much of my efforts went toward a characterization

of the WFC3 systematic effects that must be mitigated to extract the incredibly

small (tens to 200 parts per million) signals. The case study subjects in this dis-

sertation are CoRoT-2b (in emission), WASP-18b (in transmission and emission),



and HATS-7b (in transmission), along with some partial/preliminary analyses of

HAT-p-3b and HD 149026b (both in transmission). I also present an analysis of

transit timing of WASP-18b with HST and other observatories as another clue to

its evolution as a close-in, extremely massive planet purported to be spiraling in

to its host star. The five planets range from super Neptunes to Super-Jupiter in

size/mass. The observability of such planets – i.e. giants across a continuum of

mass/size in extreme local environments close to their respective host stars, – is a

unique opportunity to probe planet formation and evolution, as well as atmospheric

structures in a high-irradiation environment. This genre of observations reveal in-

sights into aerosols in the atmosphere; clouds and/or hazes can significantly impact

atmospheric chemistry and observational signatures, and the community must bet-

ter understand the phenomenon of aerosols in advance of the next generation of

space observatories, including JWST and WFIRST. In conducting these case stud-

ies as part of larger collaborations and HST observing campaigns, my work aids

in the advancement of exoplanet atmosphere characterization from single, planet-

by-planet, case studies, to an understanding of the large, hot, gaseous planets as a

population.
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Preface

Much of this thesis has been published in peer-reviewed journals and/or pre-

sented at international conferences. Chapter 3 was published in The Astrophysical

Journal as ”The Emergent 1.1-1.7 Micron Spectrum of the Exoplanet CoRoT-2b

as Measured Using the Hubble Space Telescope“ (Wilkins et al., 2014). Chapter

4 was published in The Astrophysical Journal Letters as ”Searching for Rapid Or-

bital Decay of WASP-18b“ (Wilkins et al., 2017). Chapter 5 is in preparation to be

submitted to The Astronomical Journal. Chapter 2 contains some analysis supple-

mental to, but not previously published with, Chapters 3, 4, and 5, as well as some

preliminary results that will be included in a future journal article. Results from

Chapter 3 were presented at the 217th Meeting of the American Astronomical Soci-

ety in January 2012 and the General Assembly of the European Geosciences Union

in April 2013. Preliminary and final results from chapters 2, 3, 4, and 5 have been

presented at the Twenty Years of Giant Exoplanets Conference in October 2015,

the ExoClimes Conference in August 2016, and the 229th Meeting of the American

Astronomical Society in January 2017.

Hubble data were taken as part of Cycle 18 (Program ID: 12181, PI:Deming),

Cycle 23 (Program ID: 14260, PI:Deming), and an archival Cycle 22 program (Pro-

gram ID: 13467, PI: Jacob Bean).
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“‘Curiouser and curiouser!’ cried Alice
(she was so much surprised, that for the moment

she quite forgot how to speak good English).”

Lewis Carroll, Alice’s Adventures in Wonderland
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Chapter 1: Introduction

In this thesis, I present observational case studies of several planets that or-

bit stars beyond our own solar system; we call such objects extrasolar planets, or

exoplanets. The subjects of the case studies are but a few of the more than 3500

exoplanets con�rmed as of August 20171; that number has risen dramatically since

the �rst discoveries trickled in one-by-one over the 1990s. Exoplanet discoveries will

continue to grow at a signi�cant pace, as a new generation of both ground-based

and space-based planet-hunting facilities comes online (e.g., Borucki et al. 2010;

Gillon et al. 2013; Swift et al. 2015; Jurgenson et al. 2016). What must follow, and

sometimes happen in concert with, discovery ischaracterization: the detailed study

of individual planets, often via atmospheres, to understand what they are, how they

came to be, and, eventually, for some, what clues they hold to how life came to

be, and could (have) come to be elsewhere. The growing number of known planets

allows some of this understanding through statistics on occurrence rates of di�erent

planets around di�erent stars, but we must probe the planets themselves for more

complete answers.

1Databases: NASA Exoplanet Archive (https://exoplanetarchive.ipac.caltech.edu/ ),

Exoplanet Orbit Database (http://exoplanets.org/ ), Extrasolar Planets Encyclopedia (http:

//exoplanet.eu/ ), Open Exoplanet Catalogue (http://www.openexoplanetcatalogue.com/ )
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The subjects of the case studies undertaken in this thesis are do not center

on planets any known Earth-based life form would �nd remotely comfortable. The

path to �nding \another Earth" is a long and winding one, and it is blazed by our

assembling knowledge from phase spaces that are unexpected and unexplored, �lled

with planets that are not just unlike Earth, but also often unlike anything we see in

our Solar System. They are the missing puzzle pieces we did not know we needed,

the test cases for the seemingly impossible tasks to which we wish to set our in-

struments and models, and the enablers of necessary practice and re�nement as our

observatories become more complex, and their time becomes more precious. They

are not just means to an end, however; the planets of this thesis, in this early era

exoplanet characterization, exist at extremes in all dimensions: they are blazingly

hot (on one side, at least); they are massive; they are stretched and wrenched by

powerful tides; and they are blasted with harsh UV radiation. Such environments

test our theories at their boundaries; the theories break, and that is when learning

happens. Chemistry and dynamics we could not have imagined are now accessible

(if not always readily, hence: this thesis) via instruments conceived before we were

even sure there were exoplanets, let alone populations entirely unlike the Solar Sys-

tem planets. Harnessing such instruments for the unintended study of unexpected

planets is scienti�cally compelling in its own right.

We begin the thesis in this �rst chapter, the Introduction, with context on

what is known and unknown in (exo)planet formation and evolution, particularly as

it applies to giant planets that have atmospheres and orbit incredibly close to their

central stars, and what we can learn through atmospheric characterization. Chapter

2



2 is a brief overview of the Hubble Space Telescope as a tool of exoplanet character-

ization, and includes unpublished preliminary and supplemental results. Chapter

3 is a refereed, published study of the thermal emission coming from CoRoT-2b,

a planet nearly four times the mass of Jupiter orbiting its host star once every 42

hours. Chapter 4 is a refereed, published study of the in
uence of gravitational tides

on the dynamical evolution of WASP-18 (the star) and its companion, WASP-18b,

a planet more than ten times the mass of Jupiter that takes just 22.5 hours to com-

plete an orbit. Finally, Chapter 5 contains a preliminary study of HATS-7 b, which

in preparation for submission to a refereed journal; the planet is just 12% of the

mass of Jupiter, but it is nearly twice the mass of Neptune or Uranus, and it orbits

in the relatively lengthy 3.2 days.

1.1 (Exo)Planet Formation and Evolution

To understand the mysteries remaining in planetary formation and evolution,

we must �rst identify the context and environment of planet formation, which is,

of course, the formation of stars. Only the highlights are covered here, but, for a

more detailed review, see McKee and Ostriker (2007) and references therein. Gi-

ant Molecular Clouds (GMCs), or dense, slowly-rotating nebulae of di�use gas and

dust, are the birthplaces of stars. GMCs are inhomogeneous or \clumpy;" dense

cores form at the center of clumps within the cloud as gravity attracts more mate-

rial until the inward-pointing gravitational force overtakes the outward-pointing gas

pressure, triggering a fast collapse at a critical mass known as the \Jeans Mass."
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During the gravitational infall of material and the free-fall collapse, the conservation

of energy and angular momentum cause the central material to heat up and the core

to spin faster, respectively. Eventually, the densely-packed, spherical protostar in

the center becomes hot enough to ignite thermonuclear fusion, and the increasing

rotation speed 
attens the infalling material into a disk around the protostar. This

\protostellar disk" has the same initial elemental composition as the star, but the

extreme temperatures, densities, and pressures in the (proto)star prevent the for-

mation of molecular bonds, whereas complex chemical compounds can be found in

the disk, which is cooler and more di�use than the stellar interior.

That rotating disk of the leftover material from star formation provides the

gas and dust needed to form planets. Temperature and density decrease radially

outward, and, for the �rst few - 10 million years, strong winds come from the young,

active central star, and gas and dust still accrete onto the star from the inner edge

of the disk. Within such an environment, we can identify two potential mechanisms

for planet formation:

1. Core Accretion (Pollack et al., 1996), through which the solid dust grains in

the protoplanetary disk collide and merge to form planetesimals, eventually

growing massive enough to accrete gaseous material; and

2. Disk (Gravitational) Instability (Boss, 1997), an analog of the initial star for-

mation process, through which planet cores begin as overdensities within the

disk that, if the disk cools rapidly enough, eventually fragment and gravita-

tionally collapse into planets.
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Core accretion is a slow process (accumulation of the solid core would take

� 106� 7 years, Wetherill 1996) and therefore perhaps may only function in the

longest-lived gas disks (Boss, 2002), while disk instability is a rapid process, able

to form gas and ice giants in� 103 years (Boss, 2003). The two processes result

in markedly di�erent internal structure and di�erentiation: nominally, a planet

formed via core accretion would have a distinct solid core surrounded by a distinct

gaseous envelope, while a planet formed via disk instability would demonstrate more

mixing. However, the nature of the available material to build a given planet in ei-

ther scenario depends on the planet's location in the disk, with di�erent molecules

condensing at di�erent distances from the host star (•Oberg et al., 2011). For an

example, see Figure 1.1, which is adapted from Figure 1 of that paper; the authors

built a model demonstrating how the C/O ratio in giant planet atmospheres would

necessarily di�er from that of their host star. The •Oberg et al. (2011) model uses

the canonical solar C/O ratio (0.54), a power-law disk temperature pro�le (Andrews

and Williams, 2007),

T = T0 �
� r

1AU

� � q
T = 200K �

� r
1AU

� � 0:62
(1.1)

and known evaporation temperatures and measured densities of the major com-

pounds (CO, CO2, H2O, carbonaceous dust grains, and silicate dust grains) from

observations of solar-type protoplanetary disks (Pontoppidan, 2006) and the ISM

(Draine, 2003; Whittet, 2010). Note the locations of the ice lines { also known as

the snow or frost lines, the point at which a given species would condense { for CO,

CO2, and H2O on the plot and how they impact the C/O ratios of the gas and dust
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Figure 1.1 The model of the carbon-to-oxygen ratio (C/O) used by•Oberg et al.
(2011) to show the dependence on formation location by the ultimate gas (solid
green line) and grain (dashed blue line) content of giant planet atmospheres. The
solar C/O ratio is plotted in the orange, dotted line for reference, and the orange
circles are placed at the approximate formation locations of the Solar System plan-
ets (on the Solar C/O line just for clarity, not because their C/O values are/were
Solar). Neptune and Uranus are placed inward of their current locations per to the
predictions of the Nice model (Tsiganis et al. 2005; Levison et al. 2011, others).

grains.

1.1.1 Before Exoplanet Discovery: The Solar System

Consider the architecture we observe in our own Solar System: small, ter-

restrial (rocky) planets orbit close to the Sun, and large, gaseous/icy giants orbit

further away. The boundary between the two planet classes coincides with the water

snow/ice line at about 1.8 AU. With only carbonaceous, silicate, and heavier-metal

dust grains able to condense inward of the ice line, it follows that the terrestrial

planets formed via some type of core accretion mechanism. The relatively low
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abundances of metals from the original solar nebula limited the supply of material

to accrete, thereby limiting the ultimate size of a planet in the inner solar system

to that of Earth. An planetesimal the mass of Earth (or less) would not be mas-

sive enough to hold onto, or potentially even to accrete at all, much of the nearby

primordial H/He-dominated gas, much of which may have been blown out by the

stellar wind, anyway. Instead, the terrestrial planet atmospheres of today comprise

heavier elements that were outgassed from the solid core over time (e.g., Earth's

atmosphere is primarily molecular nitrogen and oxygen). The giant planets likely

formed cores in much the same way, through the agglomeration and collisions of

grains, then clumps of solid matter, and increasingly more massive objects. The

giant planets were able to grow much larger cores because more solid material {

namely ices { would have been available beyond each ice line. Those cores should

have grown to at least several Earth masses, or more, enabling the accretion of

nearby gases into an envelope that roughly doubled the planets' radii.

Thus, the core accretion mechanism, operating to build rocky, terrestrial plan-

ets near the Sun and giant, gaseous/icy Jovians beyond the snow line, goes far to

explain the Solar System we observe today. The core accretion model as originally

proposed does operate too slowly, and there are a few more nuanced dynamical

questions that need further explanation from theories like the Nice Model (Tsiganis

et al., 2005; Levison et al., 2011) or the Grand Tack Hypothesis (Walsh et al., 2012).

Preliminary results from the Juno mission also call into question the presence of a

distinct, solid core of Jupiter (Bolton et al., 2017). However, astronomers and plane-

tary scientists were con�dent in their broad, general picture of planet formation, and
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saw no reason to expect anything radically di�erent when searching for exoplanets

around other Sun-like stars.

1.1.2 After Exoplanet Discovery: More Questions than Answers

The \pulsar planets," two terrestrial planets orbiting PSR 1257 +12, were the

�rst con�rmed exoplanet discoveries (Wolszczan and Frail, 1992). Finding planets

in orbit around an evolved star like a pulsar was unexpected, certainly, but such

systems remain rare and thus invite only an expansion of possibility in speci�c

planet evolution (e.g. Miller and Hamilton 2001), rather than a paradigm shift in

general theories of planet formation and evolution around main-sequence stars. A

paradigm shift was to come, though: just three years later, Mayor and Queloz (1995)

announced the discovery of 51 Pegasus b, the �rst exoplanet around a main-sequence

star, orbiting just 0.052 AU away from a Sun-like (G2) star, with an orbital period

of 4.2 days. In the solar system, Mercury, the closest-in planet, orbits in 88 days, at

an average distance of 0.4 AU. 51 Peg b is nothing like Mercury, or any of the inner

terrestrial planets: the exoplanet is at least half as massive as Jupiter (minimum

massM p sini = 0:46M J ) and nearly twice Jupiter's size (radiusRp = 1:9RJ ).

while such planet should be thermally stable (Guillot et al., 1996), planet

formation models like the •Oberg et al. (2011) model of Figure 1.1 do not support

the in situ formation of such a large planet so close to its host star; there simply

isn't the supply of condensed material to assemble a su�ciently-massive core in the

immediate vicinity of the star, where equilibrium temperatures would be well over

8



1000 K. Instead, astronomers reckon with the hundreds of giant, close-in planets (see

Figure 1.2) by invoking orbital migration (Lin et al., 1996). Migration mechanisms

involve gravitational torques exerted on young planets by the gas component of the

protoplanetary disk, the Kozai e�ect, and/or gravitational scattering as a result of

close encounters between planet(esimal)s (see reviews Lubow and Ida 2010; Kley

and Nelson 2012 and references therein).

9



F
ig

ur
e

1.
2

Fr
om

th
e

P
la

ne
ta

ry
H

ab
ita

bi
lit

y
La

b
or

at
or

y
at

th
e

U
ni

ve
rs

ity
of

P
ue

rt
o

R
ic

o2
.

C
on

�r
m

ed
ex

op
la

ne
ts

as
of

O
ct

ob
er

20
16

,
se

pa
ra

te
d

in
to

18
bi

ns
ac

ro
ss

tw
o

di
m

en
si

on
s:

eq
ui

lib
riu

m
te

m
p

er
at

ur
e

(t
hr

ee
bi

ns
)

an
d

ra
di

us
(s

ix
bi

ns
).

N
ot

e
th

e
m

ar
ke

d
di

�e
re

nc
e

b
et

w
ee

n
th

e
de

m
og

ra
ph

ic
s

of
kn

ow
n

ex
op

la
ne

ts
ve

rs
us

th
e

S
ol

ar
S

ys
te

m
,

w
hi

ch
is

b
ot

h
a

se
le

ct
io

n
e�

ec
t

(g
ia

nt
,

cl
os

e-
in

pl
an

et
s

ar
e

ea
si

er
to

de
te

ct
)

an
d

an
as

tr
op

hy
si

ca
lo

ne
(s

up
er

-E
ar

th
s/

m
in

i-N
ep

tu
ne

s
ar

e
th

e
m

os
t

co
m

m
on

ty
p

e
of

ex
op

la
ne

t)
.

10



In addition to challenging our understanding of planet formation and evolu-

tion, 51 Peg b represented a boon for exoplanet science: instead of the expected slow

start to exoplanet discovery as instrumentation capable of detecting solar-system-

like planets, there has been an explosion, with more than 3500 known exoplanets

con�rmed today. That number is so high in large part because this previously un-

known phase space (close-in, giant planets) is far easier to explore for nearly all of

the exoplanet discovery methods.

Because planets are generally much smaller and much fainter than their host

stars, they can generally only be spatially resolved from their host star and directly

imaged when at great orbital distances (and thus large angular separations) and

warm (and thus bright) from not-yet-dissipated heat from formation. The most

studied planets so far are in the four-planet HR 8799 system (Marois et al., 2008).

Coronagraphic technology continues to advance such that direct imaging and direct

spectroscopy should become more accessible for a larger population of planets (e.g.

Macintosh et al. 2014; Crooke et al. 2016). For now, however, the primary methods

for exoplanet discovery require looking for signatures of indirect e�ects of a planet

on its host star, which will be stronger with higher planet mass (the radial velocity

method), higher planet-to-star radius ratio (the transit method), and/or smaller

semi-major axis (both radial velocity and transit methods). Figure 1.2 shows the

size and equilibrium temperature (correlates inversely with planet-star separation)

distribution of con�rmed exoplanets as of October 2016. Indeed, more than two-

thirds of the con�rmed exoplanets shown in the �gure are close-in and far larger

2http://phl.upr.edu/projects/habitable-exoplanets-catalog/media/pte
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than the Earth.

As we discover more planets, we are able to account for this bias in the distri-

bution of known exoplanets; the \Hot Jupiters," as we have come to refer to Jovian-

sized planets in orbits shortward of ten days, are over-represented because of their

relative ease of detection, but they are in fact relatively rare; see Figure 1.3, wherein

a steep drop-o� in the occurrence of planets larger than about 2.8R� (0.25RJ ), as

shown in the Fressin et al. (2013) analysis ofKepler results. Further, the most com-

monly occurring planet size known as a super-Earth or mini-Neptune (1.3 - 3R� ).

Although a recent dynamical study does argue the in
uence of such a planet in the

Kuiper Belt (Batygin and Brown, 2016), no con�rmed super-Earth planet has ever

been observed in our own Solar System, and thus the formation and evolution of

this common, but missing, link in between ice giants and terrestrial planets has not

been a focus of theoretical e�orts.

We are left with more questions than answers surrounding planet formation

and evolution upon discovery of the incredible diversity of exoplanet system archi-

tectures, occurrence rates, and bulk parameters. The various planetary migration

mechanisms invoked to explain the biggest surprise { the existence of close-in, giant

planets { operate on very short timescales, and are therefore unlikely to be observed

actually occurring. Further, the possibility of distinguishing signatures of the two

planet formation mechanisms { disk instability and core accretion { in observations

of planet-forming disks (Jang-Condell, 2009) is still tentative, and thus we still seek

observational signatures in already-formed exoplanet atmospheres, the gateways to

12



Figure 1.3 From Fressin et al. (2013), Figure 13. The occurrence of planets within
85-day periods by size around FGKM stars, based on the �rst six quarters of Ke-
pler data and corrected for both false positives and incompleteness. Note that
super-Earths/mini-Neptunes are the most common size of planet; even though Hot
Jupiters(/Saturns/Neptunes) are frequently found, they are by far the least fre-
quently occurring planet size.
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understanding an individual planets' history. Even as it appeared that the commu-

nity was coming to a consensus for the need for migration to explain close-in giant

planets, Batygin et al. (2016) found that anin situ formation scenario for at least

some Hot Jupiters cannot be ruled out. We must leverage the �ndings of multiple

studies (e.g.,•Oberg et al. 2011; Madhusudhan et al. 2014; Brewer et al. 2017) that

atmospheric abundances, particularly metallicites and carbon-to-oxygen ratios, are

tied to the formation location and mechanism { core accretion or disk instability {

of giant exoplanets.

1.2 Characterizing Exoplanets in Extreme Environments

Figure 1.2 hints at the limit of what we can learn about individual exoplan-

ets using discovery techniques. We can extract orbital parameters and some bulk

parameters (e.g., mass, radius), and perhaps make predictions about internal struc-

ture.

We are hard-pressed even to map what we know about solar system planets

onto exoplanets, because the environments of our planets are so di�erent from those

of our exoplanet discoveries, even when their bulk parameters are roughly analo-

gous. The challenge increases when a planet's bulk parameters have no solar system

analog. For example, WASP-18b, presented in Chapters 2 and 4, is more than ten

times the mass of Jupiter, orbiting its F star in just 22 hours (Hellier et al., 2009).

In a further re�nement of occurrence rates based on the Kepler dataset, Fulton

et al. (2017) found observational evidence for a theoretically-supported (numerical
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studies: Owen and Wu 2013; Lopez and Fortney 2013, analytical study: Owen and

Wu 2017) \evaporation valley," a marked absence of close-in (orbital period shorter

than 100 days) planets around a radius of 1.8R� (0.16RJ ), creating a bimodal

distribution with distinct peaks at 1.3 and 2.6R� (0.12 and 0.23RJ ). If it is indeed

an evaporation valley, the lower-radius peak is populated by evaporated cores of

former giant planets, while the higher-radius peak is populated by what they were

before, at roughly twice their radius. The \herding" photoevaporation appears to

do makes it all the more curious why we have neither an approximately Earth-radius

evaporated core nor a twice-Earth-radius close-in giant in our own solar system.

Thorngren et al. (2016) found that close-in,warm (< 1000K) planets tend to

possess higher metallicities than those of their host stars; this agrees with the gen-

eral trend observed in the Solar System giants (e.g., Fortney et al. 2007). However,

theoretical approaches su�er a degeneracy for hot (Teq > 1000K) planets, because the

gaseous envelopes at high irradiation levels are subject to in
ation, which pu�s up

the atmospheres to large radii. Detailed characterization of hotter planets is there-

fore doubly necessary to understand their metallicities and break the degeneracy

caused by

1.2.1 Interactions Between Close-in Planets and their Host Stars

Before we approach the happenings inside of an exoplanet atmosphere, let us

�rst review the interactions the planet (and its atmosphere) have with the host star.

The proximity to the host star exposes these hot, giant exoplanets to extremes in
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gravity and irradiation, which in turn triggers unexpected phenomena and assembles

atmospheres unlike anything we have studied before.

1.2.1.1 Tides

Tides arise from the di�erence in the strength and direction of the net gravita-

tional force, which operates as an inverse-square law, on various parts of an extended

body. Following the derivation of de Pater and Lissauer (2010), we consider two ob-

jects: the �rst is a �nite sphere of radius R centered at the origin, and the second is

a point source of massm located at a point r 0, such that jr 0j = r0 >> R , i.e., the

point sourcem is far enough away to seeR as approximately a point source. IfR

is of �nite size, though, R will feel a stronger gravitational pull from m on the side

closest tom, and a weaker gravitational pull fromm on the side furthest fromm,

so there's a di�erential across the sphere, which is known as the tidal force. To see

why tides are particularly consequential for close-in planets, we can derive the tidal

force, FTIDE , per unit mass (or \speci�c" tidal force) of the sphere at some point

r 1 = ( x1; y1; z1) would be the di�erence between the gravitational forces exerted by

m at the origin and at point r , or

FTIDE (r 1) =
G m
r 3

0
r 0 �

G m
jr 0 � r 1j3

(r 0 � r 1) (1.2)

If we think of m as a planet a distancer0 away along the equatorial plane from the

center of a star, we can simplify the geometry such thatm is on the x-axis and also

only consider the tidal force at points along the x-axis. In that case,jr 0j = > x 0
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and jx1j = > x 1, and the tidal force becomes

FTIDE (x1) =
G m
x2

0
�

G m
(x0 � x1)2

; (1.3)

which can be estimated via a Taylor expansion as

FTIDE (x1) �
2x1 G m

x3
0

: (1.4)

The magnitude of the tidal force scales linearly with distance from the center of

the sphere and as the inversecube of the separation, so tides can be incredibly

consequential for close-in exoplanets. We know, of course, that the Moon raises

discernible tides on the Earth, so how does the tidal force felt on the surface of

the Earth from the Moon (m = Mmoon , x1 = R� , x0 = Earth � Moondistance)

compare to the WASP-18 system studied in Chapter 4 (m = 10:27M J , x1 = 1:26R� ,

x0 = 0:02034 AU)? The WASP-18b tidal force is nearly �ve orders of magnitude

stronger per unit mass (� 8:6 � 104).

Signi�cant tidal forces can distort (as seen with Earth's oceans) or even disrupt

(as seen with Comet Shoemaker-Levy, Asphaug and Benz 1994) planetary and stellar

bodies. The most important, broadly-applicable outcome of the strong tidal forces

in close-in orbits is tidal locking, the synchronization of the planets' orbital periods

with their rotation periods, resulting in one side of the planet always facing the

host star (the \day side"), and one side always facing away in darkness (the \night

side"), as is the case with the Earth's Moon. For the analysis in this thesis, I assume

all of the planets are tidally locked.
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1.2.1.2 Mass Loss

The incredibly high levels of X-ray and extreme-ultraviolet (XUV) irradiation

very close to the central star can drive photoevaporation and hydrodynamic mass

loss on planets in small orbits. Though Guillot et al. (1996) concluded that Hot

Jupiters like 51 Peg b should generally be stable against thermal or hydrodynamic

mass loss, active mass loss has been observed in multiple systems since (e.g., Vidal-

Madjar et al. 2003; Ehrenreich and D�esert 2011). Atmospheric mass loss occurs

when the mean thermal velocity (vth =
p

2KT=m) of the atoms and/or molecules

in an atmosphere exceeds the escape velocity (vesc) of the planet. The ratio of the

squares of these two velocities is known as the Jeans escape parameter,� , where, in

the case of hydrostatic equilibrium,

� �
�

vesc

vth

� 2

=
GMpm
kB Tr

: (1.5)

for a particle of massm and temperature T at some radial distance,r , from the

center of a planet of massM p. Fossati et al. (2017) de�ne the restricted Jeans escape

parameter, �, as an estimate of� in the case of a hydrogen-dominated atmosphere

(m ! mH ) in the outer atmosphere of a planet (r ! Rp, T ! Teq),

� �
GMpmH

kB TeqRp
: (1.6)

The authors �nd that a planet with � . 20 � 30 should be experiencing very high

mass-loss rates. Cubillos et al. (2017a) calculate � and estimate envelope fractions

for exoplanets with measurements of both mass and radius and mass less than twice

that of Neptune. They �nd that a large subset of Neptunes have measured bulk
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parameters consistent with both the retention of the primordial H/He-dominated

atmosphereand a very high H/He mass loss rate, which cannot be simultaneously

true for more than a tiny fraction of a planets' lifetime. The authors assert that

there is likely some kind of systematic error in our measurement of one or more

planetary parameters (e.g., an underestimation of mass or over-estimation of radius)

or assumptions (e.g., hot/warm Neptunes could have systematically higher albedos

than hot/warm Jupiters), motivating further detailed study of hot/warm Neptunes.

1.2.1.3 Radius In
ation

Examining Figure 1.5, we can observe a clear break in the correlation between

mass and radius above approximately 0.5M J . At that point, the planets with higher

equilibrium temperatures, a proxy for incident 
ux, have systematically higher radii

that are well above theoretical predictions; this phenomenon was quanti�ed by Weiss

et al. (2013) into a set of relations de�ning two fundamental planes in planetary

radius, planetary mass, and incident 
ux. CoRoT-2b, the focus of Chapter 3, is a

highly in
ated planet. The true cause of radius in
ation is still not clear; Fortney

and Nettelmann (2010); Bara�e et al. (2014) review the many mechanisms that

have been suggested, but there is no clear answer, adding yet another layer of

degeneracy to attempts to model atmospheres of such planets. Miller and Fortney

(2011); Demory and Seager (2011) were able to identify a critical threshold: below

an incident 
ux of � 2 � 108 erg s� 1 cm� 2 (Teq . 1000 K), radius in
ation is not

observed. HATS-7b, the subject of Chapter 5 of this thesis, sits just above this
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threshold, with an equilibrium temperature estimate of 1065 K.

1.2.2 Spectroscopy of Transiting Exoplanets

Transiting exoplanets are those whose orbital planes align with our line of sight,

such that they will pass directly between us and their host star once per orbit, brie
y

dimming the light of the host star by a small fraction. In addition, the total light

from the exoplanet-star system will also dim slightly when the planet disappears

behind the host star once per orbit. The geometry is illustrated in Figure 1.4; we

call the passage of the planet in front of the star, between the observer and the star,

the (primary) transit , and the passage of the planet behind the star, the(secondary)

eclipseor occultation. Because the orientation of a planetary system relative to an

observer at Earth is completely random, we can precisely calculate the likelihood,

ptransiting of a planet of radiusRp in an orbit with eccentricity e and semi-major axis

a is to transit or be eclipse by a star of radiusRstar such that an observer at celestial

longitude ! could observe it (Winn, 2010):

ptransiting =

8
>>><

>>>:

�
Rstar � Rp

a

� �
1+ e sin !

1� e2

�
; primary transit

�
Rstar � Rp

a

� �
1� e sin !

1� e2

�
; eclipse

which, in the limiting case of a small planet (Rp << R star ) orbiting in a circular

orbit ( e = 0), reduces to

ptransiting =
Rstar

a
(1.7)
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The likelihood of a planet in an Earth-like orbit (a = 1 AU) around a Sun-like star

(Rstar = 1 R� ) is about 0.5%, but the likelihood of a Hot Jupiter (a = 0:02AU)

orbiting the same star is 23%. Transiting planets make up the largest population

of con�rmed planets to date, primarily due to the Kepler mission(Borucki et al.,

2010), which monitored 156,000 stars continuously for nearly four years seeking

those characteristic dips in the stellar light indicating the presence of planets.

Charbonneau et al. (2000) reported the �rst observation of an exoplanet tran-

siting its host star, �nding that the known exoplanet HD 209458b, initially discov-

ered by a radial velocity survey, causes a 1.41% decrease in the light coming from the

Sun-like (1.1R� , 1.1M � ) star it orbits. Just ten years later, Kepler harnessed the

transit method as a powerful tool for the discovery of exoplanets, having con�rmed

2,335 new planets as of July 2017, fully two-thirds of the total number known.K2,

the follow-up mission toKepler, searching the ecliptic plane for planets after the

failure of two reaction wheels (Howell et al., 2014), has added another 146 so far.

The application of the transit method reaches far beyond discovery, however; it is

also a powerful tool for thecharacterization of exoplanets, i.e., the observation of

individual, known planets in ways that divulge far more information beyond bulk

and/or orbital parameters derived from discovery.

Transit spectroscopy is simple in concept, but quickly becomes more complex

in execution: observations need only disperse the light received from a star before,

during, and after primary transit (and/or secondary eclipse), and use the changing

transit (or secondary eclipse) depth as a function of wavelength to derive insights

on the nature and composition of the planet's atmospheres. Such variations in the
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transit depth are small, and only the best instruments available can even begin

to tease out the signal of a planet's atmosphere from the starlight. The primary

workhorses in transit spectroscopy have been theHubble Space Telescope(HST)

(e.g., Charbonneau et al. 2002; Sing et al. 2011; Berta et al. 2012; Kreidberg et al.

2014; Fraine et al. 2014; Wakeford et al. 2017b) andSpitzer (e.g. Grillmair et al.

2007; Knutson et al. 2008; D�esert et al. 2011; Todorov et al. 2013).

From the ground, broad-band spectrophotometry has found some successes,

though true spectroscopy is more challenging, as it requires simultaneously obtaining

the spectrum of a reference star (of similar brightness and spectral type to the

exoplanet host star) to account for atmospheric and instrumental 
uctuations over

time, which necessitates using a multi-object spectrograph (e.g., Bean et al. 2013;

Huitson et al. 2017).

However, direct (not time-series) ground-based spectroscopy can measure both

transmission and emission spectra using high-resolution (�= � � & few� 104) obser-

vations to distinguish Doppler-shifted exoplanetary spectral lines from stationary

stellar and telluric lines (e.g. Red�eld et al. 2008; Snellen et al. 2010a; Birkby et al.

2013; Brogi et al. 2016).

At 2.7 R� and 6.4M � , GJ 1214b (Charbonneau et al., 2009) was the �rst

planet in the super-Earth/mini-Neptune phase space to be characterized via transit

spectroscopy (Bean et al., 2010; D�esert et al., 2011; Bean et al., 2011; Berta et al.,

2012; Kreidberg et al., 2014). GJ 1214b has come to de�ne an archetype, sitting at

the center of the continued super-Earth-versus-mini-Neptune debate. Early obser-

vations attempted to break the degeneracy between two scenarios: a mini-Neptune
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with a solid rocky or icy interior and a low-mean-molecular-weight, hydrogen- and

helium-dominated atmosphere, or a \water world" with a mostly water-ice and 
uid

interior and a steam atmosphere. High-precision transmission spectra with HST

Berta et al. (2012); Kreidberg et al. (2014) showed that the planet is enshrouded by

an aerosol-dominated atmosphere.

1.2.2.1 Transmission (Transit) Spectroscopy

The nominal maximum decrease in light measured from a star of radiusRstar

and disk-averaged intensityI star being transited by a planet of radiusRp and night-

side, disk-averaged intensityI p;night is

Transit Depth =
�

Rp

Rstar

� 2 �
1 �

I p;night

I star

�
(1.8)

known as the transit depth (Winn, 2010). For tidally-locked planets, as most close-

in planets and all planets studied in this thesis are assumed to be, the night-side

of the planet is permanently dark, ensuringI p;night << I star , reducing the transit

depth to simply the square of the planet-to-star radius ratio. However, the depth,

and therefore the apparent radius, of a transiting planet can vary with wavelength.

If a transiting exoplanet has a gaseous envelope { i.e., an atmosphere { the starlight

will be �ltered through the outermost layers of that atmosphere as the planet passes

in front if it; a side view of a transit is shown in Figure 1.6. The �ltered starlight

3Data from the NASA Exoplanet Archive, which is operated by the California Institute of

Technology, under contract with NASA under the Exoplanet Exploration Program
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Figure 1.4 Schematic of the phases of a close-in transiting exoplanet aligned with the
observer's line of sight. Planets close to their host stars will likely have circularized
and become tidally locked, such that one side of the planet is permanently facing
the star.
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Figure 1.5 A mass-radius diagram of con�rmed exoplanets for which both parameters
are known, as of July 25, 20173, colored by their equilibrium temperatures (see
Equation 1.17). Seven solar system planets (all but Mercury) are overplotted as
red triangles for reference (note that Earth and Neptune cover most of Venus and
Uranus, respectively).

modulates the stellar spectrum during transit at the wavelengths of gaseous atmo-

spheric constituents, producing absorption lines that can provide valuable insight

into the chemical abundances and structure of the atmosphere (Seager and Sas-

selov, 2000). A transmission spectrum is therefore a measure of the transit depth,

i.e., the planet's apparent radius, against wavelength. The change in transit depth

� transitdepth due to absorption by the exoplanet atmosphere should be a small multi-

ple (usually estimated as 5) of the ratio of the area of the atmospheric annulus one

pressure scale height (H0 (see§ 1.3.4) deep to the stellar disk area, or (Brown, 2001;
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Encrenaz, 2014):

� transit depth =
�

�F
F

�

1

�
�

�F
F

�

2

� ln
�

� 2

� 1

�
�

�
� A

A

�

Atmosphere

� 5 �
2� R p H0

�R 2
star

=
2Rp H0

R2
star

(1.9)

While we suspect that many small, close-in exoplanets would not have retained

any atmosphere they may have had, or are bare, evaporated cores of gaseous plan-

ets, we do expect that larger planets, potentially from super-Earths/mini-Neptunes

upward, based on their bulk densities must have some kind of atmosphere. The mod-

ulations are small, however; for a hypothetical hot Jupiter with a hydrogen/helium-

dominated envelope, temperature of 1000K, radius of 1RJ , and orbiting a 1M �

star, we would expect a� transitdepth of 5� 10� 4, or 500 parts-per-million (ppm). We

do not know how those atmospheres are di�erentiated, though, and we do not know

either how the primordial atmospheres were constituted or how they might have

evolved during whatever migration process might have brought the planet inward,

or how the harsh irradiation environment would a�ect the atmospheric chemistry.

1.2.2.2 Emission (Eclipse) Spectroscopy

Emission spectroscopy, like transit spectroscopy, requires the orbital geometry

of an exoplanet-star system to align with the observer's line of sight so that the planet

disappears behind its host star every orbit. If the exoplanet's orbit is circular (e= 0),

then any planet that transits would also eclipse. Analogously to transit spectroscopy,

an eclipse spectrum is calculated by measuring the depth of the eclipse as a function
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Figure 1.6 A side view of observing an exoplanet in transmission. Most of the planet
is opaque to the starlight, but some starlight will get �ltered through the limb, or the
di�use outer layers of the atmosphere, to a chord of optical depth� = 1. This leaves
imprints of the atmosphere on the stellar spectrum as the atmospheric constituents
absorb some of the starlight. The depth of the atmosphere through which the
starlight penetrates should be approximately �ve scale heights (see§1.3.4)

of wavelength. Unlike transit spectroscopy, however, an eclipse spectrum is not

indirect detection of atmospheric signatures, but a direct measurement of the light

coming from the planet, which is a combination of stellar light that has been from

the planet and the thermal emission or heat coming directly from the planet. The

nominal maximum decrease in light measured from a star of radiusRstar and disk-

averaged intensity I star when a planet of radiusRp and day-side, disk-averaged

intensity I p;day disappears behind it is (Winn, 2010)

Secondary Eclipse Depth =
�

Rp

Rstar

� 2 I p;day

I star
: (1.10)

The re
ection and emission spectra of a planet are, to zeroth order, blackbodies

peaking typically in optical and (near-)infrared wavelengths, respectively, depending

on the temperature and albedo of the planet and the temperature of the star. An
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Figure 1.7 From Deming (2010), this schematic shows three scenarios if you were
to zoom in on the planet of Figure 1.6. Scenario (a) depicts a clear atmosphere of
a large scale height, i.e. large and dominated by mostly H/He, with most of the
hydrogen in water vapor. Starlight passing through this gas would get absorbed at
the wavelengths of various water transitions, varying the resulting observed spec-
trum. Scenario (b) depicts a clear atmosphere of a small scale height, i.e. condensed
and dominated by heavier elements. Much less of the starlight would pass through
this atmosphere, so the observed spectrum would not show any imprint of the at-
mosphere. Scenario (c) depicts a high-scale-height atmosphere as in (a), but the
starlight entering the atmosphere is blocked from leaving it by high-altitude con-
densates, either clouds or hazes, preventing any modi�ed starlight from traveling
to the observer. The spectrum from (c would therefore be qualitatively similar to
one fromb, presenting a degeneracy in possible interpretations of 
at transmission
spectra.
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emission spectrum, therefore, can yield insight into the energy budget of a planet

and, when observed at more than one wavelength, can reveal the albedo (re
ectance)

of a planet. While the depth of the transit scales as the square of the planet-to-

star radius ratio, the depth of the eclipse scales as the planet-to-star 
ux ratio; the

strongest eclipses are observed when the stellar 
ux is low relative to the planetary


ux, like in the mid-infrared, particularly for very hot stars, whose spectra peak

in the visible/UV, which heat up close-in planets to temperatures that peak in the

near- or mid-infrared. It is therefore unsurprising that the �rst secondary eclipse

spectra were observed with the Spitzer MIPS instrument at 24� m, of a Hot Jupiter

(orbital period 3.5 days, brightness temperature 1150K) around a 6000K-star (HD

209458b, Deming et al. 2005; Charbonneau et al. 2005; since then, secondary eclipse

spectra have been observed with both cryogenic and warm Spitzer (e.g., Richardson

et al. 2007; Knutson et al. 2008; Swain et al. 2008; Deming et al. 2011; Todorov

et al. 2014 HST (e.g. Wilkins et al. 2014; Stevenson et al. 2014; Line et al. 2016;

Beatty et al. 2016, and ground-based observatories (e.g., Knutson et al. 2010; Zhou

et al. 2015), and, further, eclipse mapping (e.g., Knutson et al. 2007; Majeau et al.

2012).

1.3 Modeling Exoplanet Atmospheres

In this �nal section, I highlight some of the most relevant inputs and con-

siderations when modeling the transmission and emission spectra from exoplanet

atmospheres. Far more information exists than could possible go here, both in re-
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views (Cross�eld, 2015; Madhusudhan et al., 2016; Deming and Seager, 2017; Heng

and Marley, 2017) and textbooks (Seager, 2010; Heng, 2017).

1.3.1 Radiative Transfer in an Exoplanet Atmosphere

We begin as Heng and Marley (2017) do, and follow their formalism: we will

de�ne optical depth, � , which corresponds to the number of mean free paths (mfp )

in a medium (i.e., the average number of interactions a photon would have before

being absorbed when passing through the medium) in three di�erent ways:

� �
Z

n� dx =
Z

� d ~m =
Z

� e dx; (1.11)

wheren is the number density of the medium,� is the absorption cross-section,x is

the spatial coordinate,� is the opacity of the medium (cross-section per unit mass),

~m is the column mass (mass per unit area), and� e is the extinction coe�cient

(= 1 =mfp). � , � , and � e are all wavelength-dependent parameters, making�

wavelength-dependent as well. When observing a planet in transmission, photons

traveling from the star will typically make it out of the planet's atmosphere above a

chord corresponding to� � 1 (see Figure 1.6; because� varies with wavelength, the

radius to which the chord corresponds (the \transit radius") and, in turn, the transit

depth, will also vary with wavelength in the presence of an atmosphere. Similarly,

photons coming directly from the planet's atmosphere can originate from no deeper

than � � 1, so the emission spectrum comprises only photons from above� � 1

(the photosphere), which is typically deeper than the transit radius.

Next, we will take an abbreviated look at the radiative transfer equation,
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which begins as a simple di�erential equation balancing the sources of energy in a

medium. If we take that deceptively simple equation and apply the plane-parallel

approximation, which allows the atmosphere to be sliced into layers that can each

be treated one-by-one as axially symmetric and at a constant density, pressure, and

temperature, it becomes

I � (k̂; � � ) = I � (k̂; 0)e� � � +
Z � �

0
S� (k̂; � 0

� )e� � 0
� d� 0

� (1.12)

where I� is the emitted intensity as a function of opacity, optical depth, and fre-

quency, andS� is the source function.

In local thermodynamic equilibrium (LTE), the source function becomes

S� = (1 � A � )B � (T) + A � � ; (1.13)

where � is a function describing scattering.

I � = B � (T)(1 � e� � � ) (1.14)

In transmission spectroscopy, where there is no scatter or emission to worry

about (S� = 0), the emergent intensity is

I � (0)e� � � : (1.15)

While in thermal emission, where the scatter terms can again be dropped,

Kircho�'s Law (source function ! Planck function, B� (T)),

I � = I � (0)e� � � + B � (T)(1 � e� � � ): (1.16)
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These are the equations that govern the model atmospheres, layer by layer.

1.3.2 Temperature and Pressure Structure

Our �rst approximation of the expected temperature of an exoplanet is to

calculate its equilibrium temperature,Teq, which is the temperature the planet would

have if it were in complete equilibrium with the blackbody radiation emitted from

the central star; i.e. had an isothermal surface and no internal sources of heating or

cooling:

Teq = Tef f; �

r
R�

a
(f 0(1 � AB ))1=4; (1.17)

where Tef f; � is the e�ective stellar temperature, R� is the stellar radius, a is the

semi-major axis (average planet-star separation), andAB is the Bond albedo.f 0 is

a correction factor accounting for the fraction of the atmosphere we are observing

and/or the e�ciency of heat redistribution on the planet (Seager, 2010), recalling

that all { or most { close-in planets are going to be tidally locked, with one side of

the planet permanently faced toward its host star, and one side permanently left

"dark." f 0 can range from 2/3 (no redistribution of heat) to 1/2 (full redistribution

of heat) (Evans et al., 2013).

In modeling transmission spectra, we assume an isothermal temperature gra-

dient with height in the atmosphere (i.e., constant T); in transmission, we are simply

measuring absorption, not continuum, and are therefore not very sensitive to tem-

perature gradients, just the absolute temperature, which is typically left as a free
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parameter. In emission spectroscopy, the temperature structure must be left as a

free parameter, which signi�cantly increases the complexity of models. Retrieval

methods that parametrize the temperature-pressure pro�le signi�cantly reduce the

computation time over generating a forward model from the equation of radiative

transfer (Madhusudhan and Seager 2009, for a review: Line et al. 2013b).

1.3.3 Chemistry and Line Opacities

In (exo)planet atmospheres, the densities are high enough to assume LTE con-

ditions when building a model layer-by-layer; collisions dominate over radiation in

the transfer of energy, maintaining thermal equilibrium locally, with no net loss or

gain of energy, and largely blackbody behavior. In addition, a closed system is in

chemical equilibrium when the bulk number densities of all atoms and molecules

remain constant over time; various chemical reactions still occur, but they are gen-

erally all reversible, and the forward and reverse reactions (or reaction chains) have

the same reaction rates. A closed system wants to be in chemical equilibrium, and

thus generally reaches it, given enough time, as disequilibrium processes eventually

run out of reactants. In planetary (and stellar) atmospheres, deeper layers are more

likely to be in chemical equilibrium, because the higher temperatures speed up the

reaction times, and those layers will reach equilibrium more quickly. One relevant ex-

ample is seen in the observed abundances of CO (carbon monoxide) relative to CH4

(methane) in the upper atmospheres of Jupiter and T-type brown dwarfs. Deep in

the atmospheres of Jupiter and T-dwarfs, CO is the more abundant carbon-bearing
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molecule, because its triple bond gives it a high enough binding energy to withstand

the higher temperatures, whereas the more weakly-bonded CH4 dissociates. In the

cooler upper layers, CH4 is the more dominant carbon sink instead. Observations,

however, show that CO is far more abundant in the upper layers of Jupiter and T-

dwarf atmospheres than chemical equilibrium predicts. This is because the system

is not, in fact, closed: vertical mixing dredges some of the abundant CO deep in the

atmosphere upward, and, while CO does tend to react with molecular hydrogen to

produce CH4 and H2O via

CO + 3H2 $ CH4 + H 2O; (1.18)

which, also because of CO's strong triple bond, moves more slowly going forward (to

the right) than in reverse (to the left). Therefore, CO gets replenished by vertical

mixing faster than it can be replaced by converting to CH4, hence an overabun-

dance. Similarly unexpected CO/CH4 over/under-abundances were measured in

the atmosphere of hot Neptune GJ 436b (Stevenson et al., 2010), which could be a

consequence of CO delivery via vertical mixing driven by the strong stellar radiation

onto the day side of the hot Neptune. In most cases, however, it is reasonable to

assume chemical equilibrium, because there are few circumstances in which our ob-

servations would be sensitive enough to see disequilibrium chemistry, although also

see§1.3.5.

Given a list of molecules in chemical equilibrium, the next step in calculating

a model spectrum would be to calculate the strength of any and all possible lines

coming from those molecules in a set of given conditions. As line lists can approach
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millions for hot giant exoplanet temperatures, this is a signi�cant undertaking that

need not be repeated each time a new model is generated. Modelers instead make

use of line lists; the current preferred list is HITRAN Richard et al. (2012).

What is the line strength, though? Following the notation and derivations of

the HITRAN team in �Sime�ckov�a et al. (2006), �rst recall that the optical depth can

be expressed as a spatial integral of the opacity (equation 1.11). The opacity,� , of

a single spectral line, integrated over all wavenumbers (~� , not to be confused with

� of frequency) is the integrated line strength:

S �
Z

�d ~� (1.19)

When considering a pair of quantum energy levels in a molecule, the relation between

the rates of absorption and emission is calleddetailed balance, and depends on the

Einstein A- and B-coe�cients, which are the rates of spontaneous and induced,

respectively, emission or absorption, and are related by

g1 B12 = g2 B21; (1.20)

A21 = 8�h ~� 3B21; (1.21)

where the subscripts refer to energy levels 1 and 2 (often denoted generally asm

and n), g1 and g2 are the statistical weights of the respective levels. Using the

detailed balance and radiative transfer equations with the de�nition ofS, we reach

a de�nition of integrated line strength at a wavenumber ~� of:

S(T) =
g2

Qtot (T)
A21

8�c ~� 2
0

e� c2E1=T (1 � e� c2 ~� 0=T ); (1.22)
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where T is the temperature,Qtot (T) is the total internal partition function of the

molecule atT, ~� 0 is the central wavenumber of the line,E2 is the energy level of line

2, de�ned such that E2 � E1 = ~� , c2 is the second radiation constant,hc=kb, and c

is the speed of light,h is the Planck constant.

In this thesis, we make use of an internal radiative transfer code (Deming

et al., 2013) to model CoRoT-2b, and Exo-Transmit (Kempton et al., 2017) for

modeling transmission spectra of all of the other planets. Exo-Transmit is open-

source and fast. The code uses the HITRAN line lists, assumes an isothermal

temperature-pressure pro�le, and allows for a wide range of input temperatures,

metallicities, and C/O ratios, as well as (uniform, grey) clouds at any depth and

enhanced Rayleigh scattering (by a simple scale factor). Chapter 5 discusses the

application of Exo-Transmit to modeling transmission spectra in more depth.

1.3.4 Scale Height

We can derive the pressure scale height by following the method described in

Seager (2010), starting from assuming hydrostatic equilibrium. The pressure (P)

gradient with respect to height in the atmosphere (z) is

dP
dz

= � g� (1.23)

whereg is the gravitational acceleration and� is the density. Combining this equa-

tion with the ideal gas law,

P = nkT =
�kT

� mmH
(1.24)
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wheren is the number density,k is the Boltzmann constant,� m is the mean molec-

ular weight, and mH is the mass of hydrogen. Rearranging equation 1.24 to isolate

� ,

� =
P � mmH

kT
; (1.25)

substituting it in to equation 1.23, and rearranging �nds the di�erential equation

dP
P

= �
� mmH g

kT
dz (1.26)

which, with the nontrivial assumption that temperature (T) and mean molecular

weight (� m ) are constant with height (z) integrates to

P = P0e� z=H0 (1.27)

whereH0, the pressure scale height, is de�ned as

H0 �
kT

� mmH g
(1.28)

and represents the e-folding distance for pressure in the (isothermal, constant mean-

molecular-weight) planet's atmosphere. At the wavelengths of a strong molecular

or atomic transition, the transit depth deepens (as compared to the white-light or

continuum transit depth) by a few scale heights, as the absorption of stellar light at

those wavelengths causes the planet to appear larger (recall that the transit depth

is dependent on the square of the planet's radius).

1.3.5 Aerosols

Aerosols, most simply de�ned as solid or liquid particles suspended in a gas,

can be split into two categories de�ned by their formation mechanism:
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ˆ Clouds , which are formed via equilibrium, reversible processes of condensa-

tion of a gas, and

ˆ Hazes, which are formed via disequilibrium, non-reversible processes.

Clouds and hazes are both abundant in Solar System atmospheres, as summarized

in Figure 1.8 by Sarah H•orst, who also proposed the above formalism for de�ning

clouds and hazes under the umbrella term \aerosols." As explored in the thesis,

aerosols are challenging to model, but also potentially incredibly consequential in

exoplanet atmosphere observations (Marley et al., 2013).

In the case of a clear (aerosol-free) atmosphere, the scattering cross-section,

which determines the optical depth for re
ected starlight (equation 1.11), scales with

wavelength� as � � 4. This dependence, combined with molecular absorption being

stronger in longer wavelengths, means that the re
ected spectrum measured on an

exoplanet should drop o� quickly when wavelength decreases, with relatively little

contribution in the near- and far-infrared, where the thermally emitted spectrum

dominates instead. If clouds are present, however, not only do they block starlight

from passing through the terminator region, returning a featureless transmission

spectrum, but they also introduce a bright, grey opacity (constant over a wide range

of wavelengths), 
attening out any distinction between the re
ectance-dominated

and emission-dominated regimes of the secondary eclipse spectrum (Marley et al.,

2013; Cahoy et al., 2010).

4From: `Clouds and Haze and Dust, Oh My!" by Sarah H•orst
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Figure 1.8 Aerosols in the Solar System, credit: Sarah H•orst4. Aerosols, including
both clouds and haze, are present in every planet, and most major moons, of Solar
System bodies. The chemistry forming and maintaining these aerosols vary as widely
as the planets' temperatures, pressures, and atmospheric constituents do, but the
presence of aerosols in planetary atmospheres should not come as a surprise.
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Global, high-altitude aerosols can enhance the albedo of a planet, as seen in

Kepler-7 b (Demory and Seager, 2011), with a measured geometric albedo of� 0.30,

far larger than most of the previous �ndings for other hot giant exoplanets (e.g.,

albedo of 0.038 for HD 209458 Rowe et al. 2008.

I look at the impact clouds and hazes, separately and simultaneously, have on

the �nal spectrum that we can actually measure.
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Chapter 2: The Hubble Space Telescope, Unexpected Explorer of

Extrasolar Atmospheres

\The �rst few pictures came back blurred, and I felt ashamed
For all the cheerful engineers, my father and his tribe. The second time,

The optics jibed. We saw to the edge of all there is{

So brutal and alive it seemed to comprehend us back."

Tracey K. Smith, from \My God, It's Full of Stars"

In this chapter, I brie
y contextualize for the reader the Hubble Space Tele-

scopeas one of the primary, most essential tools in the characterization of exoplanet

atmospheres, and the nearly exclusive source of data for my dissertation in partic-

ular. I present some preliminary, not-yet-published data to illustrate both the uses

and challenges of using an instrument and telescope decidedly not intended as the

marquee observatory of the �rst decade of characterizing the atmospheres of other

worlds.

2.1 Why HST?

Though small, ground-based telescopes, even those of the backyard variety, are

able to detect some exoplanets with relative ease, the characterization of exoplanet
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atmospheres requires much higher sensitivity to detect the subtle modulations of a

stellar spectrum by having passed through a planetary atmosphere. Ground-based

transit observations require acquiring the spectrum of reference star of the same

stellar type and brightness in the �eld simultaneously to account for atmospheric

variability and wavelength-dependent e�ects. Finding such a reference star in the

�eld is unlikely. There have been successes performing transit spectroscopy with

high-dispersion spectrometers (e.g., Red�eld et al. 2008; Snellen et al. 2008; Birkby

et al. 2013), but the most important wavelength windows in the UV, near-infrared,

and mid-infrared are virtually inaccessible from the ground. We must go to space,

and we must useHST to access ultraviolet through near-infrared spectra;Spitzer

provides complementary access to infrared spectrophotometry.

2.2 Planet Targets

The mass-radius diagram in Figure 2.1 shows the two large surveys lead by

Drake Deming. The �rst survey focused on giant planets across the mass distribu-

tion, and additionally targeted the \in
ated" planets, which are among the most

irradiated of them all, and consequentially get pu�ed-up to large radii. Upon the

success and lessons learned with the �rst, the second program pushed down the

mass-radius correlation to mini-Neptunes. The �rst result from that program is a

Neptune-size planet with de�nitive water absorption detected in what appears to be

a primordial atmosphere, rather than a secondary (out-gassed) atmosphere or one

accreted/disturbed during migration (Wakeford et al., 2017a).
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Figure 2.1 A mass-radius diagram of con�rmed exoplanets for which both parameters
are known, as of July 25, 20171, colored by their semi-major-axis-to-stellar-radius
ratio (a=Rstar ). Overplotted are targets from the two large HST programs (PI
Deming) that were the primary data sources for this thesis: Cycle 18 (observations
2010 - 11) in squares, and Cycle 23 (observations 2015 - 16) in triangles.

2.3 The Wide Field Camera 3

WFC3 was installed in the �nal HST servicing mission, replacing the Wide

Field Planetary Camera 2 (WFPC2) in 2009. The data presented in Chapter 3, the

observations of CoRoT-2b, are from one of the very �rst exoplanet characterization

programs WFC3 carried out. We learned immediately that the WFC3 detector

behaved curiously at the low noise levels we needed. As discussed in more detail in

the next chapter, the detector su�ered from low-level, time-dependent systematics

that interfered with our attempts to achieve near-photon-limit-precision in time

series data in order to even see a signal. I will leave the analysis of the original

1Data from the NASA Exoplanet Archive, which is operated by the California Institute of

Technology, under contract with NASA under the Exoplanet Exploration Program
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iteration of the WFC3 to the next chapter, and instead brie
y describe what has

managed to enable reaching that goal of near-photon-precision: spatial scanning.

We found that those systematics were highly dependent on incident 
ux on the

detector, though with far too much scatter to build a meaningful predictive model.

Spatial scanning has the instrument drifting across the target, spreading the light

from the star-planet system across the detector, maximizing the number of photons

(to minimize SNR) while keeping the systematics somewhat at bay. Figure 2.2 shows

an example of an uncorrected light curve; this one is particularly illustrative because

it has so many orbits; mostHST observations of exoplanet transits are 4 - 5 orbits,

with the center two in transit, and the others just before and after.HST orbits the

Earth in roughly 90 minutes, and spends a fraction of each orbit with the target

blocked from view by Earth; this is why there are large gaps in coverage. WASP-18b

is a particularly interesting planet, because it is in a tight 22-hour orbit, one of the

shortest known, especially for a giant exoplanet. This observation is from theHST

archive; the original PI was able to get a light curve covering the entire planet's

orbit, which can serve other science goals, but, for our purposes, gave a far-larger-

than-usual number of out-of-transit points, making the correction the systematics

much easier: a version of the Berta et al. (2012) approach, which is to take advantage

of the fact that the light curve should be 
at and constant whenever not in transit,

assuming a quiet star (not always a safe assumption). One can therefore make a

template orbit by averaging all of the out-of-transit orbits, and simply divide that

out. I take extra steps to account for the softening of the hook over the course of an

observation; it is always worst in the �rst orbit and best in the last, so I �t for and
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Figure 2.2 The WFC3 light curve (full phase) of the WASP-18b system, as seen with
HST spatial scan. Visits A and B, denoted here by cyan and dark blue circles, are
the forward and reverse scans, respectively.

quantify that evolution. Unfortunately, the systematics are not exactly the same

manifestation each time, so I have to correct each data set separately. Attempts to

get at the physical cause and/or develop a method to apply generally, such that we

do not have to test and rewrite with each observation have proven to, at best, do no

better than the divide-by-an-average method (e.g., the next chapter, also (Tsiaras

et al., 2017; Zhou et al., 2017)). I include the (corrected) white light curves for HD

149026 and HAT-p-3b here, as well.

2.4 Future Outlook for HST Targets

While this entire dissertation could be seen as a treatise on the abilities ofHST

to rise to any challenge posed to it, we must recognize theHST { and nature herself
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Figure 2.3 The systematics-corrected WFC3 white light curve of the WASP-18b
transit, as seen withHST spatial scan.
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Figure 2.4 The systematics-corrected WFC3 white light curve of the WASP-18b
secondary eclipse, as seen withHST spatial scan.
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Figure 2.5 Systematics-corrected white light curves of the transits of HD 149026b
and HAT-p-3b, and the respective residuals.

{ have limits. HST requires targets to be bright stars, with favorable planet-to-

star-radius ratios. There is simply a �nite number of good targets for atmospheric

characterization with HST. The TESS mission (Ricker et al., 2014) will �nd an

incredible number of possibilities; see Figure 2.6. However, a careful look at the

�gure will reveal that TESS will not �nd many de�nitively \giant" planets. This

is not because TESS cannot detect such planets, of course; the survey will \re-

discover" plenty of our known giant planets. Instead, it is a sign that we are, or will

be soon, approaching completeness of large planets around bright stars, which may

not be able to be characterized from small, ground-based telescopes, but certainly

detectable enough to discover/con�rm. Such an inevitability is not to say that

HST will ever worry about exoplanet proposal under-subscription, but that we

as exoplanet astronomers must be deliberate about which planets we study, and

also consider carefully how to use the observatory to understand giant planets as a

population, given that we only get to observe a fraction of them.
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Figure 2.6 The predicted planet yield from the Transiting Exoplanet Survey Satellite
(TESS), due to launch in March 2018, based on the results of (Sullivan et al., 2015);
the colors and sizes of the points denote planet radius (Rp) in Earth radii ( RE ).
The large blue and purple triangles mark the coordinates of well-studied super-
Earths/mini-Neptunes GJ 1214b and GJ 436b, respectively, for reference.
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Chapter 3: The Emergent 1.1-1.7 Micron Spectrum of the Exoplanet

CoRoT-2b as Measured Using the Hubble Space Tele-

scope

Abstract

We have used Hubble/WFC3 and the G141 grism to measure the secondary

eclipse of the transiting very hot Jupiter CoRoT-2b in the 1.1-1.7� m spectral region.

We �nd an eclipse depth averaged over this band equal to 395+69
� 45 parts per million,

equivalent to a blackbody temperature of 1788� 18K. We study and characterize

several WFC3 instrumental e�ects, especially the \hook" phenomenon described by

Deming et al. (2013). We use data from several transiting exoplanet systems to

�nd a quantitative relation between the amplitude of the hook and the exposure

level of a given pixel. Although the uncertainties in this relation are too large to

allow us to develop an empirical correction for our data, our study provides a useful

guide for optimizing exposure levels in future WFC3 observations. We derive the

planet's spectrum using a di�erential method. The planet-to-star contrast increases

to longer wavelength within the WFC3 bandpass, but without water absorption or

emission to a 3� limit of 85 ppm. The slope of the WFC3 spectrum is signi�cantly
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less than the slope of the best-�t blackbody. We compare all existing eclipse data for

this planet to a blackbody spectrum, and to spectra from both solar abundance and

carbon-rich (C/O=1) models. A blackbody spectrum is an acceptable �t to the full

dataset. Extra continuous opacity due to clouds or haze, and 
attened temperature

pro�les, are strong candidates to produce quasi-blackbody spectra, and to account

for the amplitude of the optical eclipses. Our results show ambiguous evidence for

a temperature inversion in this planet.

3.1 Introduction

Very Hot Jupiters are gas-giant exoplanets with orbital periods less than about

3 days. The close proximity of VHJs to their host stars enhances the in
uence of irra-

diation, tidal forces, and stellar activity on their structure and evolution. CoRoT-2b

(Alonso et al., 2008) is a VHJ of particular interest because of lingering questions

about the structure of its atmosphere, which can be studied with observations of

its secondary eclipse. Alonso et al. (2009) announced the �rst secondary eclipse

observations of CoRoT-2 in theCoRoT optical waveband, followed by the mid-

infrared Spitzer secondary eclipse measurements of Gillon et al. (2010), re-analyzed

and expanded with WarmSpitzer eclipses by Deming et al. (2011). Alonso et al.

(2010) added a secondary eclipse point in the Ks band. The analysis of Gillon

et al. (2010) favored a poor day-night-side heat distribution in CoRoT-2b's atmo-

sphere. Deming et al. (2011) found a high 4.5� m 
ux as the only disagreement with

a solar-composition, equilibrium chemistry model of the atmospheric temperature
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structure. Deming et al. (2011) considered possible emission in the 4.5� m band

from CO mass loss. Both works question, but do not rule out, the presence of a

temperature inversion in the atmosphere caused by an upper atmosphere absorber.

Madhusudhan (2012) �nds that either a carbon-rich or solar abundance non-inverted

model �ts the data available in the literature.

These widely varied, competing explanations for this planet demonstrate the

importance of spectroscopic observations. CoRoT-2b clearly does not �t the stan-

dard solar-composition, equilibrium chemistry model that satisfactorily describes

many planets in its class, and we explore the anomalous spectral shape. For a clear

illustration of CoRoT-2b's standing as an outlier among VHJs, see Knutson et al.

(2010). CoRoT-2 is a very active star, a young Solar analog, and yet a temperature

inversion cannot be ruled out and the planet does not �t clearly into the otherwise

well-de�ned inverted/non-inverted planet classi�cations. This curious state of the

planet is perhaps due to a magnetic interaction between the planet (Lanza et al.,

2009) and CoRoT-2. Any further understanding would require more measurements

of the planet in new wave bands.

In this paper, we use the G141 infrared grism on the Hubble Space Telescope's

Wide-Field Camera 3 (HST's WFC3) to detect the day-side thermal emission spec-

trum of CoRoT-2b from 1.1� m to 1.7� m. The CoRoT-2 system is part of an HST

Cycle-18 program that observed a wide range of HJs/VHJs in transit and secondary

eclipse, and gives us the basis for new insights into the instrumental e�ects of WFC3

(Deming et al., 2013; Huitson et al., 2013; Line et al., 2013a; Mandell et al., 2013;

Ranjan et al., 2014). In what follows, we describe the observations of the CoRoT-
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Table 3.1. CoRoT-2 Observation Summary

Visit UT Date & Time Number of Exposures Orientation Angle

(hr:min-hr:min)

A 10-18-2010 11:12-16:45 271 80.4�

B 9-16-2011 09:37-15:07 276 93.9�

C 9-23-2011 07:41-13:11 275 90.7�

2 system in §3.2 and the initial stages of data analysis in§3.3. In §3.4 we place

our observations in the larger context of other HST programs with WFC3 in or-

der to provide a comprehensive systematic description of the instrumental e�ects

encountered in these observations. We then present our methods of obtaining the

band-integrated secondary eclipse curve (§3.5) and derivation of the spectrum (§3.6)

of CoRoT-2b. Finally, we use our results to constrain models for the atmosphere of

the planet in §3.7, and we summarize in§8.

3.2 Observations

We observed CoRoT-2 using the G141 grism of WFC3 (1.1-1.7� m), in three

separate visits, each comprising four orbits of HST and hereafter called visits A, B,

and C. We used the 128� 128-pixel subarray of the 1024� 1024-pixel detector. At

the beginning of each visit, we acquired a single direct image of the system with the

F139M �lter, a medium-band �lter centered at 1.39� m; the location of the target
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in this direct image de�nes the initial wavelength solution for the grism spectra. A

summary of the observations is in Table 3.1.

Most of our observations in program 12181, including those of CoRoT-2, were

executed before the advent of spatial scan mode (McCullough and MacKenty, 2012).

Lacking the spatial scan, WFC3 observations of relatively bright stars can be inef-

�cient, because the time required to transfer the data greatly exceeds the exposure

time for bright exoplanet host stars. We maximize the e�ciency by using subarrays

and by exposing the detector to 
uence levels approaching or equaling saturation.

Even at a saturated exposure level, an unsaturated signal is available because the

detector is sampled `up the ramp' multiple times within each exposure, and all the

samples are saved in the data. Isolating less than the full number of samples, a

linear signal can be obtained even in the saturated case. Our CoRoT-2 grism data

are exposed so that the brightest pixel contains about 70,000 electrons in a full

exposure, which is approximately the level of 5% non-linearity.

3.3 Initial Data Analysis

In order to explore whether our results are sensitive to details of the data

analysis, we use two parallel but independent methods to process the data. To

avoid confusion with the visit terminology (A, B, C), we denote the two methods

as � and � . Method � makes more explicit corrections and manipulations of the

data than does method� . Exoplanet signals are subtle, and the more the data

are processed, the more the potential for adding numerical noise that may mask
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the small exoplanet signal or even fooling oneself into detecting a false signal. Our

dual-track analysis allows us to evaluate the trade-o� between the most `complete'

method versus the potential for degrading the results by over-processing of the data.

It also allows us to evaluate what corrections are necessary, and what corrections can

be neglected. Upon measurement of the eclipse curve, the methods yield consistent

results.

Method � uses \
t" FITS image �les retrieved from the Mikulski Archive at

Space Telescope (MAST) server, located at the Space Telescope Science Institute

(STScI). The \
t" �les were calibrated through the WFC3 pipeline's high-level

task, calwf3, which includes two low-level tasks, wf3ir and wf3rej, that apply to

the infrared channel. wf3ir performs standard calibrations, including corrections for

bias, non-linearity, dark current, and bad pixels due to energetic particle hits, while

wf3rej completes more bad pixel rejection and combines images. Rajan and et al.

(2011) gives details of this pipeline. We multiply the resultant signal rates (electrons

per second) by the integration time to infer the accumulated signal on each pixel,

in electrons.

Method � begins with \ima" FITS �les from the MAST server. These �les

give the `sample-up-the ramp' values of each pixel at 4 times during each 22-second

exposure, and are processed to correct for non-linearity, but not to reject energetic

particle hits. We process these �les (minimally) by �tting a linear slope to the four

samples as a function of time for each pixel, to determine the rate at which electrons

are accumulating in the pixel. Our linear �t weights each sample of a given pixel

by the square-root of the signal level, as appropriate for Poisson errors. Multiplying

55



the �tted slope by the 22-second integration time yields the accumulated signal in

electrons. This process does not include any correction for energetic particle hits.

Rather, we correct those at later stages of the� -analysis, and we also evaluate the

success of the non-linearity corrections by repeating the� -analysis and restricting

the linear �t versus sample time to only the �rst three samples.

Using the smaller subarray means the grism data consists of the central 128

pixel columns of the �rst-order spectrum out of the 150 on a larger (sub)array.

Nevertheless, using the 128 subarray increased the e�ciency of the observations

(i.e., minimizing data transfer time on the spacecraft), more than justifying the loss

of points at the edges of the grism response.

To extract the spectrum of the star+planet system, we sum the pixels after

background subtraction, using a box de�ning a range in rows. We adopt a box size of

height 61 pixels (a central pixel, plus 30 above and below it). The box length is the

full 128 pixel length of the subarray, but we later trim the spectrum in wavelength.

We sum the box over rows to produce spectra, and we further sum over wavelength

to produce a `white light' photometric time series. The spectra are very stable in

position (jitter less than several hundredths of a pixel), and the intensity level falls

by 2.5 orders of magnitude over the 30-pixel half-height of the box. Therefore we

use �xed integral coordinates for the box in each visit, and we weight each pixel

equally when performing the sum. This spectral extraction is the same for both the

� and � analyses.

In the following, we discuss the various sub-elements of the data analysis

(§3.3.1,3.3.2) including the wavelength calibration (§3.3.3) and 
at-�elding (
ux cal-
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ibration, §3.3.4), while the more extensive task of characterizing the instrumental

systematics is discussed in§3.4.

3.3.1 Bad Pixel Correction

Bad pixel correction due to energetic particle hits is part of the calwf3 pro-

cessing used for our� analysis. Additional pixels not identi�ed by calwf3 may still

be erroneously high or low in value and need correction. For both� and � analyses,

we identify and correct bad pixels immediately prior to the spectral extraction (i.e.,

before summing the box). Our� analysis inspects pixels in each column of the

spectral box (i.e., a single wavelength) that deviate signi�cantly from a Gaussian

pro�le of the spectral trace. Such deviations are virtually always characterized by

much higher intensity levels. Those pixels that are more than 10 times greater than

the �tted Gaussian value are replaced by a 7-pixel median in the vertical direction

(perpendicular to the dispersion) at that wavelength.

Our � analysis must be more sophisticated as regards bad pixels, since these

data have not been processed by calwf3. We examine the ratio of a given pixel

to the total of all pixels in that row, i.e., the ratio of a single pixel to the sum

over wavelength at each spatial position. Because of spatial pointing jitter, pixel

intensities can vary with time in an absolute sense, but their relative variation should

be similar at all wavelengths. We examine the ratio as a function of time (i.e., for

each exposure) and we identify instances where a given pixel does not scale with its

row sum. We identify > 4� outliers, and correct them using a 5-frame median value
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of the ratio at that time.

3.3.2 Background Subtraction

For both the � and � analyses, we calculate the background individually for

each exposure by using pixels outside of the spectral box. Speci�cally, the pixels

used are those that lie directly below the spectrum on the subarray, which is the

section of the subarray corresponding to the width of the spectrum and extending

from the bottom edge of the spectral box to the bottom edge of the subarray. We

construct a histogram of intensity values in these pixels and �t a Gaussian to the

histogram. The adopted background value is the intensity corresponding to the

central value of the �tted Gaussian, and we do assume that it is independent of

wavelength to the limit of our precision. This is typically a few tens of electrons per

pixel, several orders of magnitude less than the signal in the stellar spectrum, and

the sum is thus also signi�cantly lower when calculating the white light curve and

its corresponding background. Background subtraction therefore has a relatively

minor e�ect on our analysis.

3.3.3 Wavelength Calibration

Wavelength calibration utilizes both the direct image and the spectral image,

as the wavelength of a given pixel depends upon its location on the detector relative

to the direct image. Kuntschner et al. (2009) outline the procedure for wavelength

calibration in an STScI calibration report. The equations governing the wavelength
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for a pixel at a given x-position in the �rst-order spectrum are:

� (x) = dldp0 + dldp1� x (3.1)

where

dldp0 = a0
0 + a1

0xcenter

dldp1 = a0
1 + a1

1xcenter + a2
1ycenter + a3

1x2
center +

a4
1xcenter ycenter + a5

1y2
center

� x = x � xcenter

The terms xcenter and ycenter are the central coordinates of the direct image.

The coe�cients ( a0
0, a1

0, etc.) are calculated in Kuntschner et al. (2009).

In performing this calibration, we found that the calibrated grism response

(sensitivity) curve did not line up precisely in wavelength space with the observed

response (see Figure 3.1). We therefore adjusted the coe�cients empirically to

obtain optimal agreement with the observed grism response curve and with the

wavelengths of two stellar hydrogen lines (Pa-� at 1.282� m and Br-12 at 1.646� m).

These adjustments yielded:

a0
0 ! 0:997� a0

0

a1
0 ! 0:90� a1

0

a0
1 ! 1:029� a0

1
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We used these adjusted values in the calibration presented in this work and

also successfully applied them to other data sets in this HST program. Therefore,

this empirical correction is not speci�c to this target or these visits, and we in

fact used another object in the program (TrES-2) to �nd the correction, as it was

observed on the larger subarray and thus the observations include all 150 pixels of

the spectrum.

3.3.4 Flux Calibration

The 
at �eld and sensitivity curve of the G141 grism on the WFC3 detector

are the two components of 
ux calibration, and both are wavelength-dependent.

For imaging observations, calwf3 applies the 
at �eld to the data, but 
at-

�elding of grism data must be done by the observer. STScI provides a 
at-�eld

cube for the G141 grism. This cube is a four-extension FITS �le, and each extension

is the size of the full WFC3 IR array. For a given pixel on the data image with a

given wavelength, the 
at-�eld value for that pixel is given by a polynomial function

with coe�cients de�ned by the values of the 
at-�eld cube extensions at the pixel's

location.

This method is described in the aXe handbook (K•ummel, 2011) and laid out

with the equations that follow. For a pixel at position (i,j), they de�ne a normalized

wavelength coordinate,x:

x =
� � � min

� max � � min

The parameters� min and � max are constants found in the 
at-�eld cube header.
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Figure 3.1 Flat-�eld-corrected spectrum of TRES-2 (above) and CoRoT-2 (below).
Each plot shows the WFC3 G141 grism sensitivity curve (red, dotted line) and the
spectrum before (green, dashed line) and after (blue, solid line) the correction has
been made to the wavelength solution coe�cients. The two hydrogen lines, Pa-
� (1.282� m) and Br-12 (1.646� m), the two lines in TRES-2 used to adjust the
wavelength coe�cients, are also marked here. To get a normalized spectrum, one
must simply divide by the sensitivity curve.
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The 
at �eld value of a pixel (i,j) with normalized wavelength coordinate x is then

a polynomial function in x:

f (i; j; x ) = a0 + a1x + a2x2 + a3x3 (3.2)

where a0, a1, a2, and a3 are the values at (i,j) in the zeroth, �rst, second, and

third extension arrays in the 
at-�eld cube �le, respectively. For both our � and �

analyses, we apply the 
at-�eld correction to the spectral box by dividing by the

corresponding 
at-�eld \box," generated pixel-by-pixel from the method above.

STScI also provides the wavelength-dependent sensitivity of the G141 grism.

In Figure 3.1, we plot the scaled sensitivity curve over a 
at-�elded spectrum from

a single exposure of TRES-2, along with the two hydrogen lines used as reference

points in adjusting the wavelength calibration coe�cients.

3.3.5 Second, Overlapping Source

CoRoT-2 has a companion star, so our analysis must remove or correct for

this second source. The direct image of CoRoT-2 appears in Figure 3.2, where the

second, fainter source is evident. The proximity of the second source in the image

depends on the orientation angle of the telescope, and varies between the three

visits, but it is close enough to be of concern for source contamination. The spectra

overlap minimally in visits A and C, but there is signi�cant overlap in visit B, which

has the lowest orientation angle and thus the smallest distance between the two

spectra of the three observations. The orientation angles, which only vary a few

degrees from each other, are reported in Table 3.1.
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3.3.5.1 Characterization

This second source is an infrared source, 2MASS J19270636+0122577, but is

just barely spatially resolved by the 2MASS observations. In the planet's discovery

paper, Alonso et al. (2008) suggest it may be a late-K or M-type star, and Schr•oter

et al. (2011) identify it as a late K-type star. Both works posit that it may be

gravitationally bound to CoRoT-2. We here address how to remove, or correct the

e�ect, of this second source from the 
ux of the CoRoT-2 system. We have explored

two approaches. Our� analysis removes the second source prior to extracting the

grism spectrum from the 2-D frames. Our� analysis includes the second source in

the extracted grism spectra, and corrects the derived exoplanetary spectrum after

deriving that stellar spectrum.

The location of the second source allows us to generate its spectrum, albeit in

a limited wavelength range. Its spatial o�set results in losing the long-wavelength

end of its spectrum. Comparing the partial spectrum to a grid of Kurucz models

shows general agreement with the �ndings of Schr•oter et al. (2011); a temperature

of 4000 K and surface gravity log(g) = 4.0, produces the best agreement with the

observed partial spectrum. That corresponds to a late K- or early M-type main

sequence star.

3.3.5.2 Removal

In our � analysis, the strategy for removing the second source from visits A

and C is to determine the average spatial shape of the source's signal, and scale
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Figure 3.2Left: The direct image of CoRoT-2 (brightest object, center of each im-
age) and the infrared source nearby in visits A (top), B (middle), and C (bottom).
Right: A vertical pro�le of the �rst-order spectrum resulting from a horizontal dis-
persion of the light to the right of the direct image for each of the three visits; the
solid, black line is the original trace, while the dashed, red line is the trace after
correction. The variation in degree of overlap of the spectral trace is due to variation
in the orientation angle of the telescope between the visits, which changes the prox-
imity of the second source's spectrum to that of the target. The orientation angle
was limited to the range 76� < ORIENT < 166� by telescope operation parameters,
and the actual angles were 93.9� , 80.4� , and 90.7� , for visits A, B, and C.
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and subtract it from each column of the spectral box. We �t a Gaussian plus a

second-order polynomial baseline to the spatial pro�le at each column of the data.

Averaging that �t over all exposures then approximates the signal from the second

source for a given column, after scaling the average to represent the amplitude of the

second source for each column. The original spectral trace { the plot of wavelength-

integrated 
ux versus spatial pixel { appears in Figure 3.2, as well as the corrected

spectral trace (overplotted), showing signi�cant improvement.

For visit B, the task is more di�cult. The peaks of the two sources are sep-

arated by just four pixels, compared to twelve and ten pixels for visits A and C,

respectively. The overlap leaves too few points to use a �tting procedure to isolate

and approximate the source. Instead, we use the descent of the PSF on the opposite

side of CoRoT-2 from the overlap of the second source, and mirror the PSF column-

by-column onto the side with overlap. We subtract the mirrored PSF, and �t a

Gaussian column-by-column to the di�erence. Averaging that �t over all exposures,

we approximate and remove the second source from each column for visit B.

3.4 Systematics: Characterization

Our data exhibit trends in the measured stellar intensity that are not mani-

festations of physical stellar or planetary phenomena. Instead, they represent ten-

dencies of the detector to report signal counts that are di�erent from what actually

fell on a given pixel.

We note that instrument-related systematic errors in WFC3 exoplanetary spec-
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troscopy are believed to be less severe than in NICMOS observations (Gibson et al.,

2011; Crouzet et al., 2014; Deming et al., 2013; Swain et al., 2013). Nevertheless, in-

strument e�ects do exist in the WFC3 data, especially for observations taken before

the advent of spatial scan mode (McCullough and MacKenty, 2012) such as ours.

Some aspects of these instrumental e�ects were discussed by Swain et al. (2013).

Berta et al. (2012) reached nearly the photon limit in their analysis of WFC3 G141

transit spectra of the super-Earth GJ1214b, as did Deming et al. (2013) for two

giant transiting exoplanets with the implementation of the spatial scan mode. We

will discuss the analysis of the Berta et al. (2012) work and how we modi�ed it for

more general purposes in§3.5.

We identify three primary manifestations of systematic error, and all are pat-

terns in intensity as a function of time. The �rst is a continuous trend of the source's

white light curve lasting the entire length of a visit, during which the intensity gradu-

ally decreases with time (or increases, in one case). This \visit-long ramp" is linear

in nature (to within the errors), and continuous between orbits. Its slope varies

widely between observations, not only among the CoRoT-2 visits, but among all in

our HST program. Its strict linearity and variation even when separately observing

the same star places it clearly in the category of instrumental e�ects rather than

stellar modulations, but the exact cause is an open question. The second systematic

error feature is a decrease of intensity as a function of time, which repeats for every

orbit. This e�ect is apparent in the pixels not illuminated by the source spectrum

{ including the pixels we use for the background subtraction { and is shown for the

examples of CoRoT-2 and others in Figure 3.3. For most objects in the program, the
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e�ect shows a smooth, exponential decrease in the signal for these pixels over the

course of an orbit, though some observations show an e�ect in more of an "S"-shape

instead. Removal of the background, as per the method described in 3.3.2, removes

any discernible presence of this e�ect, which allows us to conclude �rst that the

e�ect is isolated to the lowest-valued pixels, and second that we need not perform

further tasks to eliminate this orbit-long feature, as the problem is solved by care-

ful background de�nition and subtraction. We �nd no de�nitive cause, though we

suspect it may be due to scattered light from the Earth's limb.

The third example of systematic error is an increase in intensity of the source's

white light curve which occurs on a shorter time scale, over the course of several

exposures, and which repeats three or more times in every orbit. We call this the

"hook" (Deming et al., 2013) because of its characteristic shape, which is a steep

jump for the �rst one to three exposures and then a 
attening1. The hook appears

to a varying degree in all of the observations, and produces a signi�cant distortion

in the data. Examples of the hook within a single orbit of observations for four

di�erent objects are shown in Figure 3.4. The reset of this pattern corresponds

with the time when the data stored in the WFC3 bu�er are sent to the solid-state

recorder on the spacecraft. This causes a short break in observations, and also resets

the detector. Neither of the other two primary systematic e�ects appear to have

any dependence on times of data transfer.

1Some investigators call this e�ect a `ramp', but we advocate di�erent terminology so as not to

confuse it with the visit-long ramp, and also to distinguish it from the Spitzer ramp.
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Figure 3.3 The normalized signal measured from the background pixels over the
course of the observations. This systematic e�ect resets after each orbit of the
telescope (between orbits there is a gap in time as HST passes behind the Earth).
For most objects in our program, the e�ect is a smooth exponential decrease, as
shown here for CoRoT-2 and WASP-4 in the upper panels. For some observations
the shape is di�erent, an irregular "S"-shape, as for WASP-19 and TRES-3 in the
lower panels.
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Figure 3.4 Four examples of the systematic hook pattern. WASP-19 and CoRoT-
2 (top) were both observed on the smaller subarray, and have more exposures in
the pattern, a more subtle pattern, and less time in between iterations. HAT-7
and TRES-2 (bottom) were both observed on the larger subarray, and have fewer
exposures in the pattern, a more obvious pattern, and a much larger gap in time
between the observations.
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The hook pattern is of similar shape in all sets of observations in the program,

but the parameters of its manifestation, e.g., length of time, number of exposures,

number of iterations, vary from object to object. Figure 3.4 shows examples of

the pattern in four di�erent objects; the shape of the pattern is similar, but the

amplitude of the hook and the time between bu�er dumps (and thus the number of

exposures and total time of each hook) varies. Swain et al. (2013) concluded that it

was most signi�cant for the 512� 512 subarray. We concur that it is often prominent

at 512� 512, and it is considerably steeper for longer-duration patterns on 512� 512,

but we detect it in other subarrays also. The prominence of the pattern correlates

with brightness of the star.

While the visit-long slope appears to be linear, both the orbit-long and hook

e�ects are exponential in shape, and therefore each begins as a very strong e�ect

and then becomes nearly indiscernible in the �nal exposures of each hook pattern.

There are further apparent systematic e�ects seen in the �rst orbit of every

observation; they are most likely due to telescope settling and readjusting to a

new pointing, and do not have a consistent pattern. Therefore we discard the �rst

orbit once we begin applying corrections to the systematic e�ects for the purpose of

calculating the wavelength-integrated transit depth, and the spectrum of the planet.

Since the eclipse of CoRoT-2b is covered by three visits, loss of the �rst orbit is only

a minor perturbation for our analysis.
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3.4.1 Persistence Correction

One potential cause of the hook e�ect is detector persistence, the phenomenon

in which trapped charge in an exposure is slowly released in following exposure(s)

to produce a falsely increased signal detection (Smith et al., 2008). STScI publishes

persistence models and even predictions of persistence for a given exposure based

on the exposures prior to it. The predictions are for an additive e�ect, and the data

product for a given exposure is an image array the size of the original exposure,

but with each pixel value equal to the the predicted persistence, so the correction

is simply to subtract the corresponding pixel values. The persistence is low for the

�rst exposure, but jumps up quickly and remains at a higher value until the time of

the data transfer, when it, too, resets. The additive correction as given by STScI do

decrease the severity of the hook, but they donot entirely remove the hook, and we

conclude that the hook is a combination of a additive andmultiplicative e�ect. This

will justify our methods of correction outlined and examined in the sections that

follow. We have made the STScI persistence correction in our� analysis. Our �

analysis ignores additive persistence, as do most WFC3 exoplanetary investigations

published to date.

3.4.2 Pixel-by-Pixel Evaluation of the Hook

Berta et al. (2012) demonstrated that the hook is more prominent at high

exposure levels. We have investigated the amplitude of the hook as a function

of the per-pixel exposure level, and other parameters, and we seek quantitative
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Figure 3.5 Examining the average shape of the hook pattern for two sets of obser-
vations. We calculated the total 
ux in the spectral box at the beginning, middle,
and end of the pattern, averaged over all the iterations within an orbit, and then
plotted the average normalized to the �rst average value. For each object shown,
the pixels in the spectral box have been split in half about the median value: the
faint half and the bright half, and then plotted separately. As is apparent with this
split, the fainter pixels are not a�ected by whatever causes the pattern, while the
brighter half are.
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relationships. For each pixel, we average the change in signal level over the multiple

iterations of the pattern within one orbit, and then examine the change as a function

of time within the pattern, 
ux of the pixel, and location of the pixel on the detector.

The average shape of the hook for two objects in the program can be seen in

Figure 3.5. The normalized signal is shown against the exposure number within the

pattern. For each visit, the pixels have been split between those with 
ux below

the mean and those with 
ux above the mean. This is done to con�rm that the

existence of the hook does indeed depend upon the 
ux of the pixel.

Figure 3.6 shows this dependence of the additive change on the 
ux of the

pixels, where every pixel has been plotted by its initial 
ux and "jump" in electrons

between the �rst exposure and the last exposure in the pattern. The jump is statisti-

cally insigni�cant below a certain original pixel value, but shows a reliable parabolic

rise starting around 30,000 electrons. The scatter is nevertheless remarkably large,

which ultimately means that we cannot depend on a unique quantitative relation to

correct this e�ect.

In principle, the hook could be removed by using Figure 3.6 to predict the

magnitude of the jump for a pixel given its initial 
ux in the �rst exposure of

the pattern, and thereby correct each pixel in each image. We attempted such a

correction, and it does remove the obvious appearance of the hook pattern, but it

leaves the data with much more scatter than is acceptable, due to the wide variations

seen in Figure 3.6.

We also examined the amplitude of the hook as a function of position on the
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Figure 3.6 A quanti�cation of an additive e�ect from the detector for a selection
of objects. The hook pattern repeats multiple times in each orbit, and each visit
has 4-5 orbits. For every orbit in every visit, coded by symbol and color, we have
averaged the increase in measured 
ux from the �rst to the second-to-last exposure
in each pattern for each pixel in the spectral box. This is plotted against the initial

ux of each pixel in the �rst exposure of a hook. The increase is clearly dependent
upon the 
ux level, and does not become apparent (on average) until a signal of
about 30,000 electrons. The legend shows which visit corresponds to which color.
The relation between initial 
ux and 
ux jump appears to be steeper for longer
pattern times.
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detector. We �nd no correlation in column (wavelength) space, but some correlation

with the slope of the hook pattern and the row on the detector, i.e., how far a given

row is from the spatial center of the spectrum. This correlation does seem to strongly

depend on which subarray we used. Especially in the case of the 128� 128 subarray,

the slope of the trend is more positive for the rows of pixels below the central peak

of the spectrum (in the direction perpendicular to dispersion), while the slope is

less positive for those rows above the central peak. This correlation is weaker for

the 512� 512 subarray, but still discernible. Figure 3.7 shows the correlation for the

smaller subarray by demonstrating the shift in the spatial center of the spectrum

between the starting and ending frames of the hook. Our �nding that the nature of

the hook depends on the row of the spectrum may be a signi�cant clue to the nature

of this e�ect. Reading the detector involves addressing the pixels by row, and it is

conceivable that the hook is related to the manner in which the detector is addressed

and sampled. We conclude that the e�ect in Figure 3.7 cannot be explained by

anything like telescope drift. The trend featured in Figure 3.7 is correlated with

the hook and therefore the transfer of the detector bu�er, a task performed with no

relation to telescope motion.

3.5 White-Light Eclipse Curve

We wish to produce a time series of the wavelength-integrated (`white light')

signal measured from CoRoT-2 in order to determine the amplitude and central

phase of the secondary eclipse. This will yield the total signal from the planet over

the G141 bandpass, while the spectrum that we calculate in Sec. 3.6 will distribute
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Figure 3.7 To measure any possible dependence of the hook e�ect on pixel row, we
compared a Gaussian �t to the spectrum between the �rst and last observations of
the hook for all iterations in the objects observed on the 128� 128 subarray. We
show here that the location of the maximum point of the spectrum (the peak of
the Gaussian) typically moves, and typically moves in the same direction, over the
course of the hook. This indicates that the hook pattern has a row dependence.

76



that signal as a function of wavelength. We begin with the light curves for the

three visits shown in Figure 3.8, then we correct these light curves to remove the

instrumental systematic e�ects, and we combine the three visits to form a single

eclipse curve as a function of orbital phase.

Berta et al. (2012) successfully removed systematic e�ects from their dataset.

The steps of their divide-oot method for correcting a transit/eclipse curve are

as follows, assuming a �ve-orbit set of observations, with orbits three and four in

transit:

1. Ensure that all orbits have the same number of exposures. The �fth

orbit usually has fewer exposures than orbits two, three, and four, so

simply repeat the last element to make up the di�erence. Since the

hook pattern is 
atter at its end, this is a reasonable approximation.

2.Create an average out-of-transit orbit by simply averaging orbits two

and �ve.

3. Divide each orbit (two, three, four, and �ve) by the average orbit.

4.Remove the arti�cial elements that were added in the �rst step.

5. Fit a line to the second and �fth orbits, as there is still usually a hint

of the visit-long ramp. Divide by the linear �t to normalize the data

in units of the stellar 
ux.

This method should yield an acceptable eclipse curve with out-of-transit 
ux

normalized to unity. Application of divide-oot to objects in our HST program

12181 proved successful only in some cases (Ranjan et al., 2014). A modi�cation of
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the method will be explained below.

3.5.1 Modi�ed divide-oot

We observe CoRoT-2 in four orbits per visit, but each visit contains at most

one orbit that is completely in-eclipse (when the planet does not contribute), and

each visit contains the virtually unusable �rst orbit. For this reason and due to

our signi�cantly lower signal-to-noise ratio than for the Berta et al. (2012) planet's

observations { the GJ1214b transit depth is two orders of magnitude larger than

the depth of the CoRoT-2b secondary eclipse in the same waveband and on the

same grism { our CoRoT-2 data are not well-suited for thedivide-oot method per

se. Another issue with CoRoT-2 is the severity of the visit-long ramp, which causes

trouble when trying to average pattern shapes before removing the ramp. Therefore,

instead of dividing by an averageorbit, we elect to divide by an averagepattern,

de�ned both by the occurrence of a bu�er dump and through visual assessment, and

we proceed as follows:

1. Identify the patterns that are out-of-eclipse. Divide the entire white-

light curve by the median of the out-of-eclipse exposures from a sin-

gle, early orbit (usually orbit 2). This normalizes the curve to unity.

2. Fit a line to the out-of-eclipse patterns, but exclude all points below

intensity level 0.997. These outliers are due to the hook e�ect, and

would bias the visit-long slope correction.

3. Divide by the �tted curve to re-normalize to unity.
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4. Create an average pattern by averaging the out-of-eclipse patterns.

5. Divide each occurrence of the pattern in the entire white-light curve

by the average pattern.

This creates a vast improvement in the data, with a signi�cant reduction in

the presence of systematic e�ects. We are also able to utilize the later patterns of

the �rst orbit, rather than discarding it completely, as the problems presented by

settling or other e�ects of unknown origin diminish signi�cantly after one to two

iterations of the pattern. An average pattern is plotted in the inset of Figure 3.8,

and the corrected data are shown in comparison to our best-�t eclipse curve in

Figure 3.9.

3.5.2 White-Light Eclipse Amplitude

With the corrected data in hand after applying our modi�eddivide-oot pro-

cedure, we �t an eclipse curve using the data from our� analysis. We calculate

the shape of the theoretical eclipse curve using expressions from Mandel and Agol

(2002), with orbital parameters from Alonso et al. (2009), except for the orbital pe-

riod where we adopt the updated value from Sada et al. (2012). In �tting the data,

we vary only the central phase and amplitude of the eclipse, the latter by scaling the

amplitude of the theoretical curve. We perform the �t using two� 2-minimization

methods. First, we implement a Levenberg-Marquardt algorithm to vary the eclipse

amplitude and central phase simultaneously, to �nd the global minimum in� 2. Sec-

ond, we vary the central phase incrementally from 0.49 to 0.51 in steps of 10� 5. At
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Figure 3.8 Phase plot of the wavelength-integrated 
ux from the three visits of
CoRoT-2 before any corrections to the systematics have been applied. Visits A, B,
and C are shown in red, blue, and green, respectively.Inset: An example of an
"average pattern," of the characteristic hook shape, corresponding to visit 23 and
calculated by the modi�ed divide-oot method described in§3.5.1. This pattern is
calculated after removal of the linear visit-long ramp.
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each step, we calculate the best-�t eclipse amplitude at that phase in closed form,

using linear least-squares. Cycling through the range of trial central phases, we

again �nd the global minimum � 2. Results from the two methods were in excellent

agreement.

We �nd a best-�t eclipse depth of 395+69
� 45 ppm (parts per million); the �t is

shown in Figure 3.9. The reduced� 2
red = 6:60; as it was calculated estimating

the error to be Poissonian, the ideal scenario, this� 2
red value indicates that the

achieved per-point scatter is 2.6 times the photon noise. The error level, and the

appearance of Figure 3.9, suggests that red noise remains in the data, in spite of our

modi�ed divide-oot procedure. To verify the presence of red noise, we binned the

residuals from the best-�t eclipse overN points per bin, and calculated the standard

deviation of the binned points,� N . We solve for the slope of the relation between

log(N ) and log(� N ) using linear least-squares. Poisson noise will produce a slope of

� 0:5, whereas we �nd a slope of� 0:33 � 0:03 for the Figure 3.9 data, con�rming

the presence of red noise.

Given the presence of red noise in the white light eclipse data, we assign errors

to the best-�t eclipse parameters (eclipse amplitude and central phase) using the

residual permutation (\prayer-bead") method (Bouchy et al., 2005; Gillon et al.,

2007). Figure 3.10 shows histograms of the results for the best-�t amplitude and

central phase, based on the residual permutation �ts. For reference, we �t Gaussians

to these histograms. A Gaussian is a reasonable approximation to the central phase

histogram, but the eclipse amplitude histogram has a higher central peak, and lower

wings, than does a Gaussian. Our adopted errors are equivalent to the� 1� points
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in the histograms, in the sense that 15:8% of the histogram area lies beyond each

quoted 1� value (31:6% considering both ends of the range).

3.5.3 Eclipse Central Phase

Our best-�t eclipse is centered at a phase of 0:4998� 0:0030. The light-travel

time across the orbit is 28 seconds. The central phase for a circular orbit would

be 0.50019, consistent with our result, within our errors. Gillon et al. (2010) found

the eclipse to occur slightly earlier than expected for a circular orbit, at phase

0:4981� 0:0004. (Deming et al., 2011) found a central phase of 0:4994� 0:0007,

weakly supporting the result from Gillon et al. (2010). The low signal-to-noise {

due to the shallower secondary eclipse at shorter wavelengths { of the eclipse in the

WFC3 bandpass contributes to a relatively large error level for the central phase

(approximately 4 to 8 times larger than the Spitzer errors). Although we �nd good

agreement with a circular orbit, we cannot exclude the result of Gillon et al. (2010)

who concluded that the orbit is slightly eccentric.

3.6 Calculation of the Eclipse Spectrum

Berta et al. (2012) used hisdivide-oot method for GJ 1214b to derive the

depth of transit as a function of wavelength, i.e., the transmission spectrum. In

principle that method is applicable to exoplanetary spectra at secondary eclipse,

but we use an alternate technique. We have at most one in-eclipse reference orbit

(when the planet does not contribute) per visit. Moreover, CoRoT-2 is a relatively
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Figure 3.9 Wavelength-integrated light curve of CoRoT-2 after correction of the
hook and visit-long ramps as described in section§3.5.1. The best-�t secondary
eclipse curve is overplotted in red. The large points in blue represent averages over
bins of 0.0063 in phase, about 15 minutes in time. The �t was performed on the
actual data (black points); the binned data are shown merely for reference.
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Figure 3.10 Error analysis for the amplitude and central phase of the white light
eclipse. The frequency of occurrence is based on a total of 580 residual permutations.
Upper panel: histogram of eclipse amplitudes in parts-per-million for the residual
permutation error analysis of the eclipse amplitude. Lower panel: histogram from
the residual permutation error analysis of the central phase of the eclipse.
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faint star (V=12.6, H=10.4). In the faint-source limit, dividing single-wavelength

data by a single reference orbit would increase the random noise in the quotient to

an unacceptable degree, because we are photon-starved. To obtain the spectrum

of the planet, we utilize the di�erential method described by Deming et al. (2013)

and explained below. We apply this method to data from both our� and � data

analyses, �nding consistent results.

A by-product of this method is a time-dependent scaling factor obtained by

�tting a template spectrum (see below). This scaling factor is an excellent proxy

for the white light eclipse, and we �nd consistent results between the modi�ed

divide-oot and di�erential methods when calculating that white light eclipse. That

comparison also served to verify that our� and � analyses produce consistent values

for the white light eclipse depth.

3.6.1 Beyonddivide-oot : the Di�erential Method

The di�erential method is intended to exploit the characteristics of the system-

atic hook pattern in order to cancel it, while also correcting for the e�ects of jitter

in wavelength over time. The amplitude of the hook is a function of the 
ux level in

the a�ected pixels (§3.4). The procedure of the di�erential method, in its simplest

form, is to therefore extract the intensity in each column of each grism image, and

divide that intensity by the wavelength-integrated intensity in the entire spectrum

observed at that time. In other words, ratio the intensity in a given column on the

detector (after subtracting the background, and integrating over rows) to the sum of
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all columns, and we repeat this process for the grism image at each orbital phase� .

This ratio adds minimal noise, because the precision of the wavelength-integrated

spectrum is much better than the precision of a single wavelength. Moreover, the

ratio should be e�ective in removing the hook, as long as the wavelength used in the

numerator is not too close to the edges of the grism response, where the intensity

rolls-o� to much smaller values, as does the hook (§3.4). The observed grism spectral

intensity varies only modestly (Figure 3.1) over the 1.1-1.7� m range of our analysis.

Thus, dividing a single wavelength by the sum of all wavelengths is a comparison of

similar intensity levels, so we expect much of the hook pattern to cancel, and this

expectation is met by the actual data (see below).

The di�erential method also removes the white-light eclipse. Speci�cally, the

eclipse shown on Figure 3.9, by summing over wavelengths, will identically cancel.

However, wavelength-to-wavelengthvariations in the eclipse depth will be preserved.

We call these di�erencesdi�erential depths and we derive them either positive or

negative, by �tting to the wavelength-ratioed data. We then add the depth of

the white-light eclipse, reconstructing the full emergent spectrum of the planet at

eclipse.

In actual practice, the implementation of this di�erential method is more com-

plex than the simple division implied above. We do not explicitly divide by a

wavelength integral; we use an equivalent but more subtle procedure that we now

describe.

We must account for possible wavelength shifts in each grism spectrum. Wave-

length shifts have two e�ects. First, a shift of the spectrum changes the intensity in
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a given column because the grism response varies with wavelength. Second, a shift

in the spectrum changes the range of wavelengths sampled by a given column of

the detector. We �nd that the wavelength shifts are of order 0.02-pixels, and they

vary within an orbit, but tend to reset and exhibit a similar pattern in subsequent

orbits. Given this magnitude of shifts, the second e�ect mentioned above - a per-

turbation to the wavelength assigned to a given column - has negligible e�ect. We

therefore ignore the wavelength perturbations per se, and we use the wavelength

scale from the calibration described in§3.3.3. However, the �rst e�ect (changes in

grism response with wavelength) is important, and we deal with it as follows:

1. For each visit, form a \template" spectrum of the star alone by sum-

ming the in-eclipse (planet hidden) spectra. Denote this spectrum

by Sx , wherex is the column coordinate on the detector.

2. Fit the template to each individual spectrum by re-sampling, shifting

(in steps of 10� 4 pixels), and scalingSx in intensity using linear

least-squares. Perform this least-squares �t over a large range of

shift values (� 0:1-pixels) and choose the shift that exhibits the best

�t as judged by the standard deviation of the ratio.

3. Each individual spectrum,Px at orbital phase � , matches a version

of Sx with a scaling factor a: aS
0

x + b. The prime marks the change

in intensity due to the shift in x, and the zero-point constantb is

negligibly small.

4. Form the ratio R�
x = Px

aS0
x + b

.
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An example of this basic process of shifting and �tting the template spectrum, for

a randomly selected spectrum in visit C, is illustrated in Figure 3.11. However, our

actual analysis adds an additional step in order to deal with the undersampling of

the stellar spectrum as discussed by Deming et al. (2013). Between steps 3 and 4

above:

3.5. Smooth all of the spectra using a Gaussian kernel with FWHM =

4 pixels.

The choice of pixels (columns in wavelength) is dictated by the tradeo� between

suppressing the undersampling, and preserving the spectral resolution.

The wavelength integrals ofPx and aS
0

x + b are closely equal because of the

�tting process that matches them. Moreover, the shape ofSx is constant over a

visit, i.e., its value at any single wavelength, relative to its wavelength integral, is

constant. Hence the point-by-point division described above is conceptually equiva-

lent to dividing a single wavelength (equivalently,x-value) in Px by the wavelength

integral of Px . However, our procedure has the advantage that we do not have to

re-sample any spectra wherein the potential signal is present, or where the reference

stellar spectrum is changing. Hence we introduce no extra noise in this process,

while also correcting for wavelength jitter in the spectrum.

3.6.1.1 The Spectrum of CoRoT-2b Using the Di�erential Method

Performing the procedure described above yields a set of ratio valuesR�
x for

each visit. We now combine visits as follows:
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Figure 3.11 Top panel: Spectrum of the star + planet (black line) at a randomly
selected time during visit A, compared with a best-�tting 'star only' spectrum (red
line) constructed as an average of all of the in-eclipse spectra during visit A. (These
spectra are prior to the smoothing that we employ.) The star-only spectrum was
shifted in wavelength and scaled in intensity to provide the best �t to the star+planet
spectrum (see text, however for this �gure an additional 2% shift in intensity was
added so that the two lines do not overlap). Bottom panel: ratio of the star+planet
spectrum to the shifted and scaled star-only spectrum. The scatter (0.00245) is
dominated by the photon noise of the spectrum in the numerator of the ratio.
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1. For each column of the detectorx, �t a straight line to the R�
x , where

the independent variable in the linear �t is phase� , and then divide

by that line.

Dividing each visit by the linear �t removes any slight slopes that are present in

each visit (as described by Berta et al., 2012 and§3.4) and places all three visits on

a common scale.

2. Fit an eclipse curve to the combinedR�
x at eachx, holding the central

phase �xed at 0:5 for the eclipse �t, solving only for the depth.

3. Use the wavelength calibration to associate a wavelength with each

column x; R�
x becomesR�

� .

The wavelength scale is su�ciently similar for each of the visits that we associate

visit-averaged wavelengths with eachx. The upper panel of Figure 3.12 shows the

result of �tting an eclipse curve to the visit-combinedR�
� at a randomly-selected

wavelength. Because the white-light eclipse has been removed by the process used

to generate theR�
� , the di�erential eclipse depth at individual wavelengths can be

either positive or negative depending on whether the intensity of the exoplanetary

spectrum is greater or less at that wavelength compared to the average over the

band de�ned by the grism response. Note that the scatter in the individual points

on Figure 3.12 is large compared to these di�erential eclipse depths. However, the

precision of the di�erential eclipse depths is much better than the single-point scatter

in R�
� , and we also average adjacent wavelengths to derive spectral structure in the

exoplanetary spectrum (see below).
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Figure 3.12 Top panel: Di�erential eclipse at a single randomly-selected wavelength
(� = 1:551� m). Bottom panel: Log of the observed dispersion (solid line) for bins
of N points, versus log N. The dashed line shows the relation expected for an inverse
square-root dependence, as per photon noise.
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As the �nal step,

4. We add the white-light eclipse depth (0.000495,§3.5.2) to the di�er-

ential eclipse depths, and thereby derive the planet-to-star contrast

versus wavelength.

This emergent spectrum of the planet is illustrated on Figure 3.13, from both our

� - and � -analyses. The upper panel shows the values for individual wavelengths,

i.e., single columns of the detector, and the lower panel bins the results in bins of

width 0.05� m (4 columns).

3.6.1.2 Errors

We have estimated the errors on the di�erential eclipse depths using two meth-

ods. For both methods, we remove the �tted di�erential eclipse and examine the

properties of the point-to-point scatter (Figure 3.12, top) for each wavelength. First,

we bin these points using bin widths of 2, 4, 8, 16, 32 and 64 points, and we calculate

the scatter in those binned values. For Poisson noise, we expect that the scatter

as a function of bin size� (N ) will decrease asN � 0:5. An example of the measured

relation at a single randomly-chosen wavelength is shown in the lower panel of Fig-

ure 3.12, where the dashed line is an extrapolation from the single-point scatter

using an exponent of� 0:5, and the solid line is what we calculate from the actual

data. These di�erential data are nearly photon-limited at almost all wavelengths,

and � (N ) decreases very close toN � 0:5. We write � (N ) = a� (1)N b and we solve for

a and b. We then use that relation to calculate the expected precision for the ag-
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gregate in-eclipse points and the aggregate out-of-eclipse points, and we propagate

those errors to calculate the error on the di�erential eclipse depths.

As a check on the above error calculation, we also derive the precision of the

di�erential eclipse directly using the residual-permutation method (Bouchy et al.,

2005). Removing the best-�tting di�erential eclipse, we permute the residuals se-

quentially and add them back to the best-�t eclipse curve to make new data. Fitting

to these re-cast data for all possible permutations (580 of them), we calculate the

dispersion in the resultant di�erential eclipse depths. On average, we �nd that this

produces excellent agreement with the �rst method described above. For our �nal

spectrum and errors, we bin the results - and propagate the errors - to the same res-

olution (4 columns, 0.05� m) that we used as a smoothing kernel in the wavelength

jitter correction.

Figure 3.13 shows the exoplanetary spectrum from our analyses at single-

column resolution (top panel, only� results for illustrative purposes), and binned

to a wavelength resolution of 0.05� m (bottom panel). The error bars on the�

binned spectrum in Figure 3.13 are 77 ppm on average, which is 25% greater than

the photon noise. From our� -analysis, the binned spectrum is similar, and the

errors average to 73 ppm (18% greater than the photon noise). The values of our

binned spectra, and errors, are listed in Table 3.2.
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Table 3.2. Observed Eclipse Spectra for CoRoT-2b

Wavelength (� m) � Spectrum Error � Spectrum Error

1.125 334.6 67.4 248.6 86.0

1.169 272.4 83.7 366.7 109.6

1.218 339.4 119.3 309.0 83.2

1.278 344.2 72.0 313.5 60.5

1.324 338.9 64.7 279.9 56.8

1.369 403.9 77.1 376.2 60.1

1.424 454.5 59.8 480.9 65.5

1.475 320.3 93.5 304.8 80.3

1.525 438.3 62.6 454.6 63.4

1.574 548.7 61.3 632.1 61.9

1.619 382.2 82.2 414.0 73.8

Note. | Values are in parts-per-million.
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Figure 3.13 Top panel: Eclipse depth (as planet/star contrast) versus wavelength
for the eclipse of CoRoT-2. Results from each detector column are plotted (from
our � analysis), so the smoothing used in the wavelength shift process creates the
appearance of autocorrelation. Bottom panel: Spectra of CoRoT-2b from our�
(red points) and � analysis (blue points), binned to 0.05� m (4 column) resolution.
The line is a 1788K blackbody for the planet.
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3.7 Implications for the Atmosphere of CoRoT-2b

No single model for the atmosphere of the planet �ts all of the available data

to within the errors. The observed properties of the planet's atmosphere include:

1) the optical eclipse observed by theCoRoT mission (Alonso et al., 2009; Snellen

et al., 2010b), 2) a ground-based eclipse near 2� m (Alonso et al., 2010), 3) the overall

level, general slope with wavelength, and lack of obvious or known spectral features

seen in our WFC3 data, and 4) eclipses in 3 Spitzer bands (Gillon et al., 2010;

Deming et al., 2011). Figure 3.14 shows these data in comparison to several modeled

spectra: a best-�t blackbody, conventional solar abundance models (Burrows et al.,

2001, 2008a,b, 2010), and a carbon-rich model (Madhusudhan and Seager, 2009,

2010; Madhusudhan, 2012). Although none of these are ideal �ts to the data, each

model has characteristics that account for some observed properties of the planet,

as we now discuss.

3.7.1 A Blackbody Spectrum?

The lower panel of Figure 3.13 includes the contrast produced by a best-�t

blackbody for the planet compared to the results from our� and � analyses, and

Figure 3.14 plots that blackbody in comparison to the totality of existing eclipse

data. We adopt a Kurucz model for the star (Te�=5750, log(g)=4.5), yielding a

best-�t blackbody temperature of 1788� 18K for the planet in our WFC3 band, from

our � -analysis. This blackbody temperature gives acceptable agreement with the

infrared eclipse results at longer wavelength (Figure 3.14). The 1788K blackbody -
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derived from the WFC3 data alone - misses the ground+Spitzer eclipse amplitudes

by an average of about 1:8� . However, a blackbody spectrum for the planet does

not produce the bestslopeover the WFC3 band, as we now discuss.

Our observed WFC3 spectrum for CoRoT-2b has two striking features: 1)

it slopes slightly upward with increasing wavelength, and 2) it shows little to no

evidence for water absorption or emission in the 1.4� m band. Statistically, the �rst

question to resolve is whether the simplest possible �tting function can account for

our spectrum. The simplest function is a single value in contrast, i.e. a 
at line at

the average contrast level. For our� analysis spectrum (red points on Figure 3.13)

the � 2 of the best-�t 
at line is 12.8 for 10 degrees of freedom, so our� analysis

accepts a 
at line as representing the planet's contrast across the WFC3 band. For

our � analysis (blue points on Figure 3.12), the 
at line� 2 is 28.6, rejecting the 
at

line at > 99% con�dence. So our� analysis indicates a stronger and more signi�cant

upward slope than does our� analysis. That is the single largest di�erence between

our � and � analyses, that are otherwise very consistent, with all points overlapping

within their error bars (Figure 3.13). Both of our WFC3 analyses reject the best-�t

blackbody slope for the planet, but only at about the 93% con�dence level. The� 2

values are 17.0 and 17.8 (10 degrees of freedom) for our� and � spectra, respectively.

On the other hand, the blackbody is obviously consistent with the weakness of water

absorption in the WFC3 band.

We checked that our results are not a�ected by inadequate corrections for

detector non-linearity at the high 
uence levels of our data. We repeated the�
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Figure 3.14 Our WFC3 results for CoRoT-2b shown in the context of ground-based
2� m results (Alonso et al., 2010), the Spitzer results from Deming et al. (2011),
and the optical eclipse depths from Alonso et al. (2009). The black line is an
1788K blackbody for the planet, and the dark blue line is a solar abundance clear
atmosphere Burrows model previously used to interpret the Spitzer data (Deming
et al., 2011). The green line is the solar abundace Burrows model with additional
continuous opacity (see text). The magenta model is from Madhusudhan and has
equal carbon and oxygen abundances. All of the models lack temperature inversions
(see text). The inset shows our WFC3 results, from both our� (red points) and �
(blue) analyses. Note that the error in the overall level of the WFC3 points (Sec. 5.2)
is much greater than the relative errors on individual points.
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analysis omitting the last (fourth) sample of the exposure, and using only the �rst 3

samples, where the 
uence level (� 47,000 electrons) is well within the linear regime.

That modi�ed version of the � analysis shows little di�erence from the� spectrum

shown on Figs. 3.13 & 3.14 (but, with larger errors due to the lower 
uence levels).

The slope of the planet's spectrum across the WFC3 band is relevant to the

interpretation of the eclipse amplitude observed in the optical by CoRoT (Alonso

et al., 2009; Snellen et al., 2010b). If a 1788K blackbody agreed with the slope

of our observed spectrum, it would be reasonable to extrapolate that blackbody

to judge the magnitude of the thermal emission from the planet at optical wave-

lengths. A blackbody of 1788K would produce negligible thermal emission in the

optical, and we would conclude that the optical eclipses are due to re
ected light.

However, given that the observed slope across the WFC3 band does not decline

as strongly as a 1788K blackbody, it remains possible that the optical eclipses are

due to thermal emission. That could happen, for example, if temperatures on the

star-facing hemisphere of the planet were spatially inhomogenous. Hotter regions

having a small �lling factor, combined with cooler regions of larger �lling factor,

could in principle produce the observed slope across the WFC3 band, and account

for the optical eclipses, while still remaining consistent with the observed contrast

at wavelengths exceeding 2� m.

In order to probe the viability of our speculation concerning temperature in-

homogeneities, we performed exploratory �ts (not illustrated) using two di�erent

blackbody temperatures and �lling factors on the star-facing hemisphere of the

planet. We �nd a good �t to our WFC3 and the CoRoT data using T1 = 1500K and
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T2 = 3600K, with �lling factors of 0 :96 and 0:04, respectively. This combination

matches the level of the contrast in the CoRoT bands as well as the contrast level

and wavelength dependence of our WFC3 results, but it signi�cantly underestimates

the contrast in the Spitzer bands (by about 0.001). Recent hydrodynamic simula-

tions of hot Jupiter atmospheres show brightness temperature variations as large as

a factor of two on the star-facing hemisphere of HD189733b (Dobbs-Dixon and Agol,

2013). Since that planet is less strongly irradiated than CoRoT-2, the temperatures

found by our exploratory �ts seem plausible. Nevertheless, we do not here attempt

to model the atmosphere of CoRoT-2 using a self-consistent 3-dimensional approach

(temperature varying with depth and with horizontal coordinate). Higher quality

data, such as we anticipate from the James Webb Space Telescope, may justify such

an approach in the future.

3.7.2 Limit on WFC3 Spectral Features

Both our � and � spectra agree that a straight line (contrast increasing linearly

with wavelength) gives a good account of our results across the WFC3 band: the

� 2 values for a linear �t (9 degrees of freedom) are 6.1 and 13.7 for our� and �

spectra, respectively. These values leave little room for absorption or emission by

water vapor at 1.4� m. In order to specify a limit on the degree of water absorption

or emission, we scale and �t a Burrows model to the data, using the model shown

in blue on Figure 3.14. In order to make the limit responsive to the modulation

caused by the actual water absorption (as opposed to the slope of the continuum),
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we allow for a linear baseline di�erence as a function of wavelength. We construct

10,000 trial data sets, adopting the error at each binned wavelength from our� -

analysis, and we �t the model plus a linear baseline to each trial data set using

linear regression. Based on the distribution of �tted amplitudes, we �nd an 85

ppm 3� limit on the amplitude of water absorption or emission, measured at the

bandhead at 1.38� m. This limit assumes that the shape of the water absorption

is the same as in the Burrows model. The 3� limit of 85 ppm is signi�cantly less

than the already weak water absorption seen during transmission spectroscopy of

the giant planets XO-1b and HD 209458b (Deming et al., 2013), WASP-19 (Huitson

et al., 2013; Mandell et al., 2013), and HAT-P-1b (Wakeford et al., 2013). This

conclusion is signi�cant, as can been seen by reference to one conventional solar

abundance Burrows model (Burrows et al., 2001, 2008a,b, 2010) illustrated as the

dark blue line on Figure 3.14. This model is not intended as a �t to the WFC3

data, but it was invoked by Deming et al. (2011) in an attempt to account for the

Spitzer observations. Although it misses the 4.5� m Spitzer point, Deming et al.

(2011) discussed the possibility of circumplanetary carbon monoxide emission in

that band, due to tidal stripping by the star. However, this model produces a much

larger spectral modulation in the WFC3 band than is seen in our observed spectra.

3.7.3 Solar Abundance Model Atmospheres

CoRoT-2b is an unusual planet, and the Spitzer data have been particularly

di�cult to understand, as discussed by Deming et al. (2011) (but, see Madhusud-
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han, 2012). The relatively high contrast at 3.6- and 4.5� m seems to require a hot

continuum, allowing little if any molecular (principally water) absorption. Simul-

taneously, the lower contrast at 8� m requires absorption to a signi�cant degree.

We here explore the potential for conventional solar abundance model planetary

atmospheres to account for the totality of the CoRoT-2b eclipse data.

The weakness of absorption features can be produced in a solar abundance

model by adding continuous opacity by small particle scattering and/or absorption.

That could dampen features in the emergent spectrum at short wavelengths, but a

reduced scattering cross-section with increasing wavelength could allow greater spec-

tral contrast at 8 � m (mentioned by Deming et al., 2011). If the temperature remains

nearly constant as a function of pressure/altitude in the planet's atmosphere, that

would also suppress any absorption or emission features in the emergent spectrum.

Figure 3.14 shows the contrast from a Burrows model (Burrows et al., 2001, 2008a,

2010) having three additional sources of opacity not present in a clear atmosphere.

This model is shown in green on Figure 3.14, and has redistribution parameter

Pn = 0:1 (Burrows et al., 2008a). The additional opacity sources are �rst, a high

altitude optical (0.4-1.0� m) absorber of opacity 0:2cm2g� 1. Second, an absorbing

haze opacity of 0:04cm2g� 1 uniformly distributed at all pressures and wavelengths,

and third, a scattering opacity of 0:08cm2g� 1 also uniformly distributed at all pres-

sures and wavelengths. The scattering opacity acts to increase the re
ected light,

but not increasing the thermal emission. Note that in principle we could include

a wavelength dependence to the opacity of the broadly distributed hazes, but we

prefer to keep thisad hocopacity as simple as possible.
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The uniformly distributed hazes damp the spectral modulation in the WFC3

bandpass to an acceptable degree, but the model misses the overall WFC3 contrast

level, being too high by 161 ppm. Like all single-spatial-component models, it's slope

across the WFC3 band is larger than our data. Given the error level of our white

light eclipse (395+69
� 45 ppm), the overall contrast di�erence is signi�cant at 2:3� , which

is the single largest problem with this model. On the other hand, the scattering

opacity increases the contrast in the optical to the point where it underestimates

the CoRoT eclipse amplitude by less than 2� . Also, among the models we've tested,

it does the best job of reproducing the long wavelength eclipse amplitudes (1:5� on

average).

The aggregate eclipse data are ambiguous concerning the possibility of a ther-

mal inversion in the dayside atmosphere of CoRoT-2b. As discussed in Madhusud-

han (2012), the lower brightness temperature in the 8� m Spitzer bandpass compared

to the brightness temperatures in the shorter wavelength channels (except 4.5� m)

suggests a temperature pro�le decreasing outward in the atmosphere. If that gra-

dient is 
atter than radiative equilibrium models predict, it will help to account

for the lack of strong spectral features. On the other hand, the solar abundance

radiative equilibrium model (green line on Figure 3.14) achieves good agreement

with the 4.5 � m Spitzer eclipse depth by incorporating 0:2cm2g� 1 of extra optical-

wavelength opacity at low pressures (� 1 mbar) close to where radiation in the

4.5� m band is formed (Burrows et al., 2007). Indeed, that model shows a tem-

perature rise of about 75 Kelvins, near 0.2 mbars. But due to the more widely

distributed absorbing haze, the temperatures in this model at high altitude are al-
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ready hundreds of Kelvins over the values they would have in a clear atmosphere.

To the extent that this model is preferred, or that a 
attened temperature gradient

counts as a weakly-inverted atmosphere, then CoRoT-2b could be claimed to have

a temperature inversion. However, this evidence for an inversion is weaker than for

HD 209458b (Burrows et al., 2007; Knutson et al., 2008), and is ambiguous in the

sense that the atmosphere could be heated without satisfying a strict de�nition of

inversion (temperature increasing with height). Knutson et al. (2010) hypothesized

that planets orbiting active stars will not have strong atmospheric temperature in-

versions, because the absorbing species that causes the inversion (e.g., Hubeny et al.,

2003; Fortney et al., 2008) may be destroyed by the enhanced UV 
ux from stellar

activity. CoRoT-2a is an active star (Guillot and Havel, 2011), and lack of a strong

thermal inversion in CoRoT-2b would support the Knutson et al. (2010) hypothesis.

3.7.4 A Carbon-rich Model Atmosphere

An alternate way to reduce the spectral modulation by water vapor in the

WFC3 bandpass is to reduce the equilibrium water vapor mixing ratio, for example

by increasing the carbon abundance relative to oxygen. This also helps to decrease

absorption in the 3.6- and 4.5� m bands (although methane does contribute some

absorption at 3.6-� m), while preserving absorption at 8� m via the 7.8� m methane

band. We used the methodology described by Madhusudhan and Seager (2009)

and Madhusudhan and Seager (2010) to �nd a possible carbon-rich match to the

aggregate data for this planet (except for the optical eclipses). Madhusudhan (2012)
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discussed CoRoT-2b and was able to �t the pre-WFC3 data by varying the C/O

ratio to various degrees. The magenta line on Figure 3.14 is a model with an

enhanced carbon abundance (C/O=1), and having a non-inverted atmosphere with

modest thermal contrast (700K increase in temperature from upper boundary to the

optically thick photosphere). The enhanced carbon abundance weakens the water

absorption, but allows su�cient absorption near 8� m to account for that Spitzer

point to within � 1� . The average agreement with the ground+Spitzer eclipses is

1:9� , not quite as good as the blackbody and the solar abundance model. On the

other hand, the carbon-rich model does the best job { of the atmospheric models,

i.e., beyond just a linear �t { of reproducing the WFC3 spectrum (� 2 = 16:1 for

10 DOF), and in particular it agrees essentially perfectly with the amplitude of the

WFC3 white-light eclipse. It does not require additional haze opacity.

3.7.5 Reprise of the Model Atmosphere Comparisons

We here summarize the main conclusions from comparing the aggregate eclipse

data for this planet with emergent spectra from di�erent models. We tested a black-

body, as well as more sophisticated solar abundance and carbon-rich models. No

model �ts all of the data. The limit on spectral modulation due to water absorption

in the WFC3 band is our main observational result. Given the lack of clear and

unequivocal molecular absorption features in the WFC3 and other bands, emergent

spectra more sophisticated than a blackbody are unproven. A blackbody spectrum

gives an acceptable �t to the data except for the optical eclipses as seen byCoRoT. A
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blackbody spectrum �ts the slope over the WFC3 band poorly, but multi-component

blackbodies due to spatial inhomogeneities on the star-facing hemisphere have the

potential to help account for the observations, including the optical eclipses as seen

by CoRoT, especially if extra scattering opacity increases toward short wavelengths.

Note that the absorbing and scattering hazes invoked in our solar abundance model

are qualitatively similar to extra absorption and scattering opacity inferred for the

archetype planet HD 189733b (Pont et al., 2013; Evans et al., 2013).

Although a blackbody spectrum reasonably accounts for the infrared eclipse

data, it is not a model of the planet's atmosphereper se. Instead, the planetary

atmosphere can mimic a blackbody via the presence of extra continuous opacity

that damps the observed thermal contrast, or due to a high carbon abundance that

weakens the bands of the principal molecular absorber (water vapor). In either case,

extra scattering opacity at optical wavelengths could help to account for the ampli-

tude of the optical eclipses. We �nd only weak evidence for a strong temperature

inversion, but extra absorbing opacity in the solar abundance model would perturb

the temperature pro�le in a manner similar to a temperature inversion, but less

extreme.

3.8 Summary

We observed the Very Hot Jupiter CoRoT-2b in secondary eclipse using three

visits by the WFC3 G141 grism on HST. Even without utilizing the new spatial

scan mode, we obtained spectra with errors approaching the photon noise limit. We
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characterized the instrument-related systematic e�ects present in the data. We �nd

a time-dependent variation in the background intensity, a visit-long slope, slopes

associated with each orbit, and we investigate the `hook' e�ect that occurs after

data transfers. We explored the behavior, dependencies, and how best to account

for these e�ects in data analyses. In particular, we de�ned the amplitude of the

hook e�ect versus the exposure level in electrons (Figure 6).

We measure the thermal emission from the planet in the 1.1-1.7� m band,

but we �nd no spectral features to a 3� limit of 85 ppm. We used a di�erential

method to derive the spectrum and cancel the systematic errors (Deming et al.,

2013), obtaining results close to photon-limited. No model �ts all available eclipse

data for this planet to within the errors. We consider solar abundance and carbon-

rich spectral models, as well as a simple blackbody spectrum, to account for the

eclipse data. The spectral models do not clearly surpass the blackbody spectrum in

terms of the quality of the �t. The slope of the data within the WFC3 bandpass is

less than given by all of the models, including the best-�t blackbody. There is weak

and ambiguous evidence that the atmospheric temperature structure is inverted, but

a reduced temperature gradient may be present, and may help to mimic the quasi-

blackbody nature of the emergent spectrum. Extra atmospheric continuous opacity

is a strong possibility to account for the lack of spectral features in the WFC3 band.

If that opacity has a scattering component, it can help to account for the optical

eclipse amplitude of this planet as observed by CoRoT. Spatial inhomogeneities in

temperature on the star-facing hemisphere may also help to account for the optical

eclipse and the slope of the spectrum in the WFC3 band.
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Chapter 4: Searching For Rapid Orbital Decay of WASP-18b

Abstract

The WASP-18 system, with its massive and extremely close-in planet, WASP-

18b (Mp = 10.3MJ , a = 0.02 AU, P = 22.6 hours), is one of the best known exoplanet

laboratories to directly measure Q', the modi�ed tidal quality factor and proxy for

e�ciency of tidal dissipation, of the host star. Previous analysis predicted a rapid

orbital decay of the planet toward its host star that should be measurable on the

time scale of a few years, if the star is as dissipative as is inferred from the circu-

larization of close-in solar-type binary stars. We have compiled published transit

and secondary eclipse timing (as observed by WASP, TRAPPIST, and Spitzer) with

more recent unpublished light curves (as observed by TRAPPIST and HST) with

coverage spanning nine years. We �nd no signature of a rapid decay. We conclude

that the absence of rapid orbital decay most likely derives from Q' being larger than

was inferred from solar-type stars, and �nd that Q'� 1� 106, at 95 % con�dence;

this supports previous work suggesting that F-stars, with their convective cores and

thin convective envelopes, are signi�cantly less tidally dissipative than solar-type

stars, with radiative cores and large convective envelopes.
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4.1 Introduction

The discovery of WASP-18b (Hellier et al., 2009; Southworth et al., 2009), with

its large mass (10.3 MJ ) and small orbit (22.6 hours) (see Table 4.1 for other param-

eters), elicited one primary question: how could it exist? A planet of that mass

and proximity should raise a substantial tidal distortion (tidal bulge) in the central

star. Because the star is not a perfectly elastic body, and because the planet orbits

more quickly than the star rotates, the tidal bulge would lag behind the planet,

causing the planet's orbital motion to accelerate and the orbit to shrink (Goldre-

ich and Soter, 1966). Hellier et al. (2009) calculated a 0.65 Myr future lifetime for

the planet, assuming that the star is as dissipative as is inferred from the circu-

larization of close solar-type binary stars (Meibom and Mathieu, 2005; Ogilvie and

Lin, 2007). The estimated age of the star is a few hundred million years (Bonfanti

et al., 2016; Hellier et al., 2009) to 2 Gyr (Southworth et al., 2009); �nding a planet

with a lifetime that is such a small fraction of the system's age is extremely im-

probable. Hamilton (2009) discusses several alternative explanations, ranging from

an overestimation of the decay rate (due to unmodeled nuances of tidal physics

leading to an underestimation of the tidal Q' parameter) to a non-tidal mechanism

holding the planet in place (e.g. in
uence of another body in the system). Barker

and Ogilvie (2009) investigate the e�ciency of tidal dissipation in the convective

envelopes of F-stars, which have both convective cores and convective envelopes; G

stars, on which most studies of exoplanetary tidal decay focus (e.g. Jackson et al.

2009; Birkby et al. 2014), have radiative cores and thicker convective envelopes. The
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Barker and Ogilvie (2009) calculations reveal that tidal dissipation within F stars

is generally much less e�cient than within G-stars, and therefore that planetary

tidal decay around stars like WASP-18 would be imperceptibly low over a decadel

timespan (Barker and Ogilvie, 2010; Barker, 2011). If, however, tidal dissipation

within WASP-18 behaved as is usually inferred for solar-type stars, Birkby et al.

(2014) predict that its transit should occur progressively earlier at each observation,

accumulating to a measurable shift of nearly six minutes over ten years. This is

the largest predicted shift of any planet, making the WASP-18 system possibly the

best known laboratory for direct measurements of the stellar tidal Q' parameter.

Maciejewski et al. (2016) potentially measured the tidal decay of WASP-12b, but

Hoyer et al. (2016) ruled out the orbital decay of WASP-43b proposed by Jiang

et al. (2016).

In this Letter, we bring together published measurements of transit and sec-

ondary eclipse timing from discovery (Hellier et al., 2009),Spitzer (Nymeyer et al.,

2011; Maxted et al., 2013), and ground-based TRAPPIST (Maxted et al., 2013) ob-

servations, and new analyses of unpublished archival (HST), and recent TRAPPIST

data. We place strong limits on the maximum rate of the system's orbital decay

and discuss the implications.
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Table 4.1. WASP-18 parameters used for this analysis.

Parameter Value Average Reference

The Star: WASP-18

1.29� 0.16 Doyle et al. 2013

Radius (R� ) 1.22� 0.11

1.15� 0.02 Bonfanti et al. 2016

6400� 100 Hellier et al. 2009

Tef f (K) 6400� 75 6322� 72 Doyle et al. 2013

6167� 7 Bonfanti et al. 2016

4.4� 0.15 Hellier et al. 2009

logg 4.32� 0.09 4.32� 0.10 Doyle et al. 2013

4.39� 0.01 Bonfanti et al. 2016

< 2.0 Southworth et al. 2009

Age (Gyr) 0.5 - 1.5 Hellier et al. 2009

0.9� 0.2 Bonfanti et al. 2016

1.281+ :052
� :046 Southworth et al. 2009

M � (M � ) 1.24� 0.04 1.25� 0.04 Triaud et al. 2010

1.22� 0.03 Enoch et al. 2010

The Planet: WASP-18b

P (days) 0.94145299� 8.7� 10� 7 Hellier et al. 2009

0.02047+ :00028
� :00025 Southworth et al. 2009

a (AU) 0.02034+ :00026
� :00023

0.02020+ :00024
� :00021 Triaud et al. 2010

86� 2.5 Hellier et al. 2009

111



Table 4.1 (cont'd)

Parameter Value Average Reference

i (� ) 83.3+1 :9
� 2:0

80.6+1 :1
� 1:3 Triaud et al. 2010

10.43+ :30
� :24 Southworth et al. 2009

Mp (M J ) 10.27+ :27
� :23

10.11+ :24
� :21 Triaud et al. 2010

4.2 New Observations

4.2.1 TRAPPIST

The TRAnsiting Planets and PlanetesImals Small Telescope-South (TRAPPIST-

S, Jehin et al. 2011; Gillon et al. 2011) is a ground-based, 60-cm robotic telescope

based at the La Silla Observatory used to study both exoplanets and small bodies

in the Solar System. TRAPPIST observed two WASP-18b photometric transits in

the fall of 2015 in the broad-band Sloan-z �lter, centered at 0.9134� m.

4.2.2 Hubble Space Telescope

The Hubble Space Telescope(HST) observed WASP-18b in 2014 in spatial scan

mode (Deming et al., 2013) over its full phase (PID 13467, PI Bean), including one

full transit, one full secondary eclipse, and one extra eclipse ingress. All observations

were made with the Wide Field Camera 3 (WFC3) G141 infrared grism, covering
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1.1 - 1.7� m. While the primary deliverable from such observations is the spectrum,

we sum over wavelength to extract a photometric light curve. To maximize observ-

ing e�ciency, the scan reverses direction, rather than taking the time to reset to

the starting point, at the end of each scan. This introduces a non-constant o�set

requiring separate analysis of the forward and reverse scans.

4.3 Analysis: Deriving the new White Light Curves

Table 4.2 includes the transit and secondary eclipse times used in this analysis.

We describe here how we generated white light curves and transit �ts to the new

TRAPPIST and HST data.

4.3.1 TRAPPIST Light Curves

We reduce our TRAPPIST data in the methods described by Gillon et al.

(2012). We calculated the best-�t transit curve for each observation using the

TRAPPIST MCMC procedure (Gillon et al. 2009 and references therein), executing

the Mandel and Agol (2002) algorithm to �nd the new best-�t light curve param-

eters. We generated the curve plotted in Figure 4.1 with the BATMAN procedure

(Kreidberg, 2015), given those orbital parameters.
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4.3.2 HST White Light Curves

As has been studied extensively (e.g. Sing et al. 2016), the HST WFC3 cam-

era, while improved over its predecessor NICMOS, has persistent systematic errors

that seem to be a function of incident 
ux (Wilkins et al., 2014), with three dis-

tinctive e�ects: a visit-long ramp, an orbit-long ramp, and a \hook" within orbits

(Berta et al., 2012; Wilkins et al., 2014). We reduce the WFC3 data and mitigate

systematics in a modi�ed divide-oot method { a method of averaging out all three

systematic e�ects (Wilkins et al., 2014; Deming et al., 2013), including the correc-

tion to the STScI wavelength calibrations found in Wilkins et al. (2014). To �t the

transit, we use the non-linear, fourth-order limb darkening coe�cients from Claret

(2000) in the Mandel and Agol (2002) light curve models, and derive \prayer-bead"

error bars as in Gillon et al. (2009). To �t the the secondary eclipse, we use the

same procedure in the limit of no limb darkening, such that the shape is that of a

trapezoid. We analyze the forward and reverse scans independently, as mentioned

in § 4.2, due to a non-linear o�set between the two; the �nal timing results agree

and are thus shown as an average in the table.

4.4 Results: Transit Timing Evolution over Nine Years

We have compiled all published transit and secondary eclipse observations of

WASP-18b and added them to the new observations obtained by HST and TRAP-

PIST to produce a data set spanning more than nine years. The full data set is found

in Table 4.2. Published light curve solutions came from four observing campaigns:
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Figure 4.1Left: Two new transits of WASP-18 by its planet observed by TRAPPIST

in 2015. The data are plotted in black, binned points in blue, and the best-�t transit

curve in red. The August observation is o�set in y for visualization purposes.Right:

New transit and secondary eclipse of WASP-18 by its planet observed by HST in

2014. The data are plotted in black and blue (forward and reverse scans), the best-�t

transit curve in red.
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WASP: The Wide-Angle Search for Planets (WASP) Project (Pollacco et al.,

2006) announced the discovery and initial orbital solution of WASP-18b as observed

in transit by the WASP-South Survey and in radial velocity with the CORALIE

spectrograph (Hellier et al., 2009), and con�rmed with the Danish 1.5m telescope at

ESO (Southworth et al., 2009). The Southworth et al. (2009) ephemeris was later

found to be erroneous (Southworth et al., 2010); we use only the Hellier et al. (2009)

ephemeris.

Spitzer: Nymeyer et al. (2011) observed two secondary eclipses of WASP-18b

via the Spitzer Exoplanet Target of Opportunity Program with the Infrared Array

Camera (IRAC, PID 50517). The �rst secondary eclipse was observed in the 3.6� m

and 5.8� m channels on December 20, 2008, the second in the 4.5� m and 8.0� m

channels on December 24, 2008. Maxted et al. (2013) reanalyzed the Nymeyer et al.

(2011) points.

Warm Spitzer: Maxted et al. (2013) observed two full phases of WASP-18b's

orbit with warm Spitzer, one with the 3.6� m channel on January 23, 2010, and the

other with the 4.5� m channel on August 23, 2010.

TRAPPIST: In addition to the unpublished, new transit curves presented as

part of this work, TRAPPIST also observed WASP-18b �ve times in transit in late

2010 and early 2011, also in the Sloan-z' �lter Maxted et al. (2013).

To search for tidal decay, we study the correlation between the number of

orbits since discovery ephemeris and transit (or eclipse) arrival time. In the case of

no orbital evolution, this correlation would be linear, and the slope of the line would

be the planetary orbital period. We allow for the possibility of decay by including
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a second-order term that is dependent on the rate of any orbital evolution. We

�rst perform a multivariate linear regression and �nd a plausible �t ( � 2
RED = 1:07).

To explore the trade-o� between the linear and quadratic terms of the �ts, we also

perform a Markov Chain Monte Carlo (MCMC) quadratic �t using emcee(Foreman-

Mackey et al., 2013); the results of both �ts, which are in excellent agreement, are

in Figure 4.2. With emcee, we �nd the period P = 0:94145287+6 :56� 10� 7

� 6:59� 10� 7 days, in

agreement with the Hellier et al. 2009 P = 0.94145299� 8.7� 10� 7 days. If WASP-

18 were as tidally dissipative as is inferred from the circularization of solar-type

close binary stars, there should be a de�nitive deviation from linear behavior, i.e.,

the quadratic term should be nonzero. We measure an upper limit for the magnitude

of the quadratic term, and we therefore �nd no con�rmation of rapid tidal decay for

the WASP-18 system. Indeed, as discussed in the next section, we should not have

expected to �nd evidence of rapid decay.

4.5 Discussion: Implications of the Absence of Rapid Tidal Decay

Without strong evidence of a rapidly decaying orbit suggested by Hellier et al.

(2009); Birkby et al. (2014), we turn instead to the predictions of Barker and Ogilvie

(2009, 2010); Barker (2011); Lanza et al. (2011). We �rst brie
y review the discus-

sion of these predictions as they apply to WASP-18, and then calculate a constraint

on the Q' of WASP-18.
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Figure 4.2 MCMC posterior probability distributions for the linear and quadratic
parameters of the quadratic �t, q (proportional to -1/Q'), and p (orbital period),
with 5th, 50th, and 95th percentiles marked by the dashed lines. We leave the less
important intercept term o� of this corner plot, for clarity. Overplotted in red are
the best-�t values from the least-squares polynomial �t (minimizing� 2). The two
methods agree on the value of the period and they both �nd only an upper limit for
the magnitude of the quadratic term (corresponding to a lower limit on Q', see top
axis of theq plot.
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4.5.1 Tidal Dissipation in G vs. F Stars

Tides raised within a central star by a planetary companion are dissipated

within the star and angular momentum is transferred between the stellar spin and

planetary orbit in the process (e.g. Ogilvie 2014). For short-period planets (orbit-

ing sub-synchronously rotating stars), like WASP-18b, that also have approximately

circular orbits, tidal dissipation in the star causes the planet to lose angular mo-

mentum and spiral inward, because the tidal bulge raised in the star lags the planet

when the planet's orbital period is less than the star's rotational period (i.e. Porb

< Prot ). This is the opposite of the Earth-Moon system, in which the Moon recedes

from the Earth because the bulge leads the Moon (since Porb > Prot ). The rate of

change of the orbit depends on the e�ciency of tidal dissipation within the host

star; this is where stellar structure becomes important.

The tide in the star is often decomposed into two contributions: an equilibrium

tide and a dynamical tide (e.g. Zahn 1977). Dissipation of both components is

expected to become less e�cient in stars slightly more massive than the Sun (i.e.

F stars). While we often generalize Sun-like stars (typically de�ned as 0.5M� .

M � . 1.3 M� ) to have radiative cores and convective envelopes and more massive

stars to have the opposite, development of convective cores and radiative envelopes

is actually a continuum. WASP-18, for example, is a 1.2-M� F6 star, and, according

to MESA stellar structure models (Paxton et al., 2011), should have a convective

core within the innermost 6 % of the stellar radius, and a convective envelope in the

outer 15 %; it is therefore intermediate between an solar-mass and high-mass star.
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For tidal dissipation, therefore, an F star like WASP-18 is not "sun-like."

We quantify the e�ciency of tidal dissipation using the tidal quality factor, Q,

de�ned as (Goldreich, 1963):

Q �
energy stored in tidal distortion
energy dissipated in one cycle

= 2�E 0(
I

� _Edt)� 1; (4.1)

where E0 is the maximum energy stored in the tidal bulge and_E, intrinsically

negative, is the energy dissipated in one tidal period. We use the modi�ed Q (i.e.

Q') convention throughout this Letter:

Q
0

� ;0 �
3Q
2k2

; (4.2)

where k2 is the tidal Love number. Q' is almost certainly not a single constant

number for all stars (even of the same spectral type), but is instead a complicated

function of the stellar mass, structure, rotation, and tidal periods, as well as the

planetary properties (e.g. Ogilvie 2014). Q' is the Q of an equivalent homogeneous

body (k2 = 3/2). A large Q' corresponds to weak or ine�cient tidal dissipation,

and a smaller Q' corresponds to strong or e�cient dissipation. We investigate here

the Q' of the star (WASP-18), not the planet (WASP-18b); the planet's tidal Q' is

relevant for its own tidal evolution, and leads to synchronization of its rotation and

circularization of its orbit.

The equilibrium tide is dissipated within the convective envelope of the star by

the e�ective viscosity of convective turbulence (Zahn, 1966; Goldreich and Nichol-

son, 1977); however, the e�ective viscosity may be signi�cantly reduced in the case

of a short-period planet (Penev and Sasselov, 2011; Ogilvie and Lesur, 2012). In

addition, in F stars, the outer convection zone is thin and of very low mass, so it
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is expected to be much less dissipative than in G-stars; the e�ective tidal Q' could

be as high as 1011 (Barker and Ogilvie, 2009) for a star like WASP-18 at the tidal

frequencies of interest. Dissipation in the convective core of an F star is also likely

weak (e.g. Zahn 1977).

The dynamical tide primarily consists of internal gravity (g-mode) waves that

are tidally excited at the convective-envelope-radiative-core boundary and propagate

inwards to the center of the star. These waves are thought to be damped by radiative

di�usion or nonlinear e�ects. If they can reach the center, they become geometrically

focused and, if the planet exciting them is su�ciently massive { like WASP-18b

{ they may reach su�ciently large amplitudes such that they break, leading to

signi�cantly enhanced tidal dissipation (Goodman and Dickson, 1998; Ogilvie and

Lin, 2007; Barker and Ogilvie, 2010; Barker, 2011). This process deposits angular

momentum into the star, thereby removing angular momentum from the planet's

orbit; the star's rotation gets faster (\spin-up"), while the planet's orbit shrinks.

If WASP-18 were Sun-like, WASP-18b would be su�ciently massive to cause wave

breaking, and we would expect the planet to rapidly spiral into its star. However,

in the case of an F-star like WASP-18, the convective core prevents the tidally-

excited gravity waves from reaching the center where they would be focused, so that

they may never reach such large amplitudes to break, though they may be subject

to weaker nonlinear e�ects (eg. Barker and Ogilvie 2011; Weinberg et al. 2012;

Essick and Weinberg 2016). The dissipation would be signi�cantly reduced, save

for select resonant tidal frequencies, so that we would expect the planet to remain

in the orbit in which it was discovered (Barker and Ogilvie, 2009). Furthermore,
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the lingering thin outer convective envelope in an F star of WASP-18's mass would

inhibit radiative damping of the waves near the top of the radiative zone (relative

to more massive A-stars). The dissipation that Valsecchi and Rasio (2014) �nd for

WASP-71 may be moderately higher than we would expect in WASP-18 precisely

because it is a more massive (1.5 versus 1.2M � ) star, and therefore has a thinner

outer convective envelope than WASP-18, but what they obtain is still very weak.

Were a resonance present, Q' could indeed be very low, and therefore the star

could be quite dissipative. However, the above arguments and those of, e.g. Lanza

et al. (2011); Barker and Ogilvie (2009), support a high-Q', generally minimally-

dissipative scenario for a star like WASP-18.

4.5.2 Estimating the Tidal Q' for WASP-18

When a planet transits its host star, we have a convenient time point from

which to measure any changes in the orbit, which we infer through a shift in the tran-

sit (or secondary eclipse) arrival time. Birkby et al. (2014) show that the expected

shift can be reduced to:

Tshif t = �
�

27
8

� �
M p

M �

� �
R�

a

� 5 �
2�
P

� �
1

Q�
0

�
T2; (4.3)

where M p=M� is the planet-to-star mass ratio (for WASP-18,M p=M� = 0.007843),

R� =a is the stellar-radius-to-semi-major-axis ratio (for WASP-18,R� =a= 0.2789),

T is the elapsed time, and P is the orbital period of the planet. Therefore, in a

quadratic �t of the form

t = qT2 + pT + c; (4.4)
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where the linear coe�cient p corresponds to the period of the planet's orbit, the

quadratic term is de�ned by Equation 4.3. Rearranging, we �nd that Q' depends

on the quadratic coe�cient q as:

Q0 = �
�

27
8

� �
M p

M �

� �
R�

a

� 5 �
2�
P

� �
1
q

�
(4.5)

We �t for the coe�cients in Equation 4.4, and thus the period and Q', as discussed

in § 4.4 and shown in Figure 4.2.

Equation 4.3 makes clear that a planet must be close-in and massive (relative

to the radius and mass of the host star), its orbital period must be short, and it

must orbit a star with a favorable Q0, in order to produce any discernible shift

in time. Currently, in the NASA Exoplanet Archive, only eight con�rmed planets

have both masses larger than 1.0M J and orbital periods of roughly one day or less.

The addition of recently-announced KELT-16b (Oberst et al., 2016) makes nine.

Of those, one is around a pulsar and four (WASP-18b, KELT-16b, WASP-12b,

and WASP-103b) are around stars more massive than 1.2M � and therefore likely

possessing convective cores that preclude tidal wave breaking at the center. Of the

remaining four, WASP-43b has already demonstrated no rapid tidal decay (Hoyer

et al., 2016), but WASP-19, WTS-2, and K2-22 all orbit stars less massive than

the sun, and may be reasonable testbeds for dissipation within a star with a larger

convective envelope and a smaller radiative core; Birkby et al. (2014) has already

suggested that WTS-2 should have a barely-discernible shift for Q'=106 (17 s over

16 years).

Equation 4.3 assumes a stellar obliquity of zero and neglects tidal dissipation

124



in the planet, assuming its orbit to be circularized and its spin to be synchronized

and aligned with the orbit. The canonical value of Q' is 106, as derived for stars

from measurements of the orbits of binary star systems (e.g. Meibom and Mathieu

2005) and for Solar System giant planets from the orbits of their satellites (Zhang

and Hamilton, 2008)).

We return to Figure 4.2, as we can now interpret the �ndings forq (and

therefore Q') physically. The 95th percentile posterior probability distribution for

q is e�ectively zero; given that Q'/ 1
q, this means we only can de�nitively extract a

lower limit, Q' � 1� 106, taken at the 5th percentile of theq distribution. Continued

monitoring of this system should further constrain WASP-18's Q', and it follows

from the discussion above that we will continue to �nd an increasing lower limit,

i.e. no evidence of rapid tidal decay.

4.6 Conclusion

We have combined previously published and new data to �nd no conclusive

evidence of rapid tidal decay of the orbit of WASP-18b, supporting predictions of

little to no tidal decay for a short-period planet around an F star (Barker and Ogilvie,

2009, 2010; Barker, 2011), given our current understanding of the physics of tidal

dissipation in F stars. We �nd for WASP-18 that Q' � 1� 106at 95 % con�dence.

Further observations of WASP-18b and similar monitoring of planets like WASP-

19b, WTS-2b, and K2-22b would add tighter observational constraints on stellar Q'

for various stellar types, and allow us to further probe the mechanisms of stellar

125



tidal dissipation.
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Chapter 5: The HST Infrared Transmission Spectrum of Hot Nep-

tune HATS-7b

5.1 Introduction

The Hubble Space Telescope (HST) was not designed for exoplanet charac-

terization; not only had no exoplanet discovery been con�rmed at launch, but also,

there was no expectation that characterization of the �rst discoveries, if and when

they came, could be characterized for decades at least, because the expectation was

based on the solar system planetary architecture. Instead, the last two decades

have brought on thousands of discoveries (� 3500 as of August 2017), and many

of those planets have been tantalizingly in reach of instrumentation never designed

with them in mind. Giant transiting planets orbiting incredibly close to their host

stars have opened up an entirely new phase space of study, allowing us to pursue

now what we thought would not come for decades.

The �rst years of transit spectroscopy with the Hubble Space Telescope (HST)

were fraught with challenges, as the NICMOS instrument in particular displayed sig-

ni�cant systematics at the levels of the very small variations caused by exoplanet

atmospheres, with con
icting results coming from the same data (e.g. HD 189733 b:
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