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Gas and star formation in galaxies are intimately linked to one another. Molec-
ular hydrogen gas is the material out of which stars form, while the process of forming
stars, in turn, depletes the reservoirs of gas in galaxies and builds up their stellar
mass. Observations of star formation in galaxies over time indicate that they must
form stars for timescales longer than would be expected from their gas content and
star formation rates, indicating that processes that replenish the star forming fuel
must be present. The focus of this thesis is on two components of this qualitative
picture: the molecular hydrogen gas content of galaxies over time, and the link be-
tween gas and star formation in galaxies resembling those observed at the epoch of
most active star formation.

First, I present a systematic search for serendipitous carbon monoxide emit-
ting sources in the second Plateau de Bure High-z Blue-Sequence Survey (PHIBSS2).
These observations presented an opportunity to quantify the mass density of molec-

ular gas in galaxies as a function of time, and to link this to the star formation



history of the Universe. I use a match-filter technique to systematically detect 67
serendipitous sources, after which I characterize their properties, creating a catalog
of their redshifts, line widths, fluxes, estimations of the detection reliability, and
completeness of the detection algorithm. I find that these serendipitous sources
are unrelated to the primary sources that were targeted by PHIBSS2, and use the
catalog to construct luminosity functions spanning a redshift range from  0:3 5.
From these luminosity functions, I place constraints on the molecular hydrogen con-
tent in galaxies over cosmic time. My work presents one of the first attempts to
use existing observations for this measurement and yields results that are consistent
with previous studies, while demonstrating the scientific power of large, targeted
surveys.

Next, I study a sample of rare, nearby galaxies that are most similar to those
we observe at the peak of cosmic star forming activity that occured 10 billion
years ago. These galaxies are drawn from the DYnamics of Newly Assembled Mas-
sive Objects (DYNAMO) survey, and their proximity to us allows for very detailed
studies of their massive star forming clumps. I use observations from the Hubble
Space Telescope (HST) to measure colors that are sensitive to stellar population
age and extinction. From these measurements, I find that clumps in DYNAMO
galaxies have colors that are most consistent with very young centers and outskirts
that appear systematically older, by as much as 150 Myr in some cases. I attribute
this age difference to the presence of ongoing star formation in the centers of clumps
that maintains the population of massive, short-lived stars and gives rise to colors

consistent with young ages. Furthermore, I find that within the disks of their host



galaxies, younger clumps are preferentially located far from galaxy centers, while
older clumps are preferentially located closer to the centers. These results are con-
sistent with hydrodynamic simulations of high-redshift clumpy galaxies that predict
clumps form in the outskirts of galaxies via a violent disk instability, and as they age,
migrate to the centers of galaxies where they merge and contribute to the growth
of galactic bulges.

Building on this study, I combine observations of DYNAMO galaxies from
the HST and the Atacama Large Millimeter /sub-millimeter Array (ALMA) to trace
molecular hydrogen gas and star formation. I link these observations to measure-
ments of the molecular gas velocity dispersions to test theories of star formation. I
find that compared to local samples of “normal” star forming galaxies, DYNAMO
systems have consistently high velocity dispersions, molecular gas surface densities,
and star formation rate surface densities. Indeed, throughout their disks, DYNAMO
galaxies are comparable to the centers of local star forming galaxies. Stellar bar
driven gas flows into the centers of galaxies in these local samples may give rise to
the high observed velocity dispersions, and gas and star formation rate surface den-
sities. For DYNAMO galaxies, the widespread elevated values of these parameters
may be driven by galactic-scale gas inflows, which is predicted by theories. Finally,
current theories of star formation, such as the feedback regulated model, assume
that turbulence dissipates on timescales proportional to the angular velocity of a
galaxy (eddy or crossing time). Yet, I find such models have difficulty reproduc-
ing the DYNAMO measurements, and thus conclude that the turbulent dissipation

timescale in DYNAMO galaxies must scale with galactocentric radius.
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Preface

This thesis focuses on two aspects of star—forming galaxies: the availability
of fuel for star formation across cosmic time and star formation in clumpy, gas—
rich, turbulent galaxies that are nearby analogues of star forming galaxies at the
peak of cosmic star forming activity. Parts of this thesis have been published in
peer-reviewed journals and presented at several conferences.

Chapter 2 has been published in the Astronomy Journal as \Plateau de Bure
High-z Blue Sequence Survey 2 (PHIBSS2): Search for Secondary Sources, CO Lu-
minosity Functions in the Field, and the Evolution of Molecular Gas Density through
Cosmic Time" and appears in this thesis with minimal changes (Lenki¢ et al., 2020).
Chapter 3 has been published in the Monthly Notices of the Royal Astronomical
Society as “Giant Star Forming Complexes in High-z Main Sequence Galaxy Ana-
logues: The Internal Structure of Clumps in DYNAMO Galaxies” and also appears
in this thesis with minimal changes (Lenki¢ et al., 2021). Chapter 4 is currently in

preparation for submission to the Astrophysical Journal.
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Chapter 1: Introduction

\The cosmos is within us. We are made of star-stu .
We are a way for the universe to know itself."

{ Dr. Carl Sagan

Galaxies are the largest individual structures in the Universe that we can
observe. They contain planets, stars, stellar remnants, dust, interstellar gas, dark
matter, have supermassive black holes in their centers, and at least one galaxy that
we know of, the Milky Way, hosts intelligent life: us. We study galaxies, namely
their formation and evolution, to ultimately learn about the formation and evolution
of the Universe itself.

To this end, we observe galaxies across cosmic time and morphological prop-
erties, which give us snapshots at di erent epochs in the history of the Universe
of the characteristics of galaxies, and the physical processes that shape them, as is
illustrated in Figure 1.1 (from Schawinski et al., 2014). This gure plots theu r
color on the y-axis and stellar mass on the x-axis. It illustrates in the top left panel
that galaxies occupy two distinct regions in this parameter space, based on their
\color" (see also Salim et al., 2007).

Late-type galaxies, or spirals, occupy the \blue cloud" (bottom right panel



of Figure 1.1) and are characterized by spiral-like morphologies with blue optical
colors, higher rates of star formation, higher cold molecular gas fractions (which
is the fuel for star formation), and motions largely dominated by rotation. As a
result of existing molecular gas reservoirs, these galaxies are able to sustain star
formation, which in turn maintains the population of the short-lived < 10 million
years), massive O and B stars, whose spectra peak in the UV, giving rise to the blue
colors of spiral galaxies. In contrast, early-type galaxies, or ellipticalsoccupy the
\red sequence" (top right panel of Figure 1.1). These galaxies present elliptical-like
morphologies and are characterized by random motions, red optical colors, low rates
of star formation, and small cold molecular gas fractions. Because these galaxies
do not have large reservoirs of cold molecular gas, their star formation winds down
and shuts o. As the lives of the last massive O and B stars in these galaxies
end, the low-mass stars whose spectra peak at longer (redder) wavelengths remain,
transitioning the colors of these galaxies from blue to red.

As star formation becomes quenched in galaxies, they progress from the blue
cloud to the red sequence through the \green valley” (indicated by the parallel green
lines in Figure 1.1). This transition must occur rapidly, because if it were a slow
process, galaxies would spend more time in the green valley and we would observe
more of them in that region. Processes that can quench star formation in galaxies
can include a shut down of gas accretion onto disks (a process needed to replenish

gas reservoirs as star formation consumes existing ones), galaxy mergers that strip

lLate-type galaxies are what we commonly refer to today as spiral galaxies, while early-type
galaxies are often referred to as elliptical galaxies. | will preferentially use the spiral/elliptical
terminology, except where for the sake of clarity, the late-/early-type terminology makes more
sense.



Figure 1.1: Au r versus stellar mass plot from Schawinski et al. (2014), where
higher values ofu r on the y-axis indicate redder colors. This illustrates that early-
type (elliptical) galaxies and late-type (spiral) galaxies generally occupy distinct
regions in this parameter space, with some overlap in between (top left panel).
Elliptical galaxies preferentially occupy the \red sequence” where star formation
has shut down (top right panel), while spiral galaxies preferentially occupy the
\blue cloud" where star formation is actively ongoing (bottom right panel). The
intermediate region, indicated by the set of two green lines, is dubbed the \green
valley" and represents a region of quenching or rapid transition between the red
sequence and the blue cloud.



galaxies of their gas, and high energy processes such as jets from supermassive black
holes that can drive the gas out of galaxies through out ows. However, as is shown
in Figure 1.1, there are red late-type galaxies and blue early-type galaxies, indicating
that galaxies cannot be neatly separated into these two categories, and the processes
that cause galaxies to move around in this parameter space are complex.

Observations of galaxies not only reveal di erences in the properties between
ellipticals and spirals, but they also show that star forming galaxies are very di erent
in the early Universe when compared to today's galaxies, like our Milky Way. Figure
1.2 (from Pearson et al., 2018) plots galaxy star formation rates (SFRs) on the y-axis
and stellar mass (M) on the x-axis. Star forming galaxies, which reside in the blue
cloud, form a fairly tight correlation in this parameter space, that is referred to as the
\main sequence (MS) of star formation” (Brinchmann et al., 2004). Most notably,
observations reveal that the main sequence of star formation evolves with redshift,
as shown by the evolution of the colored lines in Figure 1.2. Galaxies in the early
Universe had more star formation per unit mass than galaxies today, indicating that
as the Universe has aged, star formation activity has decreased. Furthermore, red
sequence galaxies lie below the main sequence of star formation at their respective
redshifts, indicating that they have less star formation per unit stellar mass. On the
other side, galaxies that lie much higher above the main sequence of star formation
at their respective redshifts are considered \starbursts", and have much higher star
forming activity than \normal" main sequence galaxies.

The focus of this thesis is primarily on main sequence galaxies over a large
range of redshifts. Speci cally, Chapter 2 will focus on a population of serendipi-
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Figure 1.2: A star formation rate (SFR) versus stellar mass (M plot form Pearson
et al. (2018). Star forming galaxies at similar redshifts form a tight correlation in
this parameter space called the \main sequence of star formation”. It represents
the level of star formation per unit mass present in galaxies, and shows that in the
early Universe, galaxies were forming stars at a greater rate than they are today.

tously detected galaxies that span redshifts from 0:5toz 5, corresponding to

5 12 billion years ago. Chapters 3 and 4 will focus on a population of nearby
(z 0:1) galaxies whose properties are much more similar to the very actively star
forming galaxies that populated the Universe when it was just about 2 6 billion
yearsold ¢ 1 3). These galaxies lie above the MS of star formation at 0:1
and fall on the MS of star formation atz 2, indicating they are starbursts in the
local Universe and are more similar to MS galaxies at 2.

The following sections will introduce the interstellar medium and star forma-

tion and how we trace these with observations; the star formation history of the
Universe and galaxies at the epoch of peak star forming activity; and radio interfer-

ometry. Finally, | will give an overview of each chapter in this thesis.



1.1 The Interstellar Medium and Star Formation

The interstellar medium (ISM) of galaxies is composed of dust and hydrogen
(H) gas that exists in multiple phases, distinguished by the temperature and density
at which that gas is found. | will summarize these phases here and the typical
physical conditions that are found in each, and refer readers to Draine (2011) for
more detailed information.

The hottest phase of the ISM is the hot ionized medium (HIM); it is a dif-
fuse plasma, with proton number densities of 10 3 cm 3, heated by shock-waves
from supernova explosions to temperatures of & 10°° K. The next hottest phase is
found around massive hot O-type stars whose ultraviolet (UV) photons photoionize
hydrogen and create H regions. This gas has temperatures of 10* K and den-
sities up tony  10* cm 2. The warm neutral medium (WNM) consists of atomic
hydrogen (H) gas heated by photoelectrons from dust to temperatures of 10*7 K
and has densities ohy 10 * cm 3. Similarly, there is a cold neutral medium
(CNM) component also consisting of atomic hydrogen, with cooler temperatures (T

1(? K) and higher densities iy~ 30 cm 2). The subsequent phases become cold
and dense enough for molecular hydrogen {Hto form. Di use H , regions are found
at temperatures of T 50 K and densities ohy  10? cm 3, while the densest and
coldest regions of the ISM form gravitationally bound structures of FHcalled giant
molecular clouds (GMCs), where star formation occurs. The conditions in GMCs
range from T=10 50K andny 10° 1P cm 3.

While the ISM consists of multiple phases, it is not static; gas transitions



between these phases depending on the physical processes that are acting within
it, including photoionization, radiative cooling, and recombination (see e.g., Heiles
et al., 1999, for a multi-wavelength view of these phases in the Eridanus superbub-
ble). In this thesis, | will focus on the molecular phase of the ISM and how it relates

to the process of star formation.

1.1.1 Dense Molecular Gas and its Tracers

Star formation in galaxies can take place when gas in the ISM cools to suf-
ciently low temperatures to transition to the molecular hydrogen gas phase: this
is the fuel for star formation (Leroy et al., 2008, Schruba et al., 2011). Studies
in our own Milky Way and nearby galaxies reveal that star formation speci cally
takes place in GMCs (McKee and Ostriker, 2007, Kennicutt and Evans, 2012). The
outer edges of these clouds consist of mainly;thowever, H begins to form deeper
within a cloud (see for e.g., Figure 1(a) in Bolatto et al., 2013) and is protected from
dissociation by UV radiation through self-shielding and shielding by dust (Tielens,
2005).

We can observe phases of the ISM by detecting emission of photons from atoms
and molecules through their transitions from higher to lower electronic, vibrational,
and rotational energy states. However, molecular hydrogen, despite being the most
abundant molecule in the Universe, has no observable emission lines in the very cold
conditions found in GMCs. Molecular hydrogen is a symmetric molecule composed

of two bound hydrogen atoms. The consequence of this is thag Has no permanent



dipole moment, and thus can emit no photons through dipolar rotational transitions
(Kennicutt and Evans, 2012, Bolatto et al., 2013). The lowest energy rotational
guadrupole transition of H, has a high upper level energy &=k 510 K; therefore,

it is only excited in conditions where the gas is at temperatures df & 100 K. The
energy of the vibrational transition of H, has an even higher upper level energy of
E=k 6741 K. This means that H is e ectively invisible in emission in the very
cold and dense GMC conditions.

After hydrogen and helium (He), the most abundant atoms in the Universe are
carbon (C) and oxygen (O) at the level of 10 # atoms per hydrogen nucleon (see
for e.g., Table 1.4 in Draine, 2011). Within dense molecular clouds, C and O combine
to form the next most abundant molecule: carbon monoxide?C®O (hereafter |
will refer to *2C'%0, the most common isotopologue of carbon monoxide, as CO).
The ground rotational transition of CO (J =1 0) at a rest frequency of 115.27 GHz
(2.6 mm) has an excitation energy oE=k 5:53 K, and is thus easily excited within
molecular clouds. Higher rotational transitions of CO are spaced at energy levels of
E=k 5.53 J(J+1)/2Kand frequenciesincreasing by 115 GHz. Therefore, the
low- and mid-J transitions of CO occur in the submillimeter wavelength regime of the
electromagnetic spectrum and are observable from the ground with instruments such
as the Very Large Array (VLA) and the Atacama Large Millimeter/submillimeter
Array (ALMA). Since CO was rst observed (Wilson et al., 1970) and established
to be widespread within the inner Milky Way (Solomon et al., 1972, Wilson et al.,
1974, Burton et al., 1975), it has become the primary tracer of Hn galaxies (Carilli

and Walter, 2013).



To extract the molecular gas mass in a galaxy from observations of the ground
CO transition, it is necessary to scale the integrated luminosity of the emission line
with a \CO-to-H ," conversion factor, co. The CO-to-H, conversion factor depends
on environmental factors such as metallicity, temperature, density, and column den-
sity (Leroy et al., 2011, Feldmann et al., 2012, Genzel et al., 2012, Narayanan et al.,
2012); therefore, there is uncertainty when choosing a value to adopt. The CO-te-H
conversion factor ranges fromco =3:6 4.3 M pc ?(Kkms 1) !in Milky Way
type galaxies, to o =0:6 0:8M pc ?(Kkms 1) ! for starbursts (Downes and
Solomon, 1998, Papadopoulos et al., 2012).

In addition to environmental factors that may impact the value of o and
introduce uncertainty in deriving molecular gas masses, the uncertainty in the CO
spectral line energy distribution (SLED) in di erent galaxy populations at di erent
redshifts also poses a challenge, where the CO SLED quanti es the excitation of
higher-J CO transitions with respect to the ground, CO(J = 1 0), transition. A
di culty with attempting to quantify the molecular gas content of high-redshift
galaxies is that the CO-to-H conversion factor depends upon the luminosity of the
CO(J =1 0) transition. However, this is only observable up to redshifts af 0.5
with ALMA, at redshifts of z > 2 with the VLA for the brightest sources, and is
observable for example with the Green Bank Telescope and the E elsberg 100 m
Radio Telescope with the proper receiver bands. Therefore, to observe CO in normal
star forming galaxies across a large range in redshift, one must resort to observing
higher-J transitions of CO and then assume a line ratio between the observed line

and the ground transition.



In Chapter 2, | will use observations of CO(2 1) to CO(6 5) to constrain
the evolution of molecular gas content in galaxies over time, while in Chapter 4, |
will use observations of CO(3 2) and CO(4 3) to study the relation between star

formation and gas, and help constrain theories of star formation.

1.1.2 Star Formation and its Tracers

While observations of CO allow us to characterize the molecular gas reservoirs
of galaxies, it is also necessary to quantify the rate of star formation itself. There are
several tracers of star formation that can be used to determine how rapidly galaxies
are forming stars; | summarize a few of these here and refer readers to Kennicutt
(1998b) and Mo et al. (2010) for more details.

The ISM around massive, young stars is ionized by the UV photons they
produce, creating HI regions. The recombination of hydrogen nuclei and electrons
to atomic hydrogen produces a cascade of emission lines as electrons transition from
excited energy states to the ground state, including H H , Pa , Pa , Br , and
Br . The ux of these emission lines is thus proportional to the ionizing ux from
the young, massive stars, and can be used as a probe of star formation activity;
i.e., because massive stars are short-lived, the amount of emission in these lines
is related to recent star formation. Speci cally, because hydrogen is ionized at
an energy of 13.6 eV and only stars with M& 10 M and lifetimes shorter than

20 Myr contribute signi cantly to the ionizing photon ux, these emission lines

are a nearly instantaneous measure of star formation. The most commonly used
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line to measure SFRs is H; there are, however, two caveats associated with this:
(1) dust absorption of H ux may not necessarily be negligible; this reduces the
observed ux and underestimates the true SFR, and (2) the calibration between
H ux and SFR depends on the initial mass function (IMF) of stars which is an
empirical description of the distribution of stellar masses in a population of stars.
Typically, there are fewer massive stars and many more lower mass stars that form in
a given population of stars. A related tracer of star formation is the UV luminosity
of a galaxy, optimally over the wavelength range 1250 2500A. Because the UV
light from galaxies is dominated by stars with M& 5 M , the UV luminosity can
be related to the SFR. However, using UV luminosity as a tracer of star formation
su ers from the same caveats as using Has a tracer.

A signi cant fraction (35  3%; Driver et al., 2012) of the total luminosity of
a galaxy is absorbed by dust and re-radiated in the far-infrared (FIR) regime of the
electromagnetic spectrum, because much of the star formation in the Universe takes
place in regions that are deeply embedded in dust. The absorption cross-section of
dust peaks in the UV, which means that young, massive stars are in principle the
dominant heating source of dust, and the FIR emission of a galaxy can then be used
to trace its star formation. There are of course caveats with this method as well.
The FIR emission is not only attributable to the reprocessed UV radiation of young
stars by dust around star forming regions, but also to more extended dust regions
heated by the general stellar radiation eld, including radiation from older stars.
Therefore, using the FIR luminosity as a SFR tracer is ideal in starburst galaxies
which can form stars at rates of 100 1000 M yr 1,

11



The FIR emission of a galaxy is observed to correlate with ne-structure for-
bidden emission lines of atoms like carbon and as a result, these can also be used as
SFR tracers. For example, the singly ionized carbon ne-structure line at 158m,
[CI1], has an excitation energy of 91 K and is one of the dominant coolants of the
neutral ISM. It arises from the photodissociation regions (PDRs) of molecular gas
in massive star-forming regions, where the UV radiation of young stars is absorbed
by dust and re-radiated at longer wavelengths, giving rise to the FIR continuum,
as discussed above (though it may also arise fromiHegions and neutral atomic
hydrogen gas). These same UV photons eject electrons from dust grains and poly-
cyclic aromatic hydrocarbons, which heat the gas and collisionally excite the [CII]
line, allowing the gas to cool through emission of [CII] photons. Because the excita-
tion of the [CII] is closely linked to the UV radiation eld, it can also be used as a
tracer of star formation (see e.g., Herrera-Camus et al., 2015). Similarly, the [OIllI]
ne-structure line at 88 m, which has an excitation temperature of T 163 K and
an ionization energy of 35 eV, originates from the vicinity of a very hard ionizing
source like HI regions hosting massive stars. Since the most massive stars spend

3 10 million years on the main sequence, [Olll] line emission can also be related
to recent star formation (see e.g., De Looze et al., 2014).

Finally, additional SFR tracers include emission at radio wavelengths which
correlate linearly with IR emission (Bell, 2003) and X-ray emission of galaxies orig-
inating from high-mass X-ray binaries (Mineo et al., 2012). In Chapter 4, | will use
observations of H to measure the SFRs of nearby galaxies and study the relation
between gas and star formation.
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1.2 Star Formation and Gas Content History of the Universe

Galaxies consume their molecular gas reservoirs through star formation, and
in doing so build up their stellar mass. Yet, to fuel ongoing star formation, gas must
be replenished. The gas content, star formation, and stellar mass of galaxies are
properties that we can quantify with observations across cosmic time. Measuring
the combination of these properties across the history of the Universe enables as-
tronomers to build an understanding of how these processes act together to produce
the galaxies that we observe today (see e.g., Walter et al., 2020).

Employing UV and IR observations in galaxies across time has enabled as-
tronomers to trace how the magnitude of star formation has evolved in galaxies; this
is the star formation history of the Universe. It is measured as the total amount
of star formation in galaxies per unit of comoving volume of the Universe, which
corresponds to a SFR volume density (Myr 1 Mpc ). These observations reveal
that the process of star formation in galaxies peaked about 10 billion years ago.
Figure 1.3 shows the SFR density evolution over more than 12 billion years. We
can see that from very early times, star formation in galaxies was increasing until
it reached its peak roughly 10 billion years agaz 1 2, and it has since then
been steadily decreasing up until the present day (see Lilly et al., 1995, Madau et al.,
1996, Hopkins and Beacom, 2006, Madau and Dickinson, 2014, Bouwens et al., 2016,
2020, Loiacono et al., 2021). It is during this period of peak cosmic star forming
activity that roughly half of the stars in the Universe formed. There are several

fundamental physical processes that can shape this evolution: (1) if high-redshift

13



Figure 1.3: The total SFR in galaxies per unit comoving volume of the Universe as a
function of redshift (or lookback time), derived from UV and IR observations (from
Madau and Dickinson, 2014, see their Table 1 for a description of the symbols).
Star formation in galaxies peaked about 10 billion years aga ( 1 2), and has
been steadily decreasing to the present day. Studying the neutral and molecular gas
content of galaxies over time can build our understanding of how galaxies consume
and replenish their star forming fuel, and build up their stellar mass (Walter et al.,
2020).
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galaxies have larger reservoir of molecular gas, then this can fuel more vigorous star
formation, (2) if high-redshift galaxies convert their molecular gas into stars with a
higher e ciency, then this could also translate into a higher stellar mass build up

in the past, and (3) the growth rate of dark matter halos dropped by an order of
magnitude fromz =2 to z =0 (Grien et al., 2016), which can impact the ability

of galaxies to replenish their supply of gas.

The HI content in galaxies over time can be constrained by observing Ly
absorption in the spectra of distant quasars (see e.g., Crighton et al., 2015, Neeleman
et al., 2016). These studies show the mass density of id galaxies fromz 0:3 5
decreases very gradually, unlike the cosmic SFR density evolution. This indicates
that HI is a transitory phase between ionized gas accreted from the intergalactic
medium and recycled gas from galactic out ows, and the fthat actually fuels star
formation. Beyond the local Universe, however, studies of the;lontent in galaxies
over time have been limited, and have only recently begun to emerge. Therefore, to
fully understand the evolution of the cosmic star formation history, it is imperative
to constrain the mass density of molecular gas in galaxies over cosmic time.

The very rst attempts to constrain this density involved the use of galaxies
targeted and observed in carbon monoxide (CO), the most common tracer of tee
81.1.1). As part of her thesis work, Verter (1987) observed 19 galaxies in CO with
the 7 m diameter o set Cassegrain antenna of Bell Laboratories at Crawford Hill.
Combining these observations with 56 CO detections and 189 upper limits from
the literature, Verter (1987) derived average CO luminosity values and discovered a

trend of increasing number density of CO-emitting galaxies with decreasing galaxy
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CO luminosity.

Owing to the large number of upper limits, it was not until a few years later
when surveys like the Five College Radio Astronomy Observatory (FCRAO) Ex-
tragalactic Survey (Young et al., 1995) became available, that the CO luminosity
function could be constrained (Verter, 1991, Keres et al., 2003). These studies se-
lected galaxies based on optical magnitudes or infrared (IR) uxes and constrained
the CO(1 0) luminosity function in the local universe (see e.g., Figure 4 in Keres
et al., 2003). While these studies mark the rst important steps in addressing the
guestion of how molecular gas content in galaxies over time relates to the star for-
mation history of the universe, they are subject to selection biases. For example,
the correlation between IR luminosity and CO luminosity favours luminous galaxies
if they are selected based on an infrared ux cuto (see e.g., Figure 2 in Tacconi
and Young, 1987).

More recently, galaxies detected in CO at higher redshifts were initially selected
from rest-frame far-infrared continuum surveys as sub-millimeter galaxies (Blain
et al., 2002, Casey et al., 2014). These studies have shaped our understanding of
the relation between molecular gas content and star formation in known populations
of galaxies. For example, targeted CO studies nd thaz 2 galaxies have much
larger molecular gas reservoirs than local galaxies and that the changes in growth
history are largely driven by the cold molecular gas mass properties of galaxies
(Greve et al., 2005, Daddi et al., 2010a, Genzel et al., 2010, 2015, Tacconi et al.,
2010, 2013, 2018, Freundlich et al., 2019). While these types of studies allow us

to understand the properties of galaxy samples, they are also subject to systematic
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biases through selection e ects (see for example Strandet et al., 2016).

These selection e ects are the reason that studies whose goal it is to constrain
the cosmic evolution of molecular gas mass density have shifted to \blind" CO
surveys where galaxies are selected solely on their CO luminosity. The observing
strategy is to perform spectral scans on specic deep elds, targeting rotational
transitions of CO over wide frequency and redshift ranges, and carrying out blind
searches for CO-emitting galaxies in the data. The detections are then used to
measure the CO luminosity function at di erent epochs in the history of the universe,
resulting in a measurement of the molecular gas mass density over the range of
redshifts sampled by the observations (Carilli and Walter, 2013). The rst e orts
that have implemented this strategy (see Decarli et al., 2014, Walter et al., 2016, for
survey descriptions) provide some of the rst constraints on the cosmic molecular
gas mass density evolution, and suggest that the molecular gas mass density of the
universe follows a similar pattern of evolution as the cosmic star formation density,
but are limited by the small comoving volume of space sampled and the small number
of sources detected (Walter et al., 2014, Decarli et al., 2016).

To address this, more recent studies have devoted several hundred hours of
VLA and ALMA time (Pavesi et al., 2018, Gonzalez-lopez et al., 2019) and have
made signi cant improvements in terms of survey size; yet the number of sources
detected (Riechers et al., 2019, Decarli et al., 2019) continues to be a large source of
uncertainty, and the time required to observe large elds (100s of hours) is expensive

for current facilities (the next generation VLA? will be able to address this within

2See also https://public.nrao.edu/news/nsf-awards-funding-ngvla-antenna/
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the next decade; Walter et al., 2019). To remedy this, in the rst chapter of my
thesis, | explore the feasibility of using existing observations of targeted galaxies
to perform a \blind" search for serendipitous CO sources (see also Klitsch et al.,
2019). Re-using existing data for this purpose provides an alternative way to build
up a large co-moving volume of space for exploration, as long as there is existing
ancillary data that can be used to nd counterparts to CO sources and constrain
their redshifts (and hence CO transitions). The second Plateau de Bure High-z Blue
Sequence Survey (PHIBSS2; Freundlich et al., 2019) data set is very well suited to
this purpose.

Finally, galaxies in the era of peak mass assembly are characterized by massive
(10" 10 M ), kpc-sized, star forming clumps (Genzel et al., 2008, 2011, Ferster
Schreiber et al., 2011, Tacconi et al., 2013, Guo et al., 2012, 2015, Huertas-Company
et al., 2020). This mode of star formation is very di erent from what is observed
in the local Universe. Therefore, to understand star formation in the time when
a signi cant fraction of stars in the Universe formed, we need to understand star
formation at the peak of cosmic star forming activity. Studies of high-redshift,
lensed, clumpy systems (Livermore et al., 2015) and nearby analogues (Fisher et al.,
2017b) reveal that the physical size of clumps may be smaller than originally inferred
from high-redshift observations, and that this is a result of limitations in angular
resolution which cause multiple smaller clumps to blend and appear as one massive
clump. The size and mass of clumps are important parameters, because these relate
to their ability to withstand stellar feedback and remain intact, and determine their

lifetime. Hydrodynamic simulation studies are actively seeking to characterize the
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properties of star forming clumps (see e.g., Oklogt et al., 2017, Buck et al., 2017,
Dekel et al., 2021, Ginzburg et al., 2021); however, observations are ultimately
required to place constraints on the real observed properties of clumps. For this
reason, in Chapters 3 and 4, | turn my attention to a sample of nearby galaxies
drawn from the DYnamics of Newly Assembled Massive Objects (DYNAMO; Green
et al., 2014). These are clumpy, gas-rich systems that are much more similar to
clumpy high-redshift galaxies than they are to local ones. The bene t of using them
as proxies to understanding high-redshift galaxies is that we can obtain much higher
resolution observations that can probe their properties on the scale of individual

clumps.

1.3 Radio Interferometry and Synthesis Imaging

The angular resolution () of a telescope determines the smallest sized object
on the sky that the telescope can resolve. This depends on the wavelength of the
observed light ( ), and the diameter of the telescope light collecting ared&) through
the relation: =D . This means that in order for a telescope operating at long
wavelengths to have the same angular resolution as a telescope operating at short
wavelengths, a bigger telescope is required. To illustrate, a 100 m diameter telescope
observing at 7 mm will have an angular resolution of 17°°(where 1 arcsecond is
equal to 1/3600 Thompson et al., 2017). In contrast, theHubble Space Telescope
(HST) observations | present in Chapters 3 and 4 have angular resolution of0:1%

The largest radio telescopes, the Five-hundred-meter Aperture Spherical Tele-
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scope (FAST) in China and the now decommissioned Arecibo Telescope (305 m)
in Puerto Rico, are placed within natural depressions in the landscapes, and are
thus unable to observe portions of the sky. The E elsberg 100 m diameter radio
telescope, and Green Bank Telescope in West Virginia with a 100 m diameter (the
largest steerable radio telescope), are still not enough to reach the sub-arcsecond
resolution of telescopes like the HST. To achieve better angular resolution at long
wavelengths, it is necessary to employ a di erent approach. Interferometry is one
such approach and will be discussed in the remainder of this section (see Condon

and Ransom, 2016, Thompson et al., 2017, for more detailed discussions).

1.3.1 Interferometry Basics

The simplest radio interferometer consists of two antennas separated by some
baseline distanceB, as illustrated in Figure 1.4. In this illustration, two antennas
(i and j) are separated by a distancdsj; . A plane parallel wavefront (an electric
eld with some amplitude and phase) from a distant point source in the direction
@ reaches the antenna on the right rst, then after a geometric time delay of; =
Bj d=¢ the wavefront reaches the second antenna. We can write the time dependent

voltage output of each antenna as:

Vi=V cos(2 (t+ ) and V=V cos(2t) (1.1)

for the left and right antennas respectively, wher&/ is an amplitude and is the

observing frequency. If we assume that the interferometer operates over a very
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narrow range of frequencies, then the voltage output of each antenna has the same
amplitude, and they are only o set in phase by j. The correlator multiplies the
two voltages,V; and 'V, and after integrating (time averaging) it outputs a response,
Re:

R; = COS(2 i ): (12)

V2
2
The interferometer, therefore, produces an interference pattern, called fringes, which
depends only on the power receivedP( = V?2=2), the time delay (therefore the
baseline orientation and source direction), and the observing frequency.

Because the geometric time delay depends on the separation between the two
antennas, the fringe spacing then also depends on this distance; moving the antennas
farther apart moves the fringes closer, and vice versa. However, for an extended
source, the antenna is unable to see the components of the source that fall between
the fringes. This can be addressed by the use of a complex correlator, which consists
of two correlators 90 out of phase, so that one produces a cosine fringe pattern,

and the other a sine fringe pattern. The second correlator in this case produces a

response like equation 1.2, but with a sine function:

Rs = V?Z Sin(2 i ): (13)

The response of the complex correlator is then the combination of these two

responses:
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Figure 1.4: lllustration of a two element interferometer, separated by a baseline
distance D, observing a source in the direction. The source is assumed to be
distant enough that the incident wavefront can be assumed to be a plane. Thus,
the incident wave reaches the antenna on the right before it reaches the one on the
left; this introduces a geometric time delay. The signal from each antenna is then
ampli ed, a instrumental time lag equal to the geometric time lag is introduced in
the signal from the right antenna, then the signals of both antennas are multiplied
and time-averaged by the correlator (adopted from Figure 1 in Mahmoud et al.,
2011).
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V=R, iRg=Ae ? i =Ae G &) (1.4)

where in the nal equality, we replace the geometric time delay with its dependence
on the baseline and source direction vectors, and replacec with 1= to de ne
the baseline in units of wavelength. We can de ne a coordinate system,y,w)
to describe the baseline vector in units of wavelength, whereis the component
of Bjj = along the east-west directiony is its component along the north-south
direction, and w is the vertical (up-down) component. Similarly, we can de ne the
source direction vector,d, in (I, m) coordinates wherel is the east-west direction
cosing andm is the north-south direction cosine on the sky. If we assume that
is parallel to d, then we can expand the dot product in equation 1.4 and integrate
over the whole source on the sky to obtain:
Z Z

V(u;v) = P(:m)I(l;m)e 2 +vm) g dm (1.5)
where P(I; m) is a function that describes the \primary beam" of the telescope,
I (I, m) is the source brightness distribution on the sky, an&/ (u;v) is the response
of the complex correlator, called the \visibility". The primary beam for an array of
antennas of equal diameterD, observing at a wavelength , is equal to a Gaussian
function with a full width at half maximum of =D . The sky is always seen
through the lter of the telescope primary beam; thereforeP (I;m) I (l;m) is the
source brightness perceived by the telescope. We can recognize the expression in

equation 1.5 as a Fourier Transform of the sky, which means that to obtain the
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source intensity,l (I; m), we can perform an inverse Fourier Transform:

Z Z
A(l;m)I(I;m) = V(u;v)e 2 U+Hvm gy dy: (1.6)

However, a single baseline de nes only one point in thev plane, and thus
measures the source on a spatial scale and direction determined by the antenna
separation { the telescope cannot \see" any emission from the source on other scales.
Therefore, to properly observe a source that has emission on multiple scales, like
a galaxy, we need to sample many more points in thev plane. This is done
by increasing the number of antenna pairs. FON number of antennas, there will
be N(N 1)=2 antenna pairs, and therefordN(N 1) baselines, each of which
corresponds to an additional point in theuv plane. Each pair of antennas will
produce a dierent fringe spacing and direction, depending on the length of the
baseline distance and orientation relative to the source. This lls in the sampling
of the source in the Fourier domain and allows for better recovery. By observing
for longer periods of time, we can also take advantage of the Earth's rotation. As
the Earth rotates, the orientation of each baseline with respect to the sky changes,
which further lls in the uv plane. This is illustrated in Figure 1.5, which shows
the sampling of theuv plane by the Atacama Large Millimeter/sub-millimeter
Array (ALMA), which has 66 antennas, after observing a source at a declination of

= 23 for one minute (left panel) and one hour (right panel).
Because the visibilities measured by an interferometer are related to the source

intensity via a Fourier Transform, an interferometer is essentially a spatial lter,
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Figure 1.5: An example of theuv plane sampling for a model ALMA observation

of a source at declination = 23 after one minute of observing (left panel) and
one hour of observing (right panel). The Earth rotates over the course of the longer
observation, and thus each point in theuv plane \stretches out" as the orientation

of each baseline changes with respect to the sky. However, the holewtv) = 0 can
never be lled because the spacing between antennas can never be zero. (adopted
from Figure 7.10 in the ALMA Technical Handbook).

where the ltering is set by the separation between antenna pairs. The smallest
angular scale at which an interferometer can detect emission is determined by the
largest antenna separation, while the largest scale emission is determined by the
smallest antenna separation. This means that because the separation between an-
tennas can never be zero, an interferometer cannot measure the total ux of a source,
and the measured source ux will always be less than the true source ux. This
also means that the angular resolution () of an interferometer is set by the largest
distance between any two antennas: =B, where is the observing wavelength
and B is the length of the longest baseline. Interferometry allows us to \synthesize"

a telescope whose aperture diameter is the longest baseline, baselines much longer
than would be possible in a single aperture. This is the strength of interferometry,
and what allows astronomers to study objects in the Universe at sub-millimeter and

radio wavelengths in incredible detail.
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1.3.2 Deconvolution

As with any telescope, the image obtained is a convolution of the true source
brightness distribution (enveloped by the primary beam for an interferometer) and
the point spread function (PSF; the Fourier Transform of the interferometer's mea-
surements in theuv plane), or \dirty beam”, and is often called the \dirty map".

We can, therefore, modify equation 1.6 to re ect this:

Z Z
P(:m)1(;m)~ G(I;m) = g(u; v) V(u;v) e 2 U+vm) gy dy: (1.7)

where G(I; m) is the dirty beam, which for an interferometer is determined by the
Fourier Transform of theuv plane sampling by the antenna array, and(u; v) is the
weighting function of the sampleduv plane points (e.g., natural, uniform, Briggs
weighting). As a result of this convolution, the dirty map will have the pattern
of the dirty beam imprinted in it. This can make interpretation of the dirty map
di cult, because the dirty beam causes ux from the source to be distributed in
\sidelobes" and other artefacts that do not represent real structure. It is, therefore,
desirable to remove the dirty beam pattern from the image or to deconvolve it from
the image.

There are several deconvolution procedures; however, t&&EAN method
forms the basis of many deconvolution algorithms that are used in radio interferom-

etry today. The Hagbom CLEAN , which | will use in Chapter 4, assumes that the
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sky brightness distribution can be modeled by a collection of point sources, and it
operates in the image domain (the Fourier Transform of the visibilities). Figure 1.6
illustrates the basic idea for a one-dimensional casePanels A and B of Figure 1.6
show the dirty map and dirty beam, respectively, of this mock observation, where
the oscillations beyond the main lobe of the dirty beam are visible in the dirty map
as well.

The algorithm operates iteratively where in each step it: (1) nds the peak
amplitude in the dirty map and stores that as a \clean component" (panel E), (2)
it then scales the dirty beam by a \loopgain" factor 1, (3) it shifts the scaled
beam to the position of peak amplitude in the dirty map (panel C), (4) the scaled
and shifted dirty beam is then subtracted from the entire dirty map which produces
the residual map (panel H), (5) steps (1) (4) are then repeated until a speci ed
threshold is reached; this can be when the root-mean-square (rms) of the residual
map reaches some level (panel D), or until a de ned limit on the number of iterations
is reached, (6) nally once the threshold is reached, the procedure convolves the clean
components with the clean beam (panel F) to produce a \clean signal" (panel G),
and adds the nal residuals to this clean signal to produce the nal \clean map"
(panel 1). We can see that the nal clean map recovers the two signals that we see
in the original dirty map, but the pattern of the dirty beam has been removed.

The clean beam in step (6) is a Gaussian function t to the main lobe of the

dirty beam. For two-dimensional maps, this will generally be an elliptical Gaussian.

3This is thanks to Andy Harris' instrumentation class where we had to write code to do this
for an assignment!

27



Figure 1.6: A one-dimensional illustration of the HeagbonCLEAN algorithm with

a loopgain = 0:1, after 50 iterations. In each iteration, the algorithm subtracts

a scaled down version of the dirty beam (panel B) from the dirty map (panel A)
at the location of the peak amplitude (panel C) in the dirty map. This subtracted
map is the residual (panel H) and the peak is saved as a \clean component” (panel
E). This process continues until a threshold is reached: for example when the root-
mean-square of the residual map reaches a speci ed threshold (panel D). Once the
threshold is reached, the clean components are convolved with the clean beam (panel
F) to produce the clean signal (panel G). Adding the residuals to the clean signal
produces the nal clean map (panel I).
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The beam size is de ned by the major (ns ) and minor ( min ) axes of the ellipse

at the FWHM of the Gaussian, and its area () is de ned by:

- maj min
4In2 - (1.8)

In reality, programs such as the Common Astronomy Software Application
(casa; McMullin et al., 2007) employ a major/minor cycle approach to deconvolu-
tion where the minor cycles perform multiple iterations ofCLEAN in the image
domain, and the major cycles subtract the model image from the visibilities in the
uv domain to produce a new residual map. Beside the Hagbom algorithm, there
are additional versions of CLEAN such as the ClarkCLEAN (Clark, 1980) and
the Cornwell-Holdaway Multi-ScaleCLEAN (Cornwell, 2008). BesidesCLEAN ,
there are additional deconvolution methods such as the Maximum Entropy method
(Cornwell and Evans, 1985, Narayan and Nityananda, 1986) and Adaptive Scale
Pixel method (Bhatnagar and Cornwell, 2004).

Regardless of the deconvolution procedure adopted, the nal data products
from an interferometer are three-dimensional \data cubes”, where the and y di-
rections are the spatial dimensions corresponding to the position on the sky, and the
z direction is the spectral dimension, where every \channel" is a measurement of the
sky at a particular frequency (or equivalently a particular wavelength or velocity).
As a result, every pixel in a data cube (referred to as a \voxel") contains a spectrum
of the source at a particular &;y) location. These are the data products that | will

use in Chapters 2 and 4.
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1.4 Thesis Overview

This thesis consists of multi-wavelength studies, spanning from the UV/optical
to the sub-millimeter, that characterize the gas content of galaxies across cosmic
time, and links the gas content of nearby, high-redshift analogue galaxies to their
star formation.

In Chapter 2, | explore and test the feasibility of using existing large survey
data to constrain the molecular gas content in galaxies over cosmic time. PHIBSS2
observed 100 galaxies in CO at the peak of cosmic star forming activity. Addi-
tional \sources" were noted in several resulting data cubes. Therefore, | devised a
systematic approach to detect these serendipitous sources, identify potential coun-
terparts and constrain their redshifts, and characterize their properties, including
the reliability of each detection. With a nal catalog of sources, | constructed CO
luminosity functions and derived the evolution of the molecular gas mass density
of galaxies up to redshifts of 5. These results probe a comoving volume of space
larger than any previous survey dedicated to this evolution, and found that the
results obtained in this way are consistent with existing measurements.

In Chapter 3, | use HST observations of star forming clumps in DYNAMO
galaxies to constrain their lifetimes. Hydrodynamic simulations of star formation
in clumpy galaxies atz 1 3 are very sensitive to the feedback prescription
implementations, resulting in clumps that are disrupted on very short timescales and
have no impact on the evolution of these galaxies, to clumps that remain bound for

timescales& 100 Myr and are able to migrate and coalesce at the centers of galaxies,
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thus contributing to the growth of bulges. | conclude that clumps in DYNAMO
galaxies have colours most consistent with age spreads predicted by simulations of
long-lived clump scenarios, which challenges the predictions that clumps disrupt on
very short timescales.

In Chapter 4, | combine HST and ALMA observations to measure the SFR
and molecular gas mass surface densities, and velocity dispersions of DYNAMO
galaxieson 1 2 kpc scales to test theories of star formation. | nd that through-
out their disks, DYNAMO galaxies have velocity dispersions, gas and SFR surface
densities comparable to the centers of nearby galaxies. This suggests that large-
scale turbulent mechanisms, such as gas accretions and in ows, may be responsible
for the higher velocity dispersions and higher gas densities in DYNAMO galaxies.
In addition, | nd that current theoretical models relating velocity dispersion to
gas and SFR surface densities are unable to predict the velocity dispersions in our
DYNAMO sample due to the inclusion of the angular velocity as a representation
that turbulence dissipates on eddy timescales. This suggests that an alternative
timescales for turbulent dissipation for galaxies in our sample is required to explain
our observations.

Finally, | summarize a few upcoming and planned research directions that
build upon this thesis and that | will pursue as a post-doctoral researcher at NASA

Ames, in Chapter 5.
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Chapter 2: Cosmic Evolution of Molecular Hydrogen Gas Mass Den-

sity

2.1 Overview

We report on the results of a search for serendipitous sources in CO emission
in 110 cubes targeting CO(2 1), CO(3 2),and CO(6 5)atz 1 2 fromthe
second Plateau de Bure High-z Blue-Sequence Survey (PHIBSS2). The PHIBSS2
observations were part of a 4-year legacy program at the IRAM Plateau de Bure
Interferometer aimed at studying early galaxy evolution from the perspective of
molecular gas reservoirs. We present a catalog of 67 candidate secondary sources
from this search, with 45 out of the 110 data cubes showing sources in addition to the
primary target that appear to be eld detections, unrelated to the central sources.
This catalog includes the redshifts, line widths, uxes, as well as an estimation of
their reliability based on their false positive probability. We perform a search in
the 3D-HST/CANDELS catalogs for the secondary CO detections and tentatively
nd that  64% of these have optical counterparts, which we use to constrain their
redshifts. Finally, we use our catalog of candidate CO detections to derive the

CO(2 1),CO(3 2),COM4 3),CO(5 4),and CO(6 5)luminosity functions
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over a range of redshifts, as well as the molecular gas mass density evolution. Despite
the di erent methodology, these results are in very good agreement with previous
observational constraints derived from blind searches in deep elds. They provide
an example of the type of \deep eld" science that can be carried out with targeted

observations.

2.2 Introduction

Detailed measurements of the star formation history of the universe reveal
that the process of galaxy assembly peaked about 10 billion years ago. The star
formation rate (SFR) density in galaxies (i.e., total SFR in galaxies in a comoving
volume of the universe) across cosmic time is observed to gradually increase to
redshifts ofz & 2, peak atz 1 2, and then decrease from redshifts af 1 to
the present day by almost an order of magnitude (see e.g., Madau and Dickinson,
2014). The fundamental physical processes that shape this evolution, however, are
still uncertain. This evolution may be driven by the availability of larger reservoirs of
cold dense molecular gas (the immediate fuel for star formation) in highgalaxies,
by higher e ciencies for converting molecular gas into stars, or by a combination of
both. Therefore, it is interesting to constrain the molecular gas content of galaxies
over cosmic time (measured as total gas mass per co-moving volume) in order to
understand the evolution of the cosmic star formation history.

Most studies of the cold molecular gas in galaxies have used CO observations,

the most common molecular gas mass tracer (Bolatto et al., 2013), of galaxies that
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were pre-selected based on optical or near-infrared surveys. Other galaxies detected
in CO at higher redshifts were initially selected from rest-frame far-infrared con-
tinuum surveys as sub-mm galaxies (Blain et al., 2002, Casey et al., 2014). These
studies have shaped our understanding of the relation between molecular gas content
and star formation in known populations of galaxies. Targeted CO studies nd that
z 2 galaxies have much larger molecular gas reservoirs than local galaxies (Greve
et al., 2005, Daddi et al., 2010a, Genzel et al., 2010, 2015, Tacconi et al., 2010, 2013,
2018, Freundlich et al., 2019) and that the changes in growth history are largely
driven by the cold molecular gas mass properties of galaxies. While these types of
studies allow us to understand the properties of galaxy samples, they can poten-
tially introduce unknown systematic biases through selection e ects. It is therefore
bene cial to complement them with blind searches for CO-emitting galaxies.
Spectral scans on speci c deep elds have been used to carry out blind searches
targeting rotational transitions of CO over wide frequency and redshift ranges, mea-
suring the CO luminosity function at di erent epochs in the history of the universe.
The CO luminosity function so obtained gives a measurement of the molecular gas
mass density over the range of redshifts sampled by the observations (Carilli and
Walter, 2013). Initial e orts that have followed this strategy are the IRAM Plateau
de Bure Interferometer (PdBI) observations in theHubbleDeep Field North, and the
Atacama Large Millimeter Array (ALMA) observations in the Hubble Ultra Deep
Field (the ASPECS-Pilot program). These spectral scans were conducted at 3 mm
and 1 mm wavelengths, covering areas of 0:5 and 1 arcmir? in size, respec-
tively (see Decarli et al., 2014, Walter et al., 2016, for survey descriptions). Walter
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et al. (2014) and Decarli et al. (2016) present luminosity function measurements
for CO(3 2) and higher-J transitions atz 2 3, and CO(5 4) and higher-J
transitionsatz 5 7. These studies provided some of the rst constraints on the
cosmological CO luminosity function, and the cosmic molecular gas mass density
evolution, but they are limited by the small areas covered.

More recently, the COLDz project & 300 hours of observations on the JVLA)
covered a 48 armir? area in GOODS-N and a 8 arcmir? area in COSMOS in
the 30 38 GHz frequency range, targeting CO(10)atz 2 28andCO(2 1)
atz 49 67 (Pavesi et al., 2018). This survey provides constraints for the CO
luminosity function at z > 2 (Riechers et al., 2019). The ASPECS Large Program
(LP; 150 hours of observations on ALMA) covers most of thélubble eXtremely
Deep Field (  4:6 arcmir?) at 3 mm and 1.2 mm wavelengths (Gonzalez-lopez
et al., 2019). Decarli et al. (2019) use it to measure the CO luminosity function and
nd that the cosmic molecular gas mass density peaks at 1.5 and decreases by
a factor of  6:5"%8 to the present day.

In this paper, we present CO luminosity function and cosmic molecular gas
mass density evolution measurements we make from repurposed data which takes
advantage of independent deep observations of targeted galaxies. Speci cally, we
present the results from a \blind" CO search in the second Plateau de Bure High-z
Blue-Sequence Survey (PHIBSS2) observations, the follow up to PHIBSS. PHIBSS
and PHIBSS2 have been productive surveys with key results on their main objec-
tive, characterizing normalz 1 2 galaxies. Among other results, PHIBSS and

PHIBSS2 have yielded scaling relations for main sequence galaxies at those red-

35



shifts, depletion times and molecular fractions (Genzel et al., 2015, Tacconi et al.,
2018), and characterized molecular reservoirs far< 1 galaxies (Freundlich et al.,
2019). However, these observations also have the potential to yield impactful \deep
eld" science. Since each PHIBSS2 observation targeted a galaxy selected from the
3D-HST CANDELS elds, characterization of serendipitous detections bene ts from
the extensive multi-wavelength coverage available in these legacy elds.

This paper is structured as follows: Section 2.3 summarizes the observa-
tions used, Section 2.4 describes the blind search algorithm, the optical counterpart
search, and our statistical methods for assessing the likelihood that each candidate
is real as well as the completeness of the search algorithm. Section 2.5 presents the
results of the line search, the CO luminosity functions we derive, and the molecu-
lar gas mass density evolution constraints. Sections 2.6 compares to previous works
and Section 2.7 summarizes the work done. The properties of the candidate sources,
their spectra, and optical counterparts are presented in the Appendices.

Throughout the paper, we assume CDM cosmology witiHy, = 70 kms *Mpc 1,

m =0:3,and = 0:7, consistent with theWilkinson Microwave Anisotropy Probe

measurements (Komatsu et al., 2011).

2.3 Observations

2.3.1 The \Plateau de Bure High-z Blue-Sequence Survey" (PHIBSS)

The PHIBSS2 survey is an IRAM Plateau de Bure Interferometer (Pdbl; Guil-

loteau et al., 1992) 4-year legacy program aimed at studying early galaxy evolution
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from the perspective of molecular gas reservoirs, while exploiting the capabilities of
the NOrthern Extended Millimeter Array (NOEMA,; Schuster, 2014) as they came
online. Observations of?CO (2 1), 2CO(3 2),and*?CO (6 5) transitions took
place between October 2013 and June 2017. Observation times per target range
from 0.6 to 30.3 hours, with a total of 1;100 hours of 6-antenna equivalent on
source integration time, and were mostly taken in C con guration to ensure that
the galaxies are not spatially resolved (see Freundlich et al., 2019, for more details
on the data reduction process). Given the integration times and con gurations, the
synthesized beams range from®%o 5% At the redshifts targeted by PHIBSS, the
typical scales are 6 8.5 kpc per arcsec.

The survey consists of 110 individual observations of main sequence galaxies,
exploring the CO(2 1), CO(3 2),and CO(6 5) line emission, covering a total
area of 130 arcmirf and sampling a total co-moving volume of 200000 Mpé

(see Table 2.1).

2.3.2 Ancillary Data

We use the 3D-HST/CANDELS survey catalogs (Brammer et al., 2012, Skel-
ton et al., 2014, Momcheva et al., 2016) for the COSMOS, GOODS-N, and EGS/AEGIS
elds to search for optical counterparts. We present cutouts from the HST Advanced
Camera for Surveys (ACS) for Iter F814W for each eld (where possible) corre-
sponding to the PHIBSS2 observations in Appendix B (se§2.5.1.1). For targets

lying outside the area covered by the HST ACS optical or WFC3 near-IR mosaics,
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we show cutouts of Spitzer IRAC 3.6 m images.

2.4 Methods

2.4.1 Line Search

The goal of the line search is to systematically select candidate sources from
noisy data, and assess their signi cance in terms of their corresponding signal-to-
noise ratio (SNR). For our sample of observations, we expect sources to be unresolved
and to mostly have FWHM in the range of 50 500 kms?, and at most 1000
kms 1. Rubin et al. (1985) shows massive galaxies have maximum rotation velocities
that span from 100 400 km s?, while small irregular galaxies have minimum
rotation speeds of 50 100 km s, and Carilli and Walter (2013) show that
hyper-starburst quasar hosts and sub-millimeter galaxies can have line widths up to

1000 kms?t.

Our line search method is a 1D matched Iter technique where we select a
Hanning kernel as our template. We Hanning-smooth and decimate each observation
ve times, where each iteration of the smoothing increases the width of a channel
by a factor of two while removing one every two channels (that is, decimating the
highly correlated channels). This creates cubes with velocity resolutions spanning
from 7to 1000 kms?, depending on the observation (the original data cubes
have channel widths ranging from 7 to 88 kms). The purpose of this matching is
to maximize the signal-to-noise for signals of a given line-width. Hence our choice

of smoothing allows us to attempt to match the velocity resolution of the data

38



cube with that of the potential sources in the data. Each data cube generates
ve additional smoothed cubes corresponding to the di erent velocity resolution

templates.

Figure 2.1: RMS as a function of channel number (both normalized to unity),
showing a typical best case scenario (red line) where the RMS is approximately
at across all channels, a typical worst case scenario (black line) where the RMS
varies quite signi cantly across the channels, and a median case (beige line). This
illustrates the need to properly model the RMS variations across the passband in
order to correctly estimate the SNR of every pixel. We do this by modeling the
RMS variations as a function of frequency with a seventh order polynomial for each
data cube.

For each of these cubes (original and smoothed), we compute a signi cance

(SNR) map by taking the peak value at each pixel along the spectral axis and
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dividing it by the RMS (taken to be the standard deviation) of the spectral channel.
The RMS as a function of channel number (frequency) is usually fairly at, but
occasionally it can vary quite substantially across the passband. We illustrate this in
Figure 2.1, where we show three examples of how the noise varies across channels in
three di erent data cubes. For the purpose of comparing the RMS channel variations
in di erent data cubes, we normalize the axes. The channel RMS values vary from
one data cube to another, therefore we normalize the y-axis to 110 3. The
number of channels in the three data cubes that we compare here also varies, thus
we also normalize the x-axis to unity (the bandwidth is about 3 GHz). We plot
a typical best case scenario in red, a typical worst case scenario in black, and a
median example in beige, while the dashed blue line serves as a reference point for
a straight horizontal line. It is therefore important to properly account for this
when calculating the SNR in order to not over or underestimate the SNR of a given
pixel. To characterize this variation, we t the distribution of the channel RMS
as a function of channel number for each data cube with a polynomial, in order to
have a smooth representation of the large-scale noise variation to properly calculate
SNR. We then divide each peak pixel by the corresponding channel RMS from our
t. The order of the polynomial chosen to obtain our smooth representation of the
noise is not particularly important, and a value of seven was found to produce very
reasonable results.

In order to obtain the distribution of the noise, we repeat this process for
the negative peaks, that is dividing the largest negative peak at each pixel by the
channel RMS, thus creating SNR maps of \negative emission". Positive emission
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corresponds to real astrophysical sources as well as noise peaks, while \negative
emission" corresponds only to noise. The most signi cant negative peak therefore
provides an estimate of what is the boundary between likely noise and likely signal.
From these SNR maps, we build a list of candidate sources by selecting pixels with
a positive SNR value that is greater than the absolute value of the largest negative
peak SNR. We save a list of all pixels that satisfy this condition, sort it by decreasing
SNR, and Iter out all pixels that lie within one beam of the highest SNR pixels to
arrive at a list of independent possible sources. We perform this search and ltering
on all smoothed cubes and then combine the lists into one list, where we Iter out
candidate sources that satisfy our detection threshold in multiple cubes for a given
eld (original and/or smoothed cubes), but with lower SNR. This leaves us with

a nal list of candidate sources for each eld in our sample, where the position of
each source corresponds to the position of the most signi cant pixel for the velocity
smoothing parameter that provides the highest SNR. Figure 2.2 shows an example
SNR map for one of our elds (eg016; see Table A.1) at a velocity resolution of
352 kms!, with the black contour showing the threshold of the most signi cant
negative peak in that cube, our chosen boundary between \likely noise" and \likely
signal”. In what follows we estimate the probability of this candidate source being

real.
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Figure 2.2: Hanning-smoothed SNR map for the eg016 data cube, at a velocity
resolution of 352 kms?. The black contour corresponds to the SNR level of the
largest negative peak in this cube, which is our detection threshold and in this case
corresponds to a SNR of 4.93. A single source appears in this map with SNR above
the detection threshold we impose (see eg016-1 in Table A.1 for physical properties).
The central targeted source in the eg016 data cube has a SNR of 3.1 (see Table 3
in Freundlich et al., 2019), which is below our detection threshold and is therefore

not visible in this SNR map.
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2.4.1.1 False Positives

The purpose of the false positive analysis is to assign to each candidate source
a probability of it being a real astrophysical source, which we will call reliability
(also called delity or purity). To address this question, we use the statistics of
the negative emission, which consists of only noise, to determine the likelihood that
noise could produce a SNR as large as that of each candidate source.

In order to estimate this we would ideally consider the statistics of independent
points in the map. In our signi cance maps, in principle all pixels within one beam
of a strong emission pixel will be correlated. To remove from our distribution of
peak SNR values pixels that are correlated, we perform a \cleaning" of the map. We
do that by taking the most signi cant value in a given map, subtracting a beam-like
Gaussian from that pixel position, and then repeating the process until no values
above 3 the RMS level of the map remain, leaving us with a list of independent
\sources" in terms of SNR. As a comparison, we do the same thing with the SNR
map distribution of positive peaks.

The distributions of independent positive and negative peaks in a given map
overlap very well, and are well approximated by a Gaussian with an exponential
tail toward high signi cance (Figure 2.3). However, the tail of the distribution
is the region that we are interested in characterizing because this is where the
candidate sources we detect lie. To achieve this goal, we begin by normalizing
the distribution of independent positive and negative peaks so that their integrals

equal unity. We then treat the normalized independent negative distribution as our
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probability density function, which we t with an exponentially modi ed Gaussian

distribution of the form:

h(x) = 5e * " 2erfe —”a% 2.1)
wherex corresponds to the peak SNR values of the inverted cubeand are the
mean and standard deviation of the Gaussian, is the rate of the exponential, and
erfc is the complementary error function which is equal to lerf(x). This function
describes a Gaussian distribution with a positive skew due to an exponential com-
ponent. An example of this t is shown in Figure 2.3, where the orange histogram
corresponds to the SNR distribution of the negative emission, the blue histogram is
the SNR distribution of the positive emission, and the black line is the exponentially
modi ed Gaussian; the bottom panel shows the residuals. Figure 2.3 corresponds to
the data cube eg016 (Table A.1), where one candidate source is identi ed as possi-
ble emission through the line search procedure described above. While the y-axis in
Figure 2.3 is plotted on a log-scale, the tting procedure is done in linear space. As
such the resulting parameters are not sensitive to the high-SNR \outliers". There-
fore the reliability parameters we derive from this method are robust with respect
to the inclusion or exclusion of these data points.

To estimate the probability that the observed signi cance could be produced by
noise uctuations, we use the cumulative distribution of the exponentially modi ed

Gaussian distribution, which has the form:
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Figure 2.3: The top panel shows the distribution of positive (blue) and negative
(orange) peak SNRs per beam of the eg016 data cube, at a velocity resolution of
352 kms! (the gray histogram is the overlap of the blue and orange histograms).
The black line is the exponentially modi ed Gaussian t to the negative peaks
distribution. We see one object with positive peak SNR much greater than the
largest negative peak SNR (in absolute values); this corresponds to the candidate
sources. The bottom panel shows the residuals from tting with an exponentially
modi ed Gaussian function, which we nd represents that data reasonably well.

HOO= (U0 ) e wrviezeoa(( uvi) (22)

whereu = (X )and v = ,and (x;; ) is the cumulative distribution
function of a Gaussian distribution with mean and standard deviation .
For a given candidate source, the probability that a random uctuation pro-

duces a source with SNR greater than or equal to that of the candidate source, (i.e.,
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falls in the rangex 2 [SNRg«, 1)), is:

P(X> SNRyc) =1  H (SNRg): (2.3)

For each candidate source, this gives an estimate of the probability that a given
independent measurement (a beam) in the map could have a peak SNR greater than
or equal to that of the candidate source itself. To assess the signi cance of these
values, we compare them to the number of independent beams sampled by each SNR
map. We do this by taking the inverse of the false positive probability we calculate
from equation 2.3 as a measure of how many random measurements it would take
to observe the given candidate source SNR value once (i.e., one in every N number
of measurements will have an SNR equal to or greater than what is observed for the
candidate source given only noise; we call thiS¢lected). Then the ratio of Nexpected
to the number of independent beams sampled (Bns) by each SNR map is the total
number of measurements with a given SNR we would expect to make due to noise
only. As an example, if we measure a probability of 18 for a candidate source of
some SNR, but then nd that we sample 1000 beams in that map, then we would
expect to nd one such \source" in our map from just noise, so this candidate source
would be considered unreliable. For very strong candidate sources this number is
very small, and for weaker sources it becomes larger and can become on the order
of unity. The reliability parameter (R) we assign to each source is one minus this

ratio:
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R=1 Nexpected (2.4)
Nbeams

Our reliability measurements range from @1 1 (i.e., 1 100% reliability), and
we include in our sample candidate sources witR > 5% since this is the threshold
adopted by Riechers et al. (2019). We show these values in Table A.1. Note that we
do not attempt to further Iter our list of candidate sources by choosing a higher
reliability cuto . Note also that this de nition of reliability is more conservative
than the \ delity" parameter employed by Decarli et al. (2016), for example, as
per our de nition there are no candidate sources with lower ux than the absolute
value of the largest negative peak in a map. There is a strong correlation between
integrated ux and reliability, where fainter sources with lower SNR naturally tend
to show lowerR (see8.5.2, Figure 2.8). The derivation of the luminosity function
(82.5.3) properly takes into account the statistics by weighting by reliability, and
arti cially inserting a high reliability cuto would cause us to preferentially remove
the contribution from fainter sources. Note also that computation olR for the
central sources, all known to be real, shows a large spread driven by SNR. So it is
clear that real sources can have low reliability when they are faint in relation to the

noise of the observation.

2.4.1.2 Completeness

To assess the completeness of our search algorithm, we perform an analysis

of the chance of detecting sources we arti cially inject into each data cube. The
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purpose of this analysis is to relate the fraction of recovered simulated sources to
the line ux. Since we do not expect resolved sources in the PHIBSS2 data, we do
not account for varying sources sizes.

To simulate sources, we assume a Gaussian line pro le along the spectral axis,
and generate sources with ve free parameters: the spatial position, the peak ux
density of the line, its velocity width as FWHM, and the velocity of the peak by
drawing random numbers from a uniform distribution. The x and y coordinates are
limited to between 1 and 256, since the cubes are 256256 pixels in size. We test
the e ect of source position on the completeness by simulating sources at the edges
of pixels and at the centers of pixels, and nd that this has a negligible impact on
the completeness correction factors. The peak ux density of each arti cial source
ranges between the maximum value in the data and 1% of the maximum. Because
completeness is also a function of line width, we simulate sources with FWHM values
ranging from 50 1000 km s?, to re ect the range of line widths spanned by the
data.

We then assume that each source will be \beam-like", so we take the ux
density at each velocity channel that the source appears in to be the peak of a two-
dimensional Gaussian which has the same position angle and size as the synthesized
beam for each data cube. However, since power is lost in the side lobes of the full
synthesized beam, we take this into account by correcting the ux of each simulated
source by the ratio of power in the primary lobe of the beam and its side lobes. We
generate 2500 arti cial sources for each data cube in this way, add them to the data

cube 5 sources at a time to avoid crowding, run the search algorithm, and check
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Figure 2.4: The fractions of recovered sources to arti cial sources injected as a
function of integrated ux and FWHM for the eg016 eld, from our analysis of 2500
simulated sources. The colored data points correspond to the fraction of recovered
sources for four velocity bins. The colored lines are ts to the four distributions
using a cumulative Gaussian distribution. The vertical dashed lines correspond to
the integrated ux of the candidate source. As we would expect, the recovery of
sources decreases with decreasing integrated ux indicating that fainter sources are
harder to detect than brighter ones. We also see that the recovery of sources at a
given integrated ux decreases with increasing FWHM. This analysis allows us to
correct our CO luminosity functions for the incompleteness of our search algorithm,
particularly at the faint end where this becomes a larger e ect (seg.5.3).
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the fraction of sources recovered. Figure 2.4 plots the fraction of recovered arti cial
sources as a function of integrated ux (blue circles), for the eg016 data cube.
The recovered fraction is t with a Gaussian cumulative distribution function (solid
blue line). The vertical dashed black lines correspond to the integrated ux of the
candidate sources for this data cube. We can see that the recovery fraction decreases
with decreasing integrated ux, which is known for each simulated source. We
correct for completeness on a source-by-source basis using the cumulative Gaussian
distribution t for each data cube. Given the integrated ux of each candidate

source,X, the corresponding completion correction is

C(x) =

NI =

1+ erf X—p? : (2.5)

where and are the mean and standard deviation derived from our Gaussian
cumulative distribution function t for a given cube. Primary beam attenuation, the
sensitivity drop o as a function of distance from the pointing center, will decrease
the chances of detecting weaker sources closer to the edges of each data cube. We
take this e ect into account in our comoving volume calculations, which results in

a smaller e ective volume sampled by each cube.
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2.5 Results of Line Search

2.5.1 Line Properties

We extract the spectrum of each candidate source at the position of the peak
SNR pixel, given that the sources in PHIBSS2 are unresolved, in each eld at all
velocity resolutions, and apply a primary beam correction. These spectra are t with
a Gaussian pro le using Python'sscipy.optimize.curve  _fit . Example spectra of
the three brightest candidate sources detected in the COSMOS, EGS/AEGIS, and
GOODS-N elds are shown in Figure 2.5, while the remaining gures are shown in
Appendix A.

The redshift of each candidate source is calculated from the central frequency
of the line, assuming that the emission detected corresponds to a CO transition from
CO(1 0)toCO(6 5). CO emission represents usually the brightest line in galaxy
spectra at wavelengths between 400 and 260@n. Rotational transitions of CO are
spaced by intervals of 115.27 GHz, so with a single transition by itself it is impossible
to determine the redshift of the source. The optical counterpart search discussed
in the next section allows us to, in some cases, determine which CO transitions a
candidate source may correspond to, and in other cases, to constrain the range of
possible CO transitions.

The ux and full-width-half-maximum of each candidate source are calculated
from the best t standard deviation and amplitude of the Gaussian pro le t. These

results are presented in Table A.1 in Appendix A.
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Figure 2.5: The brightest serendipitous CO sources in the COSMOS (top),
EGS/AEGIS (middle), and GOODS-N (bottom) elds. The complete set of g-
ures is available in Appendix A.
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2.5.1.1 Optical Counterparts

The purpose of identifying counterparts (CPs) for the candidate sources is to
constrain their likely redshift and CO transition, as well as properties like their stellar
masses and SFRs. We search for all optical sources in the 3D-HST/CANDELS
catalogs (Brammer et al., 2012, Skelton et al., 2014, Momcheva et al., 2016) that lie
within one beam FWHM radius of the peak SNR position of each candidate source
we identify in PHIBSS2, while leaving the redshifts unconstrained. The objects in
these catalogs have a distribution of redshifts determined from HST and ground-
based spectral energy distribution (SED) tting using the EAZY code (Brammer
et al., 2008). To match the redshifts, we then consider all transitions from CO (10)
to CO (6 5) and check which, if any, CO transitions are plausible given the posterior
likelihood distributions of the redshift determination from the SED tting. In several
cases the redshifts of the optical counterparts are poorly constrained by the SED
tting, allowing a range of possible CO transitions. When grism or spectroscopic
redshifts are available, we compare our redshifts to those because they are much
better constrained than the photometric redshifts. For the purpose of constructing
the CO luminosity functions, we assign a \redshift probability” to each source based
on the posterior likelihood distribution. We also assign an \association probability"
for candidate CO sources where multiple optical counterpart candidates lie within
the synthesized beam of the CO data cube (which changes from cube to cube).
This \association probability" is dened as P, =1 ( r?=), where r is the

projected angular separation between the CO source and potential counterpart, and
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is the synthesized beam area. In this way, optical sources that lie outside of
the synthesized beam area are assigned an association probability of zero, and the
probability of association increases as the projected angular separation decreases.

From this spatial matching, and CO transition/redshift association, we nd
that 64% (43 out of 67) of source candidates in our catalog have at least a tentative
optical counterpart. The lack of an optical counterpart in the 3D-HST/CANDELS
catalog (rest frame optical/UV counterparts) could imply that the candidate source
is spurious, though based on our reliability calculations, we would not expect more
than 25% of sources to be spurious. Thus, this could also be physically caused by
heavy extinction associated with the molecular gas (in which case there may be
infrared counterparts). Whitaker et al. (2017) investigate the relation between dust
obscured star formation and stellar mass as a function of redshift € 0  2:5).
They nd that for log( M=M ) > 105, more than 90% of star formation is obscured
by dust at all redshifts, and that at z > 1, there is a tail of heavily obscured
low-mass star-forming galaxies. This highlights the importance of infrared data,
and future work may involve carrying out a systematic infrared counterpart search
beyond existing catalogs (e.g.Spitzer IRAC 3.6 and 4.5 m).

The results of our search are presented in the middle panel of the gures in
Appendix A. These are for the most part HST ACS F814W images where the red
crosses mark the positions of the candidate optical counterparts for candidate CO
sources where one could be tentatively identi ed. For candidate sources where no
ACS optical and/or WFC3 near-IR data was available, we preser$pitzer IRAC 3.6

m images. In the left panel, the redshifts reported correspond to the CO transition
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Figure 2.6: Comparing the properties of the candidate sources with optical coun-
terparts (dark blue, right-hatched histogram) to those without (cyan, left-hatched
histogram). Left: comparing the integrated ux, Middle: comparing the line width
(FWHM), Right: comparing the reliability. The K-S test results indicate that the
distributions are similar in terms of all three properties.

that most closely matches the \best" redshift reported in the 3D-HST/CANDELS
catalogs. In the computation of the CO luminosity functions, we however use the
range of possible CO transitions/redshifts allowed by the potential counterparts to
derive CO luminosities, weighted by their respective probabilities (se®2.5.3 for
details). Finally, these results are also summarized in Table A.1 where we give the
right ascension, declination, and \best" redshift reported in the 3D-HST/CANDELS
catalogs of each optical counterpart. We also provide the CO based redshifts for the
range of possible CO transitions as determined from the EAZY SED tting posterior
likelihood distributions. Finally, we provide the angular separation between the
candidate source and potential optical counterpart, with a probability of association
in cases where more than one possible counterpart exists within the synthesized
beam.

In Figure 2.6 we compare the integrated ux, line width, and reliability of

candidate sources with potential optical counterparts (dark blue, right-hatched his-
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togram), and those without (lighter blue, left-hatched histogram). In all three cases,
both populations of candidate sources span the same parameter space. Both pop-
ulations contain many fainter objects and fewer bright objects, so while some of
those may be spurious detections, the reliability distribution shows that there are
several high-reliability objects with no optical counterpart identi ed. In terms of
line width, both populations span essentially the same range of line widths probed.
To quantify this we perform the Kolmogorov-Smirnov test and nd a K-S
statistic of D, = 0.21, 0.25, and 0.36 for the integrated ux, FWHM, and reliabil-
ity distributions respectively (wheren and m are the lengths of the two samples).
The K-S statistic is the maximum distance between the cumulative distributions of
the two compared populations, so a small enough K-S statistic indicates that the hy-
pothesis that two samples are drawn from the same distribution cannot be rejected.
Speci cally, the two samples can be said to come from di erent distributions at a

con dence level if

n+m

Dnm >c¢( ) am

(2.6)

where

Al
=

of )= (2.7)

From the K-S statistics for these three distributions, we nd that the hypoth-
esis that both samples are drawn from the same distribution can be rejected at the
74.4%, 86.1%, and 98.1% con dence level for the integrated ux, FWHM, and re-

liability respectively. These con dence levels are usually not considered signi cant
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enough to reject the hypothesis. We conclude from this that we lack evidence to say
that the two populations are di erent and note only that the candidate sources with-
out counterparts tend to be fainter and consequently less reliable that the candidate
sources with counterparts.

For candidate sources where we identify possible counterparts (and hence for
which we have a redshiftz), we compare the molecular gas mass from the CO
luminosity to the molecular gas inferred from the potential counterpart SFR, using

the depletion time scale scaling relation of Tacconi et al. (2018):

log(taep) = At + Bilog (1 + z) + C;log( MS) (2.8)

whereA; =0:09,B; = 0:62,C; = 0:44 (for details see Tacconi et al., 2018), and
MS is the o set from the main sequence of a source. Using the redshift and main
sequence o set of the potential counterpart, we calculate their depletion timescales
and then infer the molecular gas mass based on their SFR (sirtgg, = Mgas=SFR).
We plot this comparison in Figure 2.7, omitting candidate sources with multi-
ple possible counterparts identi ed within one synthesized beam and sources where
the product of the CO source reliability R) times the counterpart probability of
association P,) is less than 50%, as we consider these sources and/or counterparts
not highly reliable. The size of the data points is scaled according to the product of
the reliability and the probability of association (higherR P, correspond to larger
symbols), and colored according to redshift. The black solid line is the one-to-one

relation and the black stars are primary PHIBSS2 targets plotted as a comparison.
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These all lie on the one-to-one line, except for one target, which has a large o set
from the main sequence of star formation (logMS = +2:41, corresponding to a
target over the main sequence) and therefore a very short depletion timescale. In
contrast, the majority of potential counterparts lie systematically below the one-
to-one relation, which would imply molecular gas reservoirs larger than would be
inferred from the measured star formation.

The SFRs reported in the 3D-HST/CANDELS catalog for these objects are
derived from SED modeling. We have used the catalog by Momcheva et al. (2016),
but with SFR values recomputed according to the Herschel-calibrated ladder of indi-
cators in Wuyts et al. (2011) (see also Tacconi et al., 2018, and references therein).
The SEDs for all objects contain optical to 8 m photometry, and some objects
have photometry at longer wavelengths. At the redshifts of these objects, 8n
corresponds to rest-frame wavelengths of 1.5 4 m. For six data points the
photometry also includes 24 m to 160 m measurements. These are indicated by
vertical dashed lines, which join the SFR obtained from tting the 8 m pho-
tometry to the SFR computed including the longer wavelengths (which corresponds
to the square symbols in Figure 2.7). When the SED modeling includes only the
shorter wavelengths, it results in SFRs one to two orders of magnitude lower than
is estimated when longer wavelength data are included. The agreement between
molecular masses estimated from the optical counterpart star formation activity,
and those directly measured in the PHIBSS2 observations, is very good when the
SFR estimate includes 24 m information.

Our identi cation process naturally selects objects that are bright in CO, and
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Figure 2.7: Comparison of the molecular gas mass measured from the candidate
source CO luminosities to the molecular gas mass inferred from the potential opti-
cal counterpart SFR and the depletion timescale scaling relation of Tacconi et al.
(2018). The size of the colored points is scaled according to the product of relia-
bility and association probability of the detection, and they are colored according
to redshift. The diagonal black solid line is the one-to-one relation. All colored
symbols correspond to SFR measurements from SED modeling of optical to &
photometry; the black square symbols show the e ect of including longer wavelength
photometry (24 or 160 m) on the SFR calculation for the sources where that is
available.
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indeed they all have very large molecular masses as inferred from their ux. There-

fore they are likely dust-rich, and their star formation activity is highly extincted.

It appears likely that the dust-obscured component of star formation is not prop-

erly accounted for when the longest rest-frame wavelength included in the SED is
1.5 4 m. We believe this is the main cause for the majority of the large

discrepancies between the two estimates of molecular gas mass. It is also possible,

particularly for sources with low reliability or probability of association, that some

of them are not real or that some counterparts are misidenti ed. The agreement

between the CO luminosity function we derive from these data8®.5.3) and other

measurements in the literature, however, suggests that this is not the case for the

majority of our objects.

2.5.2 Comparing Serendipitous Detections to Central Sources

The goal of PHIBSS2 is to study galaxy evolution from the perspective of
molecular gas reservoirs. Surveys such as PHIBSS2 that target speci c galaxies
selected based on their stellar mass, SFR, and availability of ancillary data have
complex selection functions. The blind search we have performed here, and our
catalog of serendipitous detections provide a sample of objects that are mostly free
of selection biases, other than the selection function imposed by the redshift ranges
surveyed in any given observation and the ux which makes brighter objects easier
to detect. We can therefore compare these two samples to get an idea of their

respective biases.
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In the left panel of Figure 2.8, we compare the integrated uxes of all 67 candi-
date sources to those of the central sources targeted by PHIBSS2. In the right panel
of Figure 2.8, we compare the molecular gas masses of the candidate sources with
tentative optical counterpart identi cations to that of the central sources. The cen-
tral sources are plotted as the blue hatched histogram and the candidate sources are
separated into histograms corresponding to likelihood levels: the hatched magenta
histogram corresponds to sources with reliabilities between 5 and 50%, the orange
lled histogram corresponds to sources with reliabilities between 50 and 90%, and
the yellow histogram corresponds to sources with reliabilities greater than 90%.

We see in the ux comparison that the sample of central sources and the sample
of secondary candidate detections seem to generally probe objects with similar prop-
erties. To quantify this observation and determine if candidate sources with lower
reliabilities have systematically di erent integrated ux properties, we perform a
K-S test. We nd that D ., = 0.13, 0.19, 0.34, which results in rejecting at the
54.0%, 73.3%, and 95.4% con dence level the hypothesis that the candidate source
distributions come from the same distribution of central sources for the 5 50%,

50 90%, and> 90% reliability ranges respectively. These are not strong rejections,
suggesting that regardless of the reliability, the candidate secondary sources have
properties that are very similar to those of the central targeted sources. In terms
of molecular mass, our higher reliability candidate sources seem to correspond to
slightly more massive objects not well represented in the original PHIBSS2 sample,
selected to represent the main sequence at the redshifts of interest. In both panels

we see that the fainter/less massive candidate sources tend to have lower reliabil-
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ities than the brighter/more massive objects. This is not surprising, since these

candidates will have lower SNRs.

Figure 2.8: Left: Comparison of the integrated ux measurements of the central
galaxies that were speci cally targeted by PHIBSS2 (blue hatched histograms) to the
additional serendipitous CO detections. The candidate sources are divided according
to their likelihood parameter. The candidate sources generally seem to follow a
similar distribution of uxes as the targeted central sources. A K-S test reveals that
at the 48.2%, 94%, and 96.6% con dence level, the candidate source distributions
do not come from the same distribution as the central sources (for the 550%,

50 90%, and> 90% reliability ranges). These weak rejections suggest that the
samples are representative of the same parent population of objectight: The
same as the left panel, but now comparing the molecular gas masses. The highest
reliability objects tend to have the higher molecular gas masses.

We observe across our sample of candidate detections and tentative optical
counterpart identi cations that some candidate sources lie at redshifts similar to
that of the central target source. This raises the question of whether constructing a
CO luminosity function from data targeted at particular objects introduces biases

due to possible clustering of sources around the targeted object. To evaluate whether

this is the case, we compare in Figure 2.9 the di erence between the frequency of
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Figure 2.9: Left: Di erence between the central frequency of each candidate source
and the reference frequency of the observation, . The dark blue empty histogram

is unweighted by reliability, while the cyan left hatched histogram is weighted by
reliability. The grey shaded histogram is the reliability weighted distribution nor-
malized to the number of data cubes that cover a large enough frequency range to
reach a given  value. For randomly distributed objects, we would expect a at
distribution and this is what we observe. Right: Di erence between the redshift

of the central source and candidate source (only for cases where a tentative optical
counterpart is identied), z. The dark blue empty histogram is the unweighted
data, the cyan hatched histogram is weighted by reliability, and the grey shaded
histogram is weighted by reliability, the probability of association, and the redshift
probability. There is a tendency here for objects to cluster aroundz 1, however
this is too large of a redshift separation to form physical associations. We conclude
the candidate sources we detect are not biased by clustering around the central
source.

each candidate source and the frequency of the central source in each data cube (
left panel). We also show the di erence between the redshift of the central source
and candidate source, for candidates with identi ed counterparts (z; right panel).
In both cases we also compare the distribution of and z when weighting the
data by reliability, probability of association, and redshift probability.

The left panel of Figure 2.9 shows in both the unweighted and weighted cases

that the candidate sources are approximately uniformly distributed in  with a
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slight decrease for & 1 and a bit of a central bump for completely unweighted
sources. However, the data cubes do not all cover the same frequency range and
therefore the chance of a source to show at a particular has to be weighted
accordingly. To account for this, we normalize the reliability weighted histogram by
the number of data cubes that span the di erent possible ranges. This is shown
in the gray histogram, where we see that the recovered distribution is very consistent
with a uniform distribution across the spectral range. This shows that our secondary
detections are uniformly distributed in , and therefore there is no signature of a
bias introduced by clustering around the targeted central sources. In physical terms,

=1 GHzforasourceatz 1.5ina ' 3mm observation represents a physical
velocity di erence of over 3,000 kms!, larger than the central velocity dispersion
of a massive galaxy cluster like Coma (, 1200 kms?, Kent and Gunn, 1982).
Therefore we would expect a relatively narrow peak in the corrected histogram if
most sources were physically related to the central source, independent of our ability
to identify counterparts.

The right panel of Figure 2.9 shows the distribution in z for only those
candidate sources for which we nd tentative optical counterparts. The unweighted
case shows a wide peak in the distribution of objects at 1 from the central sources.
When weighting by reliability, probability of association, and redshift probability
this peak is signi cantly smoothed but still present. The existence of a broad peak
is to be expected: most of our observations target the 21 and 3 2 CO transitions
atz 1 2, and the most likely bright transitions for eld objects will be 2 1 to
4 3, which would place them in the z 1 range for most observations. Note
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also that if this were an indication of true physical clustering we would expect the

peak to be much narrower, z.  0:1.

2.5.3 CO Luminosity Functions

We construct the CO luminosity functions using equation 2.9:

1 X R
j=1

HereN; is the number of galaxies that fall within the luminosity bini de ned
by logL; 0:25andlogL;+0:25 (logL; 0:5 and logL; +0:5 for cases where we
only have a small number of sources), V is the total volume of the Universe that
is sampled by a given transition across all of our data cubeR; is the reliability
of the j™ line and C; is its completenessP,; is the probability that the candidate
source is associated with a particular optical counterpart, ang,; is the probability
that a given candidate optical counterpart corresponds to a particular CO transition
(and hence redshift). Each CO line is down-weighted by its likelihood probability
calculated in 82.4, probability of association, and redshift probability, and then
up-scaled by its completeness fraction. The CO luminosities are calculated from
equation 3 of Solomon et al. (1997):

Sco VD2

whereSco V is the integrated ux density in units of Jansky kilometers per second,

D, is the luminosity distance of the source in megaparsecs,s is the observed
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Survey Transition rest Zmin Zmax Volume CV
[GHz] [Mpc®]  [%]
PHIBSS2 CO(2 1) 230.538 0.017 1.562 11250 18.2
CO(3 2) 345,538 0.492 2.843 26136 15.9
CO(4 3) 461.041 0.989 4.124 36144 14.9
CO(5 4) 576.268 1.486 5.405 42380 13.3
CO(6 5) 691.473 1983 6.685 46288 15.6

COLDz COSMOS CO(1 0) 115.271 1.953 2.723 20189 36.9
CO(2 1) 230.538 4906 6.445 30398 37.8

COLDz GOODS-N CO(1 0) 115.271 2.032 2.847 131042 255
CO(2 1) 230.538 5.064 6.695 193286 25.6

ASPECS LP CO(1 0) 115.271 0.003 0.369 338 59.4
CO(2 1) 230.538 1.006 1.738 8198 36.9
CO(B 2) 345,538 2.008 3.107 14931 35.0
CO(4 3) 461.041 3.011 4.475 18242 35.2

Table 2.1: Comoving Volume Sampled by each CO Transition. The sensitivity drop
0 due to the primary beam is accounted for in the volume calculations.

frequency of the line in GHz, andz is its redshift. The volume of the Universe
that is sampled by a given PHIBSS2 data cube is calculated as a three-dimensional
slab of space de ned by the eld-of-view of the given observation, and frequency
range that is observable by the instrument, for each CO transition we consider in
our counterpart search. These values are summarized in Table 2.1.

We exclude from our CO luminosity functions all central sources since these
were targeted objects and are therefore not the result of our blind search. We
also exclude objects with no optical counterpart identi cation, because we have no
information on their corresponding redshift or CO transition. We note that because
we choose to not include sources for which we identify no counterpart, that care
should be taken when comparing our results to previous blind survey results in

subsequent sections and gures. The constraints we derive should be considered
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lower limits since the catalogs we draw counterparts from may be incomplete.

2.5.3.1 PHIBSS2 CO Luminosity Functions

Figure 2.10 plots the PHIBSS2 CO luminosity function for a range of CO
transitions and median redshifts in gray shaded boxes. Our results are plotted as
a moving average, by displacing each luminosity bin by 0.1 dex and recalculating
the CO luminosity function according to equation 2.9. In each panel, we give the
number of candidate sources used to derive the given CO luminosity function and
their median redshift. We are able to constrain CO(2 1) at lei  0:7 and 12,
CO@B 2)athzi 1.5and 22, CO(4 3J)athzi 1.9,22and 33, CO(5 4) at
lei 34and44,and CO(6 5)athzi  3:7. We compare each of these to existing
theoretical predictions from Popping et al. (2019) Popping et al. (2016), Vallini
et al. (2016), and Lagos et al. (2012) and where possible, to existing observational
constraints. To be able to consistently compare with the work of Walter et al.
(2014) and Decarli et al. (2016, 2019), we calculate our uncertainties on the CO
luminosity function in the same way. Thus the error bars along the y-axis correspond
to Poissonian errors on\;, the number of sources within a luminosity bin, at the
1 level according to Tables 1 and 2 of Gehrels (1986), while the \error bars" along
the x-axis simply re ect the width of the luminosity bin.

We tour observed CO luminosity functions with a Schechter function (Schechter,

1976) in the logarithmic form used by Riechers et al. (2019) and Decarli et al. (2019):

1We convert the molecular hydrogen mass functions to CO luminosity functions assuming an
co =36 M (Kkms !pc?) ! and temperature ratios ofry; =0:76 0:09, 042 0:07 for J =
2, 3 respectively (Daddi et al., 2015).
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