
Observable Constituents:
Gas and Dust



• Atomic gas: prerequisite for molecular gas

• Molecular gas: where stars form in the 
future

• Dust: reprocessing of 50% of all photons

• Both: repository of heavy elements



Spectral Energy Distribution of a Galaxy

...long wavelengths dominated by dust emission and 
spectral lines. 



Spectral Energy Distribution of a Galaxy

...strong function of luminosity/metallicity/mass
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TABLE 2.1— The different phases of the ISM.

MM CNM WNM WIM HIM
n (cm 3) 102 105 4–80 0.1–0.6 0.2 cm 3 10 3–10 2

T (K) 10–50 50–200 5500–8500 8000 105–107
h (pc) 70 140 400 900 1 kpc
fvolume 1% 2–4% 30% 20% 50%
fmass 20% 40% 30% 10% 1%

Note: the quoted numbers for each of the phases are only rough estimates. n
is the particle density in cm 3, T the temperature in K, h the scale height in
pc, fvolume is the volume filling factors, and fmass the mass fraction.

filled with ionized gas. In the case of the Galaxy,
the WIM fills about 20% of the disk volume (typi-
cal electron density: 0.2 cm 3) with a typical scale
height of 600–900 pc. This implies that the WIM
contributes of order 25% to the total atomic hy-
drogen gas column density, making it by far the
most dominant component (in terms of mass) of
the ionized ISM. The associated H emission is
energetically important since, e.g., in the case of
the Galaxy, maintaining the ionization requires
1042 erg s 1. This substantial amount of energy
can barely be supplied by supernovae, but rather
easily by ionizing OB stars; estimates are that be-
tween 10–15% of the Lyman continuum photons
of OB–associationsare required to photoionize the
WIM. However it is not yet clear how the Ly-
man continuum photons can travel the large dis-
tances required to ionize gas at high galactic lati-
tudes and alternative mechanism have been pro-
posed such as decaying neutrinos, mixing lay-
ers at the interface between hot and warm gas
or cooling of hot halo gas (for references see the
discussion in Walterbros & Braun 1994). Some
order–of–magnitude properties of the Warm Ion-
ized Medium are summarized in Table 2.1.

2.1.5 The Hot Ionized Medium (HIM)

The HIM is thought to be produced by super-
nova explosions which blow huge cavities filled
with coronal gas in the ambient medium. Cox
& Smith (1974) not only realized that the energy
input of SNe creates cavities filled with hot gas,
but that the cooling time is relatively long (107 to
109 yr, depending on density and temperature of
the matter within), allowing the creation of a tun-
neling network (the swiss cheese model). Weaver
et al. (1977) discussed amodel in which fast stellar
winds are adiabatically shocked to temperatures
of order 106–107 K. These winds then act like a
piston, driving the expansion of the outer shell of
swept-up ambient material. The basic picture still
stands today, although several refinements have
been proposed, e.g., by Chu et al. (1995) who cal-

culate the expected X–ray emission from suber-
bubbles. It should be mentioned, however, that,
although hot gas has been detected, e.g., by re-
cent X-ray missions, observational evidence for
these theoretical scenarios is still rather scarce (see
e.g., the review by Chu, 1998, on Hot Gas in the
Large Magellanic Cloud). This will be discussed
in much greater detail in Sec. 6.1.2. Again, the
properties of the Hot Ionized Medium are sum-
marized in Table 2.1.

2.2 CNM and WNM – Observational
Considerations.

From the discussion above it is now clear that hy-
drogen can be in a cold and a warm phase (the
Cold Neutral Medium, CNM, and Warm Neutral
Medium, WNM). But which phase do we actu-
ally look at when we observe H I line emission at
21 cm?

2.2.1 Just a Little Bit of 21 cm Line Emission
and Radiative Transfer

To investigate this question, the basics of the 21 cm
line emission and some radiative transfer (again
heavily biased towards 21 cm emission) need to
be briefly refreshed at this point (for excellent re-
views see also Kulkarni & Heiles 1988, Walterbros
& Braun 1994).

Excitation of H I
If hydrogen is neutral in the the interstellar
medium, it is bound to be in the electronic ground
state (n=1) because the temperature of the sur-
rounding gas is too low to excite the electrons to
higher levels. If excitation of electrons does take
place, e.g., by collisionwith cosmic rays or absorb-
tion of photons, spontaneous downward decay is
extremely fast – e.g., an excited H I atom spends
only about 10 8 s in the n=2 level before falling
back to the ground (n=1) level. This ground state
exhibits a hyperfine splitting into two energy lev-
els. The upper level corresponds to parallel spins

There are 5 different phases of the ISM
Hot ionized medium (e.g. X-rays)
Warm ionized medium (e.g. H-alpha)
Warm neutral medium (e.g. HI)
Cold neutral medium (e.g. HI)
Molecular medium (e.g. CO)

...stars only form out of the molecular medium



Complex interaction between different phases

HIM

WIM

WNM

CNM

MM



WNM

HIM

WNM

CNM

MC

OVI
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is the particle density in cm 3, T the temperature in K, h the scale height in
pc, fvolume is the volume filling factors, and fmass the mass fraction.
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but that the cooling time is relatively long (107 to
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cent X-ray missions, observational evidence for
these theoretical scenarios is still rather scarce (see
e.g., the review by Chu, 1998, on Hot Gas in the
Large Magellanic Cloud). This will be discussed
in much greater detail in Sec. 6.1.2. Again, the
properties of the Hot Ionized Medium are sum-
marized in Table 2.1.

2.2 CNM and WNM – Observational
Considerations.

From the discussion above it is now clear that hy-
drogen can be in a cold and a warm phase (the
Cold Neutral Medium, CNM, and Warm Neutral
Medium, WNM). But which phase do we actu-
ally look at when we observe H I line emission at
21 cm?

2.2.1 Just a Little Bit of 21 cm Line Emission
and Radiative Transfer

To investigate this question, the basics of the 21 cm
line emission and some radiative transfer (again
heavily biased towards 21 cm emission) need to
be briefly refreshed at this point (for excellent re-
views see also Kulkarni & Heiles 1988, Walterbros
& Braun 1994).

Excitation of H I
If hydrogen is neutral in the the interstellar
medium, it is bound to be in the electronic ground
state (n=1) because the temperature of the sur-
rounding gas is too low to excite the electrons to
higher levels. If excitation of electrons does take
place, e.g., by collisionwith cosmic rays or absorb-
tion of photons, spontaneous downward decay is
extremely fast – e.g., an excited H I atom spends
only about 10 8 s in the n=2 level before falling
back to the ground (n=1) level. This ground state
exhibits a hyperfine splitting into two energy lev-
els. The upper level corresponds to parallel spins

There are 5 different phases of the ISM
Hot ionized medium
Warm ionized medium
Warm neutral medium
Cold neutral medium
Molecular medium



106 K gas -- X-ray emission

HIM difficult to detect in 
other galaxies given current 
facilities. 

Contaminants: X-ray binaries
(need spatial resolution, e.g. 
Chandra vs. XMM)

Hot Ionized Medium visible in X-rays

ChandraXMM

...and OVI, CIV absorption (UV lines) 



Example for X-ray data: dwarf starburst NGC3077

Ott et al. 2004

hot X-ray gas can be fitted 
with different models
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Large Magellanic Cloud). This will be discussed
in much greater detail in Sec. 6.1.2. Again, the
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2.2 CNM and WNM – Observational
Considerations.

From the discussion above it is now clear that hy-
drogen can be in a cold and a warm phase (the
Cold Neutral Medium, CNM, and Warm Neutral
Medium, WNM). But which phase do we actu-
ally look at when we observe H I line emission at
21 cm?

2.2.1 Just a Little Bit of 21 cm Line Emission
and Radiative Transfer

To investigate this question, the basics of the 21 cm
line emission and some radiative transfer (again
heavily biased towards 21 cm emission) need to
be briefly refreshed at this point (for excellent re-
views see also Kulkarni & Heiles 1988, Walterbros
& Braun 1994).

Excitation of H I
If hydrogen is neutral in the the interstellar
medium, it is bound to be in the electronic ground
state (n=1) because the temperature of the sur-
rounding gas is too low to excite the electrons to
higher levels. If excitation of electrons does take
place, e.g., by collisionwith cosmic rays or absorb-
tion of photons, spontaneous downward decay is
extremely fast – e.g., an excited H I atom spends
only about 10 8 s in the n=2 level before falling
back to the ground (n=1) level. This ground state
exhibits a hyperfine splitting into two energy lev-
els. The upper level corresponds to parallel spins

There are 5 different phases of the ISM
Hot ionized medium
Warm ionized medium
Warm neutral medium
Cold neutral medium
Molecular medium



Warm Ionized Medium

- mainly traced by Hα
- most likely source: photoionization from OB stars 
- scale height: 1kpc
- minimum energy rate: 3x105 kpc-2 s-1 (equiv. of 1 O4 star kpc-2)
- total energy requirement: 3x108 Lsun

All-sky composite of Milky Way

H spectrum
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bubbles. It should be mentioned, however, that,
although hot gas has been detected, e.g., by re-
cent X-ray missions, observational evidence for
these theoretical scenarios is still rather scarce (see
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Large Magellanic Cloud). This will be discussed
in much greater detail in Sec. 6.1.2. Again, the
properties of the Hot Ionized Medium are sum-
marized in Table 2.1.
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From the discussion above it is now clear that hy-
drogen can be in a cold and a warm phase (the
Cold Neutral Medium, CNM, and Warm Neutral
Medium, WNM). But which phase do we actu-
ally look at when we observe H I line emission at
21 cm?

2.2.1 Just a Little Bit of 21 cm Line Emission
and Radiative Transfer

To investigate this question, the basics of the 21 cm
line emission and some radiative transfer (again
heavily biased towards 21 cm emission) need to
be briefly refreshed at this point (for excellent re-
views see also Kulkarni & Heiles 1988, Walterbros
& Braun 1994).

Excitation of H I
If hydrogen is neutral in the the interstellar
medium, it is bound to be in the electronic ground
state (n=1) because the temperature of the sur-
rounding gas is too low to excite the electrons to
higher levels. If excitation of electrons does take
place, e.g., by collisionwith cosmic rays or absorb-
tion of photons, spontaneous downward decay is
extremely fast – e.g., an excited H I atom spends
only about 10 8 s in the n=2 level before falling
back to the ground (n=1) level. This ground state
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els. The upper level corresponds to parallel spins

There are 5 different phases of the ISM
Hot ionized medium
Warm ionized medium
Warm neutral medium
Cold neutral medium
Molecular medium
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FIGURE 2.1— Heating rates (dashed): Photoelectric heat-
ing from small grains and PAHs (PE, see text); X–rays (XR),
Cosmic Rays (CR), photo ionization of C (C I). Cooling rates
(solid): C II and O I fine–structures; recombination onto small
grains and PAHs (Rec); Ly plus metastable transitions (Ly );
C I fine structure 609 m (C I ) and 370 m (C I ). Taken from
Wolfire et al. (1995).

d(logP) d(logn) 0, however, if a parcel of gas
undergoes a small density decrease and remains
on the equilibrium curve, its pressure increases
relative to the surroundings, so that it will tend to
expand and its density will decrease even more.
In other words, this regime is unstable. This
plot has been calculated including the cooling and
heating processes discussed above (Wolfire et al.
1995). As can be seen from this plot, a stable two–
phase medium, corresponding to the Cold Neu-
tral Medium (CNM) and Warm Neutral Medium
(WNM) can be maintained in pressure equilib-
rium for the following density ranges (as indi-
cated by the arrows and the thick lines in Fig. 2.2):

CNM: n=[4.2, 80] cm 3

WNM: n=[0.10, 0.59] cm 3

The electron fraction ne n is plotted in Fig. 2.3.
Hence, the two stable phases of the ISM corre-
spond to electron fractions of:

CNM: ne n [1 3 10 3 3 2 10 4]
WNM: ne n [4 6 10 2 1 3 10 2]

The run of the temperature T with density is
presented in Fig. 2.4. In combination with Fig. 2.2
it nicely illustrates the presence of the two rather
separated temperature regimes in which the neu-
tral medium can find itself in (cold and warm).
The two stables regimes are again indicated by the
thick lines and the arrows. The thermal instability
is a consequence of the density and temperature
dependence of the various cooling processes. In
other words, the two stable regimes correspond
to temperatures of:

CNM: T=[210, 41] K

-3log n (cm  )

FIGURE 2.2— Thermal pressure P k vs. hydrogen density
log(n) (cm 3) for the standard model from Wolfire et al.
(1995). Thermal stability for pressure equality occurs for
d(log P) d(log n) 0. The absorbing column density of N
1019 cm 2. Note that a stable two–phase medium, correspond-
ing to the CNMandWNMcan bemaintained in pressure equi-
librium for two ranges (as indicated by the thick lines and the
arrows).

log n (cm  )-3

FIGURE 2.3— Electron fraction ne n as a function of hydro-
gen density n for the pressure curve in Fig. 2.2 (adopted from
Wolfire et al. 1995). The arrows (and the thick lines) again in-
dicated the two stable phases of the ISM.

WNM: T=[8700, 5500] K
At an equilibrium pressure of, say, P k

3000K cm 3 the standard case therefore gives:
a WNM with T 7300K, n 0 37 cm 3,

ne n 0 02, and
a CNM with T 45K, n 61 cm 3, ne n

3 3 10 4

It is this ‘pressure equality’ which is the corner-
stone of all models of the ISM. It states that the
pressure in each phase is equal to the mean in-
terstellar pressure. This assumption has its phys-
ical justification in the fact that the time to equal-
ize any pressure imbalance (i.e., the sound cross-
ing time) in the ISM is small compared to other
time scales that affect the ISM (like the mean
time between SN shocks, the recombination time
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dashed lines: heating rates
  PE: photoelectric heating from 
grains and PAHs
  CR: cosmic ray heating
  XR: soft X-ray heating
  CI: heating by photoionization of CI

full lines: colling rates
   fine structure lines
   electron recombination lines
   resonance and metastable lines 
(e.g. Ly alpha)

N=1019 cm-2

pressure vs. density:
- only regions with d(log P)/d(log 
n) are stable
- assuming pressure equilibrium: 
2 stable phases.

CNM: n=[4.2 80] cm-3

WNM: n=[0.1, 0.59] cm-3

heating/cooling:

Wolfire et al. 1996

resulting pressure:
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ne n 0 02, and
a CNM with T 45K, n 61 cm 3, ne n

3 3 10 4
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stone of all models of the ISM. It states that the
pressure in each phase is equal to the mean in-
terstellar pressure. This assumption has its phys-
ical justification in the fact that the time to equal-
ize any pressure imbalance (i.e., the sound cross-
ing time) in the ISM is small compared to other
time scales that affect the ISM (like the mean
time between SN shocks, the recombination time
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FIGURE 2.4— Gas temperature T as a function of a func-
tion of hydrogen density n for the pressure panel in Fig. 2.2
(adopted from Wolfire et al. 1995). The arrows (and the thick
lines) again indicated the two stable phases of the ISM.

scale or the the cooling time-scale, Kulkarni &
Heiles 1988). As also pointed out by Kulkarni &
Heiles, almost everyone assumes that the inter-
stellar pressure is simply the standard gas kinetic
pressure, P=nkT. However, Spitzer (1978, p. 234)
shows that the pressure due to magnetic fields
(B2/(8 )) and to cosmic rays are comparable to
nkT (for a more thorough discussion of the var-
ious pressure components in our Galaxy see the
work by Kalberla & Kerp 1998). Unfortunately,
a full theoretical description for the interaction of
these pressure components is still lacking.
Figure 2.1 shows the separate heating and cool-

ing processes as discussed in Sec. 2.1.1 for the
curve shown in Fig. 2.2. The dashed lines repre-
sent the heating, the full lines the cooling mecha-
nisms. Note that C II is the dominant coolant for
high densities.

Non–standard models

It is clear that the calculations which lead to the
phase diagrams presented above are dependent
on many parameters such as H I column density,
gas phase abundances, metallicity, dust–to–gas
ratio, FUV field, and X–ray radiation field to name
but a few. The interested reader is referred to the
paper by Wolfire et al. (1995) who performed a
detailed analysis of changes of either of these pa-
rameters and present phase diagrams for various
non–standard models.
In brief, increasing H I colunm densities implies

an increased attenuation of the soft X–ray emis-
sion, hence a lowering of the electron fraction.
This increases the positive grain charge and de-
creases the grain photometric heating. For N
3 1019 cm 3 the effect of the X–rays is to increase

the range of pressures where the two phases are
possible. Decreasing the gas–abundance of the
coolants C and O raises the equilibrium gas tem-
peratures and therefore raises the pressureswhere
the two phases can co–exist. Decreasing the dust
abundance reduces the grain photoelectric heat-
ing and lowers the equilibrium gas temperatures
and pressures. Simultaneously decreasing the
gas phase abundances of the coolants and the
grain abundance by the same factor (e.g., in low–
metallicity regions or low–metallicity objects such
as dwarf galaxies) results in a gradual increase
of the pressure necessary for two–phase equilib-
rium, as X–ray heating becomes dominant while
cooling decreases. The pressures necessary for
two–phase equilibria rise as the FUV, X–ray and
cosmic–ray fluxes increase due to enhanced heat-
ing of the gas.

2.1.3 The Molecular Medium (MM)

TheMolecular Medium (MM) is very clumpy and
is characterized by cold dense molecular clouds.
According to our current understanding of the
star formation process, neutral gas needs to get
dense enough, become self gravitating, and turn
largely from the atomic to a denser molecular
phase before star formation can proceed. Molecu-
lar Clouds are therefore believed to be the birth-
places for new stars (see, e.g., the discussion in
Secs. 2.5.1 and 6.3). Because molecular hydrogen
(H2), the main constituent of a molecular cloud, is
difficult to detect at the temperatures and densi-
ties governing in molecular clouds, emission from
carbon monoxide (CO) is commonly used as a
tracer. Note that the Molecular Medium is the
only phase of the ISMwhich is not in pressure bal-
ance with the other phases but is gravitationally
bound (the properties of the MM are summarized
in Tab. 2.1).

2.1.4 The Warm Ionized Medium (WIM)

During the last decade, a revolution has taken
place in our knowledge of the Warm Ionized
Medium (WIM) which is sometimes also referred
to as Diffuse Ionized Gas (DIG). Progress in re-
search of this phase can be attributed to the ad-
vent of CCD detectors whose high quantum effi-
ciencies have for the first time enabled accurate
measurements of faint extended emission in H
(and other emission lines). Before that, the ionized
phase was believed to be only associated with
H II regions. It has now become realized, how-
ever, that there is also a widely spread compo-
nent and that a considerable fraction of the ISM is

electron fraction vs. density:

CNM: n=[1.3 10-3, 3.2 10-4] 
WNM: n=[4.6 10-2, 1.3 10-2] 

temperature vs. density:

CNM: n=[41 210] K
WNM: n=[5500 8700] K

these are the two phases of 
the ISM

Wolfire et al. 1996

resulting density:

...and temperature



Most important tracer for warm/cold neutral medium: 
HI 21cm line

F=1

F=0

...but there is a lot of hydrogen out there!



energy distribution, asuming Boltzmann:

HI atom: g1=1 and g0=3 (statistical weights given degeneracy of levels)

hv/k = 0.07 K, i.e. hv/k << T

A10: spontaneous emission, B10, B01: absorption and stimulated emission (Einstein coefficients)

emission and absorption coefficient of any 2-level system:

recall that:

 so that:

note:   both coefficients are f(nH) --- jv not f(Tex), but kv is (recall T for CNM and  WNM)

natural line width is 10-16 km s-1, CNM (100K): 0.9 kms-1, WNM (8000K): 8.3 kms-1
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of the proton and electronwhereas the lower level
corresponds to anti–parallel spins. Radiative de-
cay between these two levels is a (‘forbidden’)
magnetic dipole transition with a rather low tran-
sition probability. On average, it takes about 11
Million years before the spin–flip from parallel to
anti–parallel occurs.
It is usually acknowledged that collisions be-

tween H I atoms determine the level populations
of these two spin states. However, this is not re-
ally true for both neutral phases of the ISM. In the
case of the denser Cold Neutral Medium (CNM)
collisions are indeed responsible for exciting the
upper, parallel–spin state. However, in the case
of the Warm Neutral Medium, the H I is relatively
far out of collisional equilibrium! This is gener-
ally not realized and is discussed in more detail in
Kulkarni & Heiles (1988).
The energy levels of the two spin–states are

populated according to the standard Boltzmann
law, assuming a Maxwellian velocity distribution
and a population of the levels by collisions:

n1
n0

g1
g0
e h kTex (2.1)

where, for an H I atom, g1 1 and g0 3 (the sta-
tistical weights of the levels, given by the degen-
eracy of the levels) and h k is only 0.07K. Tex in
the above equation is called the excitation temper-
ature and is a measure for the particles in the ex-
cited state (n1). In the case of H I, this temperature
is also referred to as the spin temperature (Tspin).
Note that in the case of collisional equilibrium,
this temperature is also equal to the kinetic tem-
perature Tkin of the gas which describes the move-
ment of theH I atoms. This is rather obvious in the
case of the CNM, in the case of theWNM (which is
presumably not in collisional equilibrium) the ex-
citation (spin) temperature is driven towards the
kinetic temperature by scattering of Lyman pho-
tons which are due to cosmic ray ionization (this
‘conspiracy’ is discussed much greater detail in
Kulkarni & Heiles 1988).
Since h k T for any physically plausible

temperature, eqn. 2.1 can be simplified to: n1
3 n0 (1 h

kTex ) 3; or, in other words: n1
3
4nH, where nH is the total H I density.
The emission and absorption coefficient of any

2–level system is given by:

j
h
4 A10n1 ( ) (2.2)

h
c
[n1B10 n0B01] ( ) (2.3)

where A10 is the Einstein coefficient related to
the probability for spontaneous emission, and the
B10, B01 coefficients represent the absorption and
stimulated emission of a 21 cm photon by an H I
atom. Note that, somewhat confusing, the stim-
ulated emission appears in the absorption coef-
ficient. However, its negative sign accounts for
the fact that the net absorption is somewhat less
than expected by the absorption process only. In
otherwords, the absorption is corrected for the in-
duced emission. In general, the line profile shape
( ) should be treated as two different profiles,

one for the absorbed and one for the emitted ra-
diation. However, it is usually permissible to set
( abs ) ( emm ) ( ).
The following relations hold for the Einstein co-

efficient:

g0B01 g2B10 (2.4)

A10
8 h 3

o
c3

B01 (2.5)

(see, e.g., Rohlfs & Wilson 1996).
In the case of 21 cm line emission, the absorbing

and emission coefficient (substituting the approx-
imated expression for n1) are approximately given
by:

j
h
4
3nH
4 A10 ( ) (2.6)

(h )2
c

nHB01
4kTex

( ) (2.7)

The last 2 equations contain very valuable infor-
mation. First of all, the H I emission spectrum
seems to provide only little information on the
temperature of the gas (this is however not nec-
cessairily true, see the next section). The absorp-
tion coefficient, however, goes as T 1

ex , hence pro-
viding some temperature information. Evenmore
importantly, the T 1

ex depence yields that only the
cold neutral medium (at temperatures of 100K)
and not the warm neutral medium (at tempera-
tures of, say, 7000K) can be seen in absorption.

2.2.2 Radiative Transfer
The change in intensity of a light ray traveling
through a medium is described by the basic equa-
tion of radiative transfer:

dI (s) (s)I (s)ds j (s)ds (2.8)

where I is the specific intensity at frequency , s
is the distance from the observer along the line of
sight, and and j are the absorption and emis-
sion coefficients, respectively. Note that the emis-
sion within a cloud along ds is only dependent
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Spectra taken towards same direction within our galaxy
This first suggested that the neutral ISM consists of 2 phases
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FIGURE 2.5— The H I emission (bottom) and absorption
(top) spectra towards 1714–397. The different features seen in
emission and absorption are discussed in the text. Taken from
Dickey et al. (1983), see also Kulkarni & Heiles (1988).

a z–scale height which is about twice as large as
the narrow component. From the line–widths of
the profiles, an upper limit for the kinetic temper-
ature for the warm component of the Galaxy was
derived to be T=9600K (Mebold 1972). Research
over the last decades has shown that, roughly
speaking, about half of all H I is in the WarmNeu-
tral Medium. It has a low volume density and
fills a substantial fraction of the interstellar vol-
ume (see also Tab. 2.1).
Studies of the cold neutral medium rely on ab-

sorption studies against strong continuum back-
ground sources. As we have seen above, the ab-
sorption coefficient of H I is T 1, hence facilitat-
ing absorption of the cold component. Since ab-
sorptionmeasurements are alwaysmeasurements
against point sources it is again non–trivial to
compare these measurements with emission mea-
surements of the same region (which always av-
erage information over the size of the beam). This
is nicely illustrated in Fig. 2.5 which shows an
H I emission and absorption spectrum towards
1714–397 (Dickey et al. 1983). Now, what can
we learn from such a comparison? First of all,
the absorption lines are much narrower indicating
much lower velocity dispersion and hence tem-
peratures (around 100K). Themultiple absorption
features suggest the presence of many cold H I
clumps at different systemic velocities. It should
be noted that these absorption features are (unlike
the WNM) not seen along every absorption spec-
trum in the Galaxy – this already indicates that the
strongly absorbing clouds have a much smaller
filling factor than theWNM (see Tab. 2.1). This ob-
servational fact led to the ‘raisin–pudding’ model
of the ISM by Clark (1965). In this model, clouds

are discrete concentrations of cold H I confined by
a much warmer, pervasive intercloudmediumH I
(which was later on recognised as the warm com-
ponent). Coming back to Fig. 2.5, it is clear that
the emission and absorption spectra can not be
compared directly (e.g., we would expect emis-
sion where we have absorption peaks). There are
two things one needs to keep inmind: 1) the emis-
sion spectrum is obtained over a larger area on
the sky (the beamsize). This means that, in addi-
tion to the cold clouds seen in absorption against
the background source, there are probably more
cold clouds present in the beamsize with differ-
ent velocities. This effect broadens the line seen in
emission. 2) On the other hand, the warm, high–
velocity–dispersion component can not be seen in
absorption (again because of the T 1

ex dependence
of the absorption coefficient, eqn. 2.7), but con-
tributes to the spectra seen in emission. The rel-
ative contribution of the broad line of the WNM
in fact gets larger for larger beam–sizes. From this
short discussion it is clear that it is very difficult,
if not impossible to easily decompose an emission
spectrum in the contributions of thewarm and the
cold component.

2.3 H I Observations of the Violent
ISM of nearby Galaxies

After having settled the theoretical background,
let’s now turn to the actual observations of the
interstellar medium of nearby galaxies. Research
over the last decades has shown that, in addition
to the large–scale spiral structure of the Galaxy,
smaller features in its neutral ISM such as shells,
rings, holes, loops, bubbles, filaments, superbub-
bles, supershells, supergiant shells, arcs, or cavi-
ties are present which have been referred to as the
‘cosmic bubble bath’ (Brand & Zealey 1975), the
‘swiss cheese’ or the ‘violent interstellar medium’
(Tenorio–Tagle & Bodenheimer 1988). All these
structures have one thing in common: they show
a deficiency of interstellar matter in their interiors
and are surrpunded by regions of higher density
that may be neutral or ionized. This border can be
circular in appearance, but often the circular im-
pression is provided only by a partial arc. Since
most of these structures are found to be expand-
ing, it is believed that they result from strong, lo-
calized depositions of energy into the ISM.
Such superstructures have been observed in our

galaxy, in the Magellanic Clouds, and in several
nearby spirals and dwarf irregular galaxies. H I
observations of individual galaxies will be dis-
cussed in more detail below. Optical, radio, X–

HI emission vs. absorption
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TABLE 2.1— The different phases of the ISM.

MM CNM WNM WIM HIM
n (cm 3) 102 105 4–80 0.1–0.6 0.2 cm 3 10 3–10 2

T (K) 10–50 50–200 5500–8500 8000 105–107
h (pc) 70 140 400 900 1 kpc
fvolume 1% 2–4% 30% 20% 50%
fmass 20% 40% 30% 10% 1%

Note: the quoted numbers for each of the phases are only rough estimates. n
is the particle density in cm 3, T the temperature in K, h the scale height in
pc, fvolume is the volume filling factors, and fmass the mass fraction.

filled with ionized gas. In the case of the Galaxy,
the WIM fills about 20% of the disk volume (typi-
cal electron density: 0.2 cm 3) with a typical scale
height of 600–900 pc. This implies that the WIM
contributes of order 25% to the total atomic hy-
drogen gas column density, making it by far the
most dominant component (in terms of mass) of
the ionized ISM. The associated H emission is
energetically important since, e.g., in the case of
the Galaxy, maintaining the ionization requires
1042 erg s 1. This substantial amount of energy
can barely be supplied by supernovae, but rather
easily by ionizing OB stars; estimates are that be-
tween 10–15% of the Lyman continuum photons
of OB–associationsare required to photoionize the
WIM. However it is not yet clear how the Ly-
man continuum photons can travel the large dis-
tances required to ionize gas at high galactic lati-
tudes and alternative mechanism have been pro-
posed such as decaying neutrinos, mixing lay-
ers at the interface between hot and warm gas
or cooling of hot halo gas (for references see the
discussion in Walterbros & Braun 1994). Some
order–of–magnitude properties of the Warm Ion-
ized Medium are summarized in Table 2.1.

2.1.5 The Hot Ionized Medium (HIM)

The HIM is thought to be produced by super-
nova explosions which blow huge cavities filled
with coronal gas in the ambient medium. Cox
& Smith (1974) not only realized that the energy
input of SNe creates cavities filled with hot gas,
but that the cooling time is relatively long (107 to
109 yr, depending on density and temperature of
the matter within), allowing the creation of a tun-
neling network (the swiss cheese model). Weaver
et al. (1977) discussed amodel in which fast stellar
winds are adiabatically shocked to temperatures
of order 106–107 K. These winds then act like a
piston, driving the expansion of the outer shell of
swept-up ambient material. The basic picture still
stands today, although several refinements have
been proposed, e.g., by Chu et al. (1995) who cal-

culate the expected X–ray emission from suber-
bubbles. It should be mentioned, however, that,
although hot gas has been detected, e.g., by re-
cent X-ray missions, observational evidence for
these theoretical scenarios is still rather scarce (see
e.g., the review by Chu, 1998, on Hot Gas in the
Large Magellanic Cloud). This will be discussed
in much greater detail in Sec. 6.1.2. Again, the
properties of the Hot Ionized Medium are sum-
marized in Table 2.1.

2.2 CNM and WNM – Observational
Considerations.

From the discussion above it is now clear that hy-
drogen can be in a cold and a warm phase (the
Cold Neutral Medium, CNM, and Warm Neutral
Medium, WNM). But which phase do we actu-
ally look at when we observe H I line emission at
21 cm?

2.2.1 Just a Little Bit of 21 cm Line Emission
and Radiative Transfer

To investigate this question, the basics of the 21 cm
line emission and some radiative transfer (again
heavily biased towards 21 cm emission) need to
be briefly refreshed at this point (for excellent re-
views see also Kulkarni & Heiles 1988, Walterbros
& Braun 1994).

Excitation of H I
If hydrogen is neutral in the the interstellar
medium, it is bound to be in the electronic ground
state (n=1) because the temperature of the sur-
rounding gas is too low to excite the electrons to
higher levels. If excitation of electrons does take
place, e.g., by collisionwith cosmic rays or absorb-
tion of photons, spontaneous downward decay is
extremely fast – e.g., an excited H I atom spends
only about 10 8 s in the n=2 level before falling
back to the ground (n=1) level. This ground state
exhibits a hyperfine splitting into two energy lev-
els. The upper level corresponds to parallel spins

There are 5 different phases of the ISM
Hot ionized medium
Warm ionized medium
Warm neutral medium
Cold neutral medium
Molecular medium



A molecular can make a transition from one state to 
another described by an electronic, vibrational or 
rotational quantum number

At radio/submillimeter wavelengths: rotational 
transitions

Allowed transition depends on selection rules

Ideally want to measure H2 in cold phase but no 
accessible transitions

CO is most abundant molecule after H2. To first order 
reasonable tracer of H2.

example: CO



Molecular Lines

1.3 mm spectrum of 
SgrB2(N) near the 
Galactic Center 

(note: numerous 
unidentified features)

Zyuris et al. 2006

ALMA: ‘involuntary line surveys

IRAM 30m 2mm line scan

Martin et al. 2006



Molecular Gas Tracers

critical density of CO: few 100 cm-3

but star formation only sets in at >1000 cm-3

need dense gas tracers: HCN, HCO+, ... (typically <10 fainter than CO)

V band           Hα Paα

Contours: CO(2-1)

example: spiral arm in M51 -- Schinnerer et al. 2010

12CO(1-0) 12CO(2-1) 13CO(1-0)

C18O(1-0) HCN(1-0) HCO+(1-0)



Characterizing molecular gas 
conditions: CO SEDs

study temperature and density of the gas by observing multiple 
transitions, so called CO line SEDs

difficult from the ground at z~0 -- easier done at high z(!)

Large Velocity Gradient (LVG) modelling:

• turnover: measure of the CO excitation
• shape is temperature/density dependent
• shape: search for extended CO

f(T) f(ρ)

LVG input: n(H2),   Tkin,   [CO]/[H2]/dv/dr (fixed to 810-5 pc (km/s)-1) 

Multiple components

20 K
40 K

140 K

3.0

3.4

4.2



Cloverleaf F10214 MG 0751

PSS 1409 PSS 2322 APM 0827

SMM 14011 SMM 16359

(Weiss, Walter, Downes, Henkel)

observe individual targets in many CO lines to get CO excitation.

only the brightest sources can be studied at high redshift.



single gas component  

QSO turnover: J>6-5

SMM turnover: J~5-4

compact (<1.5kpc)

no indication for extended comp.

Weiss et al. 2007

gas typically much more excited than in Milky Way disk 
(but see BzK galaxies)

full lines: high redshift

dashed lines: low redshift





X-Factor

• problem: want H2 mass but can only observe CO 

• M(H2)=αCO L(CO), (αCO used for masses, XCO for column 
densities)

• approaches:

• virial masses: assume resolved cloud is bound

• dust: infer H2 from dust mass assuming dust/gas ratio

• Gamma-ray (measure for H2 column)

• dynamical arguments (M(H2) not to exceed Mdyn)

• there is general consensus that XCO~2 1020 cm-2 (K kms-1) 
for normal galactic environments



Atomic Fine Structure Lines
...splitting of spectral lines due to relativistic corrections

cooling power



Maiolino ea. 2005

Walter, ea. 2009

[CII] (ionized carbon): major cooling line of the ISM

J1148+5251  (z=6.42)

 L[CII] = 4x109 Lo  (L[NII] < 0.1L[CII] )

 SFR ~ 6.5e-6 L[CII] ~ 3000 Mo/yr

ISO

Contursi ea. 2002

 ISO obs.:   [CII] carries high fraction of LFIR, 

 much brighter than CO (z~0)



[CII] - FIR relation 

Maiolino+09, Bertoldi+??

z>4

may be easier to detect 
fainter, low metallicity
sources?

[CII] Herschel-PACS image
of NGC 4214 (Z~0.3Zsun)

[CII]/FIR ~ 0.01
[CII]/CO ~ 50000 !

CO on [CII]



Gracia-Carpio et SHINING 2011

[CII] [OI]145 [NII]122 [OIII]88 [OI]63

[NIII] [OIII]52 [NeIII] [SiII] [SIII]

Herschel will provide key measurements of FS lines in 
local universe

high-redshift: ALMA



Dust



Dust Facts

Dust mass insignificant (~1% of total HI gas mass)

Dust is formed from stellar ejecta and/or formation in ISM

Dust grains come in different sizes

Dust grains are mainly: silicates (Mg/Fe-rich) or graphites (C)

Grains provide surface for complex astrochemistry (and H2 formation)

Dust is the main heating mechanism of the ISM (through photo-electric effect)

Photoeffect (Hertz 1887):  photon liberates e- from solid (e.g. dust).  

This process is the main heating source of the molecular gas in galaxies!
Mostly working on PAHs and small dust grains.
FUV photons with hν>6eV heat the gas via photoelectrons, with typical 
efficiency of 0.1-1% 



Extinction Curves

RV=AV/(AB-AV) -- measure 
of slope of extinction curve

RV=3.1: standard diffuse ISM 
value

RV increases (ie extinction 
becomes "grayer") in denser 
ISM material, probably from 
coagulation of grains.

2175A feature likely 
mixture of graphite grains 
and PAHs

This effect is also called ‘reddening’: blue emission 
more extinct than red, resulting in redder color

FUVIR optical

2175A bump



Extinction Curves

SMC extinction curve is significantly different -- 
metallicity effect?



Heating of dust grains of various sizes 

“A day in the life of 
dust grains” (Draine 
2003) of different 
sizes. τabs is mean 
time between 
photon absorption 



Temperature probability distribution 
of  selected grains heated by 
starlight.

Large grains: low temperatures and 
more narrow distribution

sum of all these curves will 
determine shape of the FIR SED

Draine 2003

Temperature dependence on grain sizes



PAH’s: Polycyclic Aromatic Hydrocarbons

...are responsible for ~50% of the heating of 
the molecular gas (through photo-effect)



PAH Examples





PAH emission: example: NGC 7331



Smith et. al. 2004

PAH emission: example: NGC 7331



PAHs at high redshift

• Up to 30% IR luminosity in PAH features alone.

• Strongest PAH features in Spitzer’s 24μm band at z=0.5-3.

• will affect: photo-z’s and star formation rates

stacked PAH spectrum of 9 
z~2.5 SMGs (QSOs are also 
detected at similar redshift)

Valiante et al. 2008



The end

HI - fundamental diagnotic line
there is a multi-phase ISM
molecules: more difficult, use CO
atomic fine structure lines, in particular [CII]
dust key for reprocessing UV photons and heating
importance of PAH’s 


