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ABSTRACT

We estimate the fluxes of neutrinos, gamma rays, antiprotons, neutrons, and antineutrons that result from
collisions of high-energy Galactic cosmic rays with the solar atmosphere. The results are sensitive to assump-
tions about cosmic-ray transport in the magnetic fields of the inner solar system. The high-energy photon flux
should be observable by the Gamma Ray Observatory. The neutrino flux should produce less than one event
per year in the next generation of neutrino telescopes. The antiproton flux is unobservable against the Galac-
tic background. The neutron and antineutron fluxes are detectable only if neutrons produced in terrestrial

cosmic-ray events may be discriminated against.

Subject headings: cosmic rays: general — gamma rays: general — neutrinos — Sun: activity

1. INTRODUCTION

The interactions of high-energy cosmic-ray nuclei with
matter have been studied in a variety of settings. In our own
atmosphere, these interactions produce cascades which
include, or in turn produce, detectable fluxes of electrons, posi-
trons, muons, gamma rays, Cerenkov light, neutrons and other
nuclear fragments, and neutrinos. Interactions with interstellar
gas are thought to produce the observed Galactic flux of y-rays
(Mayer-Hasselwander et al. 1982; Fichtel & Kniffen 1984;
Fichtel et al. 1977) with energies above ~500 MeV, anti-
protons (Stephens & Golden 1987), and positrons (Protheroe
1982). In this paper we explore another place where inter-
actions between cosmic-ray nuclei and gas may produce observ-
able signals: the Sun.

At first, the Sun may seem an inappropriate source.
Although nearby, it covers a fairly small fraction of the sky:
(nR%/4nry) = 5.5 x 107°, where Ry = 7.0 x 10'° cm and
re =1 AU = 1.5 x 10*3 cm. Therefore, if the same flux of
cosmic rays impinged on the Sun as on the Earth, the total flux
of byproducts from the Sun would be much suppressed.
However, if one can resolve the source, then surface brightness
is the relevant criterion for detection and, neglecting details of
cosmic-ray absorption by the Sun (magnetic fields, composi-
tion and density of the Sun, etc.), one expects comparable
surface brightness for the terrestrial and solar sources. For
neutrinos, which can only be detected at Earth, the signal from
the Sun should therefore be at least equal to the atmospheric
background. The other signals (y-rays, neutrons) must be
observed from space, with a low background due to cosmic-ray
interactions with intergalactic gas. Thus, as long as the Sun can
be resolved, the flux of byproducts from solar cascades should
not be background limited.

Unfortunately, a number of messy details have been passed
over which cannot be ignored. First, one may expect the flux of
cosmic rays absorbed by the Sun to be reduced from that
incident upon the Earth due to the magnetic fields in the inner
solar system. The interplanetary magnetic field (IMF), coronal
fields, and photospheric fields may all play a role in generating
“heliomagnetic ” effects.

Second, geometric effects, such as shadowing, must be con-
sidered. If one were to look back at Earth for similar signals,
then only the skin of Farth’s atmosphere would have the
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appropriate thickness to generate high-energy photons
without reabsorbing them. The high-energy cascade products
would then be suppressed from the naive value by an amount
of order hg/Rg ~ 1073, where hg is the scale height of Earth’s
atmosphere, and Rg, is Earth’s radius. Although we will argue
otherwise, one might worry that a similar suppression occurs
for the Sun.

Third, to calculate fluxes from the Sun, one must take into
account the details of the solar atmosphere. For example,
typical cascades will take place in a less dense environment
than for Earth, and that increases the yields of some by-
products.

Despite these uncertainties, it is possible to make some quick
estimates of the fluxes of by-products. The total cosmic-ray
flux of nucleons above 1 GeV is I (E > 1 GeV)~1cm~ 25!
st~ 1. Absorbing this primary flux on the solar disk and reemit-
ting the byproducts isotropically would generate a secondary
flux of ~107* cm~2 s~ 1. Including a factor of, say, 103 sup-
pression due to heliomagnetic effects, absorption of byproducts
by the Sun, etc., would give a flux of order 1077 cm~2 s~ ! of
high-energy cascade products. Such a flux of photons should
be detectable by the EGRET instrument of the Gamma Ray
Observatory (GRO) (Kanbach et al. 1989). For neutrinos, a
similar argument includes just higher energy cosmic rays (say
above 100 GeV) and the suppressions compared to Earth
should not be so severe. Taking 10~ 8 cm ™2 s~ ! as an estimate
of the integrated flux above 100 GeV gives a signal which just
misses being detectable in currently planned neutrino tele-
scopes (Baldo Ceolin 1990).

The previous paragraph gives us the first motivation for this
work: current technology is improving to the point that
cosmic-ray interactions in the Sun may soon be detectable.
This is certainly true for the case of GeV y-rays, which may be
observed by GRO.

We have argued that an interstellar flux of protons incident
on the solar surface would be observable in y-rays, but that it is
likely that an interstellar flux is inappropriate due to the pres-
ence of magnetic fields in the inner solar system. Therefore, a
second motivation for this work is that observations of cosmic-
ray interactions on the solar surface will give us indirect infor-
mation about the propagation of charged particles in the inner
solar system. In this regard, we note that many aspects of our
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problem are similar to those confronted in trying to under-
stand solar flares (Murphy, Dermer, & Ramaty 1987; Ramaty
et al. 1990).

A third motivation concerns the detectability of dark matter
(Primack, Seckel, & Sadoulet 1988). Current wisdom holds
that ~90% of our galaxy consists of a form of matter which is
still to be identified. A class of particle candidates known as
WIMPs (weakly interacting massive particles) may be cap-
tured by the Sun in significant numbers. Once captured, they
may annihilate with each other, sometimes producing ~GeV
neutrinos in the annihilation products (Silk, Olive, & Srednicki
1985; Gelmini, Gondolo, & Roulet 1991; Kamionkowski
1990). Neutrino data from all the large proton decay experi-
ments has been analyzed to search for this signal; so far these
searches have been negative (Sato et al. 1990; Losecco et al.
1987; Casper 1990; Kuznik 1987). One purpose of the present
work is to evaluate whether cosmic-ray interactions on the
solar surface will eventually constitute an important back-
ground to future searches for dark matter—produced neutrinos.

Finally, a current problem in cosmic-ray physics is that the
antiproton-to-proton ratio in the interstellar cosmic-ray flux is
higher than can be explained by the simplest models (Stephens
& Golden 1987; Gaisser & Schaefer 1991). One may wonder if
that flux may be produced locally. We will argue that the local
flux of solar-produced p’s is at least two orders of magnitude
lower than observations and cannot explain the surplus.

The issues raised above suggest that it is time for a serious
calculation of these processes. As a starting point, in § 2 we
give a phenomenological description of the stellar atmosphere,
stellar magnetic fields, and the interplanetary magnetic fields.
With this input as justification, we develop a model for the
absorption of cosmic rays by the Sun, including effects due to
the interplanetary and solar magnetic fields. The model also
determines where in the Sun interactions take place and, there-
fore, how the local environment will affect shower develop-
ment. In the succeeding sections, we use that model as the basis
for Monte Carlo calculations of the flux of neutrinos, y-rays,
antiprotons, and neutrons from cosmic-ray interactions in the
Sun. For each product, we discuss the experimental issues
associated with the detection of our predicted fluxes. We sum-
marize our conclusions in § 6.

Finally, a note on terminology. We were tempted to use the
term “albedo” to describe the flux of cascade products ema-
nating from the Sun; however, that word carries a connotation
of flux reflected from a surface, which is not appropriate for all
the signals we discuss. Specifically, most of the observable flux
of neutrinos is actually produced on the back side of the Sun
and passes through the Sun on the way to Earth. The flux of
photons and neutrons, however, does come from the terrestrial
side of the Sun, and there the use of “ albedo ” makes sense. We
therefore refer to our signals generically as a flux of high-
energy cascade products, but when discussing the photon and
neutron fluxes we often use the word “albedo.”

2. COSMIC-RAY ABSORPTION BY THE SUN

In order to calculate the fluxes of neutrinos, photons, and
baryons produced by cosmic-ray interactions with the Sun we
must have a model for how these interactions take place. Our
model involves two steps: propagating the cosmic-ray protons
to the interaction region, and determining the local nature of
the interactions and the resultant showers. As input to our
model, we first describe the structure of the solar atmosphere
and the magnetic fields in the inner solar system. We then
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proceed to the questions of propagation and a detailed descrip-
tion of the showers.

2.1. Structure of the Solar Atmosphere and Magnetic Fields in
the Inner Solar System

The structure of the solar atmosphere is complex. Above the
photosphere, there is a temperature minimum in the lower
chromosphere of about 4000 K above which the temperature
rises slowly until there is an abrupt transition to a ~10% K
corona. This transition occurs about 1000 km above the
photosphere depending in detail upon the local conditions.
For our purposes it is sufficient to describe the chromosphere
as an isothermal atmosphere in hydrostatic equilibrium:

p=poe ",

_ _KkTRG
uGn Mg

Po~4x10"7gem™3

~ 115 km , @.1)

where z is the height above the photosphere, h is an average
scale height in the chromosphere, p, is the density at the
photosphere, k is Boltzmann’s constant, Gy is Newton’s con-
stant, M is a solar mass, and x is the mean molecular weight
of the gas. The value of h = 115 km is taken from Figure 7 of
Vernazza, Avrett, & Loeser (1973). The density at the bottom
of the corona is of order 10'° cm 3. For matter in the corona a
simple scale-height description is inappropriate; however, the
density is so low that little absorption of cosmic-ray flux takes
place in the corona, and we do not need a good model of
coronal densities.

Just below the photosphere the atmosphere becomes con-
vective, with adiabatic exponents that vary with the ionization
state of the gas. In Figure 1 we show the density and column
density, x(z) = [* p(z')dz' as a function of depth below the
photosphere (Baker & Temesvary 1966). The column density
includes a contribution, hp, ~4 g cm~2, due to integrating
above the photosphere. Relevant depths will be: x(500
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Fi1G. 1.—Density and column density as a function of depth below the
photosphere, from Baker & Temesvary (1966).
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2, where the incoming cosmic-ray flux has

km)=~ 40 g cm™

suffered one absorption length; x(900 km) ~ 100 g cm ™2,
where pions get absorbed; and x(10,000 km) ~ 10°-10° g
cm ™ 2, where muons with E > 1 TeV will stop.

We must also discuss the model for magnetic fields that we
use. We divide space into three regions: interplanetary space,
the corona, and the regions below the corona. For r > 2R,
the average interplanetary magnetic field (IMF) is given by
Parker (1958) as

a

B,=r—2®,

B,=0, 2.2)
b

B¢=—‘—®,

where ® = +1 in the northern/southern hemisphere. Typical
field strength at Earth is B, ~ 5 x 10~ ° G, with a spiral angle
of order 45°. Interior to Earth’s orbit the field is nearly radial.
In addition to the average field, there are fluctuations in the
field strength that presumably act to scatter charged particles.
We deal with these fluctuations by treating the propagation of
charged particles in the IMF as a diffusion problem.

In the chromosphere and below the photosphere, we will
assume a magnetic field configuration appropriate for a
“quiet” Sun (Priest 1982). The important features of this
model are illustrated in Figure 2. Average field strengths are on
the order of a few gauss, but the fields are not homogenous.
Most of the flux is carried by flux bundles which have field
strengths of ~10® G and horizontal dimensions on the order
of a few hundred kilometers. The bundles are located at the
corners of convective cells and so are separated by thousands
of kilometers. Thus, the bundles occupy a small fraction of the
surface area, with the interbundle regions assumed to be nearly
field free. Above the surface, the bundles are thought to
broaden and diminish, maintaining approximate equilibrium
between gas pressure and magnetic pressure. Above the
chromosphere-corona transition the magnetic pressure domi-
nates, and the magnetic fields form a “canopy” with average
fields strengths of order of a few gauss.

The field strengths in the corona are not well known: “ Since
it is so difficult to measure coronal magnetic fields, solar astron-
omers have resorted to calculating them,” (Zirker 1981). We will
assume that the field strengths in the upper corona diminish to
~1 G, eventually matching onto the IMF. We note that for
certain regions of the Sun—for example, “active regions” and

<—— corona

~-- photosphere

FiG. 2—Schematic representation of solar magnetic fields near the photo-
sphere.
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sunspots—the field strengths are considerably stronger.
Although these regions may be of most interest to solar physi-
cists and are the best studied, we do not feel that they represent
the magnetic fields appropriate for describing the mean propa-
gation of cosmic-ray protons in the solar atmosphere.

Any cosmic-ray protons that are to interact with the solar
atmosphere must somehow propagate from interplanetary
space through the corona, chromosphere, and photosphere
down to a depth of ~500 km where they are absorbed. By
analogy with Earth’s fields one might expect a severe helio-
magnetic cutoff at an energy where the gyroradius of incident
particles becomes less than the radial extent of the magnetic
fields. For the Sun this would imply a cutoff at about 10* GeV.
There is, however, an important difference between Earth and
the Sun. Near Earth most IMF field lines are shunted around
Earth by Earth’s own dipole field. Only a small fraction of
IMF field lines come down to the surface at Earth’s poles. The
Sun, however, is the source of the interplanetary magnetic field,
and nearly all IMF field lines eventually end on the solar
surface. Therefore, it is appropriate to note that in the polar
regions the field is fairly homogenous with most field lines
open to the IMF. In the midlatitude and equatorial regions
most coronal field lines end back on the photosphere, although
a nonzero fraction are still open through “coronal holes.” The
fraction of IMF lines that end in polar regions varies with time,
increasing during solar maximum and decreasing at solar
minimum (Zirker 1981).

2.2. Cosmic-Ray Absorption by the Sun

The complicated phenomenology of the inner solar system
precludes a complete description of charged particle propaga-
tion in the inner solar system. It is, therefore, appropriate to
construct simple models which should (1) make some phenom-
enological sense and (2) have the flexibility to test the sensi-
tivity of our results to plausible assumptions about particle
transport.

Our models have two parts: the inner solar system from
Earth orbit down to the bottom of the corona is treated as a
diffusion problem with no absorption. In order to solve the
diffusion problem it is necessary to impose a boundary condi-
tion at the bottom of the corona, which takes the form of
absorption and reflection coefficients.

Interior to the corona, we treat absorption and propagation
simultaneously. We follow classical particle orbits in a fixed
magnetic field configuration, which should be acceptable for
relativistic cosmic rays making short excursions into the
surface magnetic flux tubes. We use the interior model to esti-
mate the overall absorption and reflection coefficients for the
inner boundary condition to the diffusion problem. It also
supplies a detailed model for where cosmic rays interact in the
solar atmosphere and gives the distribution of zenith angles for
the primaries when they interact. This information is needed in
calculating the probability that photons or neutrons will
escape the Sun to be seen at Earth.

We should, perhaps, justify our different treatments of pro-
pagation interior to, within, and outside the corona. We feel
that cosmic-ray studies supply enough data to constrain a dif-
fusion model for the IMF. Near the solar surface we have no
direct handle on propagation, but sufficient data exists about
magnetic fields in the photosphere to construct a direct model
of particle orbits. Continuing the diffusive treatment of the
IMF into the corona is done as a matter of convenience, but
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there is no reason to suspect that this leads to gross errors in
our predictions. We discuss the relevant quantities in § 2.2.2.

Before describing the more involved model it is useful to
consider a naive estimate for the incident flux, ignoring any
effects due to solar magnetic fields or the IMF. In this model,
the solar surface is taken to be fully absorbing, and zenith
angles are determined solely by geometric considerations.
Since the effect of magnetic fields is to reduce the rate at which
cosmic rays interact with the Sun, this model places an upper
bound on the signals we consider.

The total absorption rate of cosmic rays is given by

I(E) = 4mr*(E) , 2.3)

where j is the net differential flux (ie., j = 0 for an isotropic
velocity distribution) of cosmic rays. In the simple model which
ignores magnetic fields, j is given by
1 (Ro)?

n=7 <—r9) foABYB(E)e 24
where the differential density of cosmic ray protons is
f(E) = dn/dE, Pc is the velocity, and the subscript N indicates
that this is the naive value for a freely propagating flux
absorbed on the surface of a sphere of radius Ry. In a crude
attempt to account for modulation by the solar wind we take
Sfo(E) = fo(E), the observed flux at rg. We use fg(E) as deter-

mined by Webber & Potgieter (1989).
The naive absorption rate is then

Ty = 7R3 fo fic . 2.5)

With I'y as a guide, we turn to the more complete model of
solar absorption. This involves calculating a suppression
factor, Cj, for propagation through the IMF and corona, cal-
culating the probability that a cosmic ray incident on the
photosphere is absorbed, 4, and putting these ideas together to
get the full absorption rate, I

2.2.1. Propagation in the IMF

Our approach is to model propagation through the IMF as
a diffusion problem (Palmer 1982). We concentrate on spatial
diffusion and ignore diffusion in the energy of the cosmic rays
which may be safely neglected at energies above 1 GeV. We
account for energy losses by cosmic rays entering the solar
cavity by normalizing the Galactic flux to that observed at
Earth.

The motion of charged particles is intimately tied to their
interactions with the magnetic fields of the IMF. The magnetic
field given in equation (2.2) is nearly radial inside Earth’s orbit,
so we take the diffusion problem to be spherically symmetric.
The spherical diffusion equation is

f—D’f’—D(f”+%—>=e, (2.6)
where € is a possible source term and D is the diffusion
“constant.” Except near or inside the photosphere there is no
absorption or production of cosmic rays, so we have set € = 0
and account for absorption by adjusting the inner boundary
condition when solving the diffusion equation.

For a time-independent solution, equation (2.6) simplifies to

rer(2+2)-o.

- @.7)
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The inward flux is given by
j=-Df", (2.8)
which may be used in equation (2.3) to solve for I".
For the diffusion “constant ” we consider the form,
D(E, r) = Dg,(r/rg)(E/1 GeV)f . (2.9

In equation (2.9) D is normalized to Dg,, its value at E =1
GeV and r = rg. Possible radial and energy dependence of D is
parameterized by the exponents o and f. Dimensionally,
D ~ vr; we express D in units where ¢ = 1 and ris in AU.

The parameters Dy, a, f are not well known. Palmer (1982)
has reviewed the situation. For E <1 GeV, Dg ~ 0.03 v/c AU
with a suggestion for Dg, to increase with energy above 1 GeV.
Different theoretical considerations suggest 0.5 < 8 < 2. We
will use Dg; = 0.03, and concentrate on the choice f = 1. The
problem with this is that for E 2 30 GeV, Dg > 1. But D is of
order the mean free path to scattering off the IMF, and it does
not make sense to apply diffusion in a situation where the
mean free path is greater than the size of the system. We there-
fore require

D(E, r)<r/8 (2.10)

as a constraint on equation (2.9). The linear relationship to r is
necessary to maintain causality as either the inner or outer
boundary is moved. The choice of 1/8 as a proportionality
constant is motivated by solving the diffusion equation (see
below) and requiring that the absorbed flux is no greater than
in the naive model.

The radial behavior of D is not well known, either. If D were
related simply to the magnetic field strength, then equation
(2.2) would suggest a = 2. This is probably not a correct
picture, as diffusion involves fluctuations in the IMF rather
than static configurations. Palmer’s review cites three experi-
mental determinations of « in the radial range 1 AU <r <5
AU. These suggest a = 0.9, 1.4, 1.8, where o is the power law
for diffusion along the magnetic field lines. Since these values
were derived for much lower energy particles than interest us,
they are suspect as a guide. The constraint D < r/8 suggests
o> 1. We will concentrate on the relatively conservative
choice o = 2. It is heartening that no consideration yields a
large exponent since larger values of « decrease the inward flux.

To solve the diffusion equation we need two boundary con-
ditions on either the density of cosmic rays or its gradient. For
one boundary condition we set fg equal to its observed value.
One might worry that when considering cosmic rays very near
the Sun there might be a change in the spectrum of the cosmic-
ray flux due to solar wind effects. However, in the force field
approximation (Gleeson & Axford 1968; Fisk, Forman, &
Axford 1973; Perko 1987), modulation by the solar wind does
not significantly alter the spectrum once cosmic rays have pen-
etrated as far as Earth, and in any event we are mostly inter-
ested in high enough energy primaries that modulation is not a
serious problem.

As stated earlier, we continue the diffusion model down to
the bottom of the corona where we impose an absorbtive/
reflective boundary condition. First, consider the simplest
possibility, that this boundary is fully absorbing. This yields an
overestimate of absorption, as most cosmic rays entering the
photosphere will be magnetically mirrored before being ab-
sorbed. The boundary condition for full absorptionisf, = 0.

We solve equation (2.7) by setting y = f*, integrating to get y,
and integrating again to get f. The general solution can be
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yDr* = constant (2.11a)

f=fo+VoDo RS IR, 1), (2.11b)

where
r 1
IRg, 1) = ——dr. 212
( © ) LO D(r )r 2 ( )

Note that equation (2.11a) is also required by the conservation
of flux. With the boundary conditions fo = 0 and f(rg) = fg,
we get the solution

jé
Yo = Do REI(Ro, 1) (213)

Using equations (2.3) and (2.8) we find the absorbed flux for a
fully absorbing boundary

4xf,
0= —=® 2.14
T = 1Ro, 7a) @19
We define the diffusion correction as
| 4
Cp=-=2 (2.15)

=Ty R3IR, relfc

Given our constraint on D in equation (2.10) we consider
three energy regimes. Define r,, as the radius where D(E, ry) =
ro/8, and further, define Eg by ro =rg and Eg by ry = Rg.
The correction for IMF diffusion is then

ri % 50_ a—1 B BQ 1+a7]—1

a2 (o) [i-Ce) "] e

KT

=00 TG
o 2 o re

Eg <E<Eg

E>E; (216)

L 1/(Be)

2.2.2. Absorption and Reflection at the Photosphere

Our model for the absorption coefficient, A, draws a distinc-
tion between low- and high-energy primaries. Particles with
low rigidity spiral in along field lines until they are mirrored at
some depth which depends upon the initial pitch angle of the
cosmic ray entering the flux tube. High-energy particles, on the
other hand, will not be confined to field lines and may land
anywhere on the surface. For simplicity we have made the
distinction a sharp one and define a threshold energy E,
although, in a more realistic model we would expect the
average behavior for E, ~ Er to interpolate between that for
low- and high-energy primaries.

We estimate E; for protons by comparing their gyroradius
to other length scales. For relativistic protons in a uniform field
the gyroradius is

r,~3 x 10°E/B cm , 2.17)

where E is in GeV, and B is the magnetic field in gauss. Setting
r, = Ry and B = 1 G suggests E; < 2 x 10* GeV. This would
be the energy required so that we could ignore the large-scale
bipolar field of the Sun. For our problem, however, we are
more interested in the field structure of the canopy, that is,
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where the flux tubes broaden out and merge. Canopy fields are
of order 10 G with horizontal coherence of order 10® cm, which
suggests E; 2 300 GeV. We take an intermediate value, E; =
3 x 10® GeV. It is quite possible that particles with E between
300 GeV and 3 TeV diffuse through most of the corona, but
penetrate the last part freely, thus avoiding the flux tubes at the
surface.

Once a particle finds itself trapped inside a flux tube, it
remains trapped until it is mirrored and escapes out the top.
Suppose that upon entering the flux tube the gyroradius is less
than the diameter of the tube, , < d. Then, as the tube narrows
the total flux, ® ~ Bd?, remains constant, which implies r, ~
1/B ~d* As d decreases, r, decreases even faster—once
trapped, always trapped. This argument supports the use of
canopy fields as the criteria for determining E ;. It also justifies
treating the magnetic flux linked within a charged particle’s
gyroradius as an adiabatic invariant, and we use this in calcu-
lating the absorption coefficient 4, for E, < Er. For E, > Ep
we simply set 4 = 1.

The geometry of the flux tube (see Fig. 2) is determined
assuming that the magnetic field strength within a flux tube is
in pressure equilibrium with the ambient gas, and that the gas
pressure scale height is the same both inside and outside the
flux tube. In the chromosphere we take the temperature to be
constant, so P, ~ p ~ exp (—z/h) (see eq. [2.1]). Below the
photosphere we take the pressure from Baker & Temesvary
(1966). This determines the magnetic field strength as a func-
tion of height. We take the field strength within a flux tube to
be 1500 G at the photosphere and 6.5 G at the top of the tube,
corresponding to a canopy height of 1250 km for a scale height
of 115 km. These values are consistent with a picture (Spruit
1981) where flux tubes are located at the corners of convective
cells, the canopy occurs at a height where the tubes have flared
to the point where they overlap, and neighboring flux tubes are
almost always of the same sign.

Now, suppose a cosmic ray enters a flux tube at its top with
a pitch angle, 6,, and that the magnetic field strength at the top
of the tube is B,. Using the adiabatic invariance, the pitch
angle at depth is cos 8 = ,/1 — B/B,, where the critical field is
defined by B, = B,/sin% 0,. Since B>~ P, a cosmic ray
injected into a flux tube will be mirrored at a pressure of

P, = Py/sin* 6, ,

where P, is the pressure at the top of the flux tube.

To calculate the absorption coefficient for protons we aver-
age over an isotropic flux at the top of a flux tube. For each
incident angle, we calculate a trajectory into the flux tube and
out. The column density of matter experienced along the path
is calculated as x = [ [n(z)/cos 6]dz. The absorption probabil-
ity for a given incident angle is then A(6,) = 1 — exp (—xa,,)),
where o, ~ 33 mbarn is the inelastic proton-proton cross
section. The full absorption coefficient is given by averaging
over angles A =2 | A(8,) sin 8, cos 8,d0,. For the nominal
flux tube parameters given above, we find A = 5.2 x 1073 for
protons and 4 = 8.8 x 1073 for “He nuclei.

" In determining A, the path length x is dominated by the
integration near the turning point of the orbit. Thus, the uncer-
tainty in the canopy height and shape of the flux tube in the
chromosphere does not change the relative probability for
absorption at a particular depth, just the overall normal-
ization. Since A measures the size of the loss cone near the
vertical, it is easy to rescale A for different flux tube parameters
by using equation (2.18) and the relation B> ~ P:

A ~sin® (6g) ~ (Po/P,)"2 ~ By .

(2.18)

(2.19)
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So, for example, if the surface density of flux tubes were in-
creased, the canopy would be lowered, and B, would increase,
leading to a proportionally greater absorption coefficient.

2.2.3. The Full Absorption Rate

In § 2.2.1 we estimated how the IMF affects the rate at which
cosmic rays are absorbed by the Sun under the assumption
that the photosphere was fully absorbing. In § 2.2.2 we esti-
mated the absorption coefficient of the photosphere and found
out that it was small. Here, we put those two ideas together to
arrive at a full expression for the absorption rate.

Let the absorption rate for a fully absorbing boundary be
I'Y. Then the fraction of that flux that is absorbed is '} = AT'Y,
and the fraction that is reflected back into the solar system is
[y = (1 — ATY. If the reflected flux escaped freely from the
solar system, then the total absorbed flux would be just I' =
I'}. However, in general only a fraction € of the reflected flux
escapes the solar system. The remainder diffuses around in the
inner solar system and returns to the inner boundary before it
escapes. When this happens there is again a probability 4 that
the flux will be absorbed. This leads to a second contribution
to the absorbed flux I'Z = A(1 — €)(1 — A)I'Y. The remaining
flux is reemitted from the inner boundary and again has a
chance to escape. Each time through the cycle the contribution
to the total absorbed flux is reduced by x = (1 — AX1 — €). The
total absorbed flux is then

I = AT 24-)=Tf——. (220
Al +x+x*+--) A4 1 e_eA ( )
Similarly, the total flux that escapes is
€1 — A)
e =T ——. 21
esc A A +e— €A (2 )

It remains to determine e. We start by assuming that the
reflected flux leaves the photosphere isotropically, neglecting
that a small fraction of flux has been absorbed from a rather
small loss cone near the zenith. In order to have a total
outward flux equal to that reflected, 'y, we must adjust the
cosmic-ray density at the solar surface. The local outward flux
is given by

fBe
ek
The total rate at which cosmic rays leave the surface is then

nR% f. Equating this to the reflected flux, the boundary condi-
tion at the surface is

1 f _
2nfe L 2 €os Bd(cos 6) = (2.22)

Tk
nR% fec

For flux escaping the solar system, the outer boundary condi-
tion is f, = 0. The flux that escapes (i.c., the net flux—not the
total flux—leaving the surface) is given by

[ =4n1R, Do yo
__4o
I(Rg, 00)
.V S
RY I(Rg, o)’

where in the second step we used equation (2.11b). The escape

fo= (2.23)

(2.24)
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efficiency is then

r 4

=, 225
Tx  REIR,, e (229
Apart from a small difference between I(Rg, o) and I(Rg, rg),
we find that € = C,. Using € = C,, along with the relation
I'Y = C, Ty, in equation (2.20), we get the final expression for
the absorbed flux

€ =

_ ACpTy
T A+ Cp— AC,

In Figure 3 we show I" for protons under various assump-
tions about particle propagation. The bold curves show the
naive absorption rate I'y. The solid curve in Figure 3a shows I'
for our nominal choice of parameters, 4 = 5.2 x 1073 and
(x=2,8=1, Dg, = 0.03). The sharp break at 3 x 103 GeV is
due to the discontinuous change in 4 at E, = E;. Keeping A4
fixed and varying the diffusion parameters to a pessimistic
(=20, f =05, Dg, = 0.01: dashed curve) or an optimistic
scenario (¢« = 1.5, f =2, Dg, = 0.1: dotted curve) results in
relatively minor changes. If we had used a larger value of A4, the
effect of varying C;, would be more noticeable since it is the
smaller of the two quantities that controls I'. In Figure 3b we
show the results for our nominal choice of diffusion parameters
but allowing the absorption coefficient A4 to vary.

Note that generally, at E, ~1 GeV we find C, < 4 and
from equation (2.26) C;, controls the absorption rate for these
energies. Since our y-ray and neutron results are sensitive to
the magnitude of the low-energy flux, these results depend
mostly on the diffusion parameters and not so much on the
calculation of the absorption coefficient A. The neutrino yields,
on the other hand are more sensitive to the high-energy flux
(above 100 GeV) which depends more on our model of absorp-
tion, since Cj, is nearer unity. Even so, the neutrino results are
fairly insensitive to our model for A since a substantial part of
the neutrino signal arises from primaries for which E > E,
where we reasonably take 4 = 1.

(2.26)

2.3. Cosmic-Ray Cascades in the Sun

In this section we discuss general features of solar cascades,
leaving details to discussions of the individual signals. Our
attempt to account for magnetic fields in and around the Sun
leads us to distinguish between cascades which develop from
E < E; primaries and those with E > E;. As discussed in
§ 2.2.2 high-energy cosmic rays may land anywhere on the
solar surface, whereas for E < E; the primaries are confined to
interact with matter inside the magnetic flux tubes.

By assumption, primaries with E; > E;, do not follow the
magnetic field lines into the high field flux tubes. For the
moment let us treat the intertube regions as if they are field free
and estimate how far primaries penetrate into the Sun. The
inelastic cross section for cosmic-ray collisions per baryon is
0,5, = 33 mbarn. Combining this with the solar atmosphere
described in § 2.1 a proton moving vertically downward has an
optical depth to absorption of one at a depth where x =
{F p/m,dl ~ 1/6,,. This occurs for z about 500 km below the
photosphere. Now, suppose that there was a residual magnetic
field of order 1 G in the intertube regions. The gyroradius for
an E, = E;, proton would be ~10'® cm, approximately 200
times the interaction depth. We conclude that magnetic fields
do not affect the zenith angle distribution of high-energy pri-
maries. Furthermore, they do not affect the geometrically
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F1G. 3.—Absorption rate of cosmic rays by the Sun for different assumptions about cosmic-ray transport. (a) Varying assumptions about diffusion in the
interplanetary magnetic field. (b) Varying the absorption coefficient of the photosphere, A. In both, the bold curve shows the naive result (ignoring magnetic fields)
which is an absolute upper limit. In (a) our nominal case is shown as a solid line, while in (b) it is shown as dotted.

linear development of the cascade until particle energies are
below ~10 GeV. By this time, most cascades will be deep
enough that few low-energy photons or hadrons will escape.
Although some may escape for primaries that graze the
surface, in general we expect the escape probability for photons
and baryons from high-energy cascades to be quite small
Neutrinos, however, may escape from any depth, and so our
neutrino yields must include the high-energy cascades.

For the high-energy cascades it is also important that the
scale height of the solar atmosphere is 10 times or more that of
Earth. Further, there is no surface below the atmosphere to
sharply curtail cascade development. Both these effects
increase the probability that a meson of given energy will
decay (producing neutrinos) before it interacts with the sur-
rounding medium.

In our model, low-energy cascades, E < E;, take place
within the magnetic flux tubes. We calculate the initial inter-
action sites and zenith angles by tracing the paths of the
incoming primaries, as outlined in § 2.2.2. Many of the inter-
actions take place after the primary has been mirrored, and
these may generate a substantial albedo flux of y-rays and
baryons. Even if the primary interaction takes place on a
downward trajectory, the charged particles in the cascade will
still be mirrored, and so even these cascades may produce some
albedo.

Together, the above remarks lead to a qualitative difference
between high- and low-energy cascades. The high-energy pri-
maries initiate thick target cascades, that is, since they travel in
straight lines, the cascade would have to pass through the
whole Sun for baryons and photons to escape. The only par-
ticles to escape from a thick target cascade will be neutrinos.
The low-energy primaries, on the other hand, produce cas-
cades where a significant amount of energy is reflected back to
the solar surface. The typical low-energy cascade, has less than
a few interaction lengths of material to pass through before
photons and neutral baryons can escape. Thus, for y-ray pro-

duction these cascades act as if they evolve in moderately thin
targets.

3. NEUTRINOS

We begin our discussion of possible signals by considering
high-energy neutrino production (Gaisser & Stanev 1985). The
neutrinos are observed through the production of leptons in
charged current events. We are mostly concerned with the pro-
duction of muon neutrinos. They are easier to detect since
muons have small energy losses and long ranges compared to
electrons, so a detector of a given size is more sensitive to muon
neutrinos than to electron neutrinos.

We treat the Sun as a point source of neutrinos since the
solar disk is not resolvable with any operational or planned
neutrino telescope. We will also assume that the neutrino flux
is isotropic, that is, as emitted by the Sun. The incident flux of
Galactic cosmic rays is nearly isotropic (Hillas 1984) and, as
discussed in § 2.3, the high-energy cascades develop linearly, so
we expect the neutrino yield to be isotropic as well. For lower
energy cosmic rays anisotropy could result from a number of
mechanisms, but since the neutrino signal would be dominated
by higher energy neutrinos, we will postpone a discussion of
anisotropy until the section on y-rays.

With these assumptions the neutrino flux at Earth is simply
related to the total neutrino luminosity,

d¢ 1 dL,
dE, (E) = 4nr? dE,’

which in turn is determined from the absorbed cosmic-ray flux
by

(3.1)

1 ©
gI:X(Ev)=2f x J YAEy, E;, )T(E)AE;zdz . (3.2)
dEv 0 i JEy

In equation (3.2), the sum over i includes both p and *He
primaries, y (E,, E;, z) is the differential neutrino yield from a

© American Astronomical Society ¢ Provided by the NASA Astrophysics Data System


http://adsabs.harvard.edu/cgi-bin/nph-bib_query?1991ApJ...382..652S&amp;db_key=AST

J. 21382 165250

120

rt

No. 2, 1991

primary of energy E; which enters the Sun with zenith angle 6,
and z = cos (0). By using equation (3.2) we implicitly assume
that all cascades develop linearly. In fact, primaries with ener-
gies between E, and Er, produce cascades inside the magnetic
flux tubes and do not develop linearly. However, these pri-
maries do not dominate the production of the underground
muons by which the neutrinos are detected at Earth, and so we
make only a small error. For photons, § 4, we will deal more
carefully with E; < E, primaries.

We average over zenith angle to account properly for the
hadronic interactions of pions and the electromagnetic stop-
ping of muons. As stated in § 2, the scale height of the solar
atmosphere is greater than Earth’s and as a result these effects
are not as severe as in terrestrial cascades. In Earth’s atmo-
sphere a pion will decay before it interacts if E, < 200 GeV,
but in the solar atmosphere the equivalent energy is 10-50
times as great, depending upon where the proton is absorbed.
For E, < 10* GeV most charged pions decay and produce a
neutrino and a muon, but above that energy only a fraction
~10* GeV/E, decay.

For muons, the primary effect of the medium is electromag-
netic stopping, which we approximate by

dE
I pleo + €,E),

(33)
where €, ~ 0.007 GeV cm? g"* and ¢; ~ 1.8 x 107 ¢ cm? g~ !
at E=1 TeV for a gas which is 72% hydrogen and 28%
helium by mass (Lohmann, Kopp, & Voss 1983). Muons
require an exponentially large energy to penetrate to column
depths greater than ~5 x 105 g cm 2. For vertical muons this
corresponds to a depth of 1.3 x 10° cm, or an initial energy of
~2 x 10® GeV to penetrate this far before decaying. Coin-
cidentally, this is also of order the energy loss from the first
term in equation (3.3). In generating neutrino yields from E; >
E, primaries we include the effects of muon energy loss.

There are a few other aspects of the high-energy cascades
which we mention. Neutrinos (antineutrinos) with E, 2
100(150) GeV which pass through the core of the Sun may be
absorbed. Absorption is not negligible for higher energy neu-
trinos passing at less than 0.5 R from the center of the Sun,
and it is properly accounted for in this calculation. The absorp-
tion reduces the neutrino-induced muon flux by about 15%,
the exact factor depending on the threshold energy for detect-
ing the v-induced muons at Earth. We also note that since the
effects of the medium are slightly less severe for pions than
muons, most high-energy muon neutrinos come from n-decay,
as in terrestrial showers. For electron neutrinos there is also an
enhancement over terrestrial cascades; however, as in terres-
trial cascades, most v,’s derive from muons, which have longer
lifetimes than pions and are less likely to decay before stop-
ping. Thus the flux of v ’s is intrinsically less than for v,’s.

The calculated neutrino flux is shown in Figure 4. The bold
curve uses the naive model for I'y described by equation (2.5).
This is an absolute upper limit. The light curve shows our
nominal result assuming the light solid line in Figure 3a for the
absorbed flux. Also shown in Figure 4 is the angle-averaged
background flux (dotted) from neutrinos produced by cosmic
rays in Earth’s atmosphere (Volkova 1980). The background is
shown for an angular disk of 6.8 x 10~ 7 sr, the size of the Sun,
although this should be increased accordingly to account for
the angular resolution for a specific experiment. The flux using
the naive I'y is always brighter than the background, and the
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FiG. 4—Neutrino flux at Earth for different assumptions about cosmic-ray
transport. The bold curve shows an upper limit using the naive absorption rate
shown as the bold curve in Fig. 3. The solid curve gives our nominal result. The
background from terrestrial cosmic-ray cascades is shown for a solid angle
equal to the size of the Sun’s disk.

ratio increases with energy up to ~ 10* GeV. This is the effect
of the larger scale height of the solar atmosphere. For the more
realistic, nominal propagation model the flux is lower than the
background for E, < 50 GeV, but rises up to the naive value
by E, ~ 200 GeV, which is the typical energy for neutrinos
arising from primaries with E = E; recall that for E > E; our
model assumes I' = I'y.

The most probable means of detecting the neutrino flux
would be to look for muons produced in charge current inter-
actions in rock or water. If the muons pass through two or
more sensitive planes in an upward direction, then they can be
distinguished from “punch through” muons produced in ter-
restrial air showers, and a direction pointing back to the Sun
can be determined. The flux of muons that results from our
calculations (Gaisser & Grillo 1987) is shown in Figure 5. The
curves are labeled as in Figure 4. We show the integrated flux
above a threshold energy since that is most closely related to
the experimentally measured quantity. Here the nominal signal
is greater than the background even at low energies since much
of the signal comes from higher energy neutrinos. There are,
however, physical limitations on the angular resolution of
muon telescopes. The muon direction differs from the neutrino
direction by ~ 10\/ 10 GeV/E, degrees, and this will limit
resolution if the production vertex is not observed. For low-
energy muons, multiple scattering at the end of their path will
also limit the resolution. It is conceivable that a very large
detector would be capable of cutting on only high-energy, con-
tained events; but generally we expect that the background
in Figure 5 should be increased to account for detector
resolution. So, for example, a detector with an area times effi-
ciency of 10® cm? and a threshold of 10 GeV would yield an
event rate of R~0.15 yr~'. For example, the proposed
GRANDE (Adams et al. 1990) and DUMAND (DUMAND
1988) detectors have effective areas a few times this size and
would see less than 1 signal event per year. Given a compara-
ble number of background events within the angular
resolution (1°) it would take decades to identify a signal; so for
the moment, we conclude that the solar cascade neutrino flux
is unobservable.
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F16. 5—Underground muon flux from solar albedo neutrinos, integrated
above a threshold energy, E. The curves are for the same models as in Fig. 4.

Finally, a reason for considering the solar cascade neutrino
flux was the worry that it might be a bothersome background
to searches for neutrinos from dark matter annihilation in the
Sun. Current limits (Sato et al. 1990; Losecco et al. 1987;
Casper 1990) are on the order of 10~ '* muons cm =2 s~ !, more
than two orders of magnitude larger than our calculated back-
ground. Nonetheless, a truly large neutrino telescope will close
that gap. Further, as accelerator experiments continue to push
particle dark matter properties, rates as low as 107 16-10"17
cm ™2 s~ ! are being discussed (Kamionkowski 1990; Seckel
1990), and so, although solar cascade neutrinos are not impor-
tant yet, they may soon be a limiting factor to this indirect
method of searching for dark matter.

4. GAMMA RAYS

The best opportunity for an observable signal comes from
photons produced in the solar cascade. These may arise either
from two photon decays of n°’s or from the electromagnetic
shower in the latter part of the cascade. For the moment we
treat the Sun as an isotropic point source.

The y-ray flux at Earth is given by

4 g L dL,
E)= 4nr? dE,’ “1)
where the y-ray luminosity of the Sun is given by
dL
_2 (Ev) = Z f Y‘(Ey, Ex)r 1(E1)dE (4'2)

The sum over i 1ncludes both p and *“He primaries, and T; is

given by equation (2.26). The y-ray yield per absorbed primary

of energy E depends upon the path length x, the amount of

matter between the interaction site and empty space. We there-
fore average over the path length distribution
dP;

Y;‘(Eya El) = yyi(Ey’ Ei’ X) K dx s (4‘3)

where y,; is the yield of photons of energy E, that result from

cascades with path length x initiated by primaries of energy E;,
and dP;/dx is the probability that a primary of species i pro-
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duces a cascade with path length x. In separating P,(x) and
I'{E) we have ignored the slow energy dependence of the
hadronic cross section in determining the initial interaction
site. We do, however, include this energy dependence in the
Monte Carlo calculation of the yields, y,,.

Unlike the case for neutrinos, we do not include E; > E,
since most of these cascades develop along straight lines and,
although a few primaries just grazing the Sun will have small x,
most will have large x, that is, they develop in a “ thick ” target
and will produce very few albedo photons. For E; < E;, mag-
netic mirroring leads to a high probability for x < 100 gcm ™2,
and these “ thin ” target cascades produce a substantial albedo.
In the intermediate region there is presumably some energy-
dependent loss of albedo due to cosmic rays that miss the flux
tubes and do not mirror.

It remains to calculate the path length distribution dP,/dx. If
we neglected the charged nature of cascades, we would calcu-
late x by multiplying the vertical column density x,.,, by 1/
|cos ()|, where @ is the zenith angle of the primary trajectory
at the interaction site. In this limit, only primaries that interact
after they are mirrored contribute to the albedo. However, as
pointed out in § 2, a good fraction of the energy in the cascade
consists of charged particles, and since the evolution of the
pitch angle with depth does not depend on a particle’s energy,
the cascade tends to follow the same path the primary would
have followed had it not interacted. The cascade will not follow
the primary path exactly since some of the energy is neutral
and not reflected by the convergent field, but there is still a
substantial contribution to the photon albedo from primaries
that interact before they are mirrored.

To explore this issue in the extreme, we use two models for x.
The first calculates x assuming the cascade is neutral and uses
X = X,/ | cos (6)]|. The second uses a column depth given by
integrating along the primary particle trajectory as if all
cascade particles were charged. Note that this is always of
order the interaction column depth of the primaries, even for
cosmic rays with cos 8 > 0 at the interaction site. In principle,
we could have written a new Monte Carlo to perform a more
careful treatment of cascade development in the magnetic
environment, but by considering two extreme cases we bound
the errors, and given the other uncertainties this seemed ac-
ceptable. In Figure 6 we show dP/dx and I(x) = (5 (dP/dx)dx’'
[normalized to I(co0) = 1] for protons, for the two models. The
solid curves illustrate the first case, and the dashed ones the
second. Note that most of the cascades are produced with
cos 6 > 0 (i.e, downward) and these are not included for the
first case.

As regards the sensitivity of dP/dx to the model of the flux
tubes, most absorption occurs near or below the photosphere,
so there is little sensitivity to details of how the flux tubes flare
out and merge at the canopy—apart from an overall normal-
ization which may be accounted for in the absorption coeffi-
cient, A. On the other hand, we have assumed that flux tubes
maintain their simple vertical geometry below the photo-
sphere. Since this assumption may be questioned in the tur-
bulent environment of the upper convective zone, we
acknowledge some uncertainty in dP/dx. However, it seems
likely that cool gas descends from the corners of convective
cells in strong downdrafts (Spruit 1981; Nordlund & Stein
1990), and we expect that this will tend to make the flux tubes
vertical.

The actual yields are calculated by propagating one-
dimensional cascades through a slab of column depth x. We
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F1G. 6.—Path length distribution for cascades initiated by low-energy
(1 GeV < E < 3 TeV) cosmic-ray protons in photospheric flux tubes. Path
length, x, is the column depth experienced by cascade products which escape
the Sun from the primary interaction site.

include all relevant baryonic interactions and electromagnetic
processes for y-rays, e*’s, and e’s. Our cascade program
includes meson interactions and electromagnetic stopping even
though the rates for these processes are much slower than the
decay rates at the relevant energies and densities, and conse-
quently almost all mesons decay in flight.

The photon yield includes only the photons that make it
through the slab. Secondary electrons, positrons, and baryons
exiting the slab are thrown away even though it is likely that
they will reenter the Sun to be absorbed rather than diffusing
off to infinity. Thus, our results may underestimate the actual
y-ray flux by a substantial factor (perhaps 3 or 4). Note,
however, that primaries which escape without interacting are
implicitly accounted for by our treatment of the full absorption
rate. Also, because of the one-dimensional nature of our
cascade we do not properly account for y-rays emitted back-
ward from relatively slow 7°’s. The maximum overestimate is a
factor of 2 at photon energy E, = m,/2 and becomes negligible
for E, > 200 MeV. In addition we do not account for the
energy-dependent loss of albedo near E;,. We do not consider
this a serious problem since the major contribution to the y-ray
flux above 100 MeV comes from primaries below 100 GeV.

The calculated differential and integrated photon flux is
given in Figures 7 and 8, respectively. In each figure, the two
sets of curves correspond to naive (bold) absorption by the Sun
and absorption assuming our nominal (light) assumptions
about diffusion in the IMF and corona. In each set the lower
curve is the albedo for (1) the slant depth model, and the upper
curve is the albedo assuming (2) showers are mirrored as
charged particles would be. The dotted curve in Figure 7 shows
the expected background of y-rays from the Galaxy. Above 100
MeV the background is mostly due to cosmic-ray collisions
with intergalactic gas, which we estimate by using the spectral
shape of Dermer (1986) normalized to the SAS 2 data (Fichtel
et al. 1977). For lower energies we use a fit to the SAS 2 data
which includes both a disk and a halo component. The back-
ground is shown for Galactic latitude, b = 30°. The Sun has
b > 30° approximately 61% of the time. Both signal and back-
ground are given for a disk the size of the Sun and so, to
compare signal to noise one must increase the background to
account for angular resolution of the detector.
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FiG. 7.—Differential photon flux at Earth for different assumptions about
cosmic-ray propagation. Weighting of the curves is the same as in Fig. 4: bold
for naive, light for nominal. In each pair of curves the upper curve shows the
y-ray albedo assuming charged particle trajectories for the cascade develop-
ment, and the lower curve shows the result for neutral particle trajectories. The
dotted curve shows the Galactic background for a disk the size of the Sun.

The signal is larger than the Galactic background for rea-
sonable assumptions about cosmic-ray absorption. The count-
ing rate for a 1000 cm? detector would be ~2-8 counts per day
for photons with E, > 100 MeV. The EGRET instrument of
the Gamma Ray Observatory has area times efficiency of order
1000 cm? and should be able to detect this signal.

The results in Figures 7 and 8 assumed the Sun to be an
isotropic, point-like source. For neutrinos this assumption is
fairly benign, but it may not be valid for y-rays. Anisotropy in
the photon flux could result if the absorption rate of cosmic
rays by the Sun varies with latitude or, for short time scales,
with longitude. Considering the complex connection between
surface fields and the interplanetary fields it is easy to imagine
that the absorption rate is not constant. Anisotropy could also
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F1G. 8—Same as Fig. 7, except the integral photon flux is shown
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arise if the details of our flux tube model were assumed to be
different in, for example, the polar and equatorial regions.

The effects of differential absorption could be modified by
the details of producing the photon albedo. For example, many
of the observable photons come from cascades that have devel-
oped through a few radiation lengths and have been mirrored
out of the flux tubes. Such cascades tend to produce beams of
photons that are columnated along the flux-tube axis, which is
presumably near local vertical. If cosmic rays were absorbed
chiefly in the solar polar regions, a beaming effect would lead
to a dearth of y-rays observable from the ecliptic.

A different perspective on the source of photons suggests
exactly the opposite effect. For a given incident angle, cosmic
rays are mostly absorbed at their deepest penetration. Not
coincidentally, this is just where they are mirrored, and thus
the local velocity is horizontal. If photons can escape from the
interaction site without further interactions, then this process
would result in a fan of photons instead of a beam. If cosmic
rays are absorbed mostly at the poles, then a fan effect would
enhance the signal for ecliptic observers. From Figure 6 we see
that about one-half of all interactions take place with path
lengths of less than 10 g cm~2. Since this is significantly less
than a radiation length, this suggests that the fanning effect
may be dominant; however, we feel a full simulation is neces-
sary to answer this question, and this goes beyond the scope of
the present paper. The same issue crops up in discussions of
y-ray production in solar flares (Chupp 1987). It is observed
that flares occurring on the limb of the Sun are brighter in
y-rays above 10 MeV than those of comparable strength
occurring in the center of the solar disk. This also suggests that
the fanning effect is more important, but the comparison may
be misleading since the source of the > 10 MeV flare y-rays is
presumably electrons accelerated in the corona which pen-
etrate down to the photosphere, whereas most of our y-rays
have a source below the photosphere.

5. BARYONS

The third possible signature of cosmic-ray interactions with
the Sun would be baryon production. The conversion of high-
energy protons and helium nuclei into lower energy protons is
distinctly uninteresting, but the production of antiprotons,
neutrons, or antineutrons is worth discussing.

5.1. Antiprotons

As mentioned in the introduction, the observed flux of
cosmic-ray antiprotons remains a tantalizing problem for
cosmic-ray theorists. The simplest models hypothesize p pro-
duction via collisions between high-energy cosmic-ray hadrons
and interstellar gas. These models predict a flux of p’s which is
roughly a factor of 4 less than that observed around an energy
of 10 GeV (Stephens & Golden 1987; Gaisser & Schaefer
1991). Many explanations for this discrepancy have been forth-
coming, but none are compelling. Here, we show that anti-
protons produced at the Sun cannot explain the discrepancy.

At first, this may seem rather obvious. Of order 5% of
cosmic-ray protons interact on Galactic gas before escaping
the Galaxy. If a beam of cosmic rays were fully absorbed, it
would locally produce a much higher flux of p’s than predicted
in the simple models. However, a beam absorbed on the Sun
would result in a flux at Earth diminished by ~(Rg/1 AU)?,
which more than compensates for the enhanced absorption.
The caveat is that the influence of magnetic fields might
somehow enhance the p-flux.
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The escaping antiprotons can be treated in the same way as
the escaping protons were in § 2.2.3. We rewrite equation
(2.11b) as

- r

fﬂ) =ftx) + y@ DGRé)I(r$’ w) = 4975; I(rQ)9 w) >
where the outer boundary condition is f,, =0 and we use
yDr? =T, /4n. Equation (2.24) gives I',,, except that the
injected upward flux is not given by I'y = (1 — A)T'Y, but by
Ti; = y5(E, E)T 4, where yj is the antiproton yield and I ,(E) is
the absorbed proton flux given by equation (2.26). Finally, to
simplify our discussion we use yields averaged over the
absorbed spectrum, and pretend that protons with energy E
give rise to antiprotons with average energy E = zE. As an
estimate, £ = 10 GeV, z=0.1, and E = 100 GeV, but this
choice does not affect our argument. The antiproton spectrum
is then

(5.1)

Ae I(rg, )
(A+&— AefA + € — Ae) I(r, )

f@(E) s
5.2)

where barred quantities refer to antiprotons and unbarred
quantities refer to their proton cosmic-ray progenitors. The
quantities A, €, and I have the same meanings as in § 2.2.3. For
our model of absorption in the photosphere, 4 ~ A = 0.005,
and the second factor in equation (5.2) is always less than 1.
The next factor is limited to I(rg, 0)/I(ro, ) < (Rp/re)?
where the equality obtains when the radial dependence of the
diffusion constant is o = 1, but the ratio is smaller when « > 1.

In a similar way, the flux of p’s at Earth produced in colli-
sions between cosmic rays and interstellar gas is

(fo(Elga = Y5(E, E)Piifo(B) , (-3)

where the probability for a proton to interact before escaping
the Galaxy is P;, ~ 0.05. Comparing the Galactic and solar
antiproton fluxes we see that the effects of the IMF can only
reduce the naive estimate. In fact the argument is even stronger
since we have neglected the absorption of antiprotons in the
Sun, which will reduce y; relative to that for hadronic colli-
sions in the Galaxy.

The Sun is not an efficient source of antiprotons and will not
contribute significantly to any excess over expectations.

f$(E) = yﬁ(E’ E)

5.2. Neutrons

The second baryonic possibility is neutrons. Neutrons are
notorious for their instability: there is no Galactic background
to speak of. Since the distance to the Sun, 1 AU = 500 light-
seconds, is comparable to the neutron lifetime, t, = 888.6
+ 3.5 s (Aguilar-Benitez et al. 1990), neutrons or antineutrons
(see below) produced on the Sun have a good chance of reach-
ing Earth before they decay. The fact that neutrons are not
confined by magnetic fields has two implications for us. First,
their flux at Earth is given by their yield and simple geometric
considerations. Second, a neutron produced on an upward tra-
jectory is not likely to be confined and absorbed in the solar
atmosphere.

The calculation of the neutron flux at Earth then follows the
same general lines as for photons and neutrinos. The major
difference is that most of the neutron yield does not come from
the production of secondaries in the collision. Rather, it arises
directly from the baryonic material in the incident beam—
neutrons bound in “*He may be liberated in spallation reac-
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tions. In addition, incident protons (bound or unbound) with
E = 300 MeV may convert to neutrons in charge exchange
interactions involving pion production. In fact, below a few
GeV pion production is dominated by A resonance production
which peaks at incident energy of order 600 MeV. Combin-
ing the rapid decrease of primary flux with energy and the
threshold for pion production one expects that neutron pro-
duction is dominated by spallation of incident “He. There is a

third source of neutrons, those locked up in target “He. These

may be released with relatively high energy if a struck nucleon
emerges at high energy as a neutron; however, soft spallation
neutrons from target “He nuclei are generally too low in
energy to survive neutron decay until they reach Earth.

Due to the importance of “He spallation as a neutron
source, we have constructed a separate Monte Carlo to model
neutron production. This Monte Carlo is described in detail in
the Appendix—here it suffices to note that it includes spall-
ation of target “He, incident “*He, and possible compound frag-
mentation products. The Monte Carlo program also explicitly
includes charge separation in the development of the cascades.
We used the new program with the incident flux of protons and
“He taken from our nominal propagation model. The flux of
neutrons at Earth, accounting for neutron decays in 1 AU, is
shown in Figure 9. The contributions from incident “He and
protons are shown separately, and the helium contribution
may be seen to be the most important.

We calculate an integrated flux above 100 MeV of I1,(100
MeV) ~ 2.3 x 1078 cm~2 s~ *. Whether or not this flux could
be detected, we do not know. Upper limits to the quiet time
flux are (Lockwood 1973) 1,(100 MeV) < 1073 cm ™2 s~ 1, but
these limits are some twenty years old. Although these limits
may have been improved upon incidentally by instruments
such as the Gamma-Ray Spectrometer (GRS) on the Solar
Maximum Mission (SM M) satellite, we know of no definitive
analysis. By way of comparison, neutrons produced during
large solar flares have been detected by the GRS (Chupp et al.
1987). The integrated flux associated with the flare of 1982 June
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F1G. 9—Neutron flux at Earth due to cosmic-ray interactions in the Sun.
The dotted (dashed) curve shows the production due to incident protons (“He).
The contribution from “He is due mostly to spallation of incident nuclei,
whereas incident protons contribute through inelastic process at higher ener-
gies and target spallation at lower energies.
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3 was > 103° neutrons with E > 100 MeV, which corresponds
to ~200 yr of our predicted quiet time flux.

As the previous paragraph suggests, it would be extremely
difficult to detect the neutron flux we propose. The chief
problem would be separating out the backgrounds due to ter-
restrial cosmic-ray albedo neutrons (tCRAN), Galactic y-rays,
and charged particles that enter the detector. In near-Earth
orbit the tCRAN flux produced by protons just grazing the
atmosphere is about 10 times the quite time solar flux limits
(Lockwood 1973) for E ~ 100 MeV. Thus, one would have to
separate out the solar cosmic-ray albedo neutrons (SCRANS)
from the tCRANS at the level of 1 part in 10°. Galactic y-rays
would also be a problem unless the detector had either good
angular resolution or good event identification. For example, a
cone of 5° radius would contain an estimated flux of y-rays
above 100 MeV ~ 10~ ®cm ™25~ !;about 40 times our predicted
neutron flux. Perhaps most difficult would be understanding
the background from cosmic-ray protons. Even with a good
veto for charged particles there would probably be events that
mimicked solar neutrons. These would have to be discrimi-
nated against at the level of ~ 1077, assuming the primary flux
foin§ 2.

Even if other particle backgrounds can be eliminated, one
might have to deal with other sources of solar neutrons, such
as those produced in flares. In fact, in anticipation of such
sources, detectors with several hundred cm? of sensitive area
have been proposed (Frye et al. 1988). Such a detector would
generate an event per day from our proposed quiet time flux,
and so, despite the background problems, it is not completely
obvious that a quiet time flux could not be observed.

5.3. Antineutrons

The third baryonic signature that we contemplate is anti-
neutrons. We do not know of any relevant experiments. Anti-
neutrons, like antiprotons, can only be produced in the
fragmentation of the hadronic jets. Like neutrons, once outside
the photosphere they should easily escape to Earth orbit. The
antineutron yield per collision may be approximated by taking
the antiproton yield in hadronic collisions above 10 GeV. This
is of order 0.1 per collision, whereas the neutron yield is ~1
per event. We therefore expect a n yield of order 10% the n
yield for E; 2 5 GeV which gives an integrated flux of about
6 x 1071% cm ™2 s 1. If there is difficulty separating n’s and s,
then the solar production of neutrons would be an inpene-
trable background. Although nonrelativistic #’s could be dis-
tinguished by the annihilation signal, the kinematics of the
production event suppresses low-energy antineutrons. For
high-energy #’s, annihilation would not provide a useful signal.
If antineutron events could be identified, then the only obvious
background would be terrestrial albedo antineutrons (CRAN),
but we do not wish to get bogged down in this discussion.

6. SUMMARY AND DISCUSSION

We have estimated the flux of neutrinos, photons, and neu-
trons at Earth due to particle cascades initiated in the solar
atmosphere by Galactic cosmic rays. In order to achieve this
we (1) constructed a model of cosmic-ray transport in the inner
solar system, and (2) performed Monte Carlo calculations to
model the cascade development in the solar environment.

Our results give a flux of y-rays which should, for our
nominal assumptions, be detectable using the EGRET instru-
ment of the Gamma Ray Observatory (Kanbach et al. 1989).
Previous estimates of the solar y-ray albedo have been made in
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analogy to the terrestrial cosmic-ray albedo (Hudson 1989).
Our nominal flux is slightly larger than those estimates, but the
similarity must be considered coincidental since there are two
large differences between the calculations. First, we have
included the effects of the interplanetary magnetic field in
propagating the primary flux of cosmic rays to the Sun, using a
diffusion approach to the problem. This decreases considerably
the primary flux for energies ~GeV. Second, we argue that the
strong magnetic fields near the solar surface result in a sub-
stantial albedo for those cosmic rays which interact with the
solar atmosphere. By comparison, the terrestrial albedo is
quite small—for the high energies considered in this paper it is
constrained by geometry to those cosmic rays which graze
Earth’s atmosphere. At lower energies backscattering in the
upper atmosphere also contributes.

Our predicted neutrino flux would yield a muon flux deep
underground (or water) of ~4 x 10717 cm~2 s~ !, This muon
flux is probably undetectable in the next generation of neutrino
telescopes, for example, GRANDE (Adams et al. 1990) or
DUMAND (DUMAND 1988). Both these detectors have
areas of a few times 10® cm?, and so would generate only a
fraction of an event per year. Further, although the source is
brighter (per solid angle) than the background from terrestrial
air showers, the angular resolution of both detectors is several
times larger than the disk of the Sun. One can hardly consider
the neutrino flux to be “detectable” unless experimental
angular resolutions improve and a very large detector is built.

We have also considered baryonic fluxes, specifically neu-
trons and antimatter. The neutron flux is detectable in prin-
ciple, if one considers just raw flux and plausible detector sizes.
The problem comes in discriminating against background due
to terrestrial albedo neutrons and Galactic y-rays. The anti-
proton flux is expected to be less than that from the Galaxy.
The antineutron flux is a fairly unique signature of the process
we consider, but we do not see how to differentiate between
5-10 GeV antineutrons and other neutral particle fluxes.

Most of our results are sensitive to the assumptions we made
concerning cosmic-ray transport in the inner solar system. We
broke the problem into two zones—the corona and IMF, and
the region near the photosphere. We treated propagation in
the outer region as a diffusion problem, with parameters
chosen with an eye toward theory and scanty data collected at
or outside of 1 AU. The effects of diffusion are summarized in
the quantity C,. For the inner region, we used a flux-tube
model of the magnetic fields in and below the photosphere and
assumed charged particles traveled on orbits which would
adiabatically preserve the magnetic flux through those orbits.
As a result, charged particles are mirrored in the solar atmo-
sphere. This greatly increases the solar albedo from what one
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might estimate neglecting the solar magnetic fields that just
graze the Sun. The effect of mirroring on the total absorption
rate is summarized by the coefficient 4. Generally, the absorp-
tion rate of cosmic rays and, therefore, the signals we discuss,
are proportional to the smaller of 4 and C,, (see eq. [2.26]).

The overall flux of y-rays is sensitive to both the diffusion
parameters and the details of the flux tube model. Our model
leads to A and C;, which are comparable for the E ~ 1-10 GeV
primaries responsible for most of the y-flux. Thus, if we have
underestimated the effects of either diffusion or absorption, our
nominal predictions would have to be reduced. Both 4 and C,,
would have to increase to give a significant increase in our
results. Finally, it is possible that a fraction of cosmic rays are
absorbed efficiently by the Sun, but not within flux tubes. In
this case, albedo y-rays would be suppressed. In fact, this is
what we have assumed happens for primaries with energy E >
E ., but we argue that the threshold energy for confining par-
ticles to flux lines, Ey, is large enough that the main producers
of photons are confined to field lines and do contribute to the
albedo.

Similar comments hold for our predictions of solar albedo
neutrons. The neutrino signal, on the other hand, is relatively
insensitive to the details of our model. This is because the bulk
of observable neutrinos have their origins in high-energy pri-
maries, and the higher energy cosmic rays do not feel the effects
of magnetic fields as severely.

Finally, although there is clearly some time before any of
these potential signals is observed, it is possible that their
observation would lead to a better understanding of other
solar phenomena. For example, it is possible that correlations
between an observed y-ray flux and other solar variables could
yield useful information on the structure of magnetic fields
near the Sun. One might suppose that the origin (“footprint )
of the interplanetary magnetic field on the Sun would influence
where on the Sun most Galactic cosmic rays are absorbed, and
this could yield an interesting correlation between the albedo
y-ray flux and the solar cycle. In addition, any y-ray observa-
tion which showed details on the solar disk could yield a con-
siderable amount of information on the magnetic fields in the
corona and photospheric regions.
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concerning the propagation of cosmic rays in the heliosphere,
especially John Bieber, Paul Evenson, Dermott Mullan, John
Perko, and Bob Schaefer. We also thank Guarang Yodh and
Fred Reines for stimulating conversations at the beginning of
this project. This work was supported in part by NASA grants
NAGW-1644 and NAGW-2076, and by the DOE under grant
DE-AC02-78ER05007.

APPENDIX

Due to the importance of *He spallation as a neutron source, we felt it was necessary to develop a separate Monte Carlo to model
neutron production. Our previous Monte Carlo’s were concerned with electromagnetic showers (Stanev & Vankov 1989) or with
lepton production (Gaisser & Stanev 1985). Neither required the inclusion of very soft hadronic processes associated with spall-

ation, although they did include pion production.

The neutron production Monte Carlo includes six types of baryons: “*He, 3He, *H, 2H, p, and n, which are considered either as
target (at rest with respect to the Sun) or incident. Secondary baryons are considered as incident for subsequent collisions. The
target consists of 10% “He and 90% protons by number. The mass 2 and 3 nuclei show up only as secondaries. Particles with
E < 100 MeV per baryon are dropped—any neutrons they produce are unlikely to reach Earth’s orbit before the neutrons decay.

We identify several types of interactions: inelastic collisions between two free nucleons, various spallation reactions involving
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only soft momentum exchanges between nuclei, and interactions that combine both spallation and inelastic (i.e., pion production)
processes. Elastic scattering of single nucleons is ignored since this process results in no change in nucleon flavor and the energy loss
is small.

The cross sections for inelastic collisions are derived from p — p and n — p accelerator data. The inelastic interactions are treated
in two ways. For incident kinetic energies below 1.5 GeV n production is treated as the result of A production and decay. At higher
energies a multiparticle production model is used (Gaisser et al. 1988). The model includes a 28% probability for charge exchange
for the incident nucleon.

Spallation may occur to the incident or target nuclei, or to both if the collision involves a compound incident nucleus and a “He
target. Consider incident nucleus spallation first. The program begins by choosing the spallation channel using energy-dependent
cross sections for spallation to different final states (e.g., “He — n*He, 2Hpn, etc.) given by Meyer (1972). Spallation of *He to 2H?H
is rare due to the fragility of deuterium, and we neglect this channel. Each outgoing nucleon is given an energy equal to the average
energy per nucleon of the incident nucleus, independent of the type of the spallation products. Next, we account for a small energy
transfer between the incident nucleus and the target. One unbound spallation nucleon from the incident nucleus, is chosen randomly
for a quasi-elastic energy transfer. The momentum transfer is sampled from a do/dq ~ exp (—q?/q3) distribution (Perkins 1987),
where q = 2k sin (6/2) with k and 0 the nucleon momentum and scattering angle in the center of mass frame, and g3 = 4 GeV2. The
incident nucleon four-vector is then transformed to the solar rest frame, and the energy transfer to the target is calculated. If the
energy transfer exceeds 100 MeV, the target proton is included in the cascade.

Next, consider spallation of target “He by an incident single nucleon. We determine the spallation products in the same fashion as
for incident nucleus spallation; however, we slightly modify our treatment of the energy transfer. We determine the magnitude of the
energy transfer using the same quasi-elastic procedure as above, except that the energy transfer is shared among all the fragmenta-
tion products using probability distributions for individual fragment energies taken from Meyer (1972), whereas for incident nucleus
spallation the energy transfer was given to a single nucleon. In the incident spallation case, nearly all final state nucleons will pass
our threshold test of 100 MeV, and so applying the energy transfer to a single nucleon rather than sharing it should make little
difference to the final neutron spectrum. To implement a more careful scheme sharing the energy transfer would have required ad
hoc assumptions about the angular distributions of the spallation products and did not seem justified. For target spallation, on the
other hand, the energy transfers are comparable to our 100 MeV threshold, and so the effects of sharing the energy might
conceivably make a substantial change to the distribution of neutrons. In this regard, the energy transfer to the target “He is small
for low-energy incident nucleons, but rises to ~ 360 MeV (90 MeV per nucleon) for incident energies above 2 GeV.

The last spallation case involves two compound nuclei. We do not have any experimental data on spallation probabilities in, for
example, “He>H collisions, so we treat each nuclear spallation as if it were caused by an individual nucleon ignoring the effects the
spectator nucleons might have on the spallation probabilities. The energy transfer is calculated between a randomly selected
unbound nucleon from the incident nucleus, but applied to all fragments of the target nucleus as described above.

Combined inelastic and spallation processes are handled in a fashion similar to pure spallation, except that the two participating
nucleons are scattered inelastically instead of quasi-elastically. The inelastic scattering is treated as above. If the incident nucleus is
compound, then the participating incident nucleon is given the energy per nucleon of its parent nucleus, while the target nucleon is
at rest. No energy is transferred to spectator incident nucleons, but any target fragments are given energies determined using
Meyer’s probability distributions.

Total inelastic and spallation cross sections are not well known. There is little experimental data except Meyer’s compilation, and
the extensive tables for inelastic pp (Flaminio et al. 1984) and pn (Benary, Price, & Alexander 1970) interactions. The pp compilation
includes several measurements of the p — “He inelastic cross section. We have used the known cross sections to estimate the
unknown ones. The inelastic cross sections for compound nuclei with proton targets are scaled down with atomic mass as

A 0.8
o'pA = o.p4<z> H (A‘l)

where the scaling is based on E > 2 GeV data taken from Flaminio et al. (1984). Below 2 GeV and down to the pion threshold, we
scale the energy dependence of the cross sections to that measured in pp scattering. When both nuclei are compound (i.e., a *He
target) we scale the inelastic cross sections to that for “He — “He interactions, taken from much higher energies (Otterlund 1987).
The scaling law for A = 2 and A = 3 nuclei on a helium target is

A3 4 4183 _ 1 12)2
Taa= ”“(41/3 + 418 1.12) :

(A2)

derived by Westphall et al. (1979). We know of no comparable relations for spallation reactions, so we use equation (A.1) and (A.2)
to scale the spallation cross sections to those known for “He reactions (Meyer 1972).

Having discussed the scattering processes included in the model we outline the overall structure of the Monte Carlo logic. For
every incident nucleus both the spallation and interaction free path are sampled for both H and “He targets. Then the target and
interaction type are chosen, after which the final state particle types and energies are determined. These particles are then treated as
incident particles for the continuation of the cascade, except that particles with less than 100 MeV per nucleon are dropped since
they will not contribute significantly to the observable neutron flux at Earth.

In addition to accounting for spallation products, the neutron Monte Carlo explicitly considers the trajectories of charged and
uncharged particles in and near the Sun. Whenever a charged particle is produced, its trajectory is determined by adiabatically
maintaining the flux through its orbit, until it either interacts again or escapes from the Sun. If a charged particle escapes, then it is

© American Astronomical Society ¢ Provided by the NASA Astrophysics Data System


http://adsabs.harvard.edu/cgi-bin/nph-bib_query?1991ApJ...382..652S&amp;db_key=AST

J. 21382 165250

120

rt

666 SECKEL, STANEYV, & GAISSER

assumed that it will eventually reenter another photospheric flux tube with a new angle of incidence, until eventually it is absorbed.
As discussed in § 2.3 the probability for a charged particle to escape the solar system, once it enters the Sun, is small for E < 10 GeV.

Neutrons, on the other hand, follow straight trajectories. Whenever a neutron escapes, it is propagated out to 1 AU, allowing for
decay, where it is recorded along with its energy. Neutrons that interact within the Sun may produce secondary cascades separated
spatially from the primary cascade. When this happens we compute a new set of charged particle trajectories based upon the
magnetic fields at the new depth. In general, the new secondary cascade location will differ from the primary location horizontally as
well as vertically. We use the same vertical field structure at the new horizontal coordinate, implicitly assuming that the mean free
paths are shorter than the horizontal dimensions of a flux tube. This approximation is valid at the photosphere and gets better with
depth. It is questionable for the ~10% of primary cascades initiated above the photosphere.
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